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This dissertation describes our efforts to use the assembly of matter on nuclear scales

as a probe of the assembly of matter on Galactic scales. To investigate the former,

we characterize the detailed abundance patterns of the heaviest elements found in

ancient, metal-poor stars in the Galaxy. In particular, we place new constraints

on and identify several new correlations among the nuclei produced by the rapid

nucleosynthetic process, which we use to refine current models of the physical con-

ditions of this process. To investigate the latter, we apply our knowledge of stellar

nucleosynthesis to examine correlations between the space motions of stars and their

compositions, which retain a record of the composition of the interstellar medium

where they formed many billions of years ago. Using new high quality stellar spectra
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collected from McDonald Observatory and Las Campanas Observatory, we confirm

the relative chemical homogeneity of a well-known stellar stream and identify sev-

eral chemical differences between the two major components of the stellar halo of

the Galaxy. Each of these results has significant implications for our understanding

of how the Galactic halo formed, grew, and evolved. More profoundly, these results

indicate that we have not yet fully characterized the cosmic origins of the heaviest

elements in the universe and that we will likely need to examine large samples of

metal-poor stars at great distances from the Sun to potentially do so.
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Chapter 1

Introduction: Heavy Elements in the Halo

Naturally-occurring uranium in the earth’s crust is made up of 99.27% 238U and

0.72% 235U. When the nucleus of an atom of 238U is subject to bombardment by

low energy (. 1 eV, otherwise known as “slow”) neutrons, it may absorb a neutron

and its additional 4.8 MeV of binding energy. The resulting 239U nucleus is unstable

to β− decay—but not fission, which requires 6.5 MeV—and will undergo two β−

decays in the next few days, transforming into 239Pu, which will typically sit quietly

on a laboratory shelf for several tens of thousands of years before it eventually

decays. When the 235U nucleus is bombarded with slow neutrons, it too will absorb

the binding energy of the neutron (about 6.5 MeV for 235U); however, by releasing

additional “pairing” energy when changing from an odd-even (mass number and

proton number) nucleus to an even-even nucleus the threshold against fission is

reduced to only 5.0 MeV, less than the energy gained from the captured neutron.

As recognized by Neils Bohr (1939), this extra energy is sufficient to induce fission.

The fission produces two lighter nuclei (with mass numbers A ∼ 95 and 140), about

200 MeV, photons, and 2 or 3 free neutrons. Should any of the free neutrons then

become captured by another 235U nucleus, the process will repeat itself until the

supply of fissile 235U runs out or the energy released by the chain reaction (violently)

separates the atoms and anything else in the vicinity.1

Such was the situation in 1939. Within a few years, secret US Government

plants near Oak Ridge, Tennessee, would begin separation of natural uranium into

concentrated quantities of 235U with the express purpose of producing a “practical

military weapon.” Were this not an arduous task that required several years’ time

1See, e.g., Rhodes (1986) and Martin (2006) for a summary of these events.
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to produce sufficient quantities of 235U, or had nature provided a head-start on the

uranium isotope separation by virtue of a higher terrestrial 235U/238U ratio, the

course of human history may have unfolded quite differently.

Why does uranium exist on the earth’s crust in the isotopic proportions that

it does? More generally, what explains the complete distribution of all naturally-

occurring isotopes in the solar system? Save nuclear physics, the answers lie (mostly)

with the stars.

Nature has been producing heavy radioactive isotopes since early times in

the Universe. The actinides 232Th and 238U have been detected in a handful of

extremely metal-poor stars (where “metal-poor” is a rather crude approximation for

“ancient”). Radioactive age dating techniques have placed the ages of the actinides

in these stars to within a few Gyr of the Big Bang.2 The physical principles of

heavy element nucleosynthesis have been understood for more than half a century,

and steady progress has been made in laboratory, theoretical, and observational

astrophysics toward the goal of understanding the details (i.e., sites and physical

conditions) of the relatively few mechanisms that can produce heavy isotopes.

In this dissertation, we describe a few of our recent incremental steps toward

this goal that has occupied thousands of curious (and generally peaceful) investi-

gators over the last few generations. We examine the abundance patterns present

in metal-poor stars in the Milky Way. The patterns that emerge provide clues to

guide our understanding of what isotopes (or elements, which are usually sums over

multiple isotopes that cannot be individually distinguished in stellar spectra) are

produced together or require the consumption of other isotopes for their production.

The present-day composition of most stars (including those analyzed in this work)

reflects the composition (except for the lightest elements that participate in the fu-

sion reactions that regulate stellar evolution) of the gas in the interstellar medium

(ISM) from which they formed. Thus by probing stellar compositions we are prob-

ing the conditions of a very different epoch of the Universe. In the last few decades,

it has become increasingly apparent that the motion of a star through space is an

important factor in interpreting its abundance pattern. Stars born in the disk of the

Galaxy reveal a very different chemical pattern than those born in dwarf galaxies

2The isotopes 232Th and 238U have relatively long halflives, 14.0 and 4.5 Gyr, respectively, so
some of the Th and U produced shortly after the Big Bang can still be detected in the universe
today. The isotope 235U has a much shorter halflife, 0.7 Gyr, which (thankfully) limits its terrestrial
quantity and renders it undetectable in old, metal-poor stars.
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or globular clusters. This may be interesting—what are we to learn from it?

The novel aspects of this work concern the interface of these two fields,

stellar nucleosynthesis (particularly of the heavy elements) and stellar kinematics

(particularly of ordinary “halo” stars that have no known association with any dwarf

galaxy or globular cluster). Below we present a more detailed introduction to each

of these topics.

1.1 Production of Heavy Isotopes by Neutron-Capture

Processes

Nucleosynthesis of the heaviest elements in the Universe is accomplished by succes-

sive additions of neutrons to existing iron (Fe) group nuclei in stars (e.g., Burbidge et

al. 1957). Two factors restrict a star’s ability to produce very heavy nuclei through

standard fusion reactions: the endothermic nature of fusion reactions for species

heavier than 56Fe and the increased Coulomb barriers that discourage charged par-

ticle reactions in isotopes with sufficiently high Z. Isotopes heavier than those of the

Fe group are therefore overwhelmingly produced by neutron- (n-) capture processes.

Either a single neutron can be added on timescales longer than the mean time to

β− decay (the slow [s] n-capture reaction) or many neutrons will be added before

multiple α and β− decays return the isotope to stability (the rapid [r] n-capture

reaction). The rate of neutron captures and the resulting abundance patterns are

strongly regulated by the physical conditions and neutron densities at the time of

nucleosynthesis.

An exact site for the location of the r-process has not been conclusively

identified. The appearance of r-process material in stars of very low metallicity

([Fe/H] . −3.0)3 and with ages just short of the age of the universe (e.g., Cowan et

al. 1997; Cayrel et al. 2001; Frebel et al. 2007) argues against possible astrophysical

sites (e.g., neutron-star mergers) that require long evolutionary timescales (e.g.,

Argast et al. 2004). Instead, this implies that some association with massive Type II

core collapse supernovae (SNe) is likely (e.g., Cowan & Thielemann 2004; Cowan &

3Throughout this dissertation we adopt the standard spectroscopic notations for abundance:
[A/B] ≡ log10(NA/NB)? – log10(NA/NB)� (i.e., the logarithmic number density ratio of elements
A and B with respect to the Solar ratio) and log ε(A) ≡ log10(NA/NH) + 12.0 (i.e., the logarithmic
number density of element A relative to hydrogen, on a scale where NH = +12.0).
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Sneden 2006; Farouqi et al. 2009). This of course does not exclude the possibility

that multiple sites, some of which may be hosted by more slowly-evolving stellar

environments, could also produce conditions favorable to r-process nucleosynthesis.

Low- and intermediate-mass stars (∼ 1.5–3.0M�) that pass through the

asymptotic giant branch (AGB) phase of evolution are the primary source of s-process

material (e.g., Busso et al. 1999; Lattanzio & Lugaro 2005; Straniero et al. 2006),

and investigators have had great success in matching model predictions to observed

s-process abundance patterns (e.g., Sneden et al. 2008 and references therein).

The s-process involves isotopes near the valley of β stability, so the properties

relevant to understanding the nature of the s-process (e.g., n-capture cross sections,

half-lives, etc.) can be studied in laboratories on Earth (see Cowan et al. 1991a

and references therein). Phenomenological or nuclear reaction models can then be

constructed to predict the general abundance pattern produced by the s-process

(see Busso et al. 1999). When applied to the Solar system (S. S.) heavy element

abundance distribution, the s-process abundances can be subtracted from the total

abundances to reveal the r-process component. Two methods are commonly used

to determine the relative contributions of the s- and r-processes to S.S. material,

the classical method (Clayton et al. 1961; Seeger et al. 1965; Käppeler et al. 1989)

and the stellar model (Arlandini et al. 1999). Due to the more energetic nature of

the r-process and the exotic, short-lived nuclei involved, reaction networks for the

r-process were not tractable until only recently.

The lack of a precise identification of the r-process site, however, has com-

plicated efforts to model it, necessitating vast amounts of input nuclear data and

increasingly more sophisticated model approaches (e.g., Cowan et al. 1991a; Kratz

et al. 1993, 2007b; Chen et al. 1995; Freiburghaus et al. 1999; Pfeiffer et al. 2001;

Arnould et al. 2007). Nevertheless, encouraging progress has been made in re-

cent years to experimentally determine the half-lives, nuclear masses, and n-capture

cross-sections for nuclei along the r-process path (Kratz et al. 1993, 2007b; Rauscher

& Thielemann 2000; Pfeiffer et al. 2001; Schatz 2008), and some astrophysically-

motivated models of the r-process have been able to reproduce the robust r-process

pattern between A ' 120 and the actinide region (e.g., Kratz et al. 2007a; Farouqi

et al. 2009).

To evaluate and verify detailed nucleosynthesis models, abundance patterns

must be accurately characterized for as many elements as possible in locations be-
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yond the S. S. While serving this goal, such chemical information may simultaneously

be used as a probe of the the merger history of the Galaxy. This task is taken up

in the following sections.

1.2 Metal-Poor Stars as Tracers of Galactic Formation

Galaxies like the Milky Way are build through a combination of hierarchical mergers

(low-mass objects merge to form higher-mass objects) and slow, secular processes

that redistribute mass and energy (e.g., Kormendy & Kennicutt 2004). Stars and

star clusters have long been used as probes of this history, at least for our own

Galaxy (Eggen et al. 1962 and Searle & Zinn 1978 produced two of the pioneering

works in this field), since they retain the chemical fingerprints of the star formation

and subsequent chemical enrichment that occurred in the systems that agglomer-

ated to form the Milky Way. There is a clear relationship between dark matter

mass, luminosity, and 〈[Fe/H]〉 in Milky Way (local group) dwarf galaxies that have

survived to the present day (e.g., Simon & Geha 2007; Kirby et al. 2008). Might

we be able to recover information about the dwarf galaxies that did not survive by

combing the population of metal-poor halo field stars for more detailed chemical

clues to their origins?

We must use our basic knowledge to interpret the abundance patterns one

star at a time. If we cannot interpret the abundance pattern of one star, we have no

hope of understanding chemical evolution on Galactic scales. For example, consider

the star BD +10 2495, which we will examine more closely in Chapter 6. This

particular star, a metal-poor red giant in the field ([Fe/H] = −2.3), is not capable

of producing any of the heavy elements observed in its atmosphere today. We know

this from basic stellar evolution. This star has enhanced [α/Fe] ratios and is mildly

enriched by elements produced by the main and weak components of the r-process.

Its chemical enrichment can be entirely accounted for by the yields of a previous

generation of massive Type II SNe.

The next step is to gather this level of detailed information for as many

points in the Galaxy as possible. Approximately 1500 or 1600 metal-poor field stars

have been analyzed (chemically speaking) in detail in the last 15–20 years. This

number is comparable to the number of stars analyzed in dwarf galaxies, though in

far less chemical detail, in the last 5–10 years. It has been well established (e.g.,
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Venn et al. 2004; Tolstoy et al. 2009 and references therein) that the compositions

of these two groups of stars are different. The [α/Fe] ratios of the halo field stars

are typically higher than the [α/Fe] ratios of the dwarf galaxy stars by a factor of

2–3 at a given metallicity. Such a striking distinction should come as no surprise

when we consider where the stars are located. The sobering reality is that nearly

95% of the metal-poor field stars that have been analyzed in detail lie within 5 kpc

from the Sun. Thus from the standpoint of Galactic chemical evolution it is risky

to extrapolate the chemistry of the Solar neighborhood to more distant regions, as

demonstrated by the chemical differences between field and dwarf galaxy stars. The

9 dwarf galaxies whose orbits we know bring them no closer than a few tens of kpc

from the Sun (Lux et al. 2010). These dwarf galaxies spend the majority of their

lives in relative isolation and would not have been expected to contribute many stars

to the local stellar halo.

This strongly suggests that we must begin to gather chemical information

for field stars in more distant regions of the halo. This direct approach, adopted

by Lai et al. (2009), involves collecting high-resolution spectra of stars currently in

the outer halo, such as SDSS J234723.64+010833.4, at a distance of 40 kpc from

the Galactic Center. This star has a Mg/Ca ratio ([Mg/Ca] = −1.2) very unlike

any other metal-poor star known. While effective, this method is extremely time-

consuming, even on a 10m-class telescope, since the stars at this distance are so

faint. One indirect approach to this problem is to probe more distant regions by

examining the orbits of many local stars to search for kinematic substructure, and,

if any can be identified, to search for correlations with chemical substructure. For

example, several stellar streams are located in the solar neighborhood, but their

constituent stars have similar orbits that carry them to much greater distances.

The fact that their orbits are similar betrays the fact that these stars have common

origins, and whatever progenitor systems they originated from should be counted

among the confirmed building blocks of the Milky Way.

Thanks to the wealth of photometric and low-resolution spectroscopic data

generated by the SDSS (York et al. 2000), SEGUE (Yanny et al. 2009), and 2MASS

(Skrutskie et al. 2006), a host of faint, metal-poor stellar streams have since been

discovered as stellar or velocity overdensities in the halo of the Milky Way. Some of

these streams are tidal debris associated with the disruption of the Sagittarius (Sgr)

dSph (e.g., Vivas et al. 2001; Newberg et al. 2002; Majewski et al. 2003; Mart́ınez-
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Delgado et al. 2004; Belokurov et al. 2006b) or the Bootes III dSph (Carlin et al.

2009; Grillmair 2009). Some may be the remnants of globular clusters partially

or completely disrupted by the Milky Way (Grillmair 2009; Newberg et al. 2009).

Others are associated with the newly-discovered ultra-faint dwarf galaxies (uFd;

Grillmair 2006; Zucker et al. 2006; Belokurov et al. 2007b). Still others have no

known progenitor systems (e.g., Klement et al. 2009). Some Milky Way globular

clusters also show tidal tails (e.g., Grillmair et al. 1995; Odenkirchen et al. 2001;

Grillmair & Johnson 2006; Belokurov et al. 2006a) and multiple stellar populations

(e.g., Lee et al. 1999; Piotto et al. 2007; Milone et al. 2008; Da Costa et al. 2009;

Han et al. 2009). It is possible that some globular clusters, dwarf galaxies, stel-

lar streams, and stellar overdensities originated from more complex systems (e.g.,

Lynden-Bell & Lynden-Bell 1995, Lee et al. 2007). This hypothesis is also supported

by the comparison of simulated halo substructure to that observed in large surveys

(e.g., Bell et al. 2008; Starkenburg et al. 2009), which find that the bulk of the

outer—presumably accreted—stellar halo can be accounted for by the disruption

and accretion of satellites.

Because many of these structures lie at least a few tens of kpc from the

Sun, it has been virtually impossible to obtain detailed chemical abundances from

high resolution spectra of individual stars in these systems. It is more common for

indirect metallicity estimates to be made by comparing broadband photometry with

isochrones or ridge lines from Milky Way globular cluster fiducials. Spectroscopically-

derived abundance measurements have only been made in several of the Sgr debris

streams for a limited number of elements (Fe, Mg, Ca, Ti, Y, and La: Monaco et

al. 2007; Chou et al. 2007, 2010).

In contrast, globular clusters have been popular targets for abundance stud-

ies for decades (e.g., Gratton et al. 2004 and references therein). In fact, the globular

cluster abundance literature is extensive enough to easily identify “outlier” clusters

whose compositions are distinctly different from other clusters with similar metal-

licities. For example, M54 (Brown et al. 1999), Pal 12 (Cohen 2004), and Ter 7

(Sbordone et al. 2007) have [α/Fe] ratios a factor of 2–3 lower than field halo stars

at the mean cluster metallicities; however, when their [α/Fe] ratios are compared

with those in the core of Sgr the chemical resemblance is unmistakable. (See, e.g.,

Figure 3 of Sbordone et al. 2007.) For these clusters, the combination of kinematic

and chemical information has established an unambiguous association with Sgr. We
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aim to take a similar approach to use chemical information in field stars to learn

about their origins.

1.3 Roadmap

In this dissertation, we explore new ways to use the assembly of matter on nuclear

scales (∼ 5 × 10−15 m) as a probe of the assembly of matter on galactic scales

(∼ 5 × 1022 m). Such investigations are not new, but the torrential pace of recent

photometric and spectroscopic all- (or most-) sky surveys has revolutionized our

picture of the Galaxy. In this context, it is worthwhile to study what might be

learned by applying chemical knowledge to these recent Galactic structure advances.

In Chapter 2, we examine the composition of one star, HKII 17435–00532, a

metal-poor red giant, which is enriched by products of both the s- and r-processes

and has a curiously high Li abundance for its evolutionary state. In Chapters 3–5, we

report on our attempts to better characterize the products of r-process nucleosyn-

thesis by constraining the heaviest elements produced in the r-process and exploring

the relationship between the light and heavy r-process patterns in metal-poor stars.

Chapter 6 provides an introduction to our new high-resolution and high signal-to-

noise (S/N) spectra from Las Campanas Observatory and McDonald Observatory.

Chapter 7 is the pivot that links n-capture (and light element) nucleosynthesis with

kinematic substructure in a well-known stellar stream. Chapters 8 and 9 explore

what chemical substructure is present in field halo stars that have similar orbits,

first through an examination of literature abundances and then through a careful

analysis of our own data. Chapter 10 considers the impact that these studies have

had on the field and looks ahead to the future.

We have ordered these chapters in a sequence of content (moving from single

star analysis to progressively larger samples and focusing on nuclear scales upward

to Galactic scales) rather than chronologically. It is evident that some conclusions

drawn from our early work will be superseded by later studies. We have chosen to

present the original interpretations unaltered, and in Chapter 10 we will attempt to

reconcile them into a single, coherent picture (to the extent that one is sensible and

justified by observation) to build on in future studies.

For example, in our close examination of n-capture isotopic signatures (Roed-

erer et al. 2008a) (not included in this volume), we found that the metal-poor
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field giant HD 175305 ([Fe/H] = −1.6) had an isotopic signature dominated by

the r-process in the Rare Earth domain.4 The elevated Ba/Eu ratio relative to

other r-process standard stars such as CS 22892–052 and moderately-high fraction

of heavy Sm isotopes suggested that a small amount of s-process material was also

present in this star. The low Pb/Eu ratio in this star seemed to be at odds with that

interpretation, though (Roederer et al. 2009). Later, we discovered that HD 175305

was a member of the stellar stream first discovered by Helmi et al. (1999), and we

included it in our chemical analysis along with 11 other members (Roederer et al.

2010a). No other members of the stream5 showed evidence of enrichment by the

s-process, including two stars with higher metallicities than HD 175305. Finally, in

Roederer et al. (2010c) we realized that this star’s low level of r-process enrichment

([Eu/Fe] = +0.4) and its heavy element distribution is entirely typical for other

metal-poor stars with similar levels of r-process enrichment. No s-process mate-

rial is necessary to explain the heavy element abundance pattern in HD 175305. If

nothing else, we feel a sense of satisfaction in having set the record straight on this

particular star.

The challenge before us is great, and we will only scratch the surface here,

but it is possible to link matter on these two disparate scales, nuclear and galactic.

Let us explore how this might be done from a chemical perspective.

4In this context, 57 ≤ Z ≤ 71, and usually including the neighboring elements Ba and Hf.
5One star in the stream is an exception in that its current composition does not resemble its

prenatal composition.
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Chapter 2

The Hobby-Eberly Telescope Chemical Abundances of

Stars in the Halo (CASH ) Project. I. The Lithium-, s-,

and r-Enhanced Metal-Poor Giant HKII 17435–00532

2.1 Introduction

Lithium (Li), the only metal produced during the Big Bang, is often observed in

unevolved metal-poor stars.1 Information on the primordial Li abundance can be

inferred from, e.g., the Spite Plateau (Spite & Spite 1982) Li abundance charac-

teristic of most warm, metal-poor turn-off and subgiant stars. A wide spectrum

of Spite Plateau/primordial Li abundances have been inferred from recent studies

of these stars: log ε (Li) = +2.37 (with an observational scatter of 0.05–0.06 dex)

(Meléndez & Ramı́rez 2004), log ε (Li) = +2.21 ± 0.09 (Charbonnel & Primas

2005), log ε (Li) = +2.04 or 2.15 (depending on the range of metallicities of the

stars included in the fit, since their Plateau has a metallicity dependence; Asplund

et al. 2006), and log ε (Li) = +2.10 ± 0.09 (Bonifacio et al. 2007). Despite the wide

range, the stellar result does not agree with the WMAP estimate of the primordial

Li abundance, log ε (Li) = +2.64 ± 0.03 (Spergel et al. 2007).

Metal diffusion in long-lived, low-mass stars could present a solution to the

problem for globular cluster stars (Korn et al. 2006), while processing and depletion

of 7Li by Population III stars prior to the formation of Population II stars could

explain the Li abundance found in present-day metal-poor field stars (Piau et al.

1Significant portions of this chapter have been published previously in Roederer, I. U., Frebel,
A., Shetrone, M. D., Allende Prieto, C., Rhee, J., Gallino, R., Bisterzo, S., Sneden, C., Beers, T. C.
& Cowan, J. J. 2008, ApJ, 679, 1549.
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2006). Some objects, however, appear to have overabundances of Li—in contrast

to the sparse Galactic production mechanisms of Li through cosmic ray spallation,

and in spite of the fact that Li is completely diluted and destroyed in the stellar

atmosphere by the time the star reaches the giant branch.

It was first proposed by Cameron (1955) and Cameron & Fowler (1971) that
7Li could be synthesized via the 3He(α,γ)7Be and 7Be(e−ν)7Li reactions during the

late stages of stellar evolution, when a star is ascending the AGB. Here, the outer

convection zone extends down into the H-burning shell, which is enriched in 3He

from proton-proton chain reactions. These nucleosynthesis reactions make it indeed

possible for a star to self-enrich its atmosphere with Li, but only for a very short

period of time before the freshly produced Li burns again. The enrichment can be

quite extreme, however, with Li abundances sometimes 1–2 dex higher than the

Spite Plateau value (e.g., Reddy & Lambert 2005). In the past decade or so, a

number of stars at roughly solar metallicity have been discovered that exhibit high

Li abundances associated with self-enrichment. These cases have been confirmed on

theoretical grounds (Charbonnel & Balachandran 2000) from their distinct position

on the Hertzsprung-Russell diagram.

At the heavy end of the periodic table, the elements produced by n-capture

are also useful diagnostics of stellar interiors and nucleosynthesis. In most cases,

s-process enrichment in metal-poor stars is associated with binary systems, where

the primary goes through the TP-AGB phase and produces large amounts of s-process

material. This material is transferred onto the lower-mass, longer-lived companion

that is still observable. On the other hand, r-process enrichment observed in metal-

poor stars can be associated with explosive nucleosynthesis, although the exact site

of the r-process has not yet been conclusively identified. Because of the physical

conditions necessary to produce the n-capture species, it is probable that none of

the observed n-capture species in metal-poor stars were actually created by the star

they are presently observed in. Some stars exhibit strong s-process enhancement,

some exhibit strong r-process enhancement, and others exhibit significant amounts

of both s- and r-process material (see Jonsell et al. 2006 and references therein).

In this chapter we present HKII 17435-00532, a metal-poor star that pos-

sesses an unexpectedly high (for its evolutionary state) Li abundance, a significant

amount of s-process material, and a smaller but non-negligible amount of r-process

material.
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2.2 Observational Data and Measurements

2.2.1 Target Selection

The HK-II survey (Rhee 2001) originated as an extension of the original HK objective-

prism survey of Beers et al. (1985, 1992). HK-II was designed to discover a large

sample of very metal-poor red giant stars with [Fe/H] ≤ −2.0 by using digitized

objective-prism spectra and 2MASS JHK colors; many of these stars were likely to

have been missed in the original (visual) selection of metal-poor candidates due to

an unavoidable temperature bias. The HK-II survey covers more than ∼ 7000 deg2

(one-sixth of the entire sky), targeting the thick disk and halo of the Milky Way,

over the magnitude range 11.0 ≤ B ≤ 15.5. Ongoing medium-resolution spectro-

scopic follow-up has newly confirmed more than 200 red giants and subgiants with

[Fe/H] ≤ −2.0 in the first sample selected from about 100 plates.

We have recently started the Chemical Abundances of Stars in the Halo

(CASH ) Project with the Hobby-Eberly Telescope (HET; Ramsey et al. 1998) lo-

cated at McDonald Observatory. This project aims to characterize the chemical

composition of the Galactic halo by means of abundance analyses of metal-poor

stars. Our goal is to build up, over the next several years, the largest high-resolution

database available for these objects. Furthermore, frequencies of stars with partic-

ular chemical abundances will be established. The very metal-poor giants identified

in HK-II are one source of targets for our HET-CASH Project, and the spectrum

of HKII 17435-005322 was taken as part of this project. The low metallicity of

HKII 17435-00532 was first identified in a medium-resolution follow-up spectrum

obtained in May 2005 at the 2.1 m telescope of Kitt Peak National Observatory.

Additional stars and larger samples will be presented in separate papers.

2In order to distinguish two source surveys, the stars from the HK-II survey use the alphabetic
prefix “HKII” while the stars from the original HK survey use the prefixes “BS” and “CS.” The
HK-II survey uses the exact same plates as the original HK survey, so the first five digits (following
the alphabetic prefix) in the star names should be identical. However, running ID numbers (last
five digits) are completely different. For example, the star HKII 17435-00532 is different from the
star BS 17435–532, but HKII 17435-00532 is a rediscovery of the star BS 17435–012, which was
noted as being a metal-poor candidate during the initial visual inspection of the HK plates.
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2.2.2 Observations and Data Reduction

The star HKII 17435-00532 was observed on 2007 February 09 and 28 with the high

resolution spectrograph (HRS; Tull 1998) at the HET at McDonald Observatory as

part of normal queue mode scheduled observing (Shetrone et al. 2007). Our spectra

have R ∼ 15,000 and were taken through the 3” slit with the 316g cross-disperser

setting. The spectral coverage is 4120 to 7850Å, with a small break from 5930 to

6030Å resulting from the gap between the blue and red CCDs of the HRS. One

10 min exposure was taken on each night; we scheduled the two visits at least two

weeks apart to test for radial velocity variations.

For the reduction of all HET/HRS data obtained through the CASH Project

we set up the IDL-based REDUCE data reduction software package (Piskunov &

Valenti 2002). The extracted spectra were combined after correcting for any helio-

centric radial velocities. Overlapping echelle orders were merged together to produce

the final spectrum. The final S/N values per pixel measured from clean, line-free

regions of the continuum in the REDUCE spectrum range from ∼ 50/1 at 4480Å

to ∼ 130/1 at 5730Å to ∼ 160/1 at 6700Å.

We also reduced the data with standard IRAF routines in the echelle and

onedspec packages for overscan removal, bias subtraction, flat fielding, scattered

light removal, and order extraction. Individual orders were not merged together.

The final S/N values from the IRAF spectrum are very comparable to the RE-

DUCE spectrum. Equivalent widths were also measured for 121 lines in common

to the two spectra to test any systematic differences. We find a mean offset of

∆ = −3 ± 8mÅ (where ∆ is defined as EWREDUCE−EWIRAF). There are no sta-

tistically significant trends with either equivalent width or wavelength between the

two differently-reduced sets of spectra.

To obtain additional information on the radial velocity of HKII 17435-00532,

two supplemental exposures were taken on 2007 July 15 and 2007 August 05 with

the Cross-Dispersed Echelle Spectrometer (Tull et al. 1995) on the Harlan J. Smith

2.7 m Telescope at R ∼ 60,000. Reduction was performed using the standard IRAF

routines. The exposure times were 1200 seconds, yielding S/N ∼ 10/1 at 4480Å,

∼ 20/1 at 5730Å, and ∼ 25/1 at 6700Å. Since the S/N of the 2.7 m spectra is much

less than the S/N of the HET/HRS spectra, these spectra were solely used for the

radial velocity analysis and not for the abundance analysis.
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Table 2.1. Summary of Radial Velocity Measurements

HJD RV (kms−1) Facility

2454140.79715 38.61 (0.64) HET+HRS
2454159.73386 38.77 (0.57) HET+HRS

2454297.61639 39.36 (0.59) McD2.7m+cs21
2454318.60116 38.79 (1.07) McD2.7m+cs23

2.2.3 Radial Velocity

The radial velocities were measured in the IRAF reduced spectrum by combining

the orders covering the wavelengths 4900 to 5800Å, which are mostly clear of telluric

features and sky emission lines. The spectra were then cross-correlated against the

Arcturus atlas (Hinkle et al. 2000) spectra using the IRAF task fxcor to yield a rela-

tive velocity. Heliocentric corrections were made using the IRAF task rvcorrect. We

also cross-correlated the telluric A band against a model of this band we constructed

to yield a zero point correction to the wavelength scale; this is necessary because the

ThAr fibers are separate from the science fibers in the HRS. In Table 2.1 we have

listed the epochs of observations as well as the resulting velocities. The weighted

average velocity is 38.9 km s−1 with an error of the mean of 0.3 km s−1. The er-

rors in the individual velocity measurements include the systematic errors from the

telluric features and the error in the relative velocity with respect to Arcturus. All

of the velocity measurements are within 1σ of the average velocity. The first and

last observations of this star are spaced nearly six months apart and successive ob-

servations are separated by more than two weeks. We find no evidence from these

radial velocity measurements that HKII 17435-00532 is in a binary system. If it

were in a binary, it must have a very long period and/or an amplitude smaller than

∼ 1.0 km s−1, a result of a face-on orbit with very large sin i.

2.2.4 Atmospheric Parameters

Basic stellar data for HKII 17435-00532 are shown in Table 2.2. For our analysis,

we use the most recent version (2002) of the LTE spectrum analysis code MOOG

(Sneden 1973). We use model atmospheres computed from the Kurucz (1993) grid
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Table 2.2. Basic Stellar Data and Model Atmosphere Parameters

Quantity Value Source

R. A. (J2000.0) 11h49m03.3s 1
Dec. (J2000.0) +16◦58′41.7′′ 1

V 13.145± 0.166 2
I 12.237± 0.067 2

J 11.534± 0.021 3
H 11.121± 0.023 3

K 11.049± 0.020 3
E(B − V ) 0.042 4

log(L) (L�) 2.01± 0.50 1

Teff (K) 5200± 150 1
log(g) 2.15± 0.4 1

vt (kms−1) 2.0± 0.3 1
[M/H] −1.85± 0.23 1

[Fe/H] −2.23± 0.23 1

References. — (1) this study; (2) TASS;

(3) 2MASS; (4) Schlegel et al. (1998)

without convective overshooting. Interpolation software for the Kurucz grid has

been kindly provided by A. McWilliam and I. Ivans (2003, private communication).

We measure equivalent widths of 86 Fe i lines and 6 Fe ii lines in HKII 17435-00532

by fitting Gaussian profiles with the SPECTRE code (Fitzpatrick & Sneden 1987).

Our equivalent width measurements for all species in HKII 17435-00532 are pre-

sented in Table 2.3.

The Schlegel et al. (1998) dust maps predict E(B−V ) = 0.042 in the direction

of HKII 17435-00532. This is the expected reddening value at infinite distance. At

the high Galactic latitude of our halo star, b = +73◦, its distance implies that

the reddening along the line-of-sight to this star is essentially the reddening at

infinity; cf. Equation 4 of Mendez & van Altena (1998). The earlier predictions

of Burstein & Heiles (1982) yield E(B − V ) . 0.01. We also attempt to use the

Munari & Zwitter (1997) calibrations between the interstellar Na D1 line equivalent
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Table 2.3. Equivalent Width Measurements

species Z λ (Å) E.P. (eV) log(gf) E.W. (mÅ)

Na i 11 5682.63 2.100 −0.699 20.0
Na i 11 5688.21 2.100 −0.456 33.0

Mg i 12 4571.10 0.000 −5.393 73.7
Mg i 12 4702.99 4.330 −0.380 113.9

Mg i 12 5183.62 2.720 −0.158 233.2
Mg i 12 5528.42 4.330 −0.500 87.0

K i 19 7698.97 0.000 −0.170 47.6
Ca i 20 4435.68 1.890 −0.520 66.7

...
...

...
...

...
...

Note. — The full table is available in Roederer et al. (2008b);
only a small portion is shown here to present its general form

and content.

width and reddening. The interstellar Na D lines suffer from telluric emission and

blending with the stellar lines in our HET spectra (and no simultaneous sky spectra

were obtained), and these lines fall between echelle orders in our higher-resolution

McDonald spectra. Given these difficulties, our interstellar Na D1 equivalent width

should be interpreted as an upper limit. If we naively adopt this equivalent width,

the Munari & Zwitter (1997) calibrations then predict an uninteresting upper limit

for the reddening of E(B − V ) . 0.12, and larger equivalent width estimates would

increase the reddening upper limit. Lacking further information, we adopt the

Schlegel et al. (1998) reddening estimate.

We derive the effective temperature of HKII 17435-00532 from recent color-

Teff calibrations of Alonso et al. (1996, 1999b). We collected V , I (TASS: The

Amateur Sky Survey, version 2; Droege et al. 2006), J , H , and K (2MASS; Skrutskie

et al. 2006) broadband photometry measurements from the literature.3 Using the

3 New BV RI broadband photometry of HKII 17435-00532 was obtained by T. Chonis and
M. Gaskell after our analysis was completed. The (V − I) color computed from this work, 0.902,
is in superb agreement with the (V − I) color computed from the TASS photometry, 0.908. This
agreement reinforces our confidence in the reliability of the colors employed for our photometric
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dereddened (V − I), (J − H), (J − K), and (V − K) colors derived from TASS

and 2MASS photometry, we derive a mean temperature of 5173 K with a standard

deviation of 82 K.4 To estimate the amount of systematic uncertainty, we compare

with the temperature scale defined by the Ramı́rez & Meléndez (2005a,b) (V − J),

(V − H), and (V − K) calibrations; at the metallicity of HKII 17435-00532, our

(V − I) falls beyond the range of applicability of their calibrations. These three

color-Teff calibrations predict a mean of 5079 K, about 100 K lower than the Alonso

et al. (1999b) mean. If we were to adopt zero reddening or twice the reddening

predicted by the Schlegel et al. (1998) maps, our temperatures would differ by

roughly 130 K. Considering all of these matters, we round the Alonso et al. (1999b)

predicted temperature to 5200 K and adopt a conservative total uncertainty of

150 K.

Our method for deriving the surface gravity requires that, for our adopted

effective temperature, the abundances derived from neutral and ionized lines of Fe

agree. We neglect the effects of non-LTE line formation, which may affect the Fe i

abundance measurements at the ∼ 0.1 dex level (e.g., Asplund 2005a). The mi-

croturbulence is measured by requiring that the abundances derived from strong

and weak lines of Fe i agree. These parameters are varied iteratively until we ar-

rive at our final values. [Fe/H] is defined by the Fe abundance for the final set

of Teff, log g, and vt. We increase the overall metallicity Z of the atmosphere by

+0.4 dex to account for the extra electrons from the α-elements that contribute

to the H− continuous opacity; this artificial increase alters our derived abundances

of the electron-donating elements by . 0.01 dex and is completely negligible when

elemental abundance ratios are considered (see, e.g., Section 4.3 of Roederer et

al. 2008a). We adopt the following atmospheric parameters for HKII 17435-00532:

Teff/log g/vt/[Fe/H] = 5200 K/2.15/2.0km s−1/−2.23. These values are also dis-

played in Table 2.2.

An alternate method for deriving Teff, log g, and [Fe/H] uses the HET

calibration sample for the Sloan Digital Sky Survey to fit a region around the

temperature determination, especially in light of the rather large uncertainty in the V magnitude
from TASS, V = 13.145 ± 0.166.

4If we include the (B − V ), (V − R), and (R − I) colors from the new BV RI photometry
described in footnote 3 in place of TASS photometry, the mean of the seven calibrations rises to
5200 K. Despite the dangers of mixing sources of BV RI photometry, if we adopt B and R from
the new photometry and V and I from TASS, the mean only changes slightly to 5228 K.
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Mg i b triplet (see discussion in Allende Prieto et al. 2008). For the sum of the

two individual spectra of HKII 17435-00532, this method finds Teff/log g/[Fe/H] =

4978 ±72 K/2.06 ± 0.13/−2.26± 0.06. While the gravity and metallicity are in good

agreement with our spectroscopic values, the temperature is about 200 K cooler. The

gravity obtained from the Fe ionization balance is also not well-constrained because

we are only able to measure equivalent widths of 6 Fe ii lines, and we adopt an

uncertainty of ± 0.4 in log g. We also adopt ± 0.3 km s−1 as the uncertainty in

vt. The uncertainty in the metallicity, ± 0.23 dex, is found by combining the un-

certainties in the other atmospheric parameters and the line-to-line Fe i abundance

scatter in quadrature.

2.3 Evolutionary Status of HKII 17435-00532

The location of HKII 17435-00532 on the Teff-log g diagram is shown in Figure 2.1.

We plot the spectroscopically-determined gravity as a function of effective temper-

ature for HKII 17435-00532 and many other evolved stars collected from previous

studies. HKII 17435-00532 is located in the region of the diagram that is populated

by metal-poor stars that have been classified as being on the red giant branch (RGB)

and stars that have been classified as being on the red horizontal branch (RHB).

For reference, we also display evolutionary tracks in Figure 2.1. The Y 2 isochrones

(Demarque et al. 2004) for three different ages (8.5, 10.0, and 11.5 Gyr) with metal-

licity [Fe/H] = −2.2 and [α/Fe] = +0.4, similar to that of our star, are shown. As

can be seen, these isochrones approximately match the positions of the stars on the

subgiant and red giant branches. For an old, metal-poor population of giants, it is

clear that the assumed age has no effect on their location in the Teff-log g diagram.

We also show a synthetic horizontal branch (HB) track (Cassisi et al. 2004)

for M = 0.80 M�. At low metallicity, these tracks are only available for Y = 0.23,

[α/Fe] =0.0, and limited values of the metallicity Z. To scale Z of these tracks

for an α-enhancement of +0.4, we use the formula given in Kim et al. (2002) (see

also, e.g., Salaris et al. 1993). A metallicity [Fe/H] = −2.2 with [α/Fe] = +0.4

corresponds to Z ≈ 2.6×10−4, which we obtain from the Cassisi et al. (2004) tracks

by interpolation between the Z = 1× 10−4 and Z = 3× 10−4 tracks. We follow the

prescription given in Preston et al. (2006) to convert the log(L/L�) given by Cassisi

et al. (2004) to log(g/g�). On the scale of this figure, the location of the HB is very
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Figure 2.1 Spectroscopic gravities are shown as a function of effective temperature
for HKII 17435-00532 and a sample of other evolved metal-poor stars from previous

studies. HKII 17435-00532 is indicated by the sunburst. The evolved sample is
compiled from the data in Behr (2003) (only stars with [Fe/H] < −1.0), Cayrel et

al. (2004), and Preston et al. (2006). Filled blue squares indicate stars classified as
“turn-off” or “subgiant” stars, filled red circles indicate stars classified as being on
the RGB, and filled green triangles indicate stars classified as being on the RHB. We

also display several evolutionary tracks for reference, which have all been computed
for [Fe/H] = −2.2 and [α/Fe] = +0.4. Three sets of Y 2 isochrones (Demarque et

al. 2004) are displayed, corresponding to ages of 8.5 Gyr (dashed line), 10.0 Gyr
(dotted line), and 11.5 Gyr (dash-dotted line). The assumed age has little effect on

the location of the RGB. A synthetic HB (Cassisi et al. 2004) for M = 0.80 M� is
shown by the solid line. Small changes in the assumed mass have little effect on the

location of the HB. The arrow indicates the location of the RGB luminosity bump.
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insensitive to small changes in the assumed mass for stars on the HB. Preston et al.

(2006) performed a comparison of several different sets of HB tracks to the Cassisi

et al. (2004) set. They found differences in log(L) (which is equivalent to −log g)

to be . 0.15 dex, which is well within the uncertainty in our log(L) determination

for HKII 17435-00532.

HKII 17435-00532 coincidentally appears to lie on the M = 0.80 M� HB

track; however, due to the large uncertainties in our determination of the tempera-

ture and surface gravity of this star, we can not draw any firm conclusions from this.

This star could possibly be ascending the RGB for the first time or ascending the

early AGB from the HB. A higher gravity or cooler temperature would place the star

on the RGB. A lower gravity or warmer temperature would place the star above the

M = 0.80 M� HB track in the region of the diagram populated by (presumably)

lower-mass RHB stars (cf. Figure 15 of Preston et al. 2006). This is reasonable

because other metal-poor stars are found in this region. HKII 17435-00532 cannot

be in the thermally-pulsing (TP)-AGB phase, which would require log g . 0.9 and

Teff . 4800 K (see, e.g., Figure 3 of Masseron et al. 2006). To achieve Fe ionization

balance at log g = 0.9 would require a non-LTE correction of ∼ −0.5 dex to the Fe i

abundance, which is much greater than has been suggested by Asplund (2005a).

From fundamental relations, we calculate log(L/L�) = 2.01± 0.50 for HKII 17435-00532,

assuming M = 0.8 ± 0.1 M� for this star and Teff = 5780 K and log g = 4.44 for

the Sun. The uncertainty in log(L) is dominated by our uncertainty in the gravity.

2.4 Validation of Our Abundance Analysis Techniques

We chose suitable elemental lines for our abundance analysis in the range of ∼ 4120Å

to ∼ 7850Å from the extensive linelists of six recent studies of abundances in very

metal-poor stars (Fulbright 2000; Cayrel et al. 2004; Honda et al. 2004a; Barklem

et al. 2005; Ivans et al. 2006; Frebel et al. 2007). We adopt the log(gf) values

employed by these studies for all species except Cr i, whose log(gf) values were

recently redetermined by Sobeck et al. (2007). To confirm the integrity of our linelist

and validate our abundance analysis method for measuring chemical compositions,

we carried out a basic abundance analysis of the well-studied cool giant HD 122563

and the warm main-sequence turn-off star HD 84937. The spectra have R ∼ 80,000,

very high S/N, and were taken from the VLT-UVES archive.
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We measure equivalent widths for 227 Fe i and 35 Fe ii lines in HD 122563

and 197 Fe i and 26 Fe ii lines in HD 84937. We derive Teff/logg/vt/[Fe/H]=

4570 ± 100 K/0.85 ± 0.3/2.0 ± 0.3 km s−1/−2.81 ± 0.15 for HD 122563 and

6300 ± 100 K/4.0 ± 0.3/1.2 ± 0.3 km s−1/−2.28 ± 0.12 for HD 84937 using the

methods described in § 2.2.4. In Table 2.4 we compare our derived parameters with a

number of other recent high-resolution studies. For both HD 122563 and HD 84937,

each of our derived parameters agree with the mean from other studies within their

mutual 1σ uncertainties.

We also measure 204 equivalent widths for 17 other species (11 ≤ Z ≤ 30) in

HD 122563 and 161 equivalent widths for 16 other species in HD 84937. In Figure 2.2

we compare our derived abundances in these two stars with the abundances derived

by two previous studies.

In HD 122563, the derived abundances agree with the Honda et al. (2004a,b)

abundances within the uncertainties for all species except Cr, Ni, and Cu, which

differ by −0.29, +0.27, and −0.44 dex, respectively, where the differences are in

the sense of (our study) minus (other study). We measured equivalent widths for

16 Cr i lines and 5 Cr ii lines, whereas Honda et al. (2004a,b) only used 3 and 2

lines of these species, respectively. For Cr, only 0.02 dex of the difference can be

accounted for by our use of updated Cr i log(gf) values from Sobeck et al. (2007).

Another 0.14 dex results from the different atmospheric parameters derived in these

two studies. This is sufficient to bring the two Cr abundance measurements into

agreement within the uncertainties. Honda et al. (2004a,b) derive the Ni abundance

from two strong lines, whereas we measure 21 Ni lines. The equivalent widths of the

two lines are common to both studies are in good agreement, therefore we attribute

the discrepancy in the derived Ni abundances to the number of lines measured.

The Cu abundance in both the Honda et al. (2004a,b) studies and our study was

measured from the Cu i line at 5105Å; the difference in the derived abundances can

be traced to the different equivalent width measurements of this very weak line, 3.3

and 1.7mÅ, respectively.

In HD 84937, the derived abundances agree with the Fulbright (2000) abun-

dances within the uncertainties for all species except Mg, V, and Fe, which differ by

−0.15, +0.24, and −0.20 dex, respectively, again in the sense of (our study) minus

(other study). We selected the Fulbright (2000) study for comparison because—in

our efforts to compare with a set of homogeneous measurements—it offered the most
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Table 2.4. Comparison of Model Atmosphere Parameters

Reference Teff log(g) vmicro [Fe/H]
(K) (km s−1)

HD 122563
This study 4570 0.85 2.0 −2.81

Aoki et al. (2005) 4600 1.1 2.2 −2.62
Barbuy et al. (2003), model 1 4600 1.5 2.0 −2.71
Barbuy et al. (2003), model 2 4600 1.1 2.0 −2.80

Fulbright (2000) 4425 0.6 2.75 −2.60
Fulbright & Johnson (2003) 4650 1.24 1.85 −2.63

Honda et al. (2004b) 4570 1.1 2.2 −2.77
Johnson (2002) 4450 0.50 2.3 −2.65

Mishenina & Kovtyukh (2001) 4570 1.1 1.2 −2.42
Roederer et al. (2008a) 4570 0.55 2.4 −2.83

Takada-Hidai et al. (2005) 4650 1.36 1.9 −2.65
Thevenin (1998) 4582 0.8 2.4 −2.60

Westin et al. (2000) 4500 1.3 2.5 −2.70
mean 4564 1.03 2.14 −2.66

standard dev. 69 0.33 0.40 0.11
HD 84937

This study 6300 4.0 1.2 −2.28
Bihain et al. (2004) 6277 4.03 1.0 −2.06

Fulbright (2000) 6375 4.1 0.8 −2.0
Gratton et al. (2003a) 6290 4.02 1.25 −2.18
Jonsell et al. (2005) 6310 4.04 1.5 −1.96

Mishenina & Kovtyukh (2001) 6250 3.8 1.5 −2.00
Nissen et al. (2007) 6357 4.07 1.5 −2.11
Smith et al. (1993) 6090 4.0 1.5 −2.4
Thevenin (1998) 6222 4.0 1.3 −2.10

Zhang & Zhao (2005) 6261 4.07 1.8 −1.93
mean 6270 4.01 1.35 −2.08

standard dev. 75 0.09 0.30 0.14

Note. — The mean and standard deviation calculations do not include
the values derived in this study.
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Figure 2.2 Comparison of the abundances derived in our study and two previous

studies of HD 122563 and HD 84937, Honda et al. (2004a,b) and Fulbright (2000).
∆[X/Fe] is in the sense of (our study) minus (other study). For Fe, we show ∆[Fe/H]
rather than ∆[X/Fe].
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elements in common with our measurements. The Mg and V abundance discrep-

ancies can be explained by the different atmospheric parameters, which account for

0.04 dex and 0.06 dex of the difference, respectively, reducing the discrepancies to

less than the uncertainties. When compared with many other studies (in Table 2.4),

our [Fe/H] is in agreement with these studies within their mutual 1σ uncertainties,

so we do not consider it to be discrepant.

We also smooth the UVES spectra of HD 122563 and HD 84937 to R ∼ 15,000

to simulate the spectral resolving power employed in our study. We do not degrade

the S/N of these spectra to match the S/N of our HET spectra; the purpose of

smoothing the spectra is to allow us to identify lines that are blended at the lower

spectral resolution and remove them from our final linelist. We accomplish this by

noting the spuriously-high abundances produced by the blended lines in a line-by-

line comparison with the abundances derived from the higher resolution spectra. We

then measure equivalent widths from unblended lines in each star and re-derive ele-

mental abundances using the same atmospheric parameters. The abundance ratios

for both stars are identical to the abundance ratios determined from the R ∼ 80,000

spectra within the measurement uncertainties. From this and other comparisons

given above, we conclude that our linelist and abundance analysis technique are

reliable.

2.5 Abundance Analysis

2.5.1 Comments on Individual Species

In Table 2.5 we list our derived LTE abundances, along with non-LTE corrections

when available, for 23 elements in HKII 17435-00532. We reference the elemental

abundance ratios to the Solar system (S. S.) photospheric abundances given by

Grevesse & Sauval (2002). These abundances have been derived primarily from

analyses using 1D hydrostatic model atmospheres under the assumption of LTE, as

we have done in our current study of HKII 17435-00532.

We synthesize the Li i 6707Å doublet using the linelist of Hobbs et al. (1999),

who compiled the hyperfine structure component wavenumbers of this resonance

line from measurements by Sansonetti et al. (1995) and the oscillator strength mea-

surements of Yan et al. (1998). For the purposes of this paper, we can assume
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Table 2.5. Abundance Summary for HKII 17435-00532

LTE NLTE LTE

Species log ε log ε [X/Fe]a σ No. lines log ε�
a Notes

Fe i 5.27 · · · −2.23b 0.23 86 7.50 EW
Fe ii 5.27 · · · −2.23b 0.17 6 7.50 EW

Li i 2.06 2.16 · · · 0.16 1 1.10 synth
C 6.97 · · · +0.68 0.3 · · · 8.52 synth

O i 7.56 ∼7.2 +1.06 0.27 3 8.73 EW
Na i 4.79 ∼4.7 +0.69 0.16 2 6.33 EW

Mg i 5.77 ∼5.9 +0.42 0.25 4 7.58 EW
K i 3.33 ∼2.9 +0.44 0.17 1 5.12 EW
Ca i 4.56 · · · +0.43 0.19 13 6.36 EW

Sc ii 1.14 · · · +0.20 0.21 3 3.17 EW
Ti i 3.01 · · · +0.22 0.22 9 5.02 EW

Ti ii 3.12 · · · +0.33 0.20 9 5.02 EW
Cr i 3.29 · · · −0.15 0.16 4 5.67 EW

Mn i 2.85 · · · −0.31 0.24 1 5.39 EW
Ni i 4.13 · · · +0.11 0.18 3 6.25 EW

Sr ii 1.05 · · · +0.36 0.26 1 2.92 synth
Y ii 0.18 · · · +0.17 0.19 4 2.24 synth

Zr ii 1.14 · · · +0.77 0.27 2 2.60 synth
Ba ii 0.76 · · · +0.86 0.29 4 2.13 synth
La ii −0.28 · · · +0.78 0.21 6 1.17 synth

Ce ii 0.52 · · · +1.17 0.20 4 1.58 synth
Pr ii −0.42 · · · +1.10 0.20 3 0.71 synth

Nd ii 0.31 · · · +1.04 0.19 12 1.50 synth
Sm ii −0.49 · · · +0.73 0.22 3 1.01 synth

Eu ii −1.24 · · · +0.48 0.20 2 0.51 synth

aSolar photospheric values from Grevesse & Sauval (2002)

b[Fe/H] is shown here.
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that all of the Li present is 7Li without altering any of our conclusions. Our

synthesis of this line is shown in Figure 2.3. We derive log ε (Li)LTE = +2.06.

Using the Carlsson et al. (1994) non-LTE corrections for the 6707Å line, we find

log ε (Li)NLTE = +2.16 ± 0.16.

We synthesize portions of the CH G-band between 4290 and 4330Å to deter-

mine the C abundance. A portion of this region is shown in Figure 2.3. We adopt

the CH linelist of B. Plez (2006, private communication). Because our C abundance

is derived from molecular features that are very temperature sensitive in a 1D model

atmosphere, it is likely that the true C abundance is somewhat lower, as has been

found by Asplund et al. (2005b) when analyzing atomic and molecular C features

in the solar spectrum using 3D hydrodynamical model atmospheres. We cannot

estimate the 12C/13C ratio from the CH G-band at our spectral resolution and S/N

levels.

The [O i] lines at 6300 and 6363Å, usually taken as the best O abundance

indicator in metal-poor stars, are contaminated by telluric features. We measure

equivalent widths for the O i triplet at 7771, 7774, and 7775Å, adopt the log(gf)

values from Wiese et al. (1996), and find log ε (O)LTE = +7.56± 0.27. As summa-

rized in Kiselman (2001), the line source function for this triplet will show strong

departures from LTE, always in the direction of underestimating the line strength

and hence overestimating the abundance in LTE relative to non-LTE. Kiselman

(2001) adopts a non-LTE correction ∼ −0.1 dex for solar-type stars with a sim-

ilar O abundance, Nissen et al. (2002) found corrections ∼ −0.1 to −0.2 dex for

metal-poor main sequence and subgiant stars, and Garćıa Pérez et al. (2006) found

corrections ∼ −0.1 dex for metal-poor subgiant and giant stars. Garćıa Pérez et al.

(2006) also found that the O abundance derived from the triplet were ∼ +0.1 to

+0.3 dex higher than when derived from the [O i] lines for stars in their sample with

a temperature similar to HKII 17435-00532; this difference is also presumably due to

non-LTE effects. Cavallo et al. (1997) found a similar effect in their sample of metal-

poor subdwarfs and giants, and they reported a difference of +0.53 dex between the

triplet and the [O i] lines. Adding the two corrections adopted from Garćıa Pérez et

al. (2006), we arrive at a total non-LTE correction for HKII 17435-00532 of ∼ −0.3

to −0.4 dex. We therefore derive log ε (O)NLTE ∼ +7.2 dex for HKII 17435-00532.

Both lines in the Na i doublet at 5889 and 5895Å are blended with inter-

stellar absorption lines and telluric emission lines. The relative radial velocity of

26



Figure 2.3 Portions of our spectrum of HKII 17435-00532. The top panel displays
part of our synthesis of the CH G-band near 4300Å, the middle panel shows the

spectral window around the Na i 5682 and 5688Å lines, and the bottom panel shows
our synthesis of the Li i 6707Å resonance line. In the top and bottom panels, the

solid blue line represents our best fit synthesis, while the dashed red lines represent
variations in the best-fit abundance. The dot-dashed black line represents a synthesis

with no CH or Li present. The observed spectrum is indicated by solid squares.
In the middle panel, the observed spectrum is indicated by the histogram and the

dotted line indicates the location of the continuum. In the bottom panel, the relative
strengths and positions of the hyperfine components of 7Li are represented by solid

sticks, while the 6Li components are represented by dotted sticks. We can assume
that only 7Li is present without altering any of our conclusions.
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HKII 17435-00532 at the time of our observations does not allow us to separate

these components from the stellar absorption lines. Instead, we measure equivalent

widths from the Na i lines at 5682 and 5688Å. The spectral region around these

lines is shown in Figure 2.3. Gratton et al. (1999) offers non-LTE corrections for

these lines in metal-poor giants, but Asplund (2005a) notes that their corrections

for giants are at odds with other calculations for these lines. Gehren et al. (2004)

studied the non-LTE abundances of only dwarfs and early subgiants, so we cannot

infer corrections from their work. Takeda et al. (2003) suggest that non-LTE effects

for these lines will be relatively small (. −0.1 dex).

We derive Mg i abundances from equivalent width measurements of four lines.

Non-LTE corrections for two of these lines, 4571 and 5183Å, have been presented by

Gratton et al. (1999), who estimate corrections ∼ +0.1 to +0.15 dex in metal-poor

giants. Gehren et al. (2004) found corrections for dwarfs and subgiants with similar

metallicity to HKII 17435-00532 that are ∼ +0.1 dex.

We measure an equivalent width from the K i resonance line at 7698Å. The

electron structure of K i is similar to Na i, and therefore both elements will be sensi-

tive to similar non-LTE effects in stellar atmospheres (Bruls et al. 1992). We use the

interpolation software kindly provided by Y. Takeda (2007, private communication)

to estimate the non-LTE correction from the analysis performed by Takeda et al.

(2002). The correction is rather large, ∼ −0.4 dex.

We do not adopt any non-LTE corrections for the remaining six light species

that were detected—Ca, Sc, Ti, Cr, Mn, and Ni.

We measure abundances for 10 n-capture elements (Sr, Y, Zr, Ba, La, Ce,

Pr, Nd, Sm and Eu) in HKII 17435-00532 by generating synthetic spectra for each

line. Relative wavelengths for the hyperfine structure and isotopic components were

drawn from McWilliam (1998) for the Ba ii 4554Å resonance line. All La ii lines

were synthesized with the hyperfine structure presented in Lawler et al. (2001a)

and Ivans et al. (2006). Pr ii lines were synthesized from the hyperfine A constants

presented in Ivarsson et al. (2001). Both Eu ii lines were synthesized with the

hyperfine structure presented in Lawler et al. (2001b) and Ivans et al. (2006). Each

of these species has notable hyperfine splitting, and thus it is necessary to synthesize

the hyperfine structure and isotope shifts in order to derive accurate abundances.

Our spectrum of HKII 17435-00532 does not extend far enough into the blue to

observe the stronger transitions from many of the heavier n-capture species, such as
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the Pb i 4057Å line. We note that no Tc is detected at the 4238, 4262, and 4297Å

lines in HKII 17435-00532, and we only obtain an upper limit of log ε (Tc) . +0.5.

2.5.2 Uncertainties

Total uncertainties in the derived elemental abundances were estimated by adding

uncertainties in the log(gf) values, uncertainties in the EW resulting from con-

tinuum placement, the statistical scatter associated with measuring multiple lines

of each species, and changes in the derived abundance in response to our uncer-

tainties in the atmospheric parameters in quadrature. The statistical scatter is

∼ 0.1–0.2 dex for most species with more than ∼ 5 lines analyzed; for species with

fewer than ∼ 5 lines, the uncertainty in the continuum placement for individual

lines was found to contribute ∼ 0.1–0.2 dex to the overall abundance error budget.

For neutral species, the effective temperature uncertainties translate into abundance

uncertainties ∼ 0.15 dex, and for singly-ionized species the surface gravity uncer-

tainties translate into abundance uncertainties ∼ 0.10 dex. For a few species with

several strong lines (Mg, Ca, Fe, Ti, and Ni), the microturbulent velocity uncer-

tainties translate into abundance uncertainties ∼ 0.05 dex. Uncertainties in the

log(gf) values and overall metallicity of the model atmosphere result in abundance

uncertainties . 0.05 dex. One extreme case is C, whose abundance was derived

from molecular CH bands; a change in Teff by ± 150 K changes the C abundance by

≈ ± 0.30 dex, which dominates over changes in the other atmospheric parameters.

2.6 Results

2.6.1 Lithium

Contrary to expectations from the evolved nature of HKII 17435-00532, we have

detected the Li 6707Å line, deriving an abundance of log ε (Li)NLTE = +2.16 ± 0.16.

This is consistent with the Li abundance of unevolved metal-poor stars on the Spite

Plateau. The nearly constant level of Li in stars on the Spite Plateau is only

found for dwarfs and subgiants with Teff & 5700 K, which is much warmer than

the temperature of HKII 17435-00532 (e.g., Pilachowski et al. 1993; Ryan et al.

1996; Ryan & Deliyannis 1998). The Li-enrichment mechanism of HKII 17435-00532

is likely unrelated to warm metal-poor turnoff stars, such as CS 22898-027 and
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LP 706-7. These stars have metallicities as low as or lower than HKII 17435-00532

and nearly identical Li abundances, yet they have Teff/log g ∼ 6300 K/4.0 and

6000 K/3.8, respectively (Thorburn & Beers 1992; Norris et al. 1997b; Preston &

Sneden 2001). The different evolutionary states of these stars indicate that different

explanations for the Li enrichment may be necessary. High levels of Li have been

observed in other evolved stars, too, but most of these stars have metallicities close

to solar.

The surface 7Li abundance in dwarf stars is depleted during main sequence

core H-burning. This is because diffusion by gravitational settling becomes more

efficient as the surface convection zone becomes increasingly shallow. Lower-mass

(M ∼ 0.5–0.65 M�) stars have longer main sequence lifetimes and also burn more
7Li per unit time than higher-mass (M ∼ 0.65–0.75 M�) stars due to more effective

convective mixing in their envelopes. Therefore the lower-mass main sequence stars

will exhibit more 7Li depletion than higher-mass main sequence stars. As these stars

evolve away from the main sequence their convective zones deepen further, diluting

the surface 7Li abundance and destroying it in the deeper layers. More details of

these processes are described in Deliyannis et al. (1990) and Proffitt & Michaud

(1991).

Pilachowski et al. (1993) showed that Li abundances in metal-poor subgiants

continue to decline by an additional factor of ∼ 101–102 relative to the standard

evolutionary model predictions as these stars ascend the RGB and AGB. Addi-

tional physical mechanisms, such as rotationally-induced mixing, have been used to

explain some of the observed 7Li abundance decreases from predictions made from

standard evolutionary models (see the discussion in, e.g., Pinsonneault et al. 1992,

Deliyannis et al. 1993, and Ryan & Deliyannis 1998). Even without detailed knowl-

edge of the details of these processes, it is clear that the derived 7Li abundance in

HKII 17435-00532 cannot be its zero-age main sequence 7Li abundance.

There are several reasons to believe that the Li in HKII 17435-00532 was not

transferred from an undetected companion. Our four radial velocity measurements

for this star suggest that HKII 17435-00532 is not a member of a binary star system,

though perhaps the system is a long-period binary or the plane of the orbit is nearly

face-on with respect to the Earth. Even if HKII 17435-00532 is the secondary star

of a binary system where the now-unseen and presumably more massive primary

swelled in size during its TP-AGB phase and transferred mass—including freshly-
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synthesized Li—to the secondary, such a scenario would require extremely efficient

mass transfer to enrich HKII 17435-00532 to log ε (Li) ∼ 2.1.

Only two stars with [Fe/H] < −1.5 have been reported to possess log ε (Li) &

+2.4: HD 160617 and BD +23 3912. While Charbonnel & Primas (2005) reported

log ε (Li) = +2.56 in HD 160617, other studies have found lower abundances in this

star, log ε (Li) = +2.23 (Pilachowski et al. 1993) and log ε (Li) = +2.28 (Asplund

et al. 2006). Charbonnel & Primas (2005) also reported log ε (Li) = +2.64 in

BD +23 3912, but other studies have also found lower abundances in this star,

log ε (Li) = +2.38 (Pilachowski et al. 1993) and log ε (Li) = +2.23 (Thevenin

1998).5 Thus it appears that Li enrichment significantly above the Spite Plateau

value in metal-poor stars is, at best, a rare phenomenon.

Similarly, the lack of Li-enriched stars anywhere above the Spite Plateau or

the Li abundances expected by normal dilution as stars evolve up the red giant

branch suggests that HKII 17435-00532 was not enriched during or prior to its

departure from the main sequence, in which case it would be obeying the normal

dilution effects predicted by standard evolutionary models. (In other words, the

pattern of Li abundances seen in Figure 4b of Ryan & Deliyannis 1998 has not been

shifted upward by 1–2 dex due to extrinsic Li enrichment.)

Later, in Section 2.7.3, we consider the possibility that the n-capture mate-

rial in HKII 17435-00532 was accreted from a companion star that passed through

the TP-AGB phase of evolution. In this scenario, we derive a dilution factor of 63

(where log10(63) = 1.8); i.e., one part of accreted material is observable in the stel-

lar atmosphere of HKII 17435-00532 for every 63 parts of its own, original material

necessary to produce the observed n-capture abundances. If the Li shares its nu-

cleosynthesis origin with this n-capture enrichment, it too would be expected to be

diluted by the same factor. Figure 10 of Gratton et al. (2000) leads us to surmise that

the un-enriched Li abundance of HKII 17435-00532 would be log ε (Li) ∼ +0 to +1

at its present evolutionary state. Therefore, in order to enrich HKII 17435-00532

to a present Li abundance of log ε (Li) = +2.1, nearly 3–4 dex (i.e., the sum

of the enrichment and the logarithmic dilution factor) would need to be acquired

by HKII 17435-00532 from its companion. Furthermore, the transfer would have

5We also note that neither of these subgiants exhibit any significant overabundances of C or Ba,
two key signatures of s-process nucleosynthesis. In HD 160617, [C/Fe] = −0.6, and [Ba/Fe] = +0.0
(Jonsell et al. 2005; Johnson et al. 2007). In BD +23 3912, [C/Fe] = −0.2 and [Ba/Fe] = +0.1
(Fulbright 2000; Gratton et al. 2000).
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needed to occur fairly recently—otherwise the Li acquired by HKII 17435-00532

would be diluted and destroyed by the normal channels during its evolution up the

RGB. The likelihood of such extreme enrichment seems small.

We conclude that the Li observed in HKII 17435-00532 is not of primordial

origin and was not transferred from an unseen binary companion. The Li should

have originated within this star.

2.6.2 CNO, α, and Fe-peak Elements

Carbon and oxygen are overabundant in HKII 17435-00532, with [C/Fe] ≈ +0.7

and [O/Fe] ≈ +1.1. The CN molecular band at 3850Å commonly used to measure

the N abundance was not covered in our spectra. Both McWilliam et al. (1995a,b)

and Cayrel et al. (2004) found a large amount of scatter in the C abundances of

their very metal-poor star samples, despite the fact that the Cayrel et al. (2004)

sample is biased against C-rich stars. It is difficult to ascertain whether the C

overabundance in HKII 17435-00532 is typical for metal-poor stars or is the result

of an additional enrichment process. If C enrichment has occurred, it is mild relative

to the population of C-enriched metal-poor stars, which can have [C/Fe] & +2.0 in

stars with similar metallicity to HKII 17435-00532 (Cohen et al. 2006; Aoki et al.

2007a). Comparison of our O abundance with the O abundances of the sample of

metal-poor subgiants and giants from Garćıa Pérez et al. (2006), both derived from

the triplet near 7770Å, reveals that the O abundance of HKII 17435-00532 is in very

good agreement with their results. Garćıa Pérez et al. (2006) found [O/Fe] ∼ +0.5

near [Fe/H] = −2.2 from the [O i] lines, which is only marginally smaller than our

O abundance corrected for non-LTE effects, and within the uncertainties of these

measurements the HKII 17435-00532 O abundance is not anomalous. This suggests

that no extra enrichment of O-rich material has occurred.

In Figure 2.4 we show the elemental abundances for 6≤ Z ≤ 30 in HKII 17435-00532,

the Sun, and ten “typical” metal-poor stars. We represent the abundances of “typi-

cal” metal-poor stars by averaging the ten most metal-rich (−2.8 < [Fe/H] < −2.0)

stars in the McWilliam et al. (1995a,b) sample. The well-known odd-even effect is

clearly seen in the log ε abundances for these stars in Figure 2.4. With the exception

of Na, the α and Fe-peak elements appear very typical for a star in this metallicity

regime.
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Figure 2.4 Light element (6 ≤ Z ≤ 30) LTE abundances for HKII 17435-00532, the
Sun, and “typical” metal-poor stars. The top panel shows absolute log ε abun-

dances and the bottom panel shows relative [X/Fe] abundances. We show the
abundances for HKII 17435-00532 as filled blue diamonds. We also show the S. S.

photospheric abundances as red circles and connect them with a solid line. Open
triangles represent “typical” metal-poor stars by averaging the ten most metal-rich

(−2.8 < [Fe/H] < −2.0) stars in the McWilliam et al. (1995a,b) sample. The abun-
dances are normalized to the Fe abundance in HKII 17435-00532.
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Sodium is noticeably overabundant in HKII 17435-00532, [Na/Fe]LTE = +0.69,

although inclusion of non-LTE effects for the 5682 and 5688Å Na lines could lower

this abundance by ∼ 0.1 dex. Abundance analyses of large numbers of metal-poor

stars (e.g., McWilliam et al. 1995a,b; Cayrel et al. 2004) with [Fe/H] < −2.0 have

found little change in [Na/Fe] for metallicities −3.0 < [Fe/H] < −2.0, with an in-

trinsic scatter of a few tenths of a dex. For the Pilachowski et al. (1996) field stars

that have comparable temperature and gravity to HKII 17435-00532, we note that

there exists a difference in their LTE Na abundances and the LTE Na abundance of

HKII 17435-00532 by more than 0.4 dex, which presumably does represent a physi-

cal difference in the Na abundances and not, e.g., an effect of disregarding non-LTE

effects since the same set of Na lines were used for the analysis.

Gratton et al. (2000) found no evidence for a significant change in the Na

abundance of field stars with −2.0 < [Fe/H] < −1.0 along the RGB, although all of

the stars in their sample exhibited [Na/Fe] ≤ +0.4. Aoki et al. (2007a) also find a

number of C enriched metal-poor stars that have overabundances of Na, including

some stars with [Na/Fe] > +2.0. These authors showed that the Na-enhancement

in their sample correlated with C and N enhancements. We note that the C and

Na overabundances in HKII 17435-00532 are much less extreme than the C and Na

overabundances in some of the stars in the Aoki et al. (2007a) study. The available

information hints that the Na overabundance in HKII 17435-00532 may share a

common origin with the C overabundance rather than the evolutionary state of this

star.

2.6.3 n-capture Elements

HKII 17435-00532 exhibits overabundances of all n-capture elements relative to Fe

when compared with the S. S. abundance ratios. Both Ba and Eu exhibit signifi-

cant overabundances in HKII 17435-00532, [Ba/Fe] = +0.86 and [Eu/Fe] = +0.48.

These ratios suggest that HKII 17435-00532 is enriched to some degree in both s-

and r-process material. Also, [Ba/Eu] = +0.38, which suggests that the s-process

has contributed a greater portion of the n-capture species in this star than the

r-process. In Figure 2.5, we show the derived n-capture elemental abundances in

HKII 17435-00532, as well as the scaled S. S. s- and r-process abundance patterns.

If we examine the entire set of derived n-capture abundances in HKII 17435-00532,
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Figure 2.5 Derived abundances in HKII 17435-00532 and the scaled S. S. s- and
r-process abundance patterns, indicated by the blue and red lines, respectively. The
S. S. s-process distribution is normalized to Ba, and the S. S. r-process distribution

is normalized to Eu. It is clear that neither distribution provides a satisfactory fit
to the n-capture elemental abundance pattern in HKII 17435-00532.

it is clear that the scaled S. S. abundances of neither process alone provide a sat-

isfactory fit. Furthermore, within the ranges 38 ≤ Z ≤ 40 and 56 ≤ Z ≤ 58,

the odd-even effect is more pronounced than would be expected, with the odd-Z

elements exhibiting abundances ∼ 0.8–1.0 dex lower than the neighboring even-Z

elements.

We display the abundance ratios for several sets of n-capture species in Fig-

ure 2.6 for HKII 17435-00532 and the 16 stars classified by Jonsell et al. (2006) as

(r + s)-enriched6 ,7. The abundances of the n-capture species are all derived from

6The star CS 31062-012 is also called LP 706-7 and has been listed twice in the Jonsell et al.
(2006) table of r + s stars. This double identification was also pointed out by Ryan et al. (2005).

7Strictly speaking, the Jonsell et al. (2006) r+s classification refers to stars with [Ba/Fe] > +1.0,
[Eu/Fe] > +1.0, and [Ba/Eu] > 0.0, and HKII 17435-00532 does not meet these criteria. In this
paper we refer to r + s stars in a less strict sense to indicate that they exhibit some enhancement
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transitions of singly-ionized atoms, and the uncertainty in the surface gravity of the

model atmosphere will have relatively small effects on the ratios of one n-capture

species to another. Several of these ratios were chosen to examine whether the exag-

gerated n-capture odd-even-Z effect is common to other stars enriched in both s- and

r-process material. In particular, the [Sr/Y] and [Y/Zr] ratios in HKII 17435-00532

appear normal with respect to other stars in this class. The [La/Ce] ratio is slightly

lower in HKII 17435-00532 than the comparison stars but is still in agreement.

The [Ba/Eu] and [La/Eu] ratios are in agreement. The [La/Eu] and [La/Ce] ra-

tios exhibit remarkably small scatter among the stars of this class with the minor

exceptions only for three stars. One of these stars, CS 29526-110, was noted by

Aoki et al. (2002) to have a low La abundance. Jonsell et al. (2006) point out that

HE 1405-0822 was noticed to have strong C molecular features in the spectrum by

Barklem et al. (2005), and the data presented were preliminary. CS 30322-023, the

most metal-poor star to demonstrate an s-process abundance signature, appears

to have a rather low Eu abundance relative to the second-s-process peak elements

(Masseron et al. 2006). The exaggerated (relative to the scaled-S. S. s- and r-process

abundances) odd-even-Z effect for 38 ≤ Z ≤ 40 and 56 ≤ Z ≤ 58 appears to be a

characteristic of the nucleosynthesis in these stars.

Despite the small intrinsic scatter among these abundance ratios, the scatter

in the [Pb/Ba] ratio is noticeably greater, far beyond any reasonable variation in

the atmospheric parameters or uncertainties in measuring the abundances of these

stars (see also Masseron et al. 2006). No trend with [Fe/H] is apparent. It is likely

that HKII 17435-00532 has an overabundance of Pb, but we do not presently know

because our spectra do not include the Pb i 4057Å line to confirm this. For the

often-discussed question of Ba and Pb abundances in the (r + s)-enriched stars we

refer to Ivans et al. (2005), Bisterzo et al. (2006), and references therein.

We find a difference in the ratios of the mean light-s-process abundances (Sr,

Y, Zr; hereafter designated as ls) and heavy-s-process abundances (Ba, La, Ce; here-

after designated as hs) to Fe, [ls/Fe] = +0.37 ± 0.13 and [hs/Fe] = +0.96 ± 0.13.

In Figure 2.7 we show the [hs/ls] ratio for HKII 17435-00532 and other metal-poor

stars as functions of [Ba/Eu] and [Fe/H]. Even though the Jonsell et al. (2006) r+s

classification required [Ba/Fe] > +1.0 and [Eu/Fe] > +1.0, greater than the [Ba/Fe]

and [Eu/Fe] ratios in HKII 17435-00532, the [Ba/Eu] ratios for their stars are sim-

of both Ba and Eu, i.e., +0.3 . [Ba/Fe] and +0.3 . [Eu/Fe].
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Figure 2.6 Abundance ratios of n-capture species for HKII 17435-00532 and other
stars classified as (r + s)-enriched. HKII 17435-00532 is indicated by the sunburst,
and other stars are indicated by open squares. The S. S. photospheric ratios are

indicated by dotted lines. The additional data were taken from other studies and
the r + s list of Jonsell et al. (2006), which was compiled from the measurements

of others, including: Aoki et al. (2001), Aoki et al. (2002), Barbuy et al. (2005),
Barklem et al. (2005), Cohen et al. (2003), Cohen et al. (2006), Hill et al. (2000),

Ivans et al. (2005), Johnson & Bolte (2002a), Johnson & Bolte (2004), Lucatello et
al. (2003), Masseron et al. (2006), Norris et al. (1997b), Preston & Sneden (2001),

and Sivarani et al. (2004). We also include the r + s star CS 22964-161 (Thompson
et al. 2008).
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ilar to ours. This suggests that HKII 17435-00532 may have less overall n-capture

enrichment than the Jonsell et al. (2006) r + s stars, but the relative amounts of

enrichment may be similar. Also, HKII 17435-00532 and the r + s stars fall in the

range between the pure-s- and pure-r [Ba/Eu] ratios and between the stars classi-

fied as s-enriched and r-enriched. The [hs/ls] ratio in HKII 17435-00532 may lie

between the [hs/ls] ratio in r + s and r-enriched stars, but the uncertainties on this

measurement are too great to clearly distinguish between these two classes.

From the data presented in Figure 2.7, it appears that, for the most part,

stars enriched in both s- and r-process elements have high [hs/ls] ratios (i.e.,

[hs/ls] & +0.6). Based on the overall chemical homogeneity of the stars in their r+s

class, Jonsell et al. (2006) argued that the s- and r-enrichment in these stars may

not have originated from independent nucleosynthetic events. Furthermore, based

on the frequency of r + s stars in the HERES survey (Barklem et al. 2005) relative

to the numbers of r-II and s stars, they concluded that the combination of s- and

r-enrichment in the same star must point to a common (or at least a dependent set

of) nucleosynthesis event(s).

Lucatello et al. (2006) have recently examined the C-rich and/or very cool

stars—some of which include n-capture enhancements—that could not be studied

by the automated procedures of Barklem et al. (2005). Lucatello et al. (in prep) are

presently considering the frequency of the various categories of n-capture stars in

the C-rich/cool sample, so we defer further discussion of such stars to their study.

We also refer the reader to Bisterzo (2007) for a thorough comparison of chemical

yields from stars in the TP-AGB phase to the n-capture abundances in r + s stars.

Our Tc upper limit in HKII 17435-00532, log ε (Tc) . +0.5, is of little use, as

it is 2–3 dex greater than the scaled s- and r-process predictions shown in Figure 2.5.

Given the metallicity of HKII 17435-00532, we can safely surmise that this

star is very old (& 10 Gyr) and has a low mass (∼ 0.8 M�). The s and r nucleosyn-

thesis reactions are not expected to operate in stars of such low mass, so they must

have been present in the material from which this star formed or were transferred

to it from an undetected binary companion.
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Figure 2.7 The [hs/ls] abundance ratio is shown as a function of [Ba/Eu] (top
panel) and [Fe/H] (bottom panel). HKII 17435-00532 is indicated by the sunburst.
Large black squares, circles, and triangles indicate stars classified by Jonsell et al.

(2006) as (r + s)-enriched, s-enriched, and r-enriched, respectively. Most of the
Jonsell et al. (2006) classifications were based on measurements made by previous

studies of these stars; we supplement their sample with HD 115444 (Westin et al.
2000), HD 221170 (Ivans et al. 2006), CS 30322-023 (Masseron et al. 2006), and

CS 22964-161 (Thompson et al. 2008). Open triangles represent HD 122563 and
HD 88609 (Honda et al. 2006, 2007), which may be enriched by products of the

“Lighter Element Primary Process” (LEPP; Travaglio et al. 2004) or the weak-r-
process (Wanajo et al. 2006; Qian & Wasserburg 2007). Gray circles, squares, and

triangles represent stars from the metal-poor abundance surveys of Fulbright (2000),
Burris et al. (2000), and Barklem et al. (2005). The stellar model pure-s and pure-r
[Ba/Eu] ratios (Arlandini et al. 1999) are shown by the dotted blue line and dashed

red line.
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2.7 Interpretation

We arrive at the challenge to find a consistent model to explain Li-, s-, and r-

process-enhancement, as well as C- and Na-enrichment, in a metal-poor star on the

RGB, RHB, or early AGB. We have argued that the Li must have been produced

in this star, while the s- and r-process elements must have been present in the

material from which the star formed or were transferred to it by a nearby star.

Radial velocity variations have not yet been detected, but we consider both binary

and single-star explanations because of the possibility of a long binary orbital period

or a highly-inclined orbit.

In Table 2.6, we summarize the radial velocity measurements reported in

the literature for HKII 17435-00532 and 18 other r + s stars. Of these 19 stars ,

10 show clear evidence of radial velocity variations, 5 do not show any variations

when observed for a substantial period of time (including HKII 17435-00532), and

4 have fewer than two measurements reported in the literature. Of the 6 stars with

measured orbital periods, 5 have periods greater than 250 days, and one of these

has a period greater than 12 years. Given the similarities in the abundance ratios

between these stars and HKII 17435-00532, as well as its unproven binary status,

it is reasonable to expect that this star may be a long period binary. Future radial

velocity monitoring will be undertaken to investigate the matter. A wider binary

separation could also explain the less-extreme overabundances of n-capture material

in HKII 17435-00532 relative to other r + s stars, similar to the conclusion reached

by Han et al. (1995) for the enrichment patterns in Ba and CH stars in binary

systems. This explanation also gains support from the work of Lucatello et al.

(2005), who observed radial velocity variations in 68% of their sample of 19 C and

s-process-enriched stars, yet were able to conclude from their Monte Carlo analysis

of the sample that all C- and s-enriched metal-poor stars should be members of

binary systems. (See also McClure et al. 1980 and McClure 1983.)

2.7.1 Lithium Self-Enrichment through Extra Mixing

On the RGB

The first dredge-up episode occurs on the lower RGB when the outer convective en-

velope deepens and encounters material that has been processed through H-burning.
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Table 2.6. Radial Velocity Variations among Stars Exhibiting r + s Enrichment

star name radial velocity period references
variations?a (days)

HKII 17435-00532 N · · · 1
CS 22183−015 Y · · · 7, 9
CS 22898−027 N · · · 3, 13
CS 22948−027 Y 426.5 5, 13
CS 22964−161 Y 252 16
CS 29497−030 Y 342 12, 14, 15
CS 29497−034 Y 4130 5
CS 29526−110 Y · · · 3
CS 30322−023 Nb · · · · · ·
CS 31062−012 N · · · 11
CS 31062−050 Y · · · 3, 4
HE 0024−2523 Y 3.41 10
HE 0131−3953 ? · · · · · ·
HE 0338−3945 N · · · 8
HE 1046−1352 ? · · · · · ·
HE 1105+0027 ? · · · · · ·
HE 1405−0822 ? · · · · · ·
HE 2148−1247 Y (long) 6

LP 625−44 Y & 4400 2

a In the second column, a “Y” indicates that the star exhibits
radial velocity variations, an “N” indicates that several measure-
ments over a period of time have confirmed that the star does
not exhibit radial velocity variations, and a “?” indicates that
fewer than two radial velocity measurements have been reported
in the literature.

b CS 30322-023 is in the TP-AGB phase and may exhibit a
pulsation period of 192 days with an amplitude of ≈ 3 km s−1.
This may mask the detection of a long, low-amplitude orbital
period, which cannot be ruled out by the available observations
(Masseron et al. 2006).

References. — (1) this study; (2) Aoki et al. (2000);
(3) Aoki et al. (2002); (4) Aoki et al. (2003b); (5) Barbuy et
al. (2005); (6) Cohen et al. (2003); (7) Cohen et al. (2006);
(8) Jonsell et al. (2006); (9) Lai et al. (2004); (10) Lucatello
et al. (2003); (11) Norris et al. (1997b); (12) Preston & Sne-
den (2000); (13) Preston & Sneden (2001); (14) Sivarani et al.
(2004); (15) Sneden et al. (2003b); (16) Thompson et al. (2008)

41



Because it mixes fresh H from the surface downward into the star, the first dredge-up

leaves a strong molecular weight discontinuity at the point of maximum penetra-

tion into the star. This material is outside of the H-burning shell, and when the

H-burning shell burns outward through this molecular weight discontinuity it en-

counters a fresh supply of H. As a result, the outward progress of the H-burning shell

is halted, the radius of the star ceases to expand, and the star’s ascent up the RGB

is paused. The RGB luminosity bump occurs at the point on the RGB where stars

spend a larger fraction of their time digesting this H fuel. The location of the RGB

luminosity bump (which depends on metallicity), inferred from the calculations of

Denissenkov & VandenBerg (2003), is indicated in Figure 2.1.

Before the H-burning shell erases the molecular weight discontinuity, no ex-

tra mixing can occur; after it has been erased, the star continues to evolve up

the RGB. To explain the Li enrichment observed in some evolved stars, several

authors (Charbonnel 1995; Sackmann & Boothroyd 1999; Charbonnel & Balachan-

dran 2000) proposed that an extra, yet unspecified, mixing process may occur in

low- and intermediate-mass stars (i.e., 1 . M . 5 M�) after the molecular weight

discontinuity has been erased at the RGB luminosity bump. The 3D simulations of

the He-flash presented in Dearborn et al. (2006) also suggest that this extra mixing

may be present outside the H-burning shell. This extra mixing could drive 7Li pro-

duction by the Cameron & Fowler (1971) mechanism. This hypothesis explains the

low- and intermediate-mass Li-enriched stars found at the RGB luminosity bump.

Once the H-burning shell begins to exhaust its fresh supply of H it continues

its outward burn, and the star once again expands and continues to ascend the

RGB. The convective envelope extends deeper into the star, carrying the 7Li to

these hotter regions where it is destroyed. The Li-rich phase is fleeting. From the

calculations presented in Denissenkov & Herwig (2004) for Li-enrichment in low-

mass, metal-poor stars along the RGB, we estimate that the Li-rich phase will not

last more than 3–4 Myr.

What is the physical cause of the extra mixing process, and can it operate in

low-mass, low-metallicity stars? Thermohaline mixing (Ulrich 1972; Kippenhahn et

al. 1980; Eggleton et al. 2006, 2008) has long been considered plausible. This type

of mixing is a result of a mean molecular weight inversion that arises in stars on the

AGB when the 3He(3He, 2p)4He reaction lowers the mean molecular weight (from 3

to 2 for the species that participate in this reaction) near the upper boundary of the
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H-burning shell. Charbonnel & Zahn (2007) advocate a mechanism that relies on

the double-diffusion of both the mean molecular weight inversion and temperature

instabilities to induce mixing. They successfully link changes in the surface 7Li

abundance (as well as a decrease in C and 12C/13C and an increase in N) to this

extra mixing mechanism in low-mass (M ∼ 0.9 M�), low-metallicity ([Fe/H] = −1.8,

−1.3, −0.5) stars at and above the RGB luminosity bump.

Another possibility, known as the Li flash (Palacios et al. 2001), which was

found as a possible source of Li enrichment in solar-metallicity, 1.5 M� stars at the

RGB luminosity bump. The creation of a thin Li burning shell induces a convective

instability, which carries Li to the surface of the star. The radius and luminosity

of the star also increase, lifting the star off the RGB luminosity bump on the HR

diagram. If such a process could occur in low-mass, low-metallicity stars, this could

also explain the Li enrichment observed in HKII 17435-00532.

If HKII 17435-00532 is ascending the RGB, the luminosity of this star is

coincident with the luminosity of the bump for [Fe/H] = −2.2. It is possible that

the present Li abundance has already been reduced from its maximum abundance.

Since we cannot measure the 12C/13C ratio from our spectrum, we have no diag-

nostic tool to infer whether the surface Li abundance is still increasing, holding

steady, or already decreasing. Such information would link the evolutionary status

of HKII 17435-00532 with the apparent self-enrichment with Li: once the extra mix-

ing extends deep enough to convert 12C to 13C, the hotter temperatures there will

begin to destroy Li (Gratton et al. 2000; Spite et al. 2006). If HKII 17435-00532

is evolving through the RGB luminosity bump, it is the most metal-poor star for

which an extra mixing mechanism has been shown to produce Li enrichment in the

stellar envelope at this phase of evolution.

On the RHB or Early AGB

Enrichment of Li is not predicted to occur on the RHB or early AGB. Charbonnel &

Balachandran (2000) note that an analog of the RGB extra mixing would have to be

extremely efficient to connect the 3He-rich envelope and the H-burning shell in lower-

mass, lower-metallicity stars ascending the early AGB. The second dredge-up, which

occurs after core-He-burning has ceased, does not affect the surface composition of

stars with M . 4 M� (Karakas et al. 2002). If our adopted surface gravity is too
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high and our adopted temperature is too cool, the star would still lie on the RHB

or early AGB and—although we may have overestimated the mass of this star by

∼ 0.1–0.2 M�—the Li question would remain.

We note that for stars in the later TP-AGB stage, H-burning will alter the

surface composition—including Li abundance—when the outer convective zone over-

laps with the H-burning shell (hot bottom burning, or HBB; e.g., Sugimoto 1971;

Forestini & Charbonnel 1997 and references therein) or when an extra mixing mech-

anism in the radiative layer above the H-burning shell connects it to the convec-

tive zone (cool bottom processing; e.g., Boothroyd et al. 1995; Wasserburg et al.

1995; Nollett et al. 2003 and references therein). These processes occur in higher-

luminosity stars (i.e., log(L/L�) & 3), not lower-luminosity stars near the base of

the AGB (e.g., Kraft et al. 1999; Domı́nguez et al. 2004), and they are not sus-

pects for the extra mixing in HKII 17435-00532. (Recall that log(L/L�) ≈ +2.0 for

HKII 17435-00532.)

If HKII 17435-00532 has recently arrived on the RHB from the tip of the

RGB, is it possible that the supposed large Li overabundance that was produced

by the Cameron & Fowler (1971) mechanism at the RGB luminosity bump has not

yet been fully-depleted? If we assume that the Li-rich phase will not last more than

3–4 Myr, this timescale is far shorter (by nearly two orders of magnitude) than the

timescale necessary for the star to move from the RGB luminosity bump to the RHB

(e.g., Campbell 2007, p. 252). We therefore dismiss this hypothesis.

Also, for metal-poor stars in globular clusters on the RGB or AGB, we note

that Li production does not need to be associated with C, Na, r-process, or s-process

enrichment (e.g., Kraft et al. 1999; Kraft & Shetrone 2000).

If HKII 17435-00532 is on the RHB or early AGB, we are left to postulate

that a previously-unidentified efficient extra mixing episode may be operating during

this stage of evolution in low-mass, low-metallicity stars.

2.7.2 Enhanced Sodium Abundance

Several r + s stars, including HKII 17435-00532, exhibit enhanced Na abundances,

which we summarize in Table 2.7. 23Na can be produced in thermally-pulsing stars

on the AGB through a series of reactions that convert CNO material produced dur-

ing He-burning into 23Na. Briefly, as summarized by Sneden et al. (2008), the H-
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Table 2.7. Enhanced Na Abundances among Stars Exhibiting r + s Enrichment

star name [Na/Fe]LTE [Na/Fe]NLTE reference

HKII 17435-00532 +0.69 +0.6 1
CS 22898−027 +0.17 · · · 6

CS 22948−027 +0.57 +0.07 3
CS 29497−030 +0.58 · · · 4

CS 29497−034 +1.18 +0.68 3
CS 30322−023 +1.29 · · · 5
CS 31062−012a +1.3 +0.6 2

aCS 31062-012 = LP 706-7

References. — (1) this study; (2) Aoki et al. (2007a); (3) Bar-
buy et al. (2005); (4) Ivans et al. (2005); (5) Masseron et al.

(2006); (6) Preston & Sneden (2001)

burning shell of an AGB star first converts CNO nuclei into 14N. Then in the early

phases of a thermal instability 22Ne is generated in the α-capture reaction chain
14N(α,γ)18F(β+ν)18O(α,γ)22Ne. Finally, enhanced 23Na is produced by n-capture

on the abundant 22Ne and subsequent β− decay. The available CNO nuclei include

those present at the star’s birth and fresh “primary” 12C mixed into the envelope

by previous third dredge-up (TDU) episodes. This primary source becomes pre-

dominant in very metal-poor AGB stars (e.g., Gallino et al. 2006). After the last

TDU it is predicted that [Na/Fe] ∼ [Ne/Fe] (with Ne almost pure 22Ne) in the AGB

envelope.

2.7.3 r + s Enrichment

Unlike the case of Li-enrichment, these scenarios are virtually independent of the

evolutionary state, only assuming that this star is not in the TP-AGB stage.
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Pre-Enrichment

The simplest explanation assumes that HKII 17435-00532 is—and always has been—

a single star. This scenario assumes that the material from which HKII 17435-00532

formed was enriched in both s- and r-process material and that no additional

n-capture enrichment occurred. Evidence for s-process enrichment has been ob-

served in a few stars with very low metallicities (e.g., CS 22183-015: [Fe/H] =

−3.1, Johnson & Bolte 2002a; CS 29497-030: [Fe/H] = −2.8, Sivarani et al. 2004;

CS 30322-023: [Fe/H] = −3.4, Masseron et al. 2006), and r-process material has

been found in stars of all metallicities (at least for those with [Fe/H] & −4.0). In a

generation of stars that preceded HKII 17435-00532, it is possible that at least one

binary pair formed with one star that would ultimately explode as a SN, produc-

ing r-process material, and another star that would ultimately produce s-process

material during its TP-AGB phase. This s- and r-enriched material would then be

recycled into the ISM from which HKII 17435-00532 later formed. Such a scenario

cannot be ruled out and would also account for the possible link between the s and

r enrichment mechanisms.

Pollution from a 1.5 M� Companion

Let us assume the binary scenario for HKII 17435-00532, in which we consider the

observed star to be the longer-lived secondary. We calculate the s-process yields

from the primary, assuming that both members of the binary had the same initial

metallicity. These calculations were based on the FRANEC stellar evolution models

(Straniero et al. 1997, 2003; Zinner et al. 2006) for low-metallicity stars on the AGB.

The best-fit is obtained with the model that adopts an initial mass of 1.5 M� for the

companion star that passed through the TP-AGB phase. Abundance predictions

for three sets of model parameters are displayed in Figure 2.8. The initial mass of

the companion star is the independent variable, although changing the mass affects

the number of s-process-producing thermal pulses (“n”) that occur, the logarithmic

dilution factor (“dil”; defined to be the logarithm of the ratio of original mass in

the observed stellar envelope to the amount of mass that is acquired), and the 13C

pocket efficiency (“ST/”; i.e., some fraction of the standard 13C pocket efficiency of

Gallino et al. 1998). As basic model input, we adopt [Fe/H] = −2.3, [α/Fe] = +0.5,

and [r/Fe]init = +0.3.
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Figure 2.8 Predicted [X/Fe] ratios in HKII 17435-00532 assuming pollution from
a companion star that passed through the TP-AGB phase. The abundance ratios

have been normalized to the S. S. photospheric values given in Lodders (2003).
LTE abundances are displayed for all elements except O, Na, and Mg, for which

the non-LTE corrected abundances are displayed. The asymmetric uncertainties on
Na reflect a conservative range on the non-LTE corrections. All sets of abundance
predictions assume [Fe/H] = −2.3, [α/Fe] = +0.5, and [r/Fe]init = +0.3. The

initial mass of the TP-AGB star is the primary variable between the different sets of
abundance predictions, although changing the mass necessitates altering the number

of thermal pulses (“n”), the logarithmic dilution factor (“dil”), and the 13C pocket
efficiency (“ST/”). The blue curve reflects our best fit model, with MAGB = 1.5 M�,

while the red curve and the green curve have MAGB = 1.3 M� and MAGB = 2.0 M�,
respectively.
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If we adopt the various Na non-LTE corrections for the 5682 and 5688Å

lines at face value, a conservative range for the Na abundance is found to be

+0.45 < [Na/Fe] < +0.85. This constrains the mass of the undetected compan-

ion to 1.3 . M . 2.0 M�. Of the elemental abundances we have measured in

HKII 17435-00532, the Na abundance is the best discriminator of the mass of the

companion star. The α and Fe-peak abundance ratios are insensitive to the model

parameters.

We derive a dilution factor of 1.8 dex (i.e., a factor of ≈ 63) for this system,

assuming the companion had a main sequence mass of 1.5 M�. An initial enrich-

ment of r-process material is assumed in these models, but Eu is the only species

that we measure in HKII 17435-00532 that is strongly sensitive to this enrichment.

If we assume an initial [r/Fe] = +0.3 for this system, then only ∼ 0.2 dex of Eu

needs to be acquired from the s-process material of the AGB companion. In contrast

to the Eu, which mostly reflects the initial composition of the ISM from which the

system formed, the Ba (and other hs species with large overabundances) was dom-

inantly produced by the companion star during its TP-AGB phase and transferred

to HKII 17435-00532 by s-process enriched winds.

Predictions for the abundances of n-capture species vary somewhat depend-

ing on the parameter choices, but they generally agree with the observations. The

most notable exception is Y, which is predicted to be overabundant by ∼ +0.5 to

+0.7 dex but is measured to have [Y/Fe] = +0.17 ± 0.19. Similar results were found

by Aoki et al. (2006b) for CS 31062-050 and LP 625-44. If we were to adopt initial

enrichment levels for Sr, Y, and Zr from the distribution of unevolved stars com-

piled by Travaglio et al. (2004), [Sr/Fe] = +0.2, [Y/Fe] = −0.2, and [Zr/Fe] = +0.4,

the changes in the final abundance predictions for [Y/Fe] are only decreased by

≈ 0.1 dex, while the predicted [Sr/Fe] and [Zr/Fe] ratios remain approximately

unchanged.

Enrichment from an 8–10 M� Companion

Another enrichment scenario invokes a single high-mass companion star as the donor

of both the s- and r-process material to HKII 17435-00532. Type II SNe with

8.0 . M . 10.0 M� have been identified as a possible source of r-process elements

(specifically, Eu) in low-metallicity stars (Mathews et al. 1992; Ishimaru & Wanajo
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1999; Wanajo et al. 2003; Ishimaru et al. 2004; Ning et al. 2007). Similarly, at

progressively lower metallicities, stars with smaller initial masses will end the AGB

phase of their life with masses above the Chandrasekhar limit and may explode

as Type 1.5 (or AGB) SNe and produce r-process material (Iben & Renzini 1983;

Zijlstra 2004). It has been shown (e.g., Gallino et al. 1998; Busso et al. 1999)

that the main component of the s-process occurs during the interpulse phases of

intermediate-mass stars on the AGB (1.5 < M < 3.0 M�). Due to the accelerated

evolutionary rates of stars with M > 3.0 M� and the relatively small amount of mass

located in the intershell region, though, very small amounts of s-process material

are expected to be produced by TP-AGB stars in the 8.0 . M . 10.0 M� range.

Consequently we dismiss this unlikely enrichment scenario for HKII 17435-00532.

Enrichment from Two Companion Stars

A long-period triple star system could be invoked to explain r-process material

from a high-mass (M & 8 M�) SN and s-process material from an intermediate-

mass (1.5 . M . 3.0 M�) star on the AGB, both of which deposited some of this

n-capture-enriched material on the tertiary star. In the case that such a system is

dynamically stable for the length of the lifetime of a high-mass star, the object could

evolve, explode as a SN, and enrich the two remaining stars with r-process material.

If the two remaining stars then became separated from the compact SN remnant

but remained gravitationally bound, the intermediate-mass star could evolve, pass

through the TP-AGB phase, and transfer s-process-enriched material to the low-

mass tertiary. The very large orbital separation that would be necessary to maintain

the triple system for a long period of time would necessarily imply a large dilution

of the transferred material. Though perhaps a less-likely scenario than the single

1.5 M� AGB companion scenario, the triple star system nevertheless could account

for the n-capture enrichment pattern observed in HKII 17435-00532.

2.8 Conclusions

We have performed the first detailed abundance analysis on HKII 17435-00532, a

star that was identified as a metal-poor candidate during the original HK survey

and re-identified during the HK-II survey. High-resolution spectra necessary for this
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abundance analysis were obtained with the HRS on the HET at McDonald Obser-

vatory. No radial velocity variations are detected over a time span of ∼ 180 days,

which prevents us from distinguishing whether HKII 17435-00532 is a single star, a

member of a long-period binary system, or in a binary system with a highly-inclined

orbit. Future radial velocity monitoring may shed light on the situation. We derive

Teff = 5200 ± 150 K and log g = 2.15 ± 0.4 for HKII 17435-00532, which places it

on the RGB or the RHB/early AGB. Our abundance analysis reveals that this star

is indeed metal-poor, with [Fe/H] = −2.2.

A surprising result of our study is the high Li abundance, log ε (Li) = +2.1,

which is not predicted by standard stellar models for a low-mass, low-metallicity,

evolved star such as HKII 17435-00532. If this star is evolving up the RGB, it

is located near the RGB luminosity bump, where extra mixing has been found to

cause a short-lived phase of Li enrichment in more massive stars. In this case,

HKII 17435-00532 would represent the most metal-poor object known for which

this extra mixing phenomenon occurs. If the star is on the RHB or early AGB,

any Li that was present at earlier times should have been destroyed. In this case,

we propose that an analog of the extra mixing that occurs at the RGB luminosity

bump may be occurring on the RHB/early AGB. Future theoretical analysis of this

point would be necessary to confirm or refute this hypothesis. Measurement of the
12C/13C ratio would also help to better constrain the evolutionary state of this star.

C and Na are slightly enhanced. The abundances of O, the α-elements,

and the Fe-peak elements all appear typical for stars with metallicity similar to

HKII 17435-00532. This star is enriched with both s- and r-process elements. Sev-

eral scenarios can be invoked to explain these abundance patterns, including pre-

enrichment from SNe, mass-transfer from a companion in the TP-AGB phase, or

enrichment from a nearby SN. Our favored scenario involves pollution from a binary

companion star with an initial mass of ≈ 1.5 M�; this would only require that a

small initial enrichment of r-process material was present in the ISM from which

this star formed.

Inefficient mixing of the ISM, differing efficiencies of stellar winds from stars

on the AGB, or a wide range of orbital separations can likely account for the range

of C, Na, s-, and r-process enrichments observed in r + s stars. Future studies of

the frequency, binarity, and abundance patterns of stars enriched in both s- and

r-process material will be necessary to understand the origins of this class of stars.
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Chapter 3

The End of Nucleosynthesis: Production of Lead and

Thorium in the Early Galaxy

3.1 Introduction

As outlined in the introductory chapter, nucleosynthesis of the heaviest elements

in the Universe is accomplished by successive additions of neutrons to existing iron

(Fe) group nuclei in stars.1 Nucleosynthesis by the r- and s-processes occurs in

environments with high neutron fluxes and densities, allowing many neutrons to

be captured by existing nuclei much more rapidly than the timescales for β-decay.

The s-process occurs where the neutron densities are lower, with β-decay timescales

generally shorter than the times between n-capture events. To build heavy nuclei

through the s-process, a chain of stable or long-lived nuclei must exist from the

existing seed nucleus to the final product. The r-process and s-process lead to the

creation of different sets of heavy nuclei, some of which can only be created in one

process or the other (“pure-s-” or “pure-r-nuclei”) and some of which are created

by both processes. This property restricts the heaviest nuclei that can be produced

by either process.

Lead (Pb) and bismuth (Bi) are the two heaviest nucleosynthesis products

of the s-process. Pb has four naturally-occurring isotopes: 204Pb, 206Pb, 207Pb,

and 208Pb; Bi has one, 209Bi. The 204Pb isotope is blocked from r-process produc-

tion by the stable nucleus 204Hg and will not be considered further here. 208Pb is

a double-magic nucleus (N = 126 and Z = 82, closing both its neutron and pro-

1Significant portions of this chapter have been published previously in Roederer, I. U., Kratz,
K.-L., Frebel, A., Christlieb, N., Pfeiffer, B., Cowan, J. J., & Sneden, C. 2009, ApJ, 698, 1963.
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ton shells), which significantly lowers its cross section to further n-capture. One

subsequent neutron capture (and β− decay) produces the stable atom 209Bi and

another produces 210Bi, which may either (in its isomeric state) β− decay or (in its

unstable but relatively long-lived ground state, t1/2 = 3 × 106 yr) α decay. Both

processes produce 206Pb. Thus, a Pb-Bi terminating cycle forms (Burbidge et al.

1957; Clayton & Rassbach 1967; Ratzel et al. 2004).

In low metallicity stars the ratio of free neutrons to Fe-peak seeds is higher,

and on average more neutrons are captured per seed nucleus (Malaney 1986; Clayton

1988). This results in a high fraction of heavy s-process nuclei being produced

(Gallino et al. 1998; Busso et al. 1999, 2001; Goriely & Siess 2001; Travaglio et al.

2001; Van Eck et al. 2001; Cristallo et al. 2009). Alternatively, an extended period of

s-process nucleosynthesis in a given star could also produce a large number of heavy

nuclei. These properties of s-process nucleosynthesis have led to spectacular Pb

enhancements in several metal-poor stars, such as CS 29526–110 ([Pb/Fe] = +3.3,

Aoki et al. 2002), HD 187861 ([Pb/Fe] = +3.3, Van Eck et al. 2003), HE 0024–2523

([Pb/Fe] +3.3, Lucatello et al. 2003), SDSS 0126+06 ([Pb/Fe] +3.4, Aoki et al.

2008), and CS 29497-030 ([Pb/Fe] = +3.65, Ivans et al. 2005).

The termination of the r-process occurs very differently. Nuclei along the

r-process path with A & 250 will undergo (spontaneous, neutron-induced and β-

delayed) fission and repopulate the r-process chain at lower nuclear masses (Panov

et al. 2008). Neutron-rich nuclei produced in the r-process that have closed neutron

shells at N = 126 (at the time of the termination of the r-process) will rapidly β−

decay to atoms of elements at the 3rd r-process peak—osmium (Os), iridium (Ir),

and platinum (Pt), but not Pb. The nuclei that form with A = 206–208 nucleons in

the r-process (i.e., those that will β− decay to the Pb isotopes) have neither a magic

number of neutrons or protons, so they are produced in smaller relative amounts.

Even in the metal-poor stars with the most extreme r-process overabundances, the

[Pb/Fe] ratios are extremely depressed. Pb produced exclusively in the r-process

has been detected previously in only three stars with [Fe/H] < −2.0 (HD 214925,

[Fe/H] = −2.0, Aoki & Honda 2008; HD 221170, [Fe/H] = −2.2, Ivans et al. 2006;

CS 31082–001, [Fe/H] = −2.9, Plez et al. 2004). This overall lack of observational

data concerning Pb abundances in very metal-poor, r-process enriched stars serves

as one motive for our present study.

There is an additional nucleosynthesis path for three of the Pb isotopes. All
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nuclei heavier than 209Bi are ultimately unstable to α or β decay and will follow de-

cay chains that leave them as either Pb or Bi. In this way, the Pb and Bi abundances

in a star enriched by r-process material will increase with time as these heavier nu-

clei gradually decay. Only two isotopes of thorium (Th) and uranium (U), 232Th

and 238U, have halflives longer than 1 Gyr (t1/2[
232Th] = 14.05 ± 0.06 Gyr and

t1/2[
238U] = 4.468 ± 0.003 Gyr; Audi et al. 2003 and references therein). In old,

metal-poor stars, these are the only heavier atoms that we have any hope of observ-

ing today. Only one detection of Bi has ever been made in a metal-poor star, in the

strongly s-process-enriched star CS 29497-030 (Ivans et al. 2005). This transition of

Bi i (3067 Å) lies very near the atmospheric transmission cutoff in a very crowded

spectral region. Similarly, U is very difficult to detect in metal-poor stars owing to

its relatively small abundance and the fact that the one useful transition of U ii in

the visible spectrum (3859Å) is severely blended with CN molecular features and

lies on the wing of a very strong Fe i line. Measurements of the U abundance have

only been reported for three metal-poor stars.

Rather than focus on Bi or U, we investigate Pb and Th to better understand

the heaviest long-lived products of r-process nucleosynthesis. In this chapter we

examine the Pb and Th abundances in a sample of 47 stars, deriving new abundances

for 14 stars and adopting literature values for the others. We compare our results

with r-process nucleosynthesis model predictions and discuss their implications for

stellar ages and the chemical enrichment of the Galaxy.

3.2 Observational Data

For 12 stars in our sample, we employ the same spectra used by Cowan et al. (2005).

These data were collected with the Space Telescope Imaging Spectrograph (STIS)

on the Hubble Space Telescope (HST ) and the High Resolution Echelle Spectrograph

(HIRES; Vogt et al. 1994) on the Keck I Telescope. Most, but not all, of these 12

stars are covered in both sets of observations; Table 3.1 indicates which stars were

observed with these two facilities. The STIS spectra cover the wavelength range

2410 < λ < 3070Å at a resolving power R ≡ λ/∆λ ∼ 30,000 and S/N & 50/1. The

HIRES spectra cover the wavelength range 3160 < λ < 4600Å at a resolving power

R ∼ 45,000 and 30/1 . S/N . 200/1.

We also derive abundances from two stars observed with UVES on the VLT,
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Table 3.1. Adopted Atmospheric Parameters and Spectral Coverage

Star Teff logg vt [Fe/H] Reference HST Keck VLT
(K) (kms−1) STIS HIRES UVES

BD +17 3248 5200 1.80 1.90 −2.08 1 Y Y N
CS 22892–052 4800 1.50 1.95 −3.10 2 Y Y N
CS 29491–069 5300 2.80 1.60 −2.60 3 N N Y
HD 6268 4685 1.50 2.00 −2.42 4 Y Y N
HD 74462 4700 2.00 1.90 −1.52 5 N Y N
HD 108317 5234 2.68 2.00 −2.18 5 N Y N
HD 115444 4720 1.75 2.00 −2.90 5 Y Y N
HD 122563 4570 1.35 2.90 −2.72 5 Y Y N
HD 122956 4510 1.55 1.60 −1.95 5 Y Y N
HD 126587 4795 1.95 2.00 −2.93 4 Y Y N
HD 175305 5040 2.85 2.00 −1.48 4 Y Y N
HD 186478 4600 1.45 2.00 −2.56 5 Y Y N
HD 204543 4672 1.49 2.00 −1.87 5 N Y N
HE 1219–0312 5060 2.30 1.60 −2.97 3 N N Y

References. — (1) Cowan et al. 2002; (2) Sneden et al. 2003a; (3) Hayek et al. 2009; (4) Cowan et
al. 2005; (5) Simmerer et al. 2004

analyzed previously by Hayek et al. (2009). These spectra cover 3300 < λ < 4500Å

at resolving powers of R ∼ 57,000 (CS 29491–069) and R ∼ 71,000 (HE 1219–0312).

We supplement our sample with measurements from the literature. We in-

clude 5 stars from Johnson & Bolte (2001) and Johnson (2002), 11 stars from Aoki

& Honda (2008), and one star each from Hill et al. (2002) and Plez et al. (2004),

Honda et al. (2004b), Christlieb et al. (2004), Ivans et al. (2006), Frebel et al. (2007),

and Lai et al. (2008). We also include recent Pb or Th abundances for the globular

clusters M5 (2 stars; Yong et al. 2008a,b), M13 (4 stars; Yong et al. 2006), M15

(3 stars; Sneden et al. 2000), and M92 (1 star; Johnson & Bolte 2001 and Johnson

2002). Th has also been measured in one star in one dwarf spheroidal (dSph) galaxy,

Ursa Minor (UMi; Aoki et al. 2007b). Including these additional stars increases our

sample to 47 stars.

3.3 Abundance Analysis

For the 14 stars whose abundances are reexamined here, we adopt the model atmo-

spheres derived by Cowan et al. (2002), Sneden et al. (2003a), Simmerer et al. (2004),
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Cowan et al. (2005), and Hayek et al. (2009). These parameters are listed in Ta-

ble 3.1. We perform our abundance analysis using the most recent version of the 1D

LTE spectral analysis code MOOG (Sneden 1973). We compute model atmospheres

without convective overshooting from the Kurucz (1993) grid, using interpolation

software developed by A. McWilliam and I. Ivans (2003, private communication).

In addition to Pb and Th, we also derive abundances of lanthanum (La),

europium (Eu), erbium (Er), hafnium (Hf), and Ir. Our goal is to sample the

n-capture abundance ratios at regular intervals in N (or Z) using species that can be

relatively easily and reliably derived from ground-based blue and near-UV spectra.

Abundances derived from individual transitions are listed in Tables 3.2 and 3.3, along

with the relevant atomic data. Some studies predate the most recent laboratory

measurements of n-capture transition probabilities, so we update the abundances

from those studies. We adopt the latest log(gf) values for the n-capture species from

a number of recent studies: La (Lawler et al. 2001a), Eu (Lawler et al. 2001b), Er

(Lawler et al. 2008), Hf (Lawler et al. 2007), Ir (Ivarsson et al. 2003), Pb (Biémont et

al. 2000), and Th (Nilsson et al. 2002). Final abundances for all elements, including

updates of the literature values, are listed in Table 3.4.
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Table 3.2. Abundances Dervied from Individual Transitions (I)

λ (Å) species E.P. (eV) log(gf) Ref. BD +17 3248 CS 22892–052 CS 29491–069 HD 6268 HD 74462 HD 108317 HD 115444

3794.77 La ii 0.24 +0.21 1 −0.58±0.15 −0.91±0.10 −0.75±0.15 −1.08±0.15 · · · −0.96±0.20 −1.38±0.10
3988.51 La ii 0.40 +0.21 1 −0.57±0.10 −0.88±0.10 −0.80±0.15 −1.08±0.10 −0.24±0.10 −1.04±0.15 −1.48±0.10
3995.74 La ii 0.17 −0.06 1 −0.54±0.10 −0.86±0.10 −0.73±0.15 −1.05±0.10 −0.24±0.10 −0.97±0.15 −1.43±0.10
4086.71 La ii 0.00 −0.07 1 −0.52±0.10 −0.83±0.10 −0.70±0.10 −0.97±0.10 −0.30±0.20 −0.96±0.20 −1.36±0.10
4123.22 La ii 0.32 +0.13 1 −0.59±0.15 −0.90±0.15 −0.79±0.10 −1.12±0.15 −0.30±0.20 −1.07±0.15 −1.48±0.15
3724.93 Eu ii 0.00 −0.09 2 −0.75±0.20 −0.94±0.20 −0.98±0.20 −1.31±0.15 −0.49±0.25 −1.30±0.15 −1.61±0.15
3819.67 Eu ii 0.00 +0.51 2 −0.81±0.15 −0.94±0.15 −0.97±0.10 −1.41±0.15 · · · −1.35±0.15 −1.68±0.10
3907.11 Eu ii 0.21 +0.17 2 −0.81±0.10 −0.96±0.10 −0.95±0.10 −1.39±0.10 −0.53±0.25 −1.31±0.10 −1.64±0.10
3930.50 Eu ii 0.21 +0.27 2 −0.77±0.20 −0.97±0.20 −0.97±0.20 −1.30±0.20 · · · −1.28±0.20 −1.63±0.20
3971.97 Eu ii 0.21 +0.27 2 −0.81±0.20 −0.99±0.20 −0.97±0.20 −1.40±0.20 · · · −1.36±0.20 −1.64±0.20
4129.72 Eu ii 0.00 +0.22 2 −0.77±0.10 −0.98±0.10 −0.95±0.10 −1.39±0.10 −0.49±0.15 −1.32±0.10 −1.63±0.10
4205.04 Eu ii 0.00 +0.21 2 −0.77±0.15 −0.97±0.20 −0.97±0.15 −1.36±0.15 −0.52±0.20 · · · −1.62±0.10
4435.58 Eu ii 0.21 −0.11 2 −0.73±0.20 · · · −0.96±0.15 · · · −0.50±0.20 · · · −1.66±0.15
3230.58 Er ii 0.06 +0.24 3 −0.43±0.20 −0.62±0.30 · · · −0.98±0.15 −0.16±0.30 −0.92±0.20 −1.29±0.20
3312.43 Er ii 0.06 −0.03 3 −0.32±0.20 −0.56±0.25 · · · −0.85±0.20 · · · −0.76±0.25 −1.20±0.15
3729.52 Er ii 0.00 −0.59 3 −0.27±0.15 −0.44±0.15 −0.54±0.15 −0.85±0.15 −0.05±0.15 −0.82±0.15 −1.14±0.15
3830.48 Er ii 0.00 −0.22 3 −0.36±0.15 −0.51±0.15 −0.50±0.15 −0.96±0.15 −0.24±0.20 −0.77±0.15 −1.23±0.15
3896.23 Er ii 0.06 −0.12 3 −0.34±0.15 −0.50±0.15 −0.55±0.15 −1.01±0.20 −0.26±0.30 −0.92±0.15 −1.29±0.15
3906.31 Er ii 0.00 +0.12 3 −0.38±0.20 −0.52±0.20 −0.47±0.20 · · · · · · −0.88±0.20 −1.21±0.20
3193.53 Hf ii 0.38 −0.89 4 −0.85±0.25 · · · · · · · · · −0.29±0.30 < −0.80 · · ·
3505.22 Hf ii 1.04 −0.14 4 −0.75±0.20 −1.07±0.30 · · · −1.09±0.25 · · · −1.00±0.20 −1.52±0.30
3918.09 Hf ii 0.45 −1.14 4 · · · −0.81±0.20 −0.57±0.25 −1.04±0.25 · · · · · · · · ·
4093.15 Hf ii 0.45 −1.15 4 −0.68±0.15 −0.89±0.15 −0.81±0.30 −1.24±0.20 −0.39±0.10 −1.00±0.30 −1.47±0.30
3513.65 Ir i 0.00 −1.21 5 +0.19±0.25 −0.07±0.20 +0.21±0.30 −0.41±0.20 +0.59±0.25 −0.22±0.25 −0.49±0.25
3800.12 Ir i 0.00 −1.44 5 +0.08±0.20 −0.14±0.20 +0.06±0.30 −0.57±0.20 +0.37±0.15 −0.27±0.20 −0.86±0.25
2833.03 Pb i 0.00 −0.50 6, 7 < +0.27 < −0.15 · · · · · · · · · · · · < −0.45
3683.46 Pb i 0.97 −0.54 6, 7 < +0.42 < +0.20 < +0.35 < +0.18 +0.53±0.20 +0.17±0.30 < +0.05
4057.81 Pb i 1.32 −0.22 6, 7 < +0.72 < +0.35 < +0.50 < +0.08 < +0.48 < +0.37 < −0.30
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Table 3.2 (cont’d)

λ (Å) species E.P. (eV) log(gf) Ref. BD +17 3248 CS 22892–052 CS 29491–069 HD 6268 HD 74462 HD 108317 HD 115444

3539.59 Th ii 0.00 −0.54 8 −1.31±0.20 −1.55±0.25 · · · < −1.58 −1.17±0.30 < −1.44 < −1.86
4019.13 Th ii 0.00 −0.23 8 −1.27±0.15 −1.68±0.20 −1.46±0.25 −1.78±0.15 −0.88±0.20 −1.84±0.20 −2.08±0.15
4086.52 Th ii 0.00 −0.93 8 −1.14±0.30 −1.48±0.30 < −1.06 < −1.33 −0.90±0.20 < −1.19 < −1.71
4094.75 Th ii 0.00 −0.88 8 −1.19±0.30 −1.60±0.30 < −1.16 < −1.43 < −0.88 < −1.04 < −1.81

References. — (1) Lawler et al. 2001a; (2) Lawler et al. 2001b; (3) Lawler et al. 2008; (4) Lawler et al. 2007; (5) Ivarsson et al. 2003, with updates as noted in
the Appendix of Cowan et al. 2005; (6) Wood & Andrew 1968; (7) Biémont et al. 2000; (8) Nilsson et al. 2002
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Table 3.3. Abundances Dervied from Individual Transitions (II)

λ (Å) species E.P. (eV) log(gf) Ref. HD 122563 HD 122956 HD 126587 HD 175305 HD 186478 HD 204543 HE 1219–0312

3794.77 La ii 0.24 +0.21 1 · · · −0.78±0.25 −1.75±0.15 −0.16±0.20 −1.34±0.20 · · · −0.75±0.20
3988.51 La ii 0.40 +0.21 1 −2.50±0.30 −0.63±0.10 −1.83±0.25 −0.14±0.10 −1.33±0.10 −0.63±0.10 −0.80±0.20
3995.74 La ii 0.17 −0.06 1 −2.32±0.30 −0.63±0.10 −1.82±0.15 −0.12±0.10 −1.34±0.10 −0.62±0.10 −0.73±0.15
4086.71 La ii 0.00 −0.07 1 −2.34±0.20 −0.66±0.10 −1.59±0.10 −0.17±0.10 −1.28±0.10 −0.63±0.10 −0.72±0.10
4123.22 La ii 0.32 +0.13 1 −2.48±0.25 −0.58±0.20 −1.81±0.20 −0.13±0.15 −1.35±0.15 −0.65±0.15 −0.88±0.20
3724.93 Eu ii 0.00 −0.09 2 −2.77±0.25 −0.85±0.25 −1.90±0.20 −0.31±0.15 −1.49±0.15 −1.03±0.15 −0.97±0.20
3819.67 Eu ii 0.00 +0.51 2 −2.91±0.30 · · · −2.04±0.15 · · · −1.56±0.10 · · · −1.00±0.10
3907.11 Eu ii 0.21 +0.17 2 −2.74±0.25 −0.98±0.15 −1.97±0.15 −0.38±0.20 −1.55±0.10 −1.14±0.15 −0.99±0.10
3930.50 Eu ii 0.21 +0.27 2 < −2.01 · · · −1.96±0.20 · · · · · · · · · −1.03±0.20
3971.97 Eu ii 0.21 +0.27 2 < −2.51 −1.03±0.20 −1.95±0.20 · · · −1.53±0.20 · · · −1.04±0.20
4129.72 Eu ii 0.00 +0.22 2 −2.71±0.20 −0.93±0.15 −1.95±0.10 −0.37±0.10 −1.51±0.10 −1.04±0.15 −0.97±0.10
4205.04 Eu ii 0.00 +0.21 2 −2.68±0.30 −0.93±0.20 −2.02±0.20 −0.38±0.25 −1.53±0.15 −1.05±0.15 −0.95±0.15
4435.58 Eu ii 0.21 −0.11 2 < −2.21 −0.88±0.20 < −1.82 −0.40±0.25 −1.55±0.20 −0.99±0.15 −0.91±0.20
3230.58 Er ii 0.06 +0.24 3 −2.38±0.30 −0.31±0.20 −1.47±0.25 −0.06±0.20 −1.10±0.20 −0.68±0.25 · · ·
3312.43 Er ii 0.06 −0.03 3 < −2.11 −0.24±0.20 −1.47±0.30 −0.02±0.30 −1.06±0.25 −0.48±0.25 · · ·
3729.52 Er ii 0.00 −0.59 3 < −1.76 −0.45±0.15 −1.43±0.20 +0.03±0.15 −1.03±0.15 −0.63±0.15 −0.49±0.15
3830.48 Er ii 0.00 −0.22 3 −2.23±0.30 −0.46±0.15 −1.46±0.15 −0.03±0.15 −1.13±0.15 −0.75±0.20 −0.52±0.15
3896.23 Er ii 0.06 −0.12 3 < −2.16 −0.49±0.25 −1.56±0.20 +0.00±0.20 −1.16±0.20 −0.58±0.25 −0.50±0.15
3906.31 Er ii 0.00 +0.12 3 · · · · · · −1.46±0.20 · · · −1.03±0.25 · · · −0.45±0.20
3193.53 Hf ii 0.38 −0.89 4 · · · · · · · · · −0.25±0.30 · · · −0.89±0.30 · · ·
3505.22 Hf ii 1.04 −0.14 4 < −1.64 −0.69±0.25 < −1.40 −0.22±0.20 −1.23±0.25 −0.77±0.20 · · ·
3918.09 Hf ii 0.45 −1.14 4 · · · −0.48±0.15 < −1.05 · · · · · · · · · < −0.54
4093.15 Hf ii 0.45 −1.15 4 < −1.89 −0.77±0.15 −1.65±0.30 −0.05±0.15 −1.40±0.15 −0.83±0.15 < −0.39
3513.65 Ir i 0.00 −1.21 5 < −0.51 −0.08±0.20 < −0.47 +0.40±0.20 −0.62±0.25 −0.13±0.25 · · ·
3800.12 Ir i 0.00 −1.44 5 < −1.16 −0.09±0.20 −1.05±0.25 +0.41±0.20 −0.79±0.20 −0.27±0.20 −0.19±0.25
2833.03 Pb i 0.00 −0.50 6, 7 < −0.42 −0.15±0.20 < −0.38 +0.07±0.30 · · · · · · · · ·
3683.46 Pb i 0.97 −0.54 6, 7 < −0.02 +0.00±0.20 < +0.07 +0.22±0.30 < −0.01 +0.05±0.25 < +0.63
4057.81 Pb i 1.32 −0.22 6, 7 < −0.27 < +0.05 < −0.28 < +0.42 < −0.26 < +0.13 < +0.53
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Table 3.3 (cont’d)

λ (Å) species E.P. (eV) log(gf) Ref. HD 122563 HD 122956 HD 126587 HD 175305 HD 186478 HD 204543 HE 1219–0312

3539.59 Th ii 0.00 −0.54 8 < −1.88 −1.76±0.30 < −1.84 −0.84±0.30 < −1.92 −1.96±0.30 < −0.48
4019.13 Th ii 0.00 −0.23 8 < −2.43 −1.38±0.20 < −2.39 −0.74±0.20 −2.19±0.25 −1.53±0.25 −1.25±0.25
4086.52 Th ii 0.00 −0.93 8 < −2.08 < −1.66 < −1.79 < −0.64 < −2.02 −1.71±0.30 −1.03±0.40
4094.75 Th ii 0.00 −0.88 8 < −1.93 < −1.41 < −1.79 −0.71±0.30 < −1.92 −1.60±0.30 < −0.88

References. — (1) Lawler et al. 2001a; (2) Lawler et al. 2001b; (3) Lawler et al. 2008; (4) Lawler et al. 2007; (5) Ivarsson et al. 2003, with updates as noted
in the Appendix of Cowan et al. 2005; (6) Wood & Andrew 1968; (7) Biémont et al. 2000; (8) Nilsson et al. 2002
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Table 3.4. Final Elemental Abundances

Star [Fe/H] Ref. log ε(La) log ε(Eu) log ε(Er) log ε(Hf) log ε(Ir) log ε(Pb) log ε(Th) Ref. r-only?a

BD−18 5550 −3.05 1 −2.52±0.10 −2.81±0.20 −2.37±0.10 < −0.86 · · · · · · < −3.02 1, 2
BD+01 2916 −1.93 3 −0.87±0.12 −1.22±0.14 · · · · · · · · · −0.20±0.19 · · · 3
BD+04 2621 −2.52 1 −2.29±0.11 −2.63±0.20 −2.24±0.10 · · · · · · · · · < −3.04 1, 2
BD+06 0648 −2.14 3 −0.95±0.12 −1.50±0.16 · · · · · · · · · < +0.00 · · · 3
BD+08 2856 −2.12 1 −1.03±0.04 −1.16±0.04 −0.95±0.09 < +0.20 · · · · · · −1.70±0.10 1, 2 Y
BD+17 3248 −2.08 4 −0.55±0.05 −0.78±0.05 −0.34±0.07 −0.73±0.11 +0.12±0.16 < +0.27 −1.26±0.10 5 Y
BD+30 2611 −1.46 3 −0.27±0.12 −0.49±0.14 · · · · · · · · · +0.43±0.19 · · · 3 Y
CS 22892–052 −3.10 6 −0.87±0.05 −0.96±0.05 −0.50±0.07 −0.93±0.13 −0.10±0.14 < −0.15 −1.60±0.13 5 Y
CS 29491–069 −2.60 7 −0.75±0.05 −0.96±0.05 −0.52±0.08 −0.67±0.19 +0.13±0.21 < +0.35 −1.46±0.25 5 Y
CS 29497–004 −2.63 8 −0.38±0.15 −0.45±0.20 · · · · · · · · · · · · −0.96±0.15 8, 9 Y
CS 30306–132 −2.50 10 −0.78±0.06 −1.02±0.05 −0.62±0.15 · · · · · · < +0.50 −1.16±0.15 10 Y
CS 31078–018 −2.84 11 −1.00±0.22 −1.17±0.17 −0.99±0.15 · · · · · · < +0.25 −1.35±0.25 12 Y
CS 31082–001 −2.90 12 −0.62±0.04 −0.72±0.03 −0.30±0.04 −0.72±0.04 +0.22±0.20 −0.55±0.15 −0.98±0.05 12, 13, 14 Y
HD 3008 −1.98 3 −1.02±0.14 −1.30±0.16 · · · · · · · · · −0.35±0.22 · · · 3
HD 6268 −2.42 15 −1.05±0.05 −1.37±0.05 −0.93±0.07 −1.14±0.13 −0.49±0.14 < +0.08 −1.78±0.15 5
HD 29574 −1.86 3 −0.63±0.12 −0.90±0.14 · · · · · · · · · −0.15±0.19 · · · 3
HD 74462 −1.52 16 −0.25±0.06 −0.50±0.09 −0.14±0.10 −0.38±0.09 +0.43±0.13 +0.53±0.20 −0.94±0.13 5
HD 108317 −2.18 16 −1.01±0.07 −1.32±0.05 −0.85±0.07 −1.00±0.17 −0.25±0.16 +0.17±0.30 −1.84±0.20 5
HD 108577 −2.38 1 −1.24±0.09 −1.48±0.12 −1.23±0.11 · · · · · · · · · −2.03±0.14 1, 2 Y
HD 115444 −2.90 16 −1.42±0.05 −1.64±0.04 −1.22±0.07 −1.50±0.21 −0.68±0.18 < −0.45 −2.08±0.15 5 Y
HD 122563 −2.72 16 −2.40±0.13 −2.75±0.11 −2.30±0.21 < −1.89 < −1.16 < −0.42 < −2.43 5
HD 122956 −1.95 16 −0.64±0.05 −0.94±0.07 −0.40±0.08 −0.83±0.08 −0.08±0.14 −0.08±0.14 −1.50±0.17 5
HD 126587 −2.93 15 −1.75±0.07 −1.97±0.06 −1.47±0.08 −1.65±0.30 −1.05±0.25 < −0.38 < −2.39 5 Y
HD 128279 −2.40 1 −1.51±0.16 −1.80±0.20 −1.41±0.10 · · · · · · · · · < −1.88 1, 2
HD 141531 −1.66 3 −0.55±0.12 −0.87±0.14 · · · · · · · · · +0.05±0.19 · · · 3
HD 175305 −1.48 15 −0.14±0.05 −0.36±0.07 −0.01±0.08 −0.13±0.11 +0.40±0.14 +0.25±0.21 −0.76±0.15 5 Y
HD 186478 −2.56 16 −1.32±0.05 −1.53±0.05 −1.09±0.08 −1.35±0.13 −0.72±0.16 < −0.26 −2.19±0.25 5 Y
HD 204543 −1.87 16 −0.63±0.05 −1.05±0.07 −0.64±0.09 −0.82±0.11 −0.21±0.16 +0.05±0.25 −1.68±0.14 5

6
0



Table 3.4 (cont’d)

Star [Fe/H] Ref. log ε(La) log ε(Eu) log ε(Er) log ε(Hf) log ε(Ir) log ε(Pb) log ε(Th) Ref. r-only?a

HD 206739 −1.64 3 −0.41±0.12 −0.72±0.18 · · · · · · · · · +0.20±0.26 · · · 3
HD 214925 −2.08 3 −0.86±0.12 −1.09±0.20 · · · · · · · · · −0.50±0.22 · · · 3 Y
HD 216143 −2.32 3 −1.21±0.12 −1.24±0.15 · · · · · · · · · < −0.10 · · · 3 Y
HD 220838 −1.80 3 −0.76±0.12 −0.93±0.16 · · · · · · · · · +0.05±0.19 · · · 3 Y
HD 221170 −2.16 17 −0.73±0.06 −0.86±0.07 −0.47±0.08 −0.84±0.11 +0.02±0.13 −0.09±0.21 −1.46±0.05 17 Y
HD 235766 −1.93 3 −0.60±0.12 −0.86±0.14 · · · · · · · · · +0.10±0.26 · · · 3
HE 1219–0312 −2.97 7 −0.75±0.07 −0.98±0.05 −0.49±0.05 < −0.89 −0.19±0.25 < +0.53 −1.19±0.21 5 Y
HE 1523–0901 −2.95 18 −0.63±0.06 −0.62±0.05 −0.42±0.17 −0.73±0.20 +0.24±0.05 < −0.20 −1.20±0.05 18 Y
M5 IV-81 −1.28 19 +0.11±0.05 −0.31±0.05 · · · −0.12±0.15 · · · +0.35±0.14 −0.58±0.15 19, 20
M5 IV-82 −1.33 19 +0.11±0.05 −0.23±0.05 · · · −0.22±0.15 · · · +0.25±0.14 −0.68±0.15 19, 20
M13 L598 −1.56 21 −0.34±0.07 −0.58±0.08 · · · · · · · · · +0.09±0.13 · · · 20, 21 Y
M13 L629 −1.63 21 −0.35±0.07 −0.61±0.08 · · · · · · · · · +0.12±0.13 · · · 20, 21
M13 L70 −1.59 21 −0.23±0.07 −0.58±0.08 · · · · · · · · · +0.09±0.13 · · · 20, 21
M13 L973 −1.61 21 −0.27±0.07 −0.51±0.08 · · · · · · · · · −0.01±0.13 · · · 20, 21 Y
M15 K341 −2.32 22 −0.73±0.08 −0.88±0.09 · · · · · · · · · · · · −1.51±0.10 22 Y
M15 K462 −2.25 22 −0.47±0.08 −0.61±0.09 · · · · · · · · · · · · −1.30±0.10 22 Y
M15 K583 −2.34 22 −1.19±0.08 −1.24±0.09 · · · · · · · · · · · · −1.70±0.10 22 Y
M92 VII-18 −2.29 1 −1.29±0.07 −1.45±0.07 −1.14±0.18 · · · · · · · · · −2.01±0.07 1, 2 Y
UMi COS82 −1.42 23 +0.52±0.16 +0.34±0.11 +0.73±0.11 · · · · · · · · · −0.25±0.15 23 Y

aDefined by log ε(La/Eu) < +0.25

References. — (1) Johnson 2002; (2) Johnson & Bolte 2001; (3) Aoki & Honda 2008; (4) Cowan et al. 2002; (5) this study; (6) Sneden et al. 2003a; (7) Hayek
et al. 2009; (8) Christlieb et al. 2004; (9) Jonsell et al. 2006; (10) Honda et al. 2004b; (11) Lai et al. 2008; (12) Hill et al. 2002; (13) Plez et al. 2004; (14) Sneden
et al. 2009; (15) Cowan et al. 2005; (16) Simmerer et al. 2004; (17) Ivans et al. 2006; (18) Frebel et al. 2007; (19) Yong et al. 2008a; (20) Yong et al. 2008b;
(21) Yong et al. 2006; (22) Sneden et al. 2000; (23) Aoki et al. 2007b
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3.3.1 Lead

We examine three Pb i lines in each of our 14 stars: 2833, 3683, and 4057Å. The

2833 Å resonance line is the strongest transition in stellar spectra, which demands

use of the STIS UV spectra; all other transitions are accessible from spectra obtained

with ground-based facilities.

Only one of the naturally-occurring Pb isotopes, 207Pb, exhibits hyperfine

structure due to its non-zero nuclear spin. Simons et al. (1989) measured the isotope

energy shifts and relative hyperfine splittings from FTS spectra. We adopt their

measurements and the (S. S.) isotopic fractions (Lodders 2003) in our syntheses.

The s-process produced the majority of the Pb in the S. S. In our stellar sample,

where the r-process is the dominant contributor to the n-capture material, one might

expect that a very different isotopic mix could affect our derived Pb abundances. We

find, however, that no sensible variations in the isotopic fractions can be detected

in any of our Pb lines due to the relatively small isotope shifts (. 0.02–0.03Å) and

overall weakness of the lines.

The 2833.053 Å Pb i line is blended with an Fe ii line at 2833.086Å. A log(gf)

value for this line is listed in the critical compilation of Fuhr & Wiese (2009), who

quote a “C” accuracy; i.e., ± 25% or about 0.1 dex. Another unidentified line at

2832.91 Å mildly blends with the blue wing of the Pb line, but this has little effect

on the derived Pb abundance. Both of these blending features are weak in stars with

[Fe/H] < −2.0 and are negligible in the most metal-poor stars of our sample. The

3683.464Å Pb i line sits on the wing of a Balmer series transition. We empirically

adjust the strength of this Balmer line to reproduce the continuous opacity at the

location of the Pb line. An Fe i line at 3683.61 Å only slightly blends the red wing

of the Pb line; we derive a log(gf) value of −1.95 for this line from an inverted

solar analysis. The 4057.807Å Pb i line is heavily blended with CH features. In

typical r-process enriched stars (with solar or subsolar C/Fe and approximately solar

Pb/Fe), the Pb may be marginally detectable; if a star has supersolar C it is nearly

impossible to identify absorption from Pb.

We measure the Pb abundance in five stars in our sample, all from either

the 2833 or 3683 Å lines. For all non-detections we report upper limits on the

Pb abundance. These individual measurements are listed in Tables 3.2 and 3.3.

In Figure 3.1 we display these three Pb lines in HD 122956, where we derive an
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abundance from the 2833 and 3683 Å lines and an upper limit from the 4057 Å

line. Our choice of continuum normalization most affects the abundance of the

2833 Å line due to the relative lack of line-free continuum regions nearby. Our

stated uncertainties account for uncertainties in the continuum placement.

3.3.2 Thorium

We examine four Th ii lines in each of our 14 stars: 3539, 4019, 4086, and 4094Å.

All of these transitions arise from the ground state. The 4019.129 Å Th ii line is

relatively strong but suffers from a number of blends. Extensive reviews of the

blending features have been made previously (e.g., Lawler et al. 1990; Morell et al.

1992; Sneden et al. 1996; Norris et al. 1997c; Johnson & Bolte 2001). We provide only

minor updates to these analyses. An Fe i line sits at 4019.04 Å; Fuhr & Wiese (2009)

report a log(gf) for this line, scaled from May et al. (1974). They report an “E”

accuracy for this line; i.e., ± > 50% or & 0.2–0.3 dex. We allow the strength of this

line to vary within these amounts to match the observed spectrum just blueward of

the Th line. Lawler et al. (1990) determined the log(gf) for a Co i line at 4019.126Å,

though this line was not found to contribute significantly in the very metal-poor

stars examined here. The strength of the hyperfine split Co i line at 4019.3 Å can

be treated as a free parameter to match the observed spectrum just redward of the

Th line. Sneden et al. (1996) identified a Ce ii blend at 4019.06 Å in CS 22892–052

that may explain extra absorption in the blue wing of the Th line. We adopt an

empirical log(gf) = −0.10 for this line, which matches the observed spectrum in

BD +17 3248. The Nd ii line at 4018.82 Å, for which Den Hartog et al. (2003)

report an experimental log(gf) value, can be used to estimate the Nd abundance.

We then set the Ce abundance from the typical Nd/Ce ratio in r-process enriched

metal poor stars, [Nd/Ce] ≈ +0.25. In stars with an extreme overabundance of

n-capture material, such as CS 22892–052, Sneden et al. (1996) note that exclusion

of the Ce blend would only increase the Th abundance by ≈ 0.05 dex. This would

almost certainly decrease in stars with less severe n-capture overabundances.

The final serious contaminant to the 4019 Å Th line is the B2Σ−−X2Π(0–0)
13CH transition doublet (P11[16] and P22[16]; Kȩpa et al. 1996), which was first

discussed by Norris et al. (1997c). It is thus necessary to estimate the C abun-

dance and the 12C/13C ratio in each of our stars. The corresponding 12CH doublet
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Figure 3.1 Syntheses of the three Pb i lines in HD 122956. The observed spectrum is
indicated by black squares. In the top two panels, our best-fit synthesis is indicated
by the blue line. Changes to this synthesis of ± 0.30 dex are indicated in red. A

synthesis with no Pb present is indicated by the black line. We only derive an upper
limit for Pb from the 4057 Å line, indicated by the green line in the bottom panel.
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Table 3.5. 12C/13C Ratios and Luminosities

Star 12C/13C log(L/L�)

BD +17 3248 6±3 2.4
CS 22892–052 13±3 2.5

CS 29491–069 >30 1.4
HD 6268 6±2 2.5
HD 74462 10±3 2.0

HD 108317 15±5 1.5
HD 115444 6±2 2.2

HD 122563 4±1 2.6
HD 122956 7±2 2.4

HD 126587 10±3 2.1
HD 175305 >25 1.3

HD 186478 5±2 2.5
HD 204543 5±2 2.5

HE 1219–0312 >15 1.8

lies approximately 1 Å redward of the 13CH doublet. Norris et al. (1997c) have

noted that the wavelengths of these features may be incorrect in the Kurucz lists by

∼ 0.15–0.25Å. We determine the absolute position of each of these lines from the
12CH absorption lines, but we do not change the isotope shift between the 12CH

and 13CH features. We empirically set the overall strength from the 12CH doublet,

adjusting the log(gf) values for the 12CH transitions and the 13CH transitions to-

gether. We then employ these same steps with the 13CH and 12CH doublets at

≈ 4006 and 4007Å, respectively (P11[15] and P22[15]). The 13CH doublet is rela-

tively unblended here, permitting measurement of the 12C/13C ratio. The overall

strength of the contaminating 4019 Å 13CH feature can then be reduced by the
12C/13C ratio. Results derived from this method agree well with results derived

from the CH linelist of B. Plez (2007, private communication). Our measurements

of 12C/13C are listed in Table 3.5.

Our Th syntheses are illustrated in Figure 3.2. The 3539.587Å Th ii line is

relatively weak but unblended. The red wing of the 4086.521Å Th ii line marginally

blends with the blue wing of a strong La ii feature at 4086.71Å. The blue wing
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of the 4094.747Å Th ii line blends with several features, including a Nd ii line at

4094.63 Å, an Er ii line at 4094.67Å, and a 12CH line at 4094.70Å. Reliable log(gf)

values are not known for any of these features. The strength of these blends can be

adjusted empirically in most stars; in other cases we instead measure an upper limit

for the Th abundance. A Ca i line at 4094.93 Å also mildly blends the red wing of

the Th line, but this line can be easily accounted for in our syntheses.

3.3.3 Uncertainties and Comparisons to Previous Studies

Pb is one of several n-capture species observed in the optical regime in the neutral

state in metal-poor stellar atmospheres, due to its relatively high first ionization

potential (I.P.), 7.42 eV. The first I.P. of atoms of the 3rd r-process peak (e.g.,

Os, Ir, Pt) is even higher (8.35, 8.97, and 8.96 eV, respectively), and these species,

too, are observed in the neutral state in metal-poor stars. Th, with a lower I.P. of

6.31 eV, is observed in its singly-ionized state, as are all of the rare earth species.

The singly-ionized states of these atoms are the dominant species in typical metal-

poor stellar atmospheres—even for Pb and the 3rd r-process peak elements—but

less so than Th or the rare earth elements. Thus the abundances derived for Th and

the rare earth elements are determined from the majority species, but we caution

that this is not the case for Pb, where most of the atoms are not in the neutral

state. Further exploration of this issue is beyond the scope of the present work,

but we would welcome more detailed atomic model calculations of the Pb ionization

balance.

Species in different ionization states clearly respond differently to condi-

tions in the stellar atmosphere. Cowan et al. (2005) present an extended discus-

sion of the uncertainties between ratios of elements with differing ionization states.

To summarize those results, for atmospheric uncertainties of ∆Teff = ± 150 K,

∆ log g = ± 0.3 dex, and ∆vt = ± 0.2 km s−1, the total uncertainties in ratios

between neutral and singly-ionized species (e.g., Pb/Eu or Th/Pb) are typically

' ± 0.20 dex. Uncertainties in ratios between species of the same ionization state

(e.g., Th/Eu) are much smaller, typically . ± 0.05 dex. When considering ra-

tios between species of different ionization states, we add an additional 0.20 dex

uncertainty in quadrature with the individual measurement uncertainties.

Uncertainties in the abundance ratios resulting from neglect of the electron
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Figure 3.2 Syntheses of the four Th ii lines in BD +17 3248. Symbols are the same
as in Figure 3.1. We derive a Th abundance from each of these four lines in this
star.
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scattering contribution to the continuous opacity should be small since these ratios

are derived from transitions in the same spectral region. While the continuous

opacity may be affected more strongly by electron scattering at the Pb i transition

in the ultraviolet, the abundances derived from this line generally agree with those

derived from the redder lines in individual stars in our sample.

We compare our derived Pb, Th, and 12C/13C for four stars with previous

high-resolution analyses in Table 3.6. Pb abundances have been derived previ-

ously for only two of the five stars in which we derived a Pb abundance, and in

both cases we agree within the uncertainties. Our Th abundances in BD +17 3248,

CS 22892–052, CS 29491–069, and HE 1219–0312 are in good agreement with pre-

vious studies. The previously reported Th abundances in HD 6268, HD 115444, and

HD 186478 exhibit a great degree of scatter, but our abundances are consistent with

these measurements.

Figure 3.3 compares our 12C/13C ratios with those derived in Gratton et al.

(2000) for metal-poor stars on the main sequence, lower RGB, and upper RGB. The

individual luminosities for stars in our sample are also shown in Table 3.5. The

majority of stars in our sample lie on the upper RGB and all have 12C/13C in good

agreement with the Gratton et al. (2000) stars at similar luminosities. The dredge-

up processes that moderate the decreasing 12C/13C ratio with increasing luminosity

have no effect on the n-capture abundances in these stars.

To explore the systematic uncertainties present when mixing abundances

from different studies, we have compared the log ε(Eu) abundance and log ε(La/Eu)

ratio derived in the present study to Honda et al. (2004b) (5 stars in common),

Sneden et al. (2009) (3 stars), Aoki & Honda (2008) (2 stars), and Hayek et al.

(2009) (2 stars). Sneden et al. (2009) used the same spectra, model atmosphere grid

and parameters, and analysis code to derive abundances as we have, differing only

in the list of lines and the “human element” present when different investigators

make the same measurement. Hayek et al. (2009) used the same spectra and model

atmosphere parameters as we have, differing in all other components. Honda et al.

(2004b) and Aoki & Honda (2008) have used the same grid of model atmospheres

as we have, but we have no other components of our analysis in common. All five

of these studies employed spectral synthesis techniques to derive the abundances of

La and Eu.

We find negligible offsets with respect to Sneden et al. (2009), ∆log ε(Eu) =
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Table 3.6. Pb, Th, and 12C/13C Comparisons to Previous Studies

Star Reference log ε(Pb) log ε(Th) 12C/13C

BD +17 3248 this study < +0.27 −1.26±0.10 6±3

Cowan et al. (2002) < +0.3 −1.22±0.10 · · ·
CS 22892–052 this study < −0.15 −1.60±0.13 13±3

Sneden et al. (2003a) < −0.2 −1.59±0.10 15±2

Honda et al. (2004b) · · · −1.46±0.15 20

CS 29491–069 this study < +0.35 −1.46±0.25 >30
Hayek et al. (2009) · · · −1.43±0.22 &90

HD 6268 this study < +0.08 −1.78±0.15 6±2

Honda et al. (2004b) · · · −1.97±0.10 4

HD 74462 this study +0.53±0.20 −0.94±0.13 10±3

Aoki & Honda (2008) +0.35±0.26 · · · · · ·
HD 115444 this study < −0.45 −2.08±0.15 6±2

Westin et al. (2000) · · · −2.27±0.11 6±1.5

Johnson & Bolte (2001) · · · −2.40±0.09 6
Honda et al. (2004b) · · · −2.01±0.15 7

HD 186478 this study < −0.26 −2.19±0.25 5±2

Johnson & Bolte (2001) · · · −2.30±0.11 6
Honda et al. (2004b) · · · −1.89±0.15 6

HD 204543 this study +0.05±0.25 −1.68±0.14 5±2

Aoki & Honda (2008) +0.00±0.22 · · · · · ·
HE 1219–0312 this study < +0.53 −1.19±0.21 >15

Hayek et al. (2009) · · · −1.29±0.14 &90
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Figure 3.3 12C/13C ratios as a function of luminosity. Filled black squares represent

measurements from Gratton et al. (2000) and open black triangles represent lower
limits for stars with [Fe/H] < −1.0. Filled red squares and open red triangles indicate

our measurements and lower limits, respectively. Evolutionary classifications from
Gratton et al. (2000) are indicated.
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−0.03 ± 0.03 and ∆log ε(La/Eu) = −0.01 ± 0.02. We find moderate and significant

offsets with respect to Honda et al. (2004b), Aoki & Honda (2008), and Hayek

et al. (2009) in ∆log ε(Eu), −0.09 ± 0.07, +0.14 ± 0.13, and +0.08 ± 0.01 dex,

respectively. This is not unexpected given all of the different components that enter

into the derivation of an elemental abundance. What is surprising, perhaps, is

that significant differences are also found when comparing the log ε(La/Eu) ratio,

which should be largely insensitive to differences in the model atmosphere grid and

parameters. The differences are largest with respect to Honda et al. (2004b) and

Aoki & Honda (2008), −0.11 ± 0.02 and −0.10 ± 0.01, respectively; a smaller

difference is found when comparing with Hayek et al. (2009), +0.04 ± 0.01. This

suggests, perhaps, that a significant source of the difference arises from the lines

used and the algorithm for reduction and continuum normalization of the stellar

spectrum, although one should be somewhat cautious about over-interpreting these

differences with only two stars in common between our study and each of Aoki &

Honda (2008) and Hayek et al. (2009).

3.4 The r-Process Nature of Our Sample

In order to correctly interpret the Th/Pb ratios in these stars, it is important to

demonstrate that the r-process has been the only source of their n-capture material.

Even small contributions from the s-process will very easily bias the derived Pb

abundances in r-process enriched stars. At low metallicity, an increase in the Pb

abundance is one of the earliest signatures of s-process nucleosynthesis. Th can only

be produced in the r-process and is unaffected by s-process contributions.

The equivalence between the relative distributions of abundances for 56 ≤
Z ≤ 79 and the predicted r-process contribution to these species’ abundances in

S. S. material, seen in a growing number of metal-poor stars, is clear evidence that

the r-process has been the only significant source of n-capture material in these

stars (Sneden et al. 2008, 2009). These stars include BD +17 3248 (Cowan et al.

2002), CS 22892–052 (Sneden et al. 1996, 2003a), CS 31082–001 (Hill et al. 2002),

HD 115444 (Westin et al. 2000), HD 221170 (Ivans et al. 2006), and HE 1523–0901

(Frebel et al. 2007). Sneden et al. (2009) have recently remeasured and/or updated

the rare earth (i.e., 57 ≤ Z ≤ 72) abundances in five of these stars. Since the

Th and U abundances of CS 31082–001 are enhanced relative to the rare earths,
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for now we will exclude this star from the set of standards. A complete chemical

analysis of HE 1523–0901 is underway (A. Frebel et al., in preparation). We accept

the remaining four stars as the template for “standard” r-process enrichment.

In the r-process, the La/Eu ratio is ≈ 1.5, whereas in the s-process the La/Eu

ratio is ≈ 56. In S. S. material, about 69% of the La originated in the s-process,

whereas only about 5% of the Eu originated in the s-process (Sneden et al. 2008,

with updates from Gallino). Furthermore, La and Eu are two elements with multiple

absorption features in the spectra of metal-poor stars, and the log(gf) values for

these transitions are well-known, so their abundances can be derived with minimal

line-to-line scatter. The La/Eu ratio is an excellent discriminant of the relative

amounts of s- and r-process material present in these stars. In Figure 3.4 we show

the La/Eu ratios as a function of [Fe/H] for our entire sample. For comparison, the

pure s-process and pure r-process nucleosynthesis predictions for the La/Eu ratio

and the S. S. ratio are also shown.

It is clear that the measured La/Eu ratios in these stars lie close to the pure

r-process predictions—but how close? The mean log ε(La/Eu) ratio for the four

standard stars is +0.18 ± 0.03 (σ = 0.06), ranging from +0.09 (CS 22892–052) to

+0.23 (BD +17 3248). We conservatively estimate that any star with log ε(La/Eu) ≥
+0.25 has a non-negligible amount of s-process material present. Assuming log ε(La/Eu)pure−r =

+0.18 and log ε(La/Eu)pure−s = +1.75, this limit identifies stars with no more than

≈ 0.5–1.0% of their n-capture material originating in the s-process. This explicitly

assumes that the four r-process standard stars contain no amount of s-process ma-

terial. The range and uncertainties of the La/Eu ratios in these stars set the limit

of our ability to determine this percentage. Even if the actual pure r-process La/Eu

ratio was 0.1 dex lower than our mean—roughly equivalent to the La/Eu ratio in

CS 22892–052, which has the lowest La/Eu ratio of any of our standard stars—this

limit would still represent only a 1.1% contribution from the s-process. According

to this definition, 27 stars in our sample have been enriched by only the r-process,

which we refer to as the “r-process-only” sample for the remainder of this paper.

Elemental abundances for n-capture elements are usually sums over multi-

ple naturally-occurring isotopes of these species. Sneden et al. (2002), Aoki et al.

(2003a), Lundqvist et al. (2007), and Roederer et al. (2008a) have shown that sev-

eral of the stars in our r-process-only sample have samarium and Eu isotopic mixes

consistent with r-process nucleosynthesis. This lends further credibility to our as-
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Figure 3.4 Comparison of the La/Eu and Er/Eu ratios in our sample. Red squares

represent measurements in stars with log ε(La/Eu) < +0.25, and blue squares rep-
resent measurements in stars with log ε(La/Eu) ≥ +0.25. Black dots in the middle

of these points signify measurements made in the present study. In the upper pan-
els, the dotted black line represents a 1:1 ratio of the elemental abundances and
the red dashed line represents the mean ratio of the four “standard” r-only stars

in Table 3.7. In the lower panels, the red dotted line represents the pure-r-process
nucleosynthesis prediction (Sneden et al. 2008, with updates from Gallino), the blue

short dashed line represents the pure-s-process nucleosynthesis prediction, and the
green long dashed line represents the S. S. meteoritic ratio (Lodders 2003).
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sertion that the n-capture material in stars in our sample originated only in the

r-process.

Now consider the stars in our sample with just a small amount of s-process

material, those with log ε(La/Eu) ≥ +0.25. The La/Eu, Pb/Eu, and Pb/La abun-

dances for these stars are shown in Figure 3.5. While the La/Eu ratio shows no

evolution with [Fe/H], the Pb/La ratio displays a marked increase with decreasing

metallicity. This demonstrates that when the s-process operates at low metallicity a

relatively large amount of material accumulates at the 3rd s-process peak due to the

higher neutron-to-seed ratio. Furthermore, this effect is noticeable in stars where

only ≈ 2.0% of the n-capture material originated in the s-process (as determined

from the La/Eu ratios of the stars with Pb/La ratios displayed in the middle panel

of Figure 3.5). In contrast, in stars with log ε(La/Eu) < +0.25 the Pb/La ratio

displays no trend with metallicity. The combination of these two facts reinforces

our assertion that by choosing log ε(La/Eu)r < +0.25 we have identified a sample

of stars that are free of any detectable traces of s-process enrichment.

In Figures 3.4 and 3.6 we examine the Er/Eu, Hf/Eu, and Ir/Eu ratios.

By comparing these abundance ratios to those found in the four r-process stan-

dard stars—whose compositions have been analyzed in excruciating detail for all of

the n-capture species with accessible transitions—we can further characterize and

establish the r-process-only nature of our sample. Stars with a hint of s-process

material (identified by their La/Eu ratios) are marked in blue, and stars with only

r-process material are marked in red. The r/Eu ratios in stars with an r-process-

only signature are consistent with a single value. The mean stellar Hf/Eu ratio

differs somewhat from the predicted r-process-only ratio, suggesting that the pre-

dicted S. S. breakdown for Hf may need minor revisions (Lawler et al. 2007, Sneden

et al. 2009; see further discussion in § 3.6). The mean ratios for the r-process-only

stars are listed in Table 3.7. The r/Eu ratios are constant for La (A = 139), Er

(A = 162–170), Hf (A = 174–180), and Ir (A = 191–193), extending through the

entirety of the rare earths and to the 3rd r-process peak.

Figure 3.7 displays the Pb/Eu and Th/Eu ratios. The Th/Eu ratio for

nearly all stars is consistent with a single value over the entire metallicity range of

the measurements. This remarkable correlation is not just seen in the field stars,

but also in globular clusters and one star in a dSph system. Despite our efforts to

detect Pb in low-metallicity stars enriched by the r-process, only one convincing
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Figure 3.5 La/Eu and Pb/La ratios in stars with a hint of s-process enrich-

ment and stars with only r-process enrichment. Blue squares represent stars with
log ε(La/Eu) ≥ +0.25, while red squares represent stars with log ε(La/Eu) < +0.25.

The lines represent least-squares fits to the points. The top panel demonstrates that
neither of these two groups of stars exhibits any significant slope in La/Eu with

[Fe/H]. It is clear that the Pb/La ratio increases with decreasing metallicity in stars
with a small s-process contribution (middle panel), while no such increase is dis-
cernible in stars with log ε(La/Eu) < +0.25 (bottom panel). The star CS 31082–001

([Fe/H] = −2.90, log ε(Pb/La) = +0.07) has been excluded from the fit in the bot-
tom panel; see Section 3.5 for details.
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Table 3.7. Observed Present-Day r-process Mean Ratios

S.S. r-only “standard” stars with four “standard” four stars with an
predictionsa log ε(La/Eu) < +0.25 r-only starsb “actinide boost”c

Ratio (log ε) 〈log ε〉 σµ No. 〈log ε〉 σµ No. 〈log ε〉 σµ No.

La/Eu +0.179 . . . +0.18 0.03 4 +0.16 0.04 4
Er/Eu +0.364 +0.40 0.03 13 +0.44 0.03 4 +0.43 0.08 4
Hf/Eu −0.075 +0.10 0.04 9 +0.05 0.04 4 +0.00 0.06 1
Ir/Eu +0.850 +0.88 0.04 9 +0.89 0.05 4 +0.88 0.09 2
Pb/Eu · · · +0.68 0.07 7 +0.77 0.22 1 +0.17 0.15 1
Th/Eu · · · −0.56 0.03 16 −0.55 0.05 4 −0.24 0.03 4

aLodders (2003) S.S. meteoritic and Sneden et al. (2008), with updates from Gallino

bBD +17 3248, CS 22892–052, HD 115444, HD 221170

cCS 30306–132, CS 31078–018, CS 31082–001, HE 1219–0312

Figure 3.6 Comparison of the Hf/Eu and Ir/Eu ratios in our sample. Symbols are

the same as in Figure 3.4. Downward facing triangles represent upper limits.
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Figure 3.7 Comparison of the Pb/Eu and Th/Eu ratios in our sample. Symbols are
the same as in Figures 3.4 and 3.6.

detection exists below [Fe/H] = −2.2, CS 31082–001 ([Fe/H] = −2.9, Plez et al.

2004). HE 1523–0901 ([Fe/H] = −2.95, Frebel et al. 2007) has a Th/Eu ratio

consistent with the standard r-process-only stars, yet the Pb upper limit derived

by Frebel et al. (2007) indicates that the Pb in this star lies at least 0.3 dex below

the r-process value seen in the r-process-enriched stars with −2.2 < [Fe/H] < −1.4.

CS 22892–052 ([Fe/H] = −3.1, Sneden et al. 2003a) has a Pb upper limit that is

nearly identical to the Pb abundance found in the stars with −2.2 < [Fe/H] <

−1.4. These three stars have approximately the same metallicity and high levels

of r-process enrichment ([Eu/Fe] = +1.6, +1.8, and +1.6, respectively). For the

majority of metal-poor stars with known Pb and Th abundances, the r-process

pattern appears to continue to the actinides as well. A few notable exceptions are

discussed in Section 3.5.
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3.5 Nucleosynthesis of Pb and Th in the r-process

Four stars in the r-process-only sample have Th/Eu ratios elevated by ∼ 0.3–

0.4 dex relative to the other stars in the r-process-only sample: CS 30306–132,

CS 31078–018, CS 31082–001, and HE 1219–0312. This “actinide boost” (Schatz

et al. 2002) describes the enhanced Th (and, in CS 31082–001, U) abundance

ratio(s) relative to the rare earth elements. All four stars have metallicities in

the range −3.0 < [Fe/H] < −2.5 and have high levels of r-process enrichment

([Eu/Fe] ≥ +0.85, including three with [Eu/Fe] > +1.2), but several other stars with

no actinide boost also have similar levels of r-process enrichment (e.g., CS 22892–052

and HE 1523–0901). The distinction between these four stars and the remainder of

the r-process sample is rather clean, with no stars having −0.40 < log ε(Th/Eu) <

−0.26.

In Figure 3.8 we compare the mean abundances of these four stars to those

of the other r-process-only stars (also see Table 3.7). The S. S. r-process pattern

is shown for reference. The abundances are normalized to the S. S. Eu abundance.

The mean La, Er, and Ir abundances between the two groups are identical; the mean

Hf abundance in stars with the actinide boost is determined from only one star, so

we do not regard the 0.10 dex discrepancy as significant. The mean Pb abundance

in stars with the actinide boost is also derived from only one star, but it differs from

the mean of the standard r-process-only stars by 0.51 dex. The abundances of the

stars with the actinide boost are identical to the abundances of the stars without an

actinide boost from the rare earth domain to the 3rd r-process peak; any differences

in the nucleosynthetic process(es) that produced their n-capture material affect—at

most—only the region beyond the 3rd r-process peak.

In Figure 3.9 we show Pb/Eu ratios for the r-process-only sample. These

stellar ratios are compared with our predictions, made using the classical waiting-

point assumption—defined as an equilibrium condition between neutron captures

and photodisintegrations—for the r-process, employing the Extended Thomas-Fermi

nuclear mass model with quenched shell effects far from stability (i.e., ETFSI-Q,

Pearson et al. 1996). Although this approach makes the simplifying assumptions of

constant neutron number density and temperature as well as instantaneous nuclear

freezout, the equilibrium model calculations reproduce the S. S. abundances well;

see, e.g., Kratz et al. (1993), Cowan et al. (1999), Freiburghaus et al. (1999), Pfeiffer
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Figure 3.8 Comparison of the mean ratios for stars exhibiting a pure r-process

signature (log ε(La/Eu) < +0.25; red diamonds) with the four “actinide boost”
stars (green circles). The predicted S. S. r-process“residual” abundance pattern is

shown for reference. The abundances are normalized at Eu. Different decay ages are
indicated by the dotted (t = 0 Gyr), dashed (t = 4.6 Gyr), and solid (t = 13.0 Gyr)
lines. Any deviations in the abundances of the “actinide boost” stars from the

“standard” r-process stars clearly occur only after the 3rd r-process peak.
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et al. (2001), and Kratz et al. (2007a). These calculations are model-independent

and look only at the astrophysical conditions that lead to the r-process and repro-

duce the S. S. r-process abundances. These waiting point calculations have been

confirmed by more detailed dynamic (i.e., non-equilibrium) network calculations

(Farouqi et al. 2009). Our approach can be considered reliable only if we achieve

a “consistent” picture—meaning that the abundances are solar—with logical astro-

physical assumptions for the three heaviest r-process “observables;” i.e., the 3rd

peak, the Pb-Bi spike and the Th, U abundances.

The specific calculations employed here assume a weighted range of neutron

number densities (from 1023 to 1030 cm−3) and are designed to reproduce the total

r-process isotopic S. S. abundance pattern (see Kratz et al. 2007a for more details).

The best agreement with this abundance pattern, as well as with the elemental

abundances in metal-poor halo stars, is obtained by employing the nuclear mass

predictions—many of the nuclei involved in this process are too short-lived to be

experimentally measured at this time—of the ETFSI-Q nuclear mass model. We

employed the β-decay properties from quasi-particle random-phase approximation

calculations for the Gamow-Teller transitions (see Möller & Randrup 1990; Möller

et al. 1997) and the first-forbidden strength contributions from the Gross theory of

β-decay (Möller et al. 2003). We find that a small number of individual neutron

density components (in the current calculations, 15 components) is necessary to fit

the predicted r-process abundances to the S. S. values, and we also assume a varying

r-process path related to contour lines of constant neutron separation energies in

the range of 4–2 MeV. (This path is determined by the variations of the neutron

number density and the temperature).

The nuclear data for these calculations have been improved by incorporat-

ing recent experimental results and improved theoretical predictions. Analyses of

the differences between measured and predicted nuclear parameters (e.g., β-decay

properties) indicate considerable improvements over earlier attempts. This gives us

confidence in the reliability of our nuclear physics input to the r-process calcula-

tions of the heavy element region between the rare earth elements, via the 3rd-peak

elements (Os, Ir, Pt), the Pb and Bi isotopes, and up to Th and U. In addition the

excellent agreement between these calculations and the S. S. isotopic and elemental

abundances suggests that this approach can reproduce the astrophysical and nu-

clear conditions appropriate for the r-process despite not knowing the astrophysical
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Figure 3.9 Comparison of r-process-only stellar Pb/Eu ratios with Pb abundance
predictions. Symbols are the same as in Figure 3.6. The Solar r-process ratio

is indicated by the �. Predicted Pb/Eu ratios are indicated by horizontal lines,
representing contributions to the present-day Pb abundance via direct production
of the 206,207,208Pb isotopes; indirect Pb production via α and β decays from nuclei

with 210 ≤ A ≤ 231 and A =234 shortly after the termination of the r-process
event; 13 Gyr of decay from nuclei that formed along the isobars of 232Th, 235U,

and 238U; and 13 Gyr of decay from the fraction of these three isotopes produced
indirectly from the α and β decay of transuranic nuclei shortly after the r-process

event has shut off. The excellent agreement of the predicted total Pb/Eu ratio with
the stellar values (with the exceptions of CS 31082–001 and HE 1523–0901) implies

that fission losses from the region between Pb and Th are not significant.
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site for this process (Kratz et al. 2007a). For this paper the theoretical predictions

have been normalized to the r-process component (95%) of the S. S. Eu abundance

(Lodders 2003).

The predicted Pb abundance shown in Figure 3.9 is broken into four com-

ponents corresponding to its origin within the r-process. “Direct production” refers

to Pb that is produced in the r-process as nuclei with A = 206, 207, or 208, each of

which will β− decay directly to one of the stable Pb isotopes. “Indirect production”

refers to Pb that is produced from the α and β decay of nuclei with 210 ≤ A ≤ 231

and A = 234 shortly after the termination of the r-process (i.e., within a few ×106

years). “Th and U decay” refers to Pb that originates from the decay of nuclei that

were produced in the r-process with A = 232, 235, or 238, which quickly β− decayed

to 232Th, 235U, and 238U, which have since decayed to the stable Pb isotopes. In

Figure 3.9 we show the Pb abundance after 13 Gyr. “Transuranic decay” refers to

Pb that is produced from the decay of 232Th, 235U, and 238U, but now consider-

ing the fractions of the abundances of these three isotopes that were formed in the

r-process as nuclei with A = 236 and A ≥ 239, which followed α and β decay chains

to the long-lived Th and U isotopes.

The abundance predictions for Pb, Th, and U, computed at time “zero” after

all of the α and β decays are complete (∼ 107 years after the r-process event) are

listed in Table 3.8. According to these predictions, the majority of the r-process Pb

abundance derives from indirect production of short-lived nuclei between Pb and Th

(82% at time “zero”). Only a small amount of the present-day Pb originated from

the decay of the long-lived Th and U isotopes. The predicted total Pb/Eu ratio,

based upon our waiting-point r-process calculations as described above, is in agree-

ment with the derived Pb/Eu ratios in all of the stars with −2.2 < [Fe/H] < −1.4,

independent of the amount of time since the r-process nucleosynthesis event. This

implies that fission losses from nuclei with 210 ≤ A ≤ 231 and 234 are not signifi-

cant, otherwise the predicted total Pb abundance would be noticeably lower. These

results, based upon detailed fits that reproduce the total S. S. isotopic abundance

distribution, are supported by recent dynamic calculations (see, e.g., Farouqi et al.

2009), which also indicate that the total amount of fission material in this mass

range will be insignificant and not affect the Pb to Th and U region. An addi-

tional argument regarding the lack of any appreciable effects of fission comes from

recent fission barrier height calculations of Möller (2009, private communication),
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who finds that any fissioning isotopes in the mass region 206 < A < 232–238—if

they exist at all—lie well beyond the r-process path in our model predictions (i.e.,

in isotopes more neutron-rich than the r-process path and closer to the neutron

drip line). Any fissioning isotopes would not normally contribute to the abundances

in the Pb region (even if they did not fission). Our results also indicate that any

fissioning nuclei in the mass region 232–238 < A < 250–256 make no significant

contributions to the stable heavy isotopes.

We emphasize here that our approach has been to fit the observed S. S. iso-

topic (and elemental) abundance distribution with the superposition of the neutron

number density exposures that occur in the r-process. These calculations are fur-

ther strengthened by utilizing the most comprehensive set of nuclear data currently

available—including experimentally measured and theoretically determined (pub-

lished and unpublished ETFSI-Q) masses, β-decay half-lives, and n-capture rates.

Our normal procedure has been to globally fit the S. S. abundances, particularly

normalizing the fit to the 2nd and 3rd process peaks. In addition to employing

these global fits we have also fine-tuned our theoretical calculations to reproduce

the complete S. S. 3rd abundance peak in the mass range of Os (A = 186) to Hg

(A = 204). It has long been argued that the production of the radioactive elements

extending upwards from Pb to Th and U and the heaviest stable elements in the 3rd

r-process peak are correlated (Cowan et al. 1991b; Thielemann et al. 1993; Cowan

et al. 1999; Kratz et al. 2004, 2007a). Only the correct reproduction of the A = 195

abundance peak with its N = 126 (nuclear) bottle-neck behavior will guarantee

that the extrapolated abundances into the experimentally (completely) unknown

r-process trans-Pb region, including exotic isotopes about 30–40 units away from

the known “valley of the isobaric mass parabolae,” will be reliable.

The excellent agreement between the r-process Pb abundances in stars with

−2.2 < [Fe/H] < −1.4 and our predictions is encouraging. Assuming the stellar Pb

abundances are not seriously in error, we currently lack a complete, self-consistent

understanding of r-process nucleosynthesis and enrichment for all low metallicity

stars. Both CS 31082–001 and HE 1523–0901 have similar metallicities and levels

of r-process enrichment. Their U/Th ratios are similar, and their Pb abundances

may be similar to one another (yet different from more metal-rich r-process-enriched

stars). Their Th/Eu ratios are different from one another, yet the Th/Eu ratio in

HE 1523–0901 agrees with most other metal-poor stars, while CS 31082–001 does
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Table 3.8. Comparison of Predicted and Calculated r-process Abundances for Pb,
Th, and U

206Pb 207Pb 208Pb
P

Pb 232Th 235U 238U
P

Th, U

S.S. total (Lodders 2003) 0.601 0.665 1.903 3.169 0.0440 0.0059 0.0187 0.0686
calculated r-process:

ETFSI-Q:
Direct (isobaric) production 0.0209 0.0178 0.0283 0.0670 0.0184 0.0091 0.0076 0.0351
Direct + indirect production 0.1439 0.1068 0.1242 0.3749 0.0415 0.0343 0.0234 0.0992

Cowan et al. (1999) 0.158 0.146 0.135 0.439 · · · · · · · · · · · ·
Kratz et al. (2004) (Fe-seed) 0.163 0.151 0.138 0.452 · · · · · · · · · · · ·

r-residuals:
Cowan et al. (1999) 0.240 0.254 0.158 0.652 · · · · · · · · · · · ·
Beer et al. (2001) 0.178 0.171 0.133 0.482 · · · · · · · · · · · ·

Note. — The r-residuals are calculated as Nr,� = N� − Ns.
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not. (See further discussion in Frebel & Kratz 2009.) A still larger set of r-process-

enriched stars with [Fe/H] < −2.2 will be necessary to characterize the abundance

patterns of Pb, Th, and U at low metallicity, and until that time (at least) our

understanding of the nucleosynthesis of the heaviest products of the r-process will

remain incomplete.

3.6 Stellar Ages

When deriving stellar ages through nuclear chronometry, the measured ages reflect

the ages of the actinides in these stars but not necessarily the ages of the stars

themselves. In addition, a few r-process events may have seeded the ISM from

which these stars formed. Presumably the stars formed shortly after the r-process

material was created and so the derived age represents an upper limit to—but also

a realistic estimate of—the stellar age.

U/r ratios (where r denotes a stable element produced in the same r-process

event as the U) have the strongest predictive power (0.068 dex per Gyr), followed

by U/Th (0.046 dex per Gyr), and Th/r (0.021 dex per Gyr). These rates are

only governed by the nuclear half-lives of the radioactive isotopes, which have been

measured to exquisite precision as far as stellar nuclear chronometry is concerned.

Strictly speaking, the Pb/r (or U/Pb, or Th/Pb) ratio is also a chronometer, since

the Pb abundance increases with time as the Th and U decay, but it loses sensitivity

as time passes and most of the Th and U nuclei decay. According to our model, 90%

of the total increase in the Pb abundance has already occurred in the first 5 Gyr

after the r-process event, and the total (i.e., t = ∞) Pb abundance is only 0.10 dex

higher than its time “zero” abundance.

Stellar abundance ratios are rarely known to better than 0.05–0.10 dex, lim-

iting relative age determinations from one star to another using a single Th/r pair

to a precision of ∼ 3–5 Gyr. To some degree this can be mitigated by employing

multiple Th/r pairs, but uncertainties in the production ratios and uncertainties

arising from systematic effects (e.g., determination of effective temperature) will

limit the measurement of an absolute age to no better than ∼ 2–3 Gyr (see, e.g.,

Sneden et al. 2000 or Frebel et al. 2007).

Figure 3.10 illustrates these points by showing the ages derived for our
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r-process-only sample from Th/Eu, Th/Hf, Pb/Th, and U/Th chronometers.2 Our

results are consistent with the assertion that r-process enrichment began extremely

early, within the first few Gyr after the big bang. The horizontal lines indicating

ages are determined based on the production ratios given in Kratz et al. (2007a).

Using a different set of production ratios (e.g., Cowan et al. 1999, Schatz et al. 2002,

or those predicted by our stellar sample) would only change the absolute scale of

these age determinations by small amounts (∼ 2–4 Gyr; see Frebel et al. 2007).

This is the largest sample of Th/Eu ratios yet compiled for metal-poor halo

stars. The chronometer pairs in an individual star have limited ability to predict its

age, but the combined measurements from an ensemble of stars hold greater promise.

The majority of our sample suggests an old population (the exception being the four

stars with an actinide boost), and no trends with metallicity are apparent. This is in

agreement with model predictions for the age-metallicity relationship in metal-poor

halo stars, where a rapid increase is found in the mean metallicity to [Fe/H] ∼ −2.0

within the first 2 Gyr (e.g., Argast et al. 2000). If we divide the sample into two

groups of stars—those with an actinide boost and those without—and assume a

single age for each group, we can derive reasonable estimates for the age of the

r-process-only standard stars, as shown in Table 3.9. Assuming that the observed

stellar ratios are independent (which they clearly are not since all rely on Th),3

2The element Hf has recently been suggested as a promising, stable r-process reference element.
Lundqvist et al. (2006) and Lawler et al. (2007) have made new laboratory evaluations of Hf ii

transition probabilities, and there are indications that Hf may be formed at similar neutron densities
to the 3rd r-process peak elements Os, Ir, and Pt (Kratz et al. 2007a). These elements are difficult
to reliably measure in stellar spectra obtained from ground-based facilities (except for Ir) and can
only be observed in their neutral states. In other words, Hf may be the heaviest stable singly-
ionized element whose production is closely linked to that of the actinides and may be reliably
and easily measured in metal-poor stars. Our model predicts an r-process Hf abundance of 0.0436
(26% of the S. S. value of 0.1699 for A = 174–180, Lodders 2003). The isotopic and elemental Hf
r-process abundance predictions by our model are consistently smaller than those inferred from the
S. S. r-process residual method. We caution that knowledge of the nuclear structure of atoms is
incomplete for isotopes near A ∼ 180, in the transition from the deformed rare earth isotopes to
the spherical N = 126 magic shell. The offset between the scaled S. S. and stellar r-process Hf
abundances noticed by Lawler et al. (2007) and Sneden et al. (2009) suggests that a larger fraction
of the S. S. Hf abundance might be attributed to the r-process. That study adopted the S. S. Hf
r-process fraction (44%) from Arlandini et al. (1999), implying that the S. S. r-process fraction is
even higher than 44%. If we reverse the problem and assume that the stellar Hf/Eu r-process ratio
from Sneden et al. (2009) should match the S. S. Hf/Eu r-process ratio, we estimate the r-process
fraction of Hf in the S. S. is ≈ 70 ± 10%.

3A change in the Th abundance by ± 0.05 dex will uniformly change the derived age by ∓ 2.3 Gyr.
The uncertainty on the age derived from each chronometer pair is computed by combining in
quadrature the error of the mean stellar ratio, an assumed 20% uncertainty in the production ratio,
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Figure 3.10 Four nuclear chronometer pairs. Only stars with a pure r-process sig-

nature are shown. Symbols are the same as in Figure 3.6. The horizontal lines
indicate the ratios expected if a sample of material had a given age, assuming the
nucleosynthesis predictions of Kratz et al. (2007a). The vertical scales cover the

same number of decades on each panel, though the ranges differ, to illustrate the
relative measurement precision. The shortcomings of the r-process Hf predictions

by our model are evident in the poor match between the Th/Hf predictions and
observations shown in the lower left panel.
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We derive an age for the ensemble of standard r-process-only stars of 15.2 ± 2.1

(σ = 4.6) Gyr. Two ratios predict ages significantly greater than the age of the

Universe, Th/La (20.4 ± 4.2 Gyr) and Th/Hf (19.7 ± 4.7 Gyr). If we adopt the

higher S. S. r-process “residual” abundances for La and Hf (e.g., Sneden et al. 2008,

with updates from Gallino), the Th/La and Th/Hf ages decrease by 13 and 3 Gyr,

respectively.

The four stars with an actinide boost reflect a very different age, 1.3 ± 2.1

(σ = 4.6) Gyr. In CS 31082–001, where abundances of both Th and U have been

derived (Cayrel et al. 2001; Hill et al. 2002), the U/Th ratio implies a reasonable

age of 14.2 ± 2.4 (± sys) Gyr (Hill et al. 2002). If we use the 238U/232Th production

ratio computed from the data in Table 3.8 and assume a 20% uncertainty in this

value, we derive an age of 15.1 ± 4.3 Gyr in CS 31082–001. The low Pb abundance

and high Th/r ratios in this star cannot be accounted for simply by assuming a

very young age; increasing the current Pb abundance in this star by the maximum

expected from the complete decay of the actinides (≈ 0.10 dex) would still leave

it about 0.4 dex lower than the mean of the more metal-rich r-process enriched

stars. U has also been detected in two r-process enhanced stars that do not have

an actinide boost, BD +17 3248 (Cowan et al. 2002) and HE 1523–0901 (Frebel et

al. 2007), and the U/Th ages in these two stars are consistent with the U/Th age

in CS 31082–001 (see Figure 3.10).

3.6.1 Comparison to Globular Cluster and dSph Age Estimates

from Other Methods

Several stars in our sample are located in globular clusters or dSph systems, whose

ages and star formation histories can be estimated based on other methods. M15

is an old (13.2 ± 1.5 Gyr, McNamara et al. 2004), metal-poor ([Fe/H] ∼ −2.2;

Gratton et al. 2004) globular cluster. Sneden et al. (2000) derived abundances of

several n-capture elements in three giants in this cluster. The mean Th/Eu ratio

for these three stars implies an age of 12.0 ± 3.7 Gyr using our production ratio.

M92 is also an old (14.8 ± 3 Gyr, Carretta et al. 2000; 14.2 ± 1.2 Gyr, Paust et

and the uncertainty in the abundances arising from uncertainties in the stellar parameters. For this
final source of error, we consider the uncertainties derived by Frebel et al. (2007) for HE 1523–0901
to be representative of the uncertainties for an individual star in our sample, and we reduce each
of their uncertainties by the amount expected when increasing the sample size from one star to
several.
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Table 3.9. Ages Derived from Individual Chronometers

“standard” stars with log ε(La/Eu) < +0.25 stars with actinide boost
Chronometer P.R. at log(P.R.) Observed No. Age Age spread Observed No. Age Age spread

pair time “zero” mean (dex) stars (Gyr) (Gyr) mean (dex) stars (Gyr) (Gyr)

Th/La 0.585 −0.233 −0.67±0.03 (σ=0.10) 16 20.4±4.1 4.7 −0.37±0.03 (σ=0.05) 4 6.4±4.3 2.3
Th/Eu 0.463 −0.334 −0.56±0.03 (σ=0.08) 16 10.6±4.1 3.7 −0.24±0.03 (σ=0.06) 4 −4.4±4.3 2.8
Th/Er 0.236 −0.627 −0.91±0.04 (σ=0.11) 12 13.2±4.3 5.1 −0.66±0.08 (σ=0.17) 4 1.5±5.5 7.9
Th/Hf 0.648 −0.188 −0.61±0.05 (σ=0.13) 8 19.7±4.5 6.1 −0.26±0.06 1 3.4±5.7 · · ·
Th/Ir 0.0677 −1.169 −1.42±0.06 (σ=0.15) 8 11.7±4.8 7.0 −1.12±0.16 (σ=0.18) 2 −2.3±8.8 8.4
Th/Pb 0.111 −0.955 −1.21±0.23 (σ=0.32) 2 >9.9 11. −0.43±0.25 1 · · · · · ·

Note. — No age is derived from the Th/Pb chronometer for the stars with an actinide boost because the decay of all actinide material present could never produce
the observed Th/Pb ratio in CS 31082–001.
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al. 2007), metal-poor ([Fe/H] ∼ −2.3; Gratton et al. 2004) globular cluster. Using

the Th/Eu ratio derived by Johnson & Bolte (2001) for one star in this cluster, we

find and age of 10.6 ± 4.7 Gyr. Aoki et al. (2007b) derived the Th/Eu ratio in one

star in UMi, which implies an age of 12.0 ± 6.5 Gyr. This result is consistent with

the earlier finding that this system experienced only one significant episode of star

formation at early times (& 11 Gyr ago; Dolphin 2002). In all three cases, the ages

for these systems derived from nuclear chronometry and other independent methods

agree within the uncertainties.

3.7 Implications for Nucleosynthesis in the Early Galaxy

One of the more remarkable aspects of the abundance ratios for r-process-only stars

in Figures 3.4, 3.6, and 3.7 is the wide range of Eu and Fe abundances covered by

these correlations. The r/Eu ratios are constant over a very wide range of absolute

r-process enrichment, roughly 2.4 dex or a factor of 250. All of the [r/Eu] abun-

dance ratios in these figures (with the noted exception of the [Pb/Eu] and [Th/Eu]

ratios in the stars with an actinide boost) are unchanged over the metallicity range

−3.1 ≤ [Fe/H] ≤ −1.4. For these stars, the [Eu/Fe] ratios are always supersolar, but

they vary widely, from +0.31 (M92 VII-18) to +1.82 (HE 1523–0901). This wide

dispersion in n-capture abundances at low metallicities has been previously noted

by many investigators, including Gilroy et al. (1988) and Burris et al. (2000). Sev-

eral stars with +0.3 < [Eu/Fe] < +0.5 exhibit an r-process-only signature, which

reveals—as might be expected—that a pure r-process pattern can be found even

in small amounts of r-process enrichment. Furthermore, this same pattern is ob-

served in stars in the Galactic halo, several globular clusters, and one dSph system.

Taken together, these facts are strong evidence for the universal nature of the main

r-process for species with Z ≥ 56 (as constrained by observations), since stars with

log ε(Eu) ∼ +0.4 dex certainly are comprised of the remnants of many more SNe

than stars with log ε(Eu) ∼ −2.0.

From an analysis of the La/Eu ratio in a sample of 159 stars with−3.0 < [Fe/H] <

+0.3, Simmerer et al. (2004) found stars with [Fe/H] = −2.6 exhibiting signa-

tures of the s-process, while other stars as metal-rich as [Fe/H] = −1.0 showed

little evidence of any s-process material. By the definition we adopt in Section 3.4,

log ε(La/Eu)r < +0.25, processes other than the r-process (e.g., the so-called weak
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r-process) must be responsible for some n-capture material at even lower metallicity.

Simmerer et al. (2004) also found incomplete mixing of both r-process and s-process

material in stars with [Fe/H] > −1.0. We find that the gas from which these stars

formed was inhomogeneous at metallicities as high as [Fe/H] = −1.4, the metal-rich

limit of our sample; here, several stars show no evidence of any contributions from

the s-process. Furthermore, Roederer (2009) found no preferred kinematic signature

for stars with pure r-process or s-process enrichment patterns, with these patterns

extending over a wide metallicity range of −3.0 < [Fe/H] < −0.4. This reinforces

the notion that n-capture enrichment at low metallicity is likely a very localized

phenomenon that results in a large distribution of n-capture abundances.

The range of absolute r-process enrichment noted above includes 18 stars in

M15. (Three stars from Sneden et al. 2000 are shown in Figure 3.4; additional stars

from Sneden et al. 1997 and Otsuki et al. 2006, who did not report Th abundances,

are not shown.) These 18 stars in a single globular cluster show no change in their

Ba/Eu or La/Eu ratios despite a change in the absolute Eu enrichment level by

0.9 dex, a factor of ≈ 8; their Fe abundances differ by less than 0.2 dex, a factor of

≈ 1.5. Sneden et al. (1997) found no correlation between these n-capture enrichment

patterns in M15 and the signatures of deep mixing commonly observed in globular

cluster stars, indicating a primordial origin. This enrichment pattern resembles that

of the Galactic halo, but it is not obvious why other clusters enriched by r-process

material (with or without significant contributions from the s-process) fail to show

similar star-to-star dispersion.

3.8 Conclusions

We have identified a sample of 27 stars with −3.1 < [Fe/H] < −1.4 that have

been enriched by the r-process and show no evidence of s-process enrichment. We

confront r-process nucleosynthesis predictions for Pb and Th with measurements

(or upper limits) in our stellar sample. We use these very heavy isotopes located

near the termination points of s- and r-process nucleosynthesis to better understand

the physical nature of the r-process and the onset of nucleosynthesis in the early

Galaxy. Our major results can be summarized as follows.

Stars with log ε(La/Eu) < +0.25 (our “r-process-only” sample, where more

than ≈ 99% of the n-capture material originated in the r-process) show no evolution
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in their Pb/La ratio over the metallicity range −2.2 < [Fe/H] < −1.4. In contrast,

stars with log ε(La/Eu) ≥ +0.25 (those with just a dusting of s-process material on

top of r-process enrichment) show a significant increase in Pb/La with decreasing

metallicity. This emphasizes the effect of the higher neutron-to-seed ratio that occurs

in low metallicity s-process environments and overproduces nuclei at the termination

of the s-process chain relative to lighter s-process nuclei. This effect is noticeable in

stars where only ≈ 2.0% of the n-capture material originated in the s-process.

All stars in our r-process-only sample have constant abundance ratios among

elements surveyed in the rare earth domain and the 3rd r-process peak (La, Eu, Er,

Hf, and Ir), and these abundance ratios are equivalent to the scaled S. S. r-process

distribution. These ratios are identical in stars with a so-called actinide boost and

stars without. For stars with an actinide boost, our observations demonstrate that

any nucleosynthetic deviations from the main r-process affect—at most—only the

elements beyond the 3rd r-process peak (Pb, Th, and U).

We find very good agreement between the Pb abundances in our r-process-

only stars and the Pb abundances predicted by our classical “waiting-point” r-process

model. In these computations a superposition of 15 weighted neutron-density com-

ponents in the range 23 ≤ log nn ≤ 30 is used to successfully reproduce both the

S. S. isotopic distribution and the heavy element abundance pattern between Ba

and U in the low-metallicity halo stars. Our calculations indicate that fission losses

are negligible for nuclei along the r-process path between Pb and the radioactive iso-

topes of Th and U. In light of this agreement, we currently have no viable theoretical

explanation for the low Pb abundance in CS 31082–001.

With the exception of the Pb and Th in stars with an actinide boost, the

r/Eu ratios in our r-process-only sample are constant over a wide range of metallicity

(−3.1 < [Fe/H] < −1.4) and r-process enrichment (−2.0 < log ε(Eu) < +0.4 or

+0.3 < [Eu/Fe] < +1.8). This pattern is observed in field stars, several globular

clusters, and one dSph system. As multiple SNe will have contributed to the material

in stars at the highest metallicities and/or r-process enrichments surveyed, we regard

this as strong evidence for the universal nature of the r-process.

We have derived an age of 15.2 ± 2.1 Gyr (σ = 4.6 Gyr) from several Th/r

chronometer pairs for an ensemble of 16 stars. This is the largest set of Th/r

ratios yet compiled for metal-poor halo stars. Excluding the four stars with an

actinide boost, there is no relationship between age and metallicity over the range
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−3.1 < [Fe/H] < −1.4. While each stellar chronometer pair ratio argues for a single

common age for the ensemble of stars, the observations call for further refinement

of some production ratios, and the outlook for improving the precision of the age

measurement for a single star in the field is not hopeful. For two globular clusters

and one dSph system, we do find good agreement (within uncertainties ∼ 3.5–5 Gyr)

between ages derived from the Th/Eu nuclear chronometer and ages derived from

other methods.
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Chapter 4

New Abundance Determinations of Cadmium,

Lutetium, and Osmium in the r-process Enriched Star

BD +17 3248

4.1 Introduction

Steady progress has been made over the last half-century toward understanding how

the heaviest elements in the Universe are produced.1 For the elements heavier than

the iron (Fe) group, the vast majority of isotopes are produced by the successive

addition of neutrons to existing nuclei on timescales that are slow or rapid relative to

the average β− decay rates. These are referred to as the s- and r-processes. The basic

physical principles of these reactions are well known, but detailed models capable

of predicting the correct abundance for each isotope produced in each process are

still elusive.

One significant limitation is still the lack of knowledge about what the nu-

cleosynthesis products actually are for each isotope. In this chapter, we report

abundance estimates for neutral cadmium (Cd i, Z = 48), singly ionized lutetium

(Lu ii, Z = 71), and singly ionized osmium (Os ii, Z = 76) in the near-ultraviolet

(NUV) spectrum of the r-process enriched metal-poor star BD +17 3248. This is

the first clear detection of Cd and Lu in a metal-poor star enriched by the r-process.

Combined with previous abundance derivations (Cowan et al. 2002, 2005; Sneden

et al. 2009) and several other new abundances derived from the optical spectrum of

this star, 32 n-capture elements have been detected in BD +17 3248, the most com-

1Significant portions of this chapter have been published previously in Roederer, I. U., Sneden,
C., Lawler, J. E., & Cowan, J. J., 2010, ApJ, 714, L123.
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plete n-capture pattern in any metal-poor star. In the metal-poor star HD 122563,

which is relatively deficient in the heavy n-capture elements, we also report tentative

detections for Cd i and Lu ii, as well as an upper limit for Os ii. Finally, we use

these new abundances to differentiate among the various techniques used to predict

the r-process abundance pattern.

4.2 Observations and Abundance Analysis

NUV spectra of BD +17 3248 and HD 122563 were obtained using the Space Tele-

scope Imaging Spectrograph (STIS) on the Hubble Space Telescope (HST ). These

spectra cover a wavelength region from 2280–3120Å at R ≡ λ/∆λ ∼ 30,000. The

optical spectrum of BD +17 3248 was obtained using the High Resolution Echelle

Spectrograph (HIRES; Vogt et al. 1994) on Keck I, and this spectrum covers a wave-

length region from 3120–4640Å at R ∼ 45,000. See Cowan et al. (2005) for further

details.

In Figure 4.1, we show segments of the STIS spectra surrounding the Os ii

transition at 2282.28Å and the the Cd i transition at 2288.02Å in BD +17 3248

and HD 122563, as well as HD 115444.2 A strong absorption feature is clearly iden-

tified at these wavelengths in BD +17 3248 but not in HD 122563. BD +17 3248

is warmer (Teff = 5200 K) and more metal-rich ([Fe/H] = −2.1) than HD 122563

(Teff = 4570 K and [Fe/H] = −2.7). HD 115444 has a temperature (Teff = 4720 K),

metallicity ([Fe/H] = −2.9), and overall light element abundance distribution (i.e.,

6 ≤ Z ≤ 40) that closely resembles HD 122563 (Westin et al. 2000). HD 115444

is overabundant in the heavy n-capture elements ([Eu/Fe] = +0.7) relative to

HD 122563 ([Eu/Fe] = −0.5). Therefore the only significant difference between the

spectra of HD 115444 and HD 122563 should be the stronger heavy n-capture ab-

sorption lines in HD 115444. In Figure 4.1, we see that HD 115444, like BD +17 3248,

also exhibits strong absorption features at 2282.28 and 2288.02Å, but HD 122563

does not. Thus heavy n-capture species must be producing this absorption. We find

no transitions of heavy n-capture species at these wavelengths—or the Lu ii line at

2615.41Å—in the Kurucz or NIST line databases that could plausibly account for

2This spectrum of HD 115444, taken with STIS using the same setup as the spectra of
BD +17 3248 and HD 122563, has considerably lower S/N, and we do not examine HD 115444
beyond this initial test.
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Figure 4.1 Spectral regions of BD +17 3248, HD 122563, and HD 115444 surround-
ing the Os ii and Cd i lines. The spectra have been smoothed to increase their

S/N.

this absorption other than the species of interest.

References for published transition probabilities of the lines used in this anal-

ysis are given in Table 4.1. We determined the transition probability of the Lu ii

2615.42Å resonance line to be log(gf) = +0.11 ± 0.04 based on a laser-induced

fluorescence lifetime measurement of its upper level (Fedchak et al. 2000) and a

branching fraction calculation of 0.971 (Quinet et al. 1999). (See also Lawler et

al. 2009.) The 175Lu isotope is dominant (97.4% of S. S. Lu; Lodders 2003). The
176Lu isotope is blocked from r-process production by the stable 176Yb isotope, so

it is expected to be entirely absent from BD +17 3248. The odd-Z isotope 175Lu

has nonzero nuclear spin I = 7/2. Hyperfine structure (hfs) and an accurate line

position are based on new laboratory measurements of the 6s6p 1P0 level energy,
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38223.406(8) cm−1, hfs A, −0.03731(10) cm−1, and hfs B, 0.0811(15) cm−1. The

hyperfine components for the Lu ii 2615.42Å line are listed in Table 4.2 in the same

format as Table 14 of Lawler et al. (2009). The naturally occurring r-process iso-

topes of Cd and Os are predominantly even-Z even-N isotopes with zero nuclear

spin, thus we are justified in ignoring the hfs from their minority isotopes.

We use the current version of the LTE spectral analysis code MOOG (Sne-

den 1973) to perform the abundance analysis. We adopt the atmospheric param-

eters for BD +17 3248 and HD 122563 derived by Cowan et al. (2002) and Sim-

merer et al. (2004) (Teff/log g/[M/H]/vt = 5200 K/1.80/−2.08/1.9 km s−1 and

4570 K/1.35/−2.50/2.9 km s−1, respectively) and interpolate model atmospheres

from the Kurucz grids (Castelli et al. 1997).

We compare our results to abundances of other species derived from lines

in the optical spectral range. In the NUV, bound-free continuous opacity from

metals may be comparable to or greater than the bound-free continuous opacity from

H− that dominates in the optical spectral range for metal-poor stars (e.g., Travis

& Matsushima 1968). To compensate for deficiencies in our ability to model the

continuous opacity in this spectral range, we have derived abundances of relatively

clean, unsaturated, and unblended Fe i and Zr ii lines across the NUV. We require

that these lines have reliable log(gf) values (Fe i: O’Brian et al. 1991 or a grade

of “C” or better in the NIST database; Zr ii: Malcheva et al. 2006), and we derive

the abundances by matching synthetic to observed spectra. Ideally we should select

metals that make significant contributions to the continuous opacity (e.g., Mg, as

advocated by Bell et al. 2001), but practically we are constrained because there are

very few metals whose lines have reliable laboratory transition probabilities and are

unsaturated and unblended in the NUV spectra of these stars.

Figure 4.2 displays the abundances of Fe i and Zr ii in BD +17 3248 and

HD 122563 as a function of wavelength. Two characteristics would indicate that

we have successfully reproduced the continuous opacity: (1) no trend between

abundance and wavelength, and (2) agreement between the abundances derived

from the optical and NUV transitions. A similar phenomenon is observed in both

BD +17 3248 and HD 122563. For Fe i, we detect both an offset and a very slight

trend in both stars, though the effect is much smaller in BD +17 3248, the warmer of

the two stars. There is no offset and only a minimal trend for Zr ii in BD +17 3248,

but a much larger trend is observed in HD 122563, although we have only derived
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Table 4.1. Derived Stellar Abundances

BD +17 3248 HD 122563
Species Z λ (Å) E.P. (eV) log(gf) Ref. log ε log ε

New Abundances from STIS Spectra

Cd i 48 2288.02 0.00 +0.15 1 −0.03 −2.10

Lu ii 71 2615.41 0.00 +0.11 2 −1.58 −2.96
Hf iia 72 2638.72 0.00 −0.17 3 −0.62 · · ·
Hf iia 72 2641.41 1.04 +0.57 3 −0.91 · · ·
Hf ii

a 72 2820.23 0.38 −0.05 3 −0.77 · · ·
Hf iia 72 3012.90 0.00 −0.60 3 −0.74 · · ·
Os ii 76 2282.28 0.00 −0.14 4 +0.03 < −1.56

New Abundances from HIRES Spectra

Nb ii 41 3215.59 0.44 −0.24 5 −0.26 · · ·
Mo i 42 3864.10 0.00 −0.01 6 +0.17 · · ·
Ru i 44 3498.94 0.00 +0.31 7 +0.34 · · ·
Rh i 45 3434.89 0.00 +0.45 8 −0.57 · · ·
Pd i

a 46 3242.70 0.81 +0.07 9 −0.10 · · ·
Pd ia 46 3404.58 0.81 +0.33 9 −0.09 · · ·
Pd i

a 46 3516.94 0.94 −0.21 9 +0.05 · · ·
Ag ia 47 3280.67 0.00 −0.04 10 −0.83 · · ·
Ag i

a 47 3382.90 0.00 −0.35 10 −0.67 · · ·

a The mean abundances in BD +17 3248 are log ε(Ag i) = −0.75±0.14, log ε(Pd i) =
−0.05± 0.09, and log ε(Hf ii) = −0.76± 0.14.

References. — (1) Morton (2000); (2) this study; (3) Lawler et al. (2007); (4) Ivarsson
et al. (2004); (5) Nilsson et al. (2010); (6) Whaling & Brault (1988); (7) Wickliffe et al.

(1994); (8) Kwiatkowski et al. (1982); (9) Xu et al. (2006); (10) Fuhr & Wiese (2009)
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Table 4.2. Hyperfine Structure Line Components for 175Lu ii 2615.42Å

Wavenumber (cm−1) λair (Å) Fupp Flow Component Position (cm−1) Component Position (Å) Strength

38223.406 2615.4173 4.5 3.5 −0.11034 0.007550 0.41667
38223.406 2615.4173 3.5 3.5 −0.02055 0.001406 0.33333

38223.406 2615.4173 2.5 3.5 0.21129 −0.014458 0.25000

Note. — Center-of-gravity wavenumbers and air wavelengths are given with component positions relative to these values.
Strengths are normalized to sum to 1.
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abundances from 6 Zr ii lines. We use these trends as “local metallicity” refer-

ences to empirically adjust the derived abundances of other species (where neutral

species are adjusted according to Fe i and singly-ionized species are adjusted ac-

cording to Zr ii). For example, the abundance derived from the Cd i line at 2615Å

in BD +17 3248 is adjusted by +0.32 dex, the difference between a hypothetical

Fe i line at 2615Å and the mean Fe i abundance for lines in the optical spectral

region. We caution that there are very few Fe i lines and no Zr ii lines shortward

of the Mg i series limit at 2515Å, where the bound-free opacity contribution from

Mg i may increase substantially. This uncertainty should be borne in mind when

extrapolating the trends to shorter wavelengths.

We derive the abundances of Cd i, Lu ii, and Os ii in BD +17 3248 by com-

paring synthetic spectra to the observed absorption profiles. These fits are shown in

Figure 4.3, and the adjusted abundances are reported in Table 4.1. In HD 122563

we report the tentative detection of Cd i and Lu ii, but we can only estimate an

upper limit for Os ii. The Os ii line is relatively unblended in BD +17 3248. The

Cd i line is blended with an Fe i transition at 2288.04Å and an As i transition at

2288.12Å. Unfortunately, neither has a laboratory log(gf) measurement, so we are

forced to fit these blends as best as possible. The continuum is depressed slightly at

the Lu ii line in HD 122563 and more substantially in BD +17 3248 by saturated

Fe ii lines at 2613.82 and 2617.62Å. Furthermore, this line is contaminated with

OH in HD 122563, although this blend is minimized in the warmer atmosphere of

BD +17 3248. Considering all of these sources of uncertainty in the fits and the

corrections to account for the continuous opacity, we estimate an uncertainty of at

least 0.30 dex for each abundance derivation.

We have rederived the Hf ii abundance in BD +17 3248 using 4 transitions

in the NUV. Several Hf ii transitions can also be detected in the optical spectral

range. Finally, we have derived new or revised abundances for several elements

between the 1st and 2nd r-process peaks in BD +17 3248 (Nb, Mo, Ru, Rh, Pd,

and Ag; Z = 41–42 and 44–47) using the Keck spectrum. These abundances are

reported in Table 4.1.
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Figure 4.2 Abundances derived from NUV transitions of Fe i and Zr ii in

BD +17 3248 and HD 122563. A representative 1σ abundance uncertainty for each
transition is illustrated. The solid lines represent linear fits to the abundances, with

uncertainties indicated by the shaded regions. The mean abundance of each species
derived from transitions in the optical spectral range is indicated by the dotted lines.

Abundances have been renormalized to a common log(gf) scale in both stars, and
the Zr ii abundance in HD 122563 has been renormalized to the Zr ii (optical) abun-

dance using the equivalent width measurements of Honda et al. (2004a) to account
for the different model atmosphere parameters between Honda et al. (2006) and the

present study.
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Figure 4.3 Fits of synthetic spectra to the observed spectra in BD +17 3248 and

HD 122563. The bold lines indicate the best fit, dotted lines indicate ± 0.30 dex
from the best fit, and the thin line indicates a synthesis with the species of interest

removed.
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4.3 Results and Discussion

In Figure 4.4 we display the abundance distribution for the n-capture elements in

BD +17 3248. The S. S. r-process abundance distribution, calculated as residuals

from a classical model of the s-process (Sneden et al. 2008), is shown for comparison.

When normalized to the Eu abundance in BD +17 3248, this distribution is a superb

match to the stellar abundances for Z ≥ 56, as has been demonstrated previously

(e.g., Cowan et al. 2002).

The detection of Cd extends the suite of lighter n-capture elements observed

in metal-poor stars more than halfway between the 1st and 2nd r-process peaks

(roughly A ∼ 80 and 130, respectively). This region of Figure 4.4 is shown more

closely for BD +17 3248 in Figure 4.5. For Sr to Cd (Z = 38–48, missing only the

short-lived isotopes of Tc, Z = 43), there is a very pronounced even-odd abundance

pattern in BD +17 3248, much more so than is predicted by the scaled S. S. r-process

distribution or the r-process residuals derived from the (Solar metallicity) stellar

s-process model of Arlandini et al. 1999 (not shown). This effect was first noticed

in the Pd and Ag abundance pattern of three r-process enriched stars observed

by Johnson & Bolte (2002b). The large-scale dynamical network calculations from

the core collapse SN high-entropy neutrino wind model of Farouqi et al. (2009)

reproduce this pattern better for Sr–Pd but still underestimate the even-odd effect

for Ag and Cd. This general agreement is encouraging, but additional calculations

and comparisons are warranted.

Lu is the final member of the rare earth elements (REE) to be unambiguously

detected in r-process enriched metal-poor stars. The Lu/Eu (or, more generally,

Lu/REE) ratio predicted by the scaled S. S. r-process distribution is in reason-

able, though not perfect, agreement with our derived Lu abundance. Additional Lu

abundance derivations for other metal-poor, r-process enhanced stars are required

to assess whether the predicted Lu abundance or the stellar measurement (or both)

is in error.

Each of the neutral and singly-ionized states of Os have now been detected in

BD +17 3248, and our abundance of Os ii, log ε = +0.03, is in fair agreement with

an updated Os i abundance derived from three optical and NUV lines, log ε = +0.25.

Os is the heaviest stable element that can be detected in its singly-ionized state in

BD +17 3248. If the Os ii abundance should prove reliable and its uncertainty
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Figure 4.4 Neutron-capture abundance distributions in BD +17 3248 and
HD 122563. Detections are indicated by filled symbols, and upper limits are in-

dicated by downward-facing open triangles. The bold blue line in the top panel
represents the core collapse SN high entropy neutrino wind calculations of Farouqi

et al. (2009) (estimated from their Figure 3), normalized to Sr (Z = 38). The solid
line in each panel represents the scaled S. S. r-process abundance distribution (Sne-
den et al. 2008), normalized to Eu (Z = 63), and the dotted line in the lower panel

represents this same distribution normalized instead to Sr. Abundances are taken
from Cowan et al. (2002, 2005), Honda et al. (2006), Roederer et al. (2009), Sneden

et al. (2009), and the present study. Several elements have been renormalized to a
common set of laboratory log(gf) values, and the abundances of HD 122563 have

been renormalized to our abundance scale as described in the caption of Figure 4.2.
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Figure 4.5 The light neutron-capture abundance distributions in BD +17 3248. S.S.

r-process abundance distributions are shown for comparison: the classical method
as applied by Sneden et al. (2008), the stellar model calculated by Arlandini et al.

(1999), and the HEW calculations of Farouqi et al. (2009) (estimated from their
Figure 3). All curves are normalized to the Zr abundance (Z = 40).
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can be reduced, this has the potential to offer two significant improvements for

nuclear cosmochronometry. The only radioactive isotopes practical for age dating

the material in old stars are 232Th and 238U, both of which can only be detected as

first ions. Abundance uncertainties are minimized when considering ratios of two

elements in the same ionization state. When predicting the initial production ratios,

the uncertainty is generally smallest when the two elements are as close in mass

number as possible. Previously, the heaviest singly-ionized reference element has

been Hf ii, whose stable isotopes are separated by 52–55 mass units from 232Th; the

stable r-process isotopes of Os are only separated by 40–44 mass units from 232Th.

Adopting the range of production ratios from Kratz et al. (2007a), the Th ii/Os i

ratio predicts an age range of 15.7–21.5 Gyr, whereas Th ii/Os ii predicts an age

range of 5.4–11.2 Gyr. The latter is in better agreement with the age predicted

from other chronometer pairs (e.g., Th ii/Eu ii, which predicts an age range of

7.9–12.3 Gyr). The present uncertainty in our Os ii abundance translates to an age

precision of 14 Gyr, but if the Os ii uncertainty could be reduced to 0.10 dex the

age precision would improve to 4.7 Gyr.

The Hf ii abundance derived in BD +17 3248 from 4 lines in the NUV is

marginally lower (log ε = −0.76 ± 0.08, σ = 0.14) than that derived from 6 lines

in the optical (log ε = −0.57 ± 0.03, σ = 0.08). Previous analyses of the Hf ii

abundance in r-process enriched metal-poor stars have revealed that the stellar

Hf ii r-process abundance is higher by 0.15–0.25 dex than that predicted by the

scaled S. S. r-process distribution (Lawler et al. 2007; Roederer et al. 2009; Sneden

et al. 2009). Our Hf ii NUV abundance is in excellent agreement with the scaled

S. S. r-process Hf/REE ratio. Many of the transitions used to derive the REE

stellar r-process abundance distribution from the optical spectral range arise from

0.0 eV lower levels, but only one of the 12 Hf ii lines employed by Lawler et al.

(2007) has a 0.0 eV lower level. Two of the four lines used to derive our NUV

Hf ii abundance arise from 0.0 eV levels, with log ε = −0.68 from just these two

transitions. Perhaps by using these transitions we have mitigated a subtle systematic

effect present in the computation of the Hf ii abundance relative to other REE. This

might imply that other stellar Hf ii r-process abundances—rather than the predicted

S. S. r-process abundances—warrant minor revisions. Again adopting the range of

production ratios from Kratz et al. (2007a), the NUV Th ii/Hf ii ratio predicts an

age range of 5.8–18.5 Gyr, whereas the optical Th ii/Hf ii ratio predicts an age of
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14.7–27.4 Gyr. The precision is 5–6 Gyr in each measurement, but clearly the lower

Hf ii abundance derived from the NUV lines provides a more realistic age estimate

for BD +17 3248.

Figure 4.4 also displays the abundance distribution for HD 122563, which is

known to be deficient in the heavy n-capture elements. The scaled S. S. r-process

distribution is a poor fit to the abundance pattern whether normalized to the 1st

r-process peak or the REE (Honda et al. 2006). (No reasonable s-process distribu-

tion, or combination of r- and s-process distributions, matches either.) HD 122563

may be an example of enrichment by the so-called “weak” r-process, which pro-

duces small amounts of light n-capture material and steadily-decreasing amounts of

heavier material (Honda et al. 2006; Wanajo & Ishimaru 2006). Our Cd abundance

in HD 122563 suggests that the downward abundance trend continues in the region

between the 1st and 2nd r-process peaks. Our Os upper limit in this star is not

strong enough to exclude a scaled S. S. r-process pattern between the REE and the

3rd r-process peak.

The detection of these three new species in BD +17 3248 is only a first

step in understanding how and in what amount these elements were produced. By

examining their abundances in other metal-poor stars enriched to different levels

by the r-process, we may gain a better sense of any systematic offsets affecting the

present analysis. These uncertainties must be minimized to take full advantage of

these species as constraints on n-capture nucleosynthesis models and meaningful age

probes for the n-capture material in metal-poor stars.
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Chapter 5

The Ubiquity of the Rapid Neutron-Capture Process

5.1 Introduction

The discovery of metal-poor stars with a wide variety of neutron (n) capture abun-

dance patterns in the last 20 years or so has created a rich setting to test and refine

our understanding of the diverse and often exotic physical conditions of heavy ele-

ment nucleosynthesis.1 CS 22892–052, an extremely metal-poor K giant star from

the HK Survey of Beers et al. (1992), was identified by Sneden et al. (1994) as having

a strong overabundance of the n-capture elements relative to Fe. The enrichment

pattern could not be fit by any published predictions for the slow (s) process, and

Cowan et al. (1995) showed that the abundance pattern from barium (Ba, Z = 56)

to erbium (Er, Z = 68) was “strikingly similar” to the Solar System (S.S.) rapid

(r) n-capture process residuals predicted by Käppeler et al. (1989). Sneden et al.

(1996) extended this sequence to thulium (Tm, Z = 69), ytterbium (Yb, Z = 70),

hafnium (Hf, Z = 72), osmium (Os, Z = 76), and the radioactive element thorium

(Th, Z = 90), which can only be produced in the r-process. Over the last decade,

several other metal-poor stars have been identified—including several from the first

study of n-capture elements in a large sample of metal-poor stars by Gilroy et al.

(1988)—as standard templates to characterize the r-process nucleosynthesis pat-

tern (HD 115444, Westin et al. 2000; CS 31082–001, Hill et al. 2002; BD+17 3248,

Cowan et al. 2002; HD 221170, Ivans et al. 2006). The match between the stellar

r-process abundances and the scaled S.S. r-process pattern did not always extend to

the lighter heavy elements, including strontium (Sr, Z = 38), yttrium (Y, Z = 39),

1Significant portions of this chapter have been submitted for publication in ApJ: Roederer, I. U.,
Cowan, J. J., Karakas, A. I., Kratz., K.-L., Lugaro, M., Simmerer, J., Farouqi, K., & Sneden, C.
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and zirconium (Zr, Z = 40).

In recent years it has also become apparent that some very low metallicity

stars have heavy element abundance patterns that cannot be matched by either the

scaled S.S. r-process or s-process components. This point was made emphatically

when the abundance patterns of HD 122563 (Honda et al. 2006) and HD 88609

(Honda et al. 2007) were subtracted from the S.S. r-process abundance pattern and

compared with CS 22892–052 (Honda et al. 2007, their Figure 5).

We have noticed a possible anti-correlation between the ratio of two elements

in the rare earth (RE) domain, lanthanum (La, Z = 57) and europium (Eu, Z = 63),

and the bulk enrichment of Eu relative to Fe. The three standards with the low-

est [Eu/Fe] ratios (BD+17 3248, HD 221170, and HD 115444; 〈[Eu/Fe]〉 = +0.8)

have log (La/Eu) = +0.21 (Sneden et al. 2009), while the two standards with the

highest [Eu/Fe] ratios (CS 22892–052 and CS 31082–001; 〈[Eu/Fe]〉 = +1.6) have

log (La/Eu) = +0.10 (Sneden et al. 2009). Interestingly, the star with the highest

level of r-process enrichment known (HE 1523–0901, [Eu/Fe] = +1.8; Frebel et al.

2007), has log (La/Eu) = −0.01.

In Figure 5.1 we show a plot of the distribution of the differences between

the heavy element abundances and the S.S. r-process residuals in 22 stars with

−3.3 < [Fe/H] < −1.5 (as well as CS 22949–037 with [Fe/H] = −4.0, Depagne et

al. 2002) based on Figure 5 of Honda et al. (2007).2 All abundance differences are

normalized to Sr, the lightest heavy element that is easily detectable in metal-poor

stars. To the best of our knowledge, these stars have not been enriched by the

s-process. The stars near the top of the diagram, with the smallest differences, are

those strongly enriched by the r-process (e.g., CS 22892–052, CS 31082–001, and

HE 1523–0901), while the stars near the bottom of the diagram are those deficient

in the heavy elements (e.g., HD 88609 and HD 122563). The remaining stars appear

to fill in the continuum between these two extremes. Even the r-process standard

stars, listed above, occupy slightly different regions in the upper third of the diagram.

The lack of heavy elements (Z > 70) in the stars in the bottom half of the diagram

is due to both the overall weakness of these species’ lines and the lack of ultra-violet

2A number of nucleosynthetic processes contribute to the production of the Sr-Y-Zr group, so
the concept of r-process residuals for Sr-Y-Zr is not appropriate. The r-process residuals are only
used for an overall normalization in Figure 5.1, and we will provide a fuller discussion of this point
in Section 5.5.
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(UV) spectra3 for all but one of these stars. The available upper limits for the

heaviest elements in these stars do not permit us to distinguish whether the general

downward trends from Sr to Yb continue or flatten out for Z > 70. While there

is a considerable degree of scatter about the mean difference from one element to

the next in a single star, the gross effect highlighted by Figure 5.1 is far beyond

any reasonable observational uncertainty. If this spread cannot be attributed to the

s-process, what is its origin?

In the remainder of this paper, we systematically examine the relationship

between the light (e.g., Y) and heavy (e.g., La, Eu, and Pb) abundances in these stars

and others to better characterize the abundance patterns observed in Figure 5.1 and

illuminate the nature of the nucleosynthetic process(es) that might be responsible

for producing them. Sections 5.2 and 5.3 describe our sample, new abundance

derivations, and attempts to identify any trace of s-process material in these stars.

Section 5.4 describes the observed correlation between the light and heavy n-capture

elements for the r-only stars, and Section 5.5 describes a plausible physical model to

explain this correlation. Finally, in Sections 5.6 and 5.7, we discuss the implications

of this result and summarize our findings.

5.2 Sample and Abundance Analysis

Simmerer et al. (2004) obtained high resolution (R ∼ 60,000) and high signal-to-

noise (S/N ∼ 100 at 4100Å) spectra for 88 bright (V ≤ 11.0) metal-poor dwarf and

giant stars from the halo and disc using the Tull Cross-dispersed Echelle Spectro-

graph (Tull et al. 1995) on the 2.7m Smith Telescope at McDonald Observatory.

We adopt the atmospheric parameters from Simmerer et al. (2004) and derive new

zinc (Zn, Z = 30), Y, and Pb abundances for the stars in this sample.4 Abundances

are derived using the current version of the spectral analysis code MOOG (Sneden

1973), assuming that all lines are formed under conditions of local thermodynamic

equilibrium in a one dimensional, plane-parallel atmosphere.

Zn is the heaviest element in the Fe-group that is readily accessible in the

optical regime, and we use the Zn i 4722 and 4810Å lines as abundance indicators.

3The resonance lines of several heavy n-capture species—including Lu ii (Z = 71), Os ii (Z = 76),
Pt i (Z = 78), Au i (Z = 79), and Pb i (Z = 82)—are found in the near-UV.

4We exclude HD 232078, which has an effective temperature more than 200 K cooler than any
other star in the sample (Teff = 3875 K).
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Figure 5.1 Differences between the S.S. r-process abundances and stellar abundances

for 22 metal-poor stars. Each set of stellar abundances is normalized to the Sr
(Z = 38) abundance difference. The stars are identified, along with their [Sr/Fe]
and [Eu/Fe] ratios, in the box to the right. A typical uncertainty is indicated in the

lower left corner. Abundance references are as follows: S.S. r-process abundances,
Sneden et al. (2008); HE 1523–0901, Frebel et al. (2007) and A. Frebel (2009, private

communication); CS 31082–001, Hill et al. (2002), Plez et al. (2004), and Sneden et
al. (2009); CS 22892–052, Sneden et al. (2003a, 2009); HE 1219–0312, Hayek et al.

(2009) and Roederer et al. (2009); UMi-COS 82, Aoki et al. (2007b); CS 31078–018,
Lai et al. (2008); CS 30306–132, Honda et al. (2004b); BD+17 3248, Cowan et al.

(2002), Roederer et al. (2009), and Sneden et al. (2009); HD 221170, Ivans et al.
(2006) and Sneden et al. (2009); HD 115444, Westin et al. (2000), Roederer et al.

(2009), and Sneden et al. (2009); HD 175305, Roederer et al. (2010a); BD+29 2356,
Roederer et al. (2010a); BD+10 2495, Roederer et al. (2010a); CS 22891–209,
François et al. (2007); HD 128279, Roederer et al. (2010a); HD 13979, I. Roed-

erer et al., in preparation; CS 29518–051, François et al. (2007); CS 22873–166,
François et al. (2007); HD 88609, Honda et al. (2007); CS 29491–053, François et

al. (2007); HD 122563, Honda et al. (2006) and Roederer et al. (2010); CS22949–037,
Depagne et al. (2002). Note that Aoki et al. (2007b) do not report a Sr abundance

for UMi-COS 82; the Sr abundance shown here is estimated from the Sr/Y ratio of
stars with similar levels of [Eu/Fe] enrichment.

111



Figure 5.2 Observed and synthetic spectra of the Pb i region in 8 stars. The 4 panels

on the left show stars with Pb detections, while the 4 panels on the right show stars
with no Pb detection. On the left, the bold line indicates our best-fit synthesis, the

dotted lines indicate ± 0.30 dex from this abundance, and the thin line indicates a
synthesis with no Pb present. On the right, the bold line indicates our Pb upper

limit and the thin line indicates a synthesis with no Pb present. The observed
spectrum is indicated by the open squares.
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The Sr ii resonance lines at 4077 and 4215Å are saturated or blended in most of these

stars, so we instead derive abundances for the next heavier element, Y, using the

Y ii lines at 4883, 5087, and 5200Å. Equivalent widths for these lines are measured

within the IRAF environment, and these equivalent widths are reported in Table 5.1.

Abundances of Zn i and Y ii are derived by requiring that the predicted line-by-line

abundances fit the measured equivalent widths and then averaging the abundance

over all lines. We adopt the log(gf) values for Zn i and Y ii from Biémont &

Godefroid (1980) and Hannaford et al. (1982), respectively. The Pb i abundance

was derived from the 4057Å line by fitting synthetic spectra to match the observed

spectrum. This line is often weak and nearly always blended in our spectra. When

the Pb i line cannot be detected, we derive an upper limit on its abundance. Several

examples of our fits and upper limits are presented in Figure 5.2. We adopt the

Pb i log(gf) values of Biémont et al. (2000). No additional broadening of the 4057Å

line, caused by isotope shifts or hyperfine structure of the 207Pb isotope, could be

detected.

Final abundances for Zn i, Y ii, and Pb i are reported in Table 5.2 along with

the [Fe/H], La ii, and Eu ii abundances derived by Simmerer et al. (2004). We have

supplemented this sample with metal-poor stars from other recent studies. These

abundances, along with the original source references, are summarized in Table 5.2.

We have not made any explicit corrections to the abundances to put them on a

common log(gf) scale, but the laboratory sources for the five species examined here

are commonly used, and all predate the abundance measurements compiled here.
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Table 5.1. Equivalent Widths

Star Zn i Zn i Y ii Y ii Y ii Star Zn i Zn i Y ii Y ii Y ii

4722.16Å 4810.54Å 4833.68Å 5087.42Å 5200.41Å 4722.16Å 4810.54Å 4833.68Å 5087.42Å 5200.41Å
(mÅ) (mÅ) (mÅ) (mÅ) (mÅ) (mÅ) (mÅ) (mÅ) (mÅ) (mÅ)

BD−01 0306 38.7 45.9 34.4 24.0 14.7 HD 25532 49.4 57.9 74.6 54.7 40.8
BD−01 2582 15.5 17.6 31.0 20.4 11.6 HD 26297 46.6 52.7 70.8 55.9 47.2
BD+19 1185 28.7 33.7 25.1 13.7 11.8 HD 29574 49.9 51.2 97.0 76.1 68.2
BD+52 1601 65.4 69.4 78.5 62.1 50.9 HD 37828 57.6 62.6 94.3 74.4 71.7
G005-001 31.0 38.0 20.9 11.7 7.2 HD 44007 39.6 46.0 58.0 43.0 34.3
G009-036 27.7 28.6 25.0 25.0 9.2 HD 63791 43.0 50.6 61.1 46.8 36.3
G017-025 29.3 34.7 34.6 19.4 · · · HD 74462 54.2 58.2 70.8 55.5 46.0
G023-014 32.5 38.8 29.7 26.4 19.1 HD 82590 19.5 25.3 48.0 28.3 17.4
G028-043 13.7 19.7 16.5 5.8 · · · HD 85773 46.1 52.4 40.5 25.3 · · ·
G029-025 45.0 47.6 35.9 22.3 18.1 HD 88609 9.3 14.9 23.0 · · · 8.2
G040-008 44.7 50.5 31.6 19.2 16.6 HD 101063 41.9 47.7 51.7 36.5 29.6
G058-025 17.4 · · · 19.4 10.5 6.2 HD 103036 68.0 74.0 123.4 97.1 87.0
G059-001 43.8 48.9 34.5 18.9 17.6 HD 103545 17.4 23.2 32.6 22.3 12.4
G063-046 48.0 54.4 38.0 27.9 18.7 HD 105546 46.6 57.4 61.3 47.8 37.1
G068-003 61.6 64.4 53.8 40.1 36.4 HD 105755 54.8 59.7 42.0 29.4 19.8
G074-005 36.0 43.5 25.4 15.5 11.1 HD 106516 42.2 47.9 32.5 23.7 13.1
G090-025 11.1 14.9 9.1 3.7 · · · HD 107752 13.0 11.6 16.2 10.7 · · ·
G095-057A 36.9 43.4 47.9 31.1 · · · HD 108317 12.8 16.2 17.8 8.9 4.2
G095-057B 33.7 38.4 · · · 29.0 · · · HD 110184 29.4 33.4 59.5 42.4 32.7
G102-020 29.7 34.6 22.3 12.6 · · · HD 115444 6.7 10.2 13.9 8.5 4.3
G102-027 66.7 70.2 56.1 42.3 35.0 HD 121135 60.9 66.9 78.5 57.7 44.5
G113-022 40.1 44.8 47.0 33.9 25.3 HD 122563 13.5 19.6 24.2 14.0 6.9
G122-051 19.7 25.1 21.6 9.4 · · · HD 122956 46.0 51.3 66.5 48.2 42.3
G123-009 28.5 32.6 31.4 18.3 14.0 HD 124358 37.0 43.5 48.9 30.9 21.2
G126-036 37.9 44.8 45.2 34.5 26.3 HD 132475 23.0 29.7 32.7 20.8 13.9
G126-062 10.5 16.1 12.4 5.4 3.7 HD 135148 55.7 55.5 96.1 67.9 59.8

1
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Table 5.1 (cont’d)

Star Zn i Zn i Y ii Y ii Y ii Star Zn i Zn i Y ii Y ii Y ii

4722.16Å 4810.54Å 4833.68Å 5087.42Å 5200.41Å 4722.16Å 4810.54Å 4833.68Å 5087.42Å 5200.41Å
(mÅ) (mÅ) (mÅ) (mÅ) (mÅ) (mÅ) (mÅ) (mÅ) (mÅ) (mÅ)

G140-046 35.6 41.7 54.2 33.3 · · · HD 141531 48.7 55.5 80.0 61.4 53.1
G153-021 57.6 62.1 43.3 38.4 19.0 HD 166161 61.4 67.9 87.3 69.6 56.0
G176-053 19.5 22.9 14.4 8.6 5.3 HD 171496 78.9 80.5 81.0 68.0 60.4
G179-022 38.4 47.5 47.0 32.9 25.3 HD 184266 26.2 35.0 52.6 29.6 13.8
G180-024 15.9 23.2 16.1 9.8 5.8 HD 186478 19.6 24.8 40.4 27.5 16.8
G188-022 19.7 28.2 28.2 16.2 10.3 HD 187111 50.5 55.2 80.4 64.9 59.1
G191-055 8.0 11.9 6.2 · · · · · · HD 188510 13.2 18.4 9.7 6.3 · · ·
G192-043 14.6 17.2 13.8 7.9 · · · HD 193901 25.0 31.3 21.0 11.6 7.1
G221-007 44.3 49.3 42.8 32.5 29.2 HD 194598 23.7 28.2 21.4 14.2 7.2
HD 2665 19.3 25.4 19.8 10.8 5.8 HD 201891 30.5 36.4 23.5 13.5 7.7
HD 3008 51.4 53.3 83.0 66.0 54.5 HD 206739 49.1 55.2 69.8 52.6 45.7
HD 6755 28.7 36.7 36.1 25.5 17.0 HD 210295 56.0 60.3 73.2 56.8 48.8
HD 6833 63.6 64.8 85.9 67.8 · · · HD 214362 14.2 18.6 37.0 20.6 8.2
HD 21581 38.9 45.2 54.3 41.5 32.3 HD 218857 21.2 30.6 22.5 14.2 8.5
HD 23798 35.2 39.9 70.4 52.3 45.6 HD 233666 33.9 42.1 48.4 36.2 21.9
HD 25329 12.4 14.0 23.5 10.9 · · ·

1
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Table 5.2. Stellar Abundances

Star [Fe/H] Ref. log ε(Zn i) log ε(Y ii) log ε(La ii) log ε(Eu ii) log ε(Pb i) Ref. Classa

BD−01 0306 −1.13 29 +3.57 +1.05 +0.12 −0.27 < +1.20 29, 36 0
BD−01 2582 −2.21 29 +2.51 +0.17 −0.05 −1.03 +0.77 29, 36 0
BD−18 5550 −3.05 20 +1.94 −1.81 −2.52 −2.81 · · · 20 0
BD+01 2916 −1.92 2 · · · −0.21 −0.87 −1.22 −0.20 2, 4 1
BD+04 2621 −2.52 20 · · · −0.69 −2.29 −2.63 · · · 20 0
BD+06 0648 −2.14 2 · · · −0.09 −0.95 −1.50 < +0.00 2, 4 1
BD+08 2856 −2.12 20 +2.59 −0.15 −1.03 −1.16 · · · 20 0
BD+10 2495 −2.31 26 +2.32. −0.52 −1.36 −1.69 < +0.88 26 2
BD+17 3248 −2.08 8 +2.58 +0.04 −0.55 −0.78 < +0.27 8, 25 1
BD+19 1185 −1.09 29 +3.38 +0.85 +0.06 −0.23 +0.77 29, 36 0
BD+29 2356 −1.59 26 +3.05 +0.52 −0.47 −0.69 +0.35 26 2
BD+30 2611 −1.50 26 +2.87 +0.41 −0.24 −0.36 +0.56 26 2
BD+52 1601 −1.40 29 +3.35 +0.71 −0.13 −0.51 < +0.60 29, 36 0
BS 16477–003 −3.36 6 +1.42 −1.20 · · · · · · · · · 6, 10 0
BS 17569–049 −2.88 6 +1.95 −0.63 −1.40 −1.64 · · · 6, 10 0
CD−36 1052 −1.79 26 +2.88 +0.34 −0.40 −0.82 < +2.47 26 2
CD−38 0245 −4.19 6 +1.10 −2.43 · · · · · · · · · 6, 10 0
CS 22169–035 −3.04 6 +1.66 −1.21 · · · · · · · · · 6, 10 0
CS 22172–002 −3.86 6 +1.23 −2.63 · · · · · · · · · 6, 10 0
CS 22186–025 −3.00 6 +1.92 −1.10 −1.71 −1.94 · · · 6, 10 0
CS 22189–009 −3.49 6 +1.57 −2.11 · · · · · · · · · 6, 10 0
CS 22873–055 −2.99 6 +1.87 −1.31 −2.36 −2.64 · · · 6, 10 0
CS 22873–166 −2.97 6 +1.81 −0.89 −2.64 −2.75 · · · 6, 10 0
CS 22878–101 −3.25 6 +1.75 −1.32 −2.57 −2.79 · · · 6, 10 0
CS 22891–209 −3.29 6 +1.76 −1.18 −2.47 −2.86 · · · 6, 10 0
CS 22892–052 −3.10 30 +1.59 −0.42 −0.87 −0.96 < −0.15 25, 30 3
CS 22896–154 −2.69 6 +2.17 −0.33 −1.17 −1.31 · · · 6, 10 0
CS 22897–008 −3.41 6 +1.86 −1.08 · · · · · · · · · 6, 10 0
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Table 5.2 (cont’d)

Star [Fe/H] Ref. log ε(Zn i) log ε(Y ii) log ε(La ii) log ε(Eu ii) log ε(Pb i) Ref. Classa

CS 22948–066 −3.14 6 +1.83 −1.98 · · · · · · · · · 6, 10 0
CS 22952–015 −3.43 6 +1.42 −2.12 · · · · · · · · · 6, 10 0
CS 22953–003 −2.84 6 +1.91 −0.49 −1.08 −1.27 · · · 6, 10 0
CS 22956–050 −3.33 6 +1.57 −1.61 · · · · · · · · · 6, 10 0
CS 22966–057 −2.62 6 +2.24 −0.67 −1.27 −1.69 · · · 6, 10 0
CS 22968–014 −3.56 6 +1.46 · · · −2.57 · · · · · · 6, 10 0
CS 29491–053 −3.04 6 +1.83 −1.14 · · · −2.94 · · · 6, 10 0
CS 29491–069 −2.60 14 +2.30 −0.17 −0.75 −0.96 < +0.35 14, 25 1
CS 29495–041 −2.82 6 +1.93 −1.02 −2.17 −2.39 · · · 6, 10 0
CS 29497–004 −2.66 7 +2.20 +0.30 −0.38 −0.45 · · · 7, 21 0
CS 29516–024 −3.06 6 +1.74 −1.59 −2.57 −2.79 · · · 6, 10 0
CS 29518–051 −2.78 6 +2.17 −0.63 −2.17 · · · · · · 6, 10 0
CS 30306–132 −2.42 16 · · · −0.07 −0.78 −1.02 < +0.50 16 1
CS 31078–018 −2.84 22 +2.13 −0.43 −1.00 −1.17 < +0.25 22 1
CS 31082–001 −2.90 15 +1.88 −0.23 −0.62 −0.72 −0.55 15, 24, 31 3
G005-001 −1.24 29 +3.50 +0.73 −0.09 −0.38 < +1.35 29, 36 0
G009-036 −1.17 29 +3.14 +0.31 +0.26 −0.16 +1.25 29, 36 0
G017-025 −1.54 29 +3.40 +0.87 · · · · · · +0.64 29, 36 0
G023-014 −1.64 29 +3.05 +0.46 −0.33 −0.58 < +0.75 29, 36 1
G028-043 −1.64 29 +3.03 +0.39 −0.22 −0.53 +0.69 29, 36 1
G029-025 −1.09 29 +3.81 +1.14 +0.19 −0.23 +0.80 29, 36 0
G040-008 −0.97 29 +3.90 +1.05 · · · · · · +1.13 29, 36 0
G058-025 −1.40 29 +3.20 +0.76 −0.03 −0.66 +1.29 29, 36 0
G059-001 −0.95 29 +4.04 +1.23 +0.13 −0.29 +1.64 29, 36 0
G063-046 −0.90 29 +3.86 +1.26 +0.27 −0.05 < +1.65 29, 36 0
G068-003 −0.76 29 +4.12 +1.35 +0.49 +0.16 +1.19 29, 36 0
G074-005 −1.05 29 +3.56 +0.92 +0.11 −0.23 < +1.35 29, 36 0
G090-025 −1.78 29 +2.83 +0.11 −0.51 −0.97 < +0.90 29, 36 0

1
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Table 5.2 (cont’d)

Star [Fe/H] Ref. log ε(Zn i) log ε(Y ii) log ε(La ii) log ε(Eu ii) log ε(Pb i) Ref. Classa

G095-057A −1.22 29 +3.70 +1.34 +0.43 −0.23 +1.14 29, 36 0
G095-057B −1.06 29 +3.74 +1.30 · · · · · · +1.39 29, 36 0
G102-020 −1.25 29 +3.47 +0.78 −0.02 −0.32 +0.79 29, 36 0
G102-027 −0.59 29 +4.36 +1.62 +0.69 +0.40 +1.64 29, 36 0
G113-022 −1.18 29 +3.64 +1.38 +0.42 −0.13 +1.19 29, 36 0
G122-051 −1.43 29 +3.26 +0.58 −0.10 −0.27 +0.34 29, 36 3
G123-009 −1.25 29 +3.45 +1.15 +0.21 −0.21 +1.13 29, 36 0
G126-036 −1.06 29 +3.76 +1.59 +0.87 +0.04 +1.67 29, 36 0
G126-062 −1.59 29 +2.86 +0.36 · · · · · · < +1.55 29, 36 0
G140-046 −1.30 29 +3.65 +1.46 +0.54 −0.41 +1.19 29, 36 0
G153-021 −0.70 29 +4.06 +1.46 +0.59 +0.34 < +1.65 29, 36 0
G176-053 −1.34 29 +3.18 +0.63 −0.08 −0.32 < +1.05 29, 36 0
G179-022 −1.35 29 +3.34 +0.79 +0.02 −0.22 +0.39 29, 36 0
G180-024 −1.34 29 +3.23 +0.72 −0.19 −0.58 < +1.65 29, 36 0
G188-022 −1.52 29 +3.24 +0.94 −0.12 −0.60 < +1.30 29, 36 0
G191-055 −1.63 29 +2.78 +0.23 −0.41 −0.89 < +1.10 29, 36 0
G192-043 −1.50 29 +3.12 +0.71 −0.02 −0.25 < +1.60 29, 36 0
G221-007 −0.98 29 +3.65 +1.02 +0.28 −0.11 +1.69 29, 36 0
HD 2665 −1.99 29 +2.49 −0.42 −0.92 −1.15 < +0.30 29, 36 1
HD 2796 −2.47 6 +2.37 −0.51 −1.47 −1.84 · · · 6, 10 0
HD 8724 −1.91 29 +2.90 +0.25 −0.49 −0.86 +0.00 29, 36 3
HD 3008 −2.08 29 +2.52 −0.30 −0.79 −1.09 −0.56 29, 36 3
HD 6268 −2.42 9 · · · −0.38 −1.05 −1.37 < +0.08 16, 25 1
HD 6755 −1.68 29 +2.87 +0.31 −0.29 −0.50 +0.32 29, 36 3
HD 6833 −0.85 29 +3.77 +1.22 +0.34 +0.10 +1.69 29, 36 0
HD 13979 −2.92 27 +1.79 −1.30 −2.30 −2.59 < +0.45 27 0
HD 21581 −1.71 29 +2.99 +0.44 −0.42 −0.81 < +0.50 29, 36 1
HD 23798 −2.26 29 +2.39 −0.19 −1.01 −1.36 −0.21 29, 36 1
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Table 5.2 (cont’d)

Star [Fe/H] Ref. log ε(Zn i) log ε(Y ii) log ε(La ii) log ε(Eu ii) log ε(Pb i) Ref. Classa

HD 25329 −1.67 29 +3.00 +0.67 −0.05 · · · · · · 29, 36 0
HD 25532 −1.34 29 +3.52 +1.05 −0.13 −0.64 < +1.15 29, 36 0
HD 26297 −1.98 29 +3.07 +0.40 −0.85 −1.22 −0.11 29, 36 1
HD 29574 −2.00 29 +2.67 +0.19 −0.37 −0.63 −0.06 29, 36 3
HD 37828 −1.62 29 +3.18 +0.70 −0.12 −0.53 +0.77 29, 36 1
HD 44007 −1.72 29 +2.83 +0.26 −0.51 −0.94 +0.31 29, 36 1
HD 63791 −1.90 29 +2.87 +0.23 −0.55 −0.92 +0.22 29, 36 1
HD 74462 −1.52 29 +3.12 +0.51 −0.17 −0.39 +0.49 29, 36 3
HD 82590 −1.32 29 +3.03 +0.71 −0.11 −0.46 < +1.60 29, 36 0
HD 85773 −2.62 29 +2.56 −0.93 −1.56 −1.84 < −0.15 29, 36 1
HD 88609 −3.07 18 +1.77 −0.97 −2.75 −2.89 · · · 25, 36 3
HD 101063 −1.33 29 +3.30 +0.85 +0.21 +0.00 < +1.10 29, 36 0
HD 103036 −2.04 29 +2.80 +0.13 −0.62 −1.09 < +0.10 29, 36 1
HD 103545 −2.45 29 +2.20 −0.50 −1.18 −1.56 < −0.05 29, 36 1
HD 105546 −1.48 29 +3.29 +0.74 −0.13 −0.56 < +0.80 29, 36 1
HD 105755 −0.83 29 +3.98 +1.18 +0.33 +0.02 +1.43 29, 36 0
HD 106516 −0.81 29 +3.94 +1.28 +0.31 −0.04 +1.56 29, 36 0
HD 107752 −2.78 29 +1.93 −0.90 −1.59 −1.99 < +0.30 29, 36 0
HD 108317 −2.18 29 +2.40 −0.39 −1.01 −1.32 +0.17 25, 36 1
HD 108577 −2.38 20 +2.56 −0.52 −1.24 −1.48 · · · 20 0
HD 110184 −2.72 29 +2.14 −0.65 −1.47 −1.71 < −0.20 29, 36 1
HD 115444 −2.90 29 +1.90 −0.82 −1.42 −1.64 < −0.45 25, 36 1
HD 119516 −2.26 26 +2.32 −0.43 −1.08 −1.43 < +1.52 26 2
HD 121135 −1.54 29 +3.37 +0.69 −0.33 −0.70 +0.38 29, 36 1
HD 122563 −2.77 17 +1.97 −0.92 −2.40 −2.75 < −0.42 25, 36 3
HD 122956 −1.95 29 +2.87 +0.16 −0.48 −0.79 −0.13 29, 36 3
HD 124358 −1.91 29 +2.64 −0.22 −0.68 −0.94 < +0.45 29, 36 1
HD 126587 −2.93 9 · · · −0.53 −1.75 −1.97 < −0.38 16, 25 1
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Table 5.2 (cont’d)

Star [Fe/H] Ref. log ε(Zn i) log ε(Y ii) log ε(La ii) log ε(Eu ii) log ε(Pb i) Ref. Classa

HD 128279 −2.51 26 +2.15 −1.04 −1.77 −2.27 < +1.05 26 2
HD 132475 −1.86 29 +2.96 +0.56 −0.38 −0.92 < +1.00 29, 36 0
HD 135148 −2.17 29 +2.58 −0.25 −0.76 −0.95 −0.17 29, 36 3
HD 141531 −1.79 29 +2.79 +0.11 −0.45 −0.72 +0.20 29, 36 1
HD 166161 −1.23 29 +3.46 +1.11 +0.23 −0.48 +0.84 29, 36 0
HD 171496 −0.67 29 +4.11 +1.40 +0.51 +0.11 +1.41 29, 36 0
HD 175305 −1.73 26 +2.96 +0.30 −0.60 −0.89 −0.28 25, 26 3
HD 184266 −1.43 29 +3.19 +0.69 −0.11 −0.43 < +1.60 29, 36 0
HD 186478 −2.56 29 +2.23 −0.45 −1.32 −1.53 < −0.26 25, 36 1
HD 187111 −1.97 29 +2.84 +0.16 −0.57 −0.88 −0.10 29, 36 3
HD 188510 −1.32 29 +3.01 +0.44 −0.14 −0.52 < +1.20 29, 36 0
HD 193901 −1.08 29 +3.36 +0.83 +0.19 −0.10 < +1.45 29, 36 0
HD 194598 −1.08 29 +3.40 +0.90 +0.08 −0.28 < +1.40 29, 36 0
HD 201891 −1.09 29 +3.55 +0.88 +0.12 −0.22 +1.25 29, 36 0
HD 204543 −1.87 29 · · · +0.12 −0.63 −1.05 +0.05 5, 25 1
HD 206739 −1.72 29 +2.98 +0.36 −0.32 −0.62 +0.38 29, 36 1
HD 210295 −1.46 29 +3.37 +0.85 −0.10 −0.34 +0.72 29, 36 1
HD 214362 −1.87 29 +2.71 +0.32 −0.48 −0.82 < +1.00 29, 36 0
HD 214925 −2.08 2 · · · · · · −0.86 −1.09 −0.50 2 3
HD 216143 −2.32 2 +2.57 −0.12 −1.21 −1.24 < −0.10 2, 13 1
HD 218857 −1.90 29 +2.64 −0.19 −1.16 −1.42 < +0.55 29, 36 0
HD 220838 −1.80 2 +999. +0.47 −0.76 −0.93 +0.05 2, 4 1
HD 221170 −2.16 19 +2.51 −0.08 −0.73 −0.86 −0.09 19 3
HD 233666 −1.79 29 +2.88 +0.22 −0.68 −1.03 < +0.40 29, 36 1
HD 235766 −1.93 2 · · · · · · −0.60 −0.86 +0.10 2 1
HD 237846 −3.29 26 +1.69 −1.56 · · · −3.10 +0.29 26 2
HE 0430−4901 −2.72 3 · · · −0.45 · · · −1.05 · · · 3 0
HE 0432−0923 −3.19 3 · · · −0.44 · · · −1.43 · · · 3 0

1
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Table 5.2 (cont’d)

Star [Fe/H] Ref. log ε(Zn i) log ε(Y ii) log ε(La ii) log ε(Eu ii) log ε(Pb i) Ref. Classa

HE 1127−1143 −2.73 3 · · · −0.27 · · · −1.14 · · · 3 0
HE 1219−0312 −2.97 14 +1.78 −0.40 −0.75 −0.98 < +0.53 14, 25 1
HE 1523−0901 −2.95 11 · · · −0.27 −0.63 −0.62 < −0.20 11, 12 3
HE 2224+0143 −2.58 3 +2.29 −2.22 −0.77 −1.02 · · · 3 0
HE 2327−5642 −2.79 3 +1.83 −0.69 −1.10 −1.29 · · · 23 0
M5 IV–81 −1.28 34 +3.21 +1.15 +0.11 −0.31 +0.35 34, 35 0
M5 IV–82 −1.33 34 +3.21 +1.00 +0.11 −0.23 +0.25 34, 35 0
M13 L598 −1.56 33 · · · +0.55 −0.34 −0.58 +0.09 33 3
M13 L629 −1.63 33 · · · +0.63 −0.35 −0.61 +0.12 33 3
M13 L70 −1.59 33 · · · +0.50 −0.23 −0.58 +0.09 33 3
M13 L973 −1.61 33 · · · +0.55 −0.27 −0.51 −0.01 33 3
M15 K341 −2.54 32 +2.04 −0.49 −1.28 −1.52 · · · 32 0
M15 K462 −2.55 32 +2.00 −0.41 −1.03 −1.20 · · · 32 0
M15 K583 −2.58 32 +1.99 −0.63 −1.52 −1.80 · · · 32 0
M92 VII-18 −2.29 20 · · · −0.20 −1.29 −1.45 · · · 20 0
NGC 6752 B702 −1.58 33 · · · +0.67 −0.39 −0.78 +0.27 33 1
NGC 6752 B708 −1.63 33 · · · +0.62 −0.50 −0.83 +0.17 33 1
NGC 6752 PD1 −1.62 33 · · · +0.66 −0.45 −0.78 +0.03 33 1
NGC 6752 B1630 −1.60 33 · · · +0.65 −0.45 −0.74 +0.25 33 1
NGC 6752 B3589 −1.59 33 · · · +0.72 −0.41 −0.72 +0.18 33 1
UMi COS82 −1.42 1 +2.82 +1.22 +0.52 +0.34 · · · 1, 28 0

aClassifications: (1) log (Pb/Eu) < +1.8; (2) member of the stellar stream analyzed by Roederer et al. (2010a); (3) log (Pb/Eu) <
+0.9, as well as HD 88609 and HD 122563; (0) none of 1–3 or [Fe/H] ≥ −1.4.

References. — (1) Aoki et al. (2007b); (2) Aoki & Honda (2008); (3) Barklem et al. (2005); (4) Burris et al. (2000); (5) Burris
et al. (2009); (6) Cayrel et al. (2004); (7) Christlieb et al. (2004); (8) Cowan et al. (2002); (9) Cowan et al. (2005); (10) François et
al. (2007); (11) Frebel et al. (2007); (12) A. Frebel (2009, private communication); (13) Fulbright (2000); (14) Hayek et al. (2009);
(15) Hill et al. (2002); (16) Honda et al. (2004b); (17) Honda et al. (2006); (18) Honda et al. (2007); (19) Ivans et al. (2006); (20)
Johnson (2002); (21) Jonsell et al. (2006); (22) Lai et al. (2008); (23) Mashonkina et al. (2010); (24) Plez et al. (2004); (25) Roederer
et al. (2009); (26) Roederer et al. (2010a); (27) I. Roederer et al. (in preparation); (28) Sadakane et al. (2004); (29) Simmerer et
al. (2004); (30) Sneden et al. (2003a); (31) Sneden et al. (2009); (32) Sobeck et al. (2010); (33) Yong et al. (2006); (34) Yong et al.
(2008a); (35) Yong et al. (2008b); (36) this study.
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5.3 Identifying Stars with No s-process Material

Nucleosynthesis products of the r-process generally are visible in the lowest metal-

licity stars with detectable heavy elements, and products of the s-process typically

appear in higher metallicity stars that were formed later (e.g., Gratton & Sneden

1994, Burris et al. 2000, Simmerer et al. 2004). Cowan et al. (1996), for example,

noted that the heavy element abundance pattern in HD 126238 ([Fe/H] = −1.7)

could be fit by assuming a majority contribution from the scaled S.S. r-process and

a small fraction of the total S.S. s-process abundance. The s-process contribution

was necessary to account for the slight overabundances (relative to the scaled S.S.

r-process pattern normalized at Eu) of Ba–Nd (Z = 56–60) and Pb. To assess

whether this abundance pattern may actually result from repeatable and quantifi-

able dispersion in the r-process itself, we need to remove from our sample all stars

with even the slightest hint of s-process material. We outline here several approaches

to identify these stars.

The s-process occurs in the deep He-rich layer of stars on the asymptotic

giant branch (AGB) and s-process products are carried to the envelope via dredge-

up episodes (the third dredge-up) and shed into the interstellar medium (ISM) via

strong winds. The 22Ne(α,n)25Mg and 13C(α,n)16O reactions provide the neutrons

for the s-process. The former is activated in the convective regions that develop

episodically in connection to He burning (thermal pulses), while the latter is ac-

tivated during the interpulse periods (see Busso et al. 1999 for a review). When

compared with an s-process operating in a metal-rich environment, at low metallic-

ity the s-process produces large Pb/Fe (and, e.g., Pb/Eu, Pb/Ba, and Pb/Sr) ratios

because of the relatively high ratio of neutrons to Fe-group seeds in the He-burning

shell (e.g., Gallino et al. 1998). Thus, enhanced Pb/Fe and Pb/Eu ratios should

be clear indicators of low-metallicity s-process nucleosynthesis. This phenomenon is

gradually muted with increasing metallicity of the s-process environment, reaching a

maximum efficiency of Pb production around [Fe/H] ∼ −1.0 (Travaglio et al. 2001).

For the present study, to minimize our dependence on any particular set of AGB

s-process models, we conservatively assume that high Pb/Fe and Pb/Eu ratios are

only obtained in environments with [Fe/H] < −1.4 (cf. Bisterzo et al. 2010).

The handful of r-process standard stars with [Fe/H] ∼ −3.0 show Pb abun-

dances or upper limits consistent with the low levels expected if no s-process ma-
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terial is present; these Pb measurements are also consistent with or slightly lower

than (e.g., CS 31082–001 and HE 1523−0901; Plez et al. 2004, Frebel et al. 2007)

r-process model predictions (Roederer et al. 2009). These stars all have log (Pb/Eu) ≤
+0.7 or +0.8. From this evidence, we conclude that all stars with [Fe/H] < −1.4 and

log (Pb/Eu) ≤ +0.9 contain no s-process material. This low level of Pb is perhaps

the best diagnostic for selecting metal-poor stars containing no material produced

by the s-process. This limit is illustrated in Figure 5.3. This figure indicates that a

number of metal-poor stars can be diagnosed as r-only using only this criterion.

Honda et al. (2006, 2007) have performed extensive studies of the heavy ele-

ments in HD 88609 and HD 122563. They concluded that the enrichment patterns

in these stars cannot be fit by the scaled S.S. r-process pattern, abundances pre-

dicted by s-process models, or any combination of these (see also Farouqi et al. 2008

and Kratz et al. 2008a). No elements heavier than the RE group have been detected

in these stars (including Pb), and we likewise assume that they contain no s-process

material.

Finally, a variation of this principle was used by Roederer et al. (2010a) to

deduce that no s-process enrichment had occurred in a metal-poor stellar stream.

These stars’ similar kinematics imply that they originated in a common (but un-

known) progenitor system that may have been shredded by the Milky Way. The

n-capture elements exhibited a range of X/Fe ratios, but the n-capture abundance

pattern (e.g., X/Eu) was itself unchanged in all stream members and matched the

scaled abundance pattern of the r-process standard star CS 22892–052 for the heavy

n-capture elements. Pb could only be detected in the two most metal-rich stars in

the stream ([Fe/H] = −1.5 and −1.6), but in these two cases the Pb abundance was

low and consistent with the Pb/Eu ratio expected for enrichment by the r-process.

If the s-process had not enriched the most metal-rich stars in the stream, it is highly

unlikely that it enriched the more metal-poor stars. Since all stream members show

the same general n-capture abundance pattern, we contend that all stars in this

particular stream show no evidence of s-process material.

To further investigate the minimum log (Pb/Eu) and log (La/Eu) ratios that

may be produced in the s-process, we have computed AGB nucleosynthesis models

for different stellar masses and with a metallicity of Z = 0.0001 ([Fe/H] = −2.3). We

use techniques described in Karakas et al. (2009) but with an extended network of

291 species from H to S and Fe to Bi, assuming a scaled-solar initial composition and
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Figure 5.3 Logarithmic Pb/Eu ratios as a function of [Eu/Fe]. All upper limits

are indicated by downward-facing triangles, and all measurements are indicated
by small black circles. All red circles represent stars lacking any detectable trace

of s-process material, and the relative size of the circles identifies the method we
have used to characterize them (large circles: stars with log (Pb/Eu) ≤ +0.9 as

well as HD 88609 and HD 122563; medium circles: members of the stellar stream
analyzed by Roederer et al. 2010a; small circles: stars with log (Pb/Eu) ≤ +1.8
and [Fe/H] < −1.4). The long-dashed line indicates log (Pb/Eu) ≤ +0.9 (the

upper extent of the range of log (Pb/Eu) for the r-process standard stars), and
the short-dashed line indicates log (Pb/Eu) ≤ +1.8 (the approximate minimum

ratio expected from AGB pollution). For comparison, small blue “X”s denote stars
enriched in s-process material, and small open squares around these “X”s indicate

that the star shows RV variations. A representative uncertainty is shown in the top
right corner.
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Table 5.3. Surface Composition of AGB Models

M0 (M�) [La/Eu] [Pb/Eu] [Pb/Fe] [Eu/Fe] 13C Pocket Extent in Mass

1.0 0.997 1.614 2.658 1.044 2×10−3M�

1.5 0.994 1.651 3.099 1.448 2×10−3M�

0.983 1.716 3.174 1.458 2(2×10−3M�)
2.0 0.948 1.705 3.182 1.476 2×10−3M�

1.061 1.931 3.556 1.624 2(2×10−3M�)
4.5 0.891 0.367 0.569 0.202 no pocket
5.0 0.916 0.468 0.731 0.263 no pocket
6.0 1.042 0.577 0.992 0.415 no pocket

Note. — All models assume a scaled-solar initial composition with an initial metallicity
of [Fe/H] = −2.32.

using reaction rates taken from the JINA REACLIB database.5 We refer to Karakas

& Lattanzio (2007) and Karakas (2010) for a full description of the stellar structure

models and input parameters. The resulting [La/Eu] and [Pb/Eu] ratios are shown

in Table 5.3. The low-mass AGB models (M . 2M�) show surface compositions of

[Pb/Eu] ≥ +1.5. In contrast, intermediate-mass AGB models (M & 3M�) predict

lower ratios, [Pb/Eu] & +0.3. Hence, the minimum values produced by our models

are [La/Eu] = +0.89 (log (La/Eu) ≈ +1.5) and [Pb/Eu] = +0.37 (log (Pb/Eu) ≈
+1.9).

The main uncertainty in AGB s-process predictions is the formation of the

main neutron source nucleus 13C. In order to have enough 13C for the s-process to

occur, extra mixing is needed to carry protons from the convective envelope down

into the 4He- and 12C-rich radiative layer of the star. This typically occurs when a

sharp discontinuity between these two regions is left after the the third dredge-up.

These protons can then react with 12C to produce a region rich in 13C and 14N (the
13C “pocket”). The physical mechanism leading to this mixing is not known, and

thus its dependence on the stellar mass and metallicity is also unknown. For stars

with M . 3M�, we treat the formation of the 13C pocket by artificially adding an

exponentially decaying proton profile in the 12C-rich layer at the end of each third

dredge-up episode (as described in detail in Lugaro et al. 2004). This method, which

is very similar to that employed by Goriely & Mowlavi (2000), is based on the simple

5http://groups.nscl.msu.edu/jina/reaclib/db/
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and relatively safe assumption that the proton profile in the 13C-rich region must

be continuous. Once this basic feature is assumed, the resulting neutron flux and

thus the s-process distribution is almost unequivocally determined. The stars with

M & 3M� do not include a 13C pocket since it has been shown that in this mass

and metallicity range protons mixed down from the envelope into the deeper layers

burn while being mixed, thus preventing the formation of the 13C pocket (Goriely

& Siess 2004; Herwig 2004). We note that even though these stars are relatively

short lived (. 100 Myr) they constitute only a few percent of all AGB stars given a

standard initial mass function. Because of their relatively quick evolution they may

be more likely to have injected s-process enriched material into the ISM from which

our low-metallicity stellar sample formed. Given sufficient time their contributions

will be diluted by those from the lower-mass stars that produce higher [Pb/Eu]

ratios.

The log (Pb/Eu) ratios for 27 metal-poor stars with reported s-process or

r + s enrichments are shown in Figure 5.3 (Aoki et al. 2001, 2002, Barbuy et al.

2005, Barklem et al. 2005, Cohen et al. 2003, 2006, Goswami et al. 2006, Ivans

et al. 2005, Johnson & Bolte 2004, Jonsell et al. 2006, Preston & Sneden 2001,

Roederer et al. 2008b, 2010a, and Thompson et al. 2008). Members of this group

that are in known binary (or multiple) star systems or have detected radial velocity

(RV) variations are highlighted (see Aoki et al. 2003b and Preston 2009 in addition

to the above references), though the lack of RV variations should not be taken as

strong evidence against binarity (Preston 2009).6 All C-enriched metal-poor stars

with overabundances of s-process material are likely in binary star systems (e.g.,

McClure et al. 1980, McClure 1983, Lucatello et al. 2005). Most of these stars have

log (Pb/Eu) > +1.8. This minimum log (Pb/Eu) ratio is in very good agreement

with our AGB model predictions.

Figure 5.4 shows both the log (Pb/Eu) and log (La/Eu) ratios as a func-

tion of [Fe/H] for this same sample of 27 stars with s or r + s enrichment. The

minimum log (La/Eu) ratio is somewhat lower than our predictions, which may be

6The confirmed RV variable stars are preferentially among those with the highest levels of
[Eu/Fe], but this is to be expected due to observational bias if we assume that the Eu originated
in the s-process. Stars in close binary systems have shorter periods that increase the probability
of detecting the RV variations on shorter timescales. Boffin & Začs (1994) found a perceptible
anti-correlation between orbital period and s-process enrichment in barium stars (i.e., Pop I G–K
giants). In other words, a greater amount of material lost from the donor star is being captured
when the companion is in close proximity, and this phenomenon is likely manifest here.
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explained if these stars are members of the r + s class of stars. The three stars with

log (La/Eu) < +0.8 (CS 29513–032, CS 29526–110, and HE 0058−0244; Roederer

et al. 2010a, Aoki et al. 2002, and Cohen et al. 2006, respectively) all have high

log (Pb/Eu) ratios, so they would not be otherwise mistaken as r-enriched. Fur-

thermore, one of these stars, CS 29513–032, is a member of a stellar stream with

known r-enhancement in other stars (by definition, then, it is an r + s star), so it is

not surprising that its La/Eu and Pb/Eu ratios have been lowered by the presence

of r-process material. On the basis of the RV variability and high La/Eu and Pb/Eu

ratios, it is clear that these stars formed through a separate enrichment mechanism

than the stars that we claim lack any detectable signature of s-process enrichment.

Based on our AGB s-process model predictions and the observational data shown

in Figure 5.4, we conservatively adopt log (La/Eu) = +0.8 and log (Pb/Eu) = +1.8

as the minimum s-process ratios expected at low metallicity.

A more concerning scenario is that s-process material produced by stars like

these has added a light “dusting” to the ISM. In order to be mistaken for r-process

material, the AGB wind ejecta containing pure s-process material in Figures 5.3 and

5.4 would need to be diluted by a factor of 10 or more by material with r-process

ratios; if this s-process dilution cannot be seen in the Pb/Eu ratios, it will certainly

not be seen in the, e.g., La/Eu ratios. Enrichment by the s-process is commonly

accompanied by large C overabundances (and occasionally 23Na, 25Mg, and 26Mg;

see Sneden et al. 2008), which would also be diluted by similar proportions. The

majority of metal-poor stars in our sample are not strongly enriched ([C/Fe] & +1)

in C, and many have subsolar [C/Fe] (see original source references for Table 5.2).

The weak s-process operating in massive stars is not expected to produce significant

amounts of nuclei heavier than A ' 90 (i.e., the Zr isotopes) (Raiteri et al. 1993),

so this process cannot be the origin of a dusting of heavy n-capture material. (This

does not exclude the possibility that the weak s-process may produce some of the

A . 90 nuclei ejected from a core-collapse SN.) Pignatari et al. (2008) present nucle-

osynthesis calculations for the weak s-process in rotating, massive, low-metallicity

stars, and their models predict the production of heavier s-process nuclei; however,

even here, the Pb overabundance is expected to be large. In summary, for all but

the lightest nuclei, it seems unlikely that s-process nucleosynthesis is contributing

small (or large) amounts of material to our r-only stars.
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Figure 5.4 Logarithmic abundance ratios of La/Eu and Pb/Eu as a function of
[Fe/H]. All measurements are indicated by small black circles, and all upper limits

are indicated by downward-facing triangles. All red circles represent stars lacking
any detectable trace of s-process material (see the caption of Figure 5.3). The

long-dashed line indicates log (Pb/Eu) ≤ +0.9 (the upper extent of the range of
log (Pb/Eu) for the r-process standard stars), and the short-dashed lines indicate

log (La/Eu) ≤ +0.8 and log (Pb/Eu) ≤ +1.8 (the approximate minimum ratios
expected from AGB pollution). For comparison, small blue “X”s denote stars en-

riched in s-process material, and small open squares around these “X”s indicate
that the star shows RV variations. The shaded regions indicate metallicities where
the s-process predictions may not be appropriate. A representative uncertainty is

shown in the top right corner of each panel.
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5.4 Observed Correlations

For the remainder of this study, we accept (1) that the small number of well-studied,

low-metallicity r-process standard stars (such as CS 22892–052 and CS 31082–001)

lack s-process material; (2) that the two low-metallicity stars HD 88609 and HD 122563,

which are deficient in the heavy n-capture elements, lack s-process material; and

(3) the general presence of high Pb/Fe and Pb/Eu ratios produced in the s-process

at low metallicity. We now present the resulting observed heavy element abundance

correlations for the r-only stars and discuss their consequences.

In Figure 5.4 we show the log (La/Eu) and log (Pb/Eu) ratios as a function

of [Fe/H] for all stars listed in Table 5.2. Stars that we have identified as lacking

any detectable s-process material are highlighted by the red circles, which we focus

on now. The top panel of Figure 5.4 is analogous to Figure 7 of Simmerer et al.

(2004). A slight overall upward trend in log (La/Eu) with increasing [Fe/H] is

apparent, but this is driven by a small number of stars with low log (La/Eu) near

[Fe/H] = −3.0. Simmerer et al. (2004) attributed this gradual increase in La/Eu

to a rise in the amount of s-process material present in the birth clouds, since the

high mass stars presumably associated with the r-process should have enriched the

ISM faster than the lower mass stars associated with the s-process. (Simmerer et

al. 2004 adopted log (La/Eu)r ≈ +0.1 and log (La/Eu)s ≈ +2.1.) A similar effect is

seen for log (Pb/Eu) in the bottom panel of Figure 5.4. Any slope in log (Pb/Eu)

is only driven by two stars with low log (Pb/Eu) at [Fe/H] = −2.9, CS 31082–001

and HE 1523−0901; CS 31082–001 is the lone r-only star with [Fe/H] < −2.3 and

detected Pb. In the metallicity range from −2.3 < [Fe/H] < −1.4, there does not

appear to be any upward slope in log (Pb/Eu), and there is no upward slope in

log (La/Eu) in this metallicity range, either. (Recall that we have refrained from

making any assumptions regarding the origin of the heavy elements in stars with

[Fe/H] > −1.4.)

The log (Y/Eu) ratio is shown as a function of [Eu/Fe] in the top panel

of Figure 5.5. In the stars lacking any s-process material, there is a marked anti-

correlation between log (Y/Eu) and [Eu/Fe], in the sense that the stars with the

highest [Eu/Fe] ratios have the lowest log (Y/Eu) ratios. This anti-correlation is

continuous and extends several orders of magnitude from −0.5 ≤ [Eu/Fe] ≤ +1.8 (a

factor of 200 in Eu/Fe) and includes the stars most strongly enriched in the r-process
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(e.g., CS 22892–052) and those with the most severe heavy element deficiencies (e.g.,

HD 122563). There is a fair amount of scatter in the relation, and the scatter in

log (Y/Eu) increases with decreasing [Eu/Fe]. The existence of this correlation

reaffirms the findings of Barklem et al. (2005), Otsuki et al. (2006), and Montes et

al. (2007) on the basis of a more extensive set of stellar abundances that has been

purged of s-process contamination.

The bottom panel of Figure 5.5 shows the log (La/Eu) ratio as a function

of [Eu/Fe]. There is a hint of an anti-correlation between these variables—but it is

not nearly as pronounced as the anti-correlation between log (Y/Eu) and [Eu/Fe].

This anti-correlation helps to explain the slight upward trend of log (La/Eu) with

increasing [Fe/H] seen in the top panel of Figure 5.4. The stars with the lowest

log (La/Eu) ratio are generally those with the highest levels of [Eu/Fe], which pref-

erentially occur in stars with [Fe/H] < −2.5, as shown in Figure 5.6. At higher

metallicities [Eu/Fe] is generally lower and thus log (La/Eu) is slightly higher, so

the upward trend of log (La/Eu) with increasing [Fe/H] in Figure 5.4 is not explicitly

a metallicity effect.

Figure 5.7 illustrates this fact explicitly. In each of three metallicity bins

([Fe/H] = −3.0 ± 0.1, [Fe/H] = −2.8 ± 0.1, and [Fe/H] = −2.6 ± 0.1) there are sev-

eral stars whose [Eu/Fe] ratios span most or all of the observed range (−0.4 < [Eu/Fe] <

+1.8, −0.5 < [Eu/Fe] < +1.6, and −0.3 < [Eu/Fe] < +1.1, respectively). This firmly

indicates that the relationship between [Eu/Fe] and log (Y/Eu) is independent of

metallicity, which also reaffirms the findings of Montes et al. (2007) (their Figure 2).

Figure 5.8 compares the log (Y/Eu) ratio to [Y/Fe]. The [Y/Fe] ratio is

super-Solar in the handful of stars with [Eu/Fe] > +1.0, but in all other cases

there appears to be no relationship between log (Y/Eu) and [Y/Fe]. Unlike the top

panel of Figure 5.5, where log (Y/Eu) showed a clear anti-correlation with [Eu/Fe]

spanning the entire range of [Eu/Fe], there is no correlation between log (Y/Eu)

and [Y/Fe] except for the most r-rich stars. The fact that [Y/Fe] is always > −1

indicates that some amount of Y is produced in each nucleosynthetic event, but the

Y and Eu abundances are generally decoupled. When Eu is produced in significant

quantities ([Eu/Fe] > +1.5), Y is also produced in slightly higher amounts as well

([Y/Fe] > +0.4). On the other hand, when lower amounts of Y are produced

([Y/Fe] < 0), the amount of Eu produced may vary by more than 1 dex for a given

abundance of Y. Stars strongly enriched by the r-process, such as CS 22892–052,
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Figure 5.5 Logarithmic abundance ratios of Y/Eu and La/Eu as a function of
[Eu/Fe]. All measurements are indicated by small, filled black circles. All red

circles represent stars lacking any detectable trace of s-process material (see the
caption of Figure 5.3). A representative uncertainty is shown in the top right corner

of each panel.
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Figure 5.6 The [Eu/Fe] ratio as a function of [Fe/H]. Detections are indicated by
the small filled circles. All red circles represent stars lacking any detectable trace of
s-process material (see the caption of Figure 5.3). The dotted line indicates the S.S.

ratio. The shaded region indicates metallicities where the s-process predictions may
not be appropriate. A representative uncertainty is shown in the top right corner.
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Figure 5.7 The log (Y/Eu) ratio as a function of [Eu/Fe], which is the same
as in Figure 5.5. All measurements are indicated by small black circles. Stars

with no detectable trace of s-process material that have metallicities between
−3.1 ≤ [Fe/H] < −2.5 are highlighted as indicated in the figure key. The dot-

ted lines indicate the S.S. ratios. Representative uncertainties are shown in the
lower left corner.
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Figure 5.8 The log (Y/Eu) ratio as a function of [Y/Fe]. All red circles represent stars

lacking any detectable trace of s-process material (see the caption of Figure 5.3). A
representative uncertainty is shown in the lower left corner.

are overabundant in the heavy elements relative to the light ones, and stars such

as HD 122563 are deficient in the heavy elements, rather than overabundant in the

light ones.

At low metallicity, elements at least as heavy as Ge (Z = 32) are produced

along with the Fe-group and not in n-capture reactions (Cowan et al. 2005; see also

Fröhlich et al. 2006 and Farouqi et al. 2009). Figure 5.9 demonstrates that the Y in

our sample is clearly decoupled from the Fe-group elements Fe and Zn. The [Zn/Fe]

ratio shows almost no scatter at all metallicities in these stars and has perhaps a

slight upturn at [Fe/H] < −2.8. Zn, the heaviest element in the Fe-group that is

easily measured in metal-poor stars, is clearly produced along with Fe. In contrast,

the [Y/Fe] ratio shows an increasingly large degree of scatter at low metallicities.

Knowing the Zn (or Fe) abundance of a star gives no indication of the Y abundance

and vice-versa, indicating that the Y in our sample was not produced with the

Fe-group elements.

Having shown that we can select a sample of stars with no s-process en-

hancement and having identified a relationship between the abundance ratios in

these stars, we now propose a mechanism to explain this relationship.
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Figure 5.9 The [Zn/Fe], [Y/Fe], and [Y/Zn] ratios as a function of [Fe/H]. All red

circles represent stars lacking any detectable trace of s-process material (see the
caption of Figure 5.3). Dotted lines indicate the S.S. ratios. The shaded regions
indicate metallicities where the s-process predictions may not be appropriate. A

representative uncertainty is shown in the lower right corner of each panel.
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5.5 Heavy Element Nucleosynthesis in the High En-

tropy Wind of a Core-Collapse SN

Despite many years of effort, the specific astrophysical site for the r-process is still

unknown; core-collapse supernovae (SNe), however, have long been suspected as

one promising source for this process, despite the difficulty in understanding (and

replicating) the explosion mechanism and exotic SN physics. Model-independent

approaches have been utilized to attempt to characterize the nature of the r-process

in explosive environments. These “waiting point” approximation models, based on

the neutron capture and photodisintegration equilibrium under conditions of high

neutron number densities, have provided insight into the nuclear and astrophysical

conditions necessary for the r-process (see Kratz et al. 1993, 2007a). To synthesize

neutron-rich nuclei in explosive environments requires some combination of values

of neutron number densities or entropies (S). One promising SN model involves the

so-called “neutrino wind,” a wind of particles caused by neutrinos shortly after the

SN explosion (see, e.g., Woosley et al. 1994; Thompson 2003). This scenario posits

a moderately neutron-rich, high entropy wind (HEW) from Type II (core-collapse)

SNe (see also Wanajo et al. 2002). To explore the nucleosynthetic conditions in

this HEW, Farouqi et al. (2009, 2010) have performed a number of nucleosynthe-

sis network calculations to determine the ratio of free neutrons to “seed” nuclei

(Yn/Yseed), which is correlated with entropy, the electron abundance Ye = (Z/A),

and the expansion velocity. Hydrodynamical simulations cannot yet reproduce the

detailed astrophysical and nuclear conditions in the SN explosion, but it is possible

to explore the parameter space in our HEW simulations with different values of S

and Ye to determine the ratio Yn/Yseed, which can be thought of as the strength of

the r-process (Kratz et al. 2008b; Farouqi et al. 2009, 2010).

The term “r-process” may describe one particular nucleosynthetic mecha-

nism for producing heavy nuclei (specifically, the addition of large numbers of neu-

trons to existing nuclei on timescales much shorter than the β-decay rates), but the

conditions that enable such a process may span a wide range of physical properties

that together may be capable of producing a range of abundance patterns. This

is revealed in the results of both the waiting point approximation and the HEW

model calculations. Kratz et al. (2007a), for example, find that different neutron

number densities are required to produce different abundance regimes. They could

136



reproduce the S.S. r-process abundance curve and the r-rich halo star elemental

abundances with a superposition of neutron number densities ranging from 20 ≤ log

nn ≤ 28. The heavier n-capture elements (A & 130, roughly the Ba isotopes and

heavier) required 23 ≤ log nn ≤ 28, typical of the main r-process, while the lighter

elements could be reproduced with only 20 ≤ log nn ≤ 22. In more sophisticated

HEW dynamic network calculations, Farouqi et al. (2009) found that a superpo-

sition of weighted entropies for a fixed Ye = 0.45 was necessary to reproduce the

S.S. r-process abundance curve and r-rich halo stars: the A & 130 nuclei could be

produced with 150 < S < 300 (typical of the main r-process), but the A . 130

nuclei required only 110 < S < 150 (typical of the weak component of the r-process

as defined by Truran et al. 2002, which does not produce the Ba isotopes).

Here we compare observations with recent dynamic r-process simulations in

the HEW, assuming the full entropy range (5 ≤ S ≤ 300, which depends on Ye;

see Farouqi et al. 2010) and an expansion velocity of 7500 km s−1. These new

calculations employ the Extended Thomas Fermi mass model with quenched shell

effects (ETFSI-Q) far from stability to predict masses where no experimental data

are available. Furthermore, the nuclear physics input parameters, including the half

lives, n-capture cross sections, β-delayed neutron emission probability, and fission

rates have all been obtained consistently based upon the same ETFSI-Q model (see

Farouqi et al. 2010 for further discussion).

Figure 5.10 shows the log (Y/Eu) and log (La/Eu) ratios as a function of

[Eu/Fe] for all stars in our sample with log (La/Eu) < +0.6. In the top panel the

r-process rich star CS 22892–052 has Y/Eu more than 20 times smaller than in the

r-process deficient star HD 122563. These extreme ratios can be matched simply by

varying Ye in our calculations from ≈ 0.49 for HD 122563 to 0.42 for CS 22892–052.

The vertical placement of the Ye values (i.e., log (Y/Eu)) in Figure 5.10 is explic-

itly predicted by our simulations. We caution that the horizontal placement (i.e.,

[Eu/Fe]) of the Ye bands is not an explicit prediction, and the horizontal extent of

the bars has been scaled to approximately match the observational data.

In the lower panel of Figure 5.10, log (La/Eu) shows a relatively flat trend

with a comparatively small change in Ye from the r-deficient to the r-rich stars, with

Ye > 0.49 for HD 122563 to ≈ 0.49 for CS 22892–052. For 0.40 < Ye < 0.49, the

log (La/Eu) predicted by our simulations changes only by < 0.1 dex (in contrast to a

change of log (Y/Eu) of ≈ 1.8 dex). When using the ETFSI-Q mass model, our HEW
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Figure 5.10 Logarithmic abundance ratios of Y/Eu and La/Eu as a function of
[Eu/Fe] for stars with [Fe/H] < −1.4 and log (La/Eu) < +0.60 (see Figure 5.4).

The shaded bands indicate different Ye ranges from our HEW simulations assuming
the full entropy range (see Table 4 of Farouqi et al. 2010) and an expansion velocity

of 7500 km s−1. The HEW simulations do not predict [Eu/Fe] explicitly, so the
horizontal ranges are scaled to approximately match the observational data. A
representative observational uncertainty is shown in the upper right corner of each

panel.
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predictions for the light RE elements are ∼ 0.2 dex too low compared with, e.g., the

Arlandini et al. (1999) S.S. r-residuals. This results from the well-understood nuclear

structure deficiencies in the transitional region beyond the N = 82 shell closure,

which affect the neutron separation energies and consequently the r-process path.

Most other mass models show even more significant deficiencies than the ETFSI-Q

model. If we were to “repair” the ETFSI-Q model in this region (i.e., artificially add

the 0.2 dex), we would recover the same Ye fractions for both La/Eu and Y/Eu: the

lowest stellar log (La/Eu) ratios at ≈ +0.0 would be reproduced with Ye = 0.41, the

highest stellar log (La/Eu) ratios at ≈ +0.55 would be reproduced by Ye = 0.493,

and all intermediate ratios would be shifted up accordingly. Alternatively, these

observed ranges in log (Y/Eu) and log (La/Eu) may also be fit by fixing Ye = 0.45

and varying the entropy ranges (e.g., from 5 ≤ S ≤ 215 for the r-deficient stars to

70 ≤ S ≤ 300 for the r-rich stars).7

Thus our HEW simulations can successfully reproduce both the Y/Eu and

La/Eu ratios for both the r-rich and r-deficient stars (as well as the intermediate

cases) with self-consistent ranges of Ye or entropy. A robust main r-process produces

abundance patterns like those seen in CS 22892–052 with low Y/Eu ratios. Stars

like HD 122563, with a higher Y/Eu ratio matched by a higher Ye (e.g., Figure 2

of Kratz et al. 2008a), can be considered to be enriched by an incomplete main

r-process where the production of the heavier elements is falling off with increasing

atomic number.

The simulations and abundance comparisons do provide some indications

of the types of environments where this nucleosynthesis may have occurred. The

neutrino-driven wind starts from the surface of the proto-neutron star with a flux

of neutrons and protons. As the nucleons cool they combine to form α particles

and an excess of unbound neutrons, and further cooling produces a population of

Fe-group seed nuclei (e.g., Woosley et al. 1994, Woosley & Janka 2005, Farouqi et

al. 2010). For S ≤ 110 (at fixed Ye = 0.45), where the ratio of free neutrons to seed

nuclei is < 1, the nucleosynthesis is consistent with a charged-particle (CP) or α-rich

7Increasing the entropy range from S ≤ 230 to S ≤ 300 changes the log (La/Eu) very little, and
removing the low entropy components from the HEW calculations affects the abundances of each
of La and Eu by � 1% even when S ≤ 175 are removed. In other words, neither La nor Eu are
being produced in significant quantities until the r-process flow has passed the closed nuclear shells
that produce the A ∼ 130 abundance peak. The RE elements, including La and Eu, are produced
under similar Yn/Yseed conditions within a small entropy interval.
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freezeout and recapture of β-delayed neutrons emitted from neutron-rich nuclei near

the first r-process peak. In this sense, these low entropy components that produce

the Sr-Y-Zr group are of a primary nature and fit the requirements for the light

element primary process (LEPP) proposed by Travaglio et al. (2004). (See Kratz

et al. 2008b and Farouqi et al. 2009, who showed that the Sr/Y/Zr ratios—both

observationally and in the HEW model—are independent of total Eu enrichment.)

Identification of the mass range where the production mechanism changes from a

CP and β-delayed neutron recapture process to a true r-process is beyond the scope

of the present study.

We stress that the relationship between log (Y/Eu) and [Eu/Fe] in metal-

poor stars is an observed trend, and the HEW model is one plausible explanation

for the existence of such a relationship. This does not, however, exclude the possi-

bility that additional sites—and processes—may also produce conditions favorable

to heavy element nucleosynthesis. Regardless of which site(s) is (are) responsible for

producing the r-process, nuclear physics and realistic astrophysical conditions will

remain essential ingredients to interpreting observed stellar abundance patterns.

5.6 Discussion

5.6.1 Recognizing r-process Nucleosynthesis in Metal-Poor Stars

In this study we adopt somewhat conservative limits that r-process nucleosynthesis

is characterized by log (Pb/Eu) ≤ +1.8 and log (La/Eu) ≤ +0.8, from which a

correlation between log (Y/Eu) and [Eu/Fe] has emerged. We are encouraged by the

fact that even weak upper limits on the Pb abundance can sometimes be meaningful.

Small variations in the r-process abundance pattern may be observed within

the RE domain,8 and such variations are predicted by our HEW simulations. For

example, in Figure 8 of Sneden et al. (2009) the RE elemental abundance distribution

of 5 r-process standard stars is compared with the scaled S.S. r-process pattern

of Arlandini et al. (1999) (normalized to Eu). The most abundant of the light

RE elements (Ba, Ce, and Nd) in BD +17 3248, HD 115444, and HD 221170 have

higher abundances than predicted by the scaled S.S. r-process distribution; the

remaining two stars, CS 22892–052 and CS 31082–001, do not show this feature.

8Here we expand the RE domain beyond the lanthanides to encompass Ba through Hf (Z = 56–
72).
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The former group of stars all have [Eu/Fe] ≈ +0.8, while the latter group have

[Eu/Fe] ≈ +1.6, demonstrating that even in cases where the r-process produces a

large overabundance of heavy material (relative to, say, the Fe-group seeds), slight

variations can be identified and characterized.

This also affirms that the heavy element abundance pattern in the star

HD 126238, reviewed previously in Section 5.3, can be explained through enrich-

ment by only the r-process, without the need to invoke an s-process dusting of

material. A similar effect can be observed in Figure 13 of Roederer et al. (2010a),

where Ba–Nd all are slightly overabundant relative to the heavier RE elements. One

of the stars analyzed by Roederer et al. (2010a), HD 175305, was included in the

study of Roederer et al. (2008a) of the isotopic fractions of three RE elements (Nd,

Sm, and Eu). The excess Ba and Ce relative to the scaled S.S. r-process pattern

was interpreted as evidence for an s-process dusting upon a mostly r-process en-

richment pattern, but Roederer et al. (2010a) demonstrated that this interpretation

is incorrect. An r-process enrichment alone is sufficient. Consequently, the Sm and

Eu isotopic fractions derived by Roederer et al. (2008a) in HD 175305 should be

interpreted as the isotopic fractions produced by the r-process in this case, rather

than the combined yields of s- and r-process nucleosynthesis.

Several mechanisms are required to explain the lightest of the heavy elements

in metal-poor stars, and simple r-process residuals are inadequate descriptions of the

r-process contribution to the Sr-Y-Zr group. Similarly, the examples highlighted in

the previous paragraphs illustrate that simple linear combinations of the scaled S.S.

s-process and r-process are inadequate descriptions of some of the heavy n-capture

elements, as well. Such representations will be misleading when attempting to iden-

tify the relative dominance of these two processes in the observed heavy n-capture

abundance distributions in metal-poor stars. The observed dispersion in r-process

yields must be accounted for. The dispersion in log (La/Eu) is at least 0.5 dex in

stars with [Eu/Fe] . +0.5, and the dispersion decreases with increasing [Eu/Fe].

For the r-rich stars (such as our r-process standards discussed in Section 5.1) the

La/Eu ratio is remarkably constant, indicating that when the r-process fully “flows”

the heavy elements are produced in relatively constant ratios.

Finally, a robust r-process that replicates the third r-process peak (either in

the HEW model or in the waiting point approximation models) completely produces

the actinides, such as Th and U, resulting in relatively constant Th/Eu production
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values. This reaffirms the reliability of using these element pairs as chronometers.

5.6.2 The Appearance of s-process Material in the ISM

In Figure 5.4, we suggested that the increase in log (La/Eu) with increasing [Fe/H]

reflects the dispersion in r-process nucleosynthesis rather than the onset of s-process

enrichment in the ISM. The Pb/Eu ratio, which should be a more robust indi-

cator of s-process enrichment, shows no upward trend in the metallicity range

−2.3 < [Fe/H] < −1.4 (and no trend that exceeds the minimum Pb/Eu ratio ex-

pected from AGB s-process production, even if this ratio has been diluted by a

factor of a few). This result holds whether we consider only the stars marked by

red circles or all detections in stars with [Fe/H] < −1.4. Based on the current ob-

servational data and our AGB s-process nucleosynthesis models, we conclude that

even small amounts of s-process material cannot account for the origin of this Pb,

and s-process material does not seem to have been dispersed throughout the ISM

until the mean metallicity exceeds at least [Fe/H] = −1.4. This is in agreement with

previous investigations that used other tracers of AGB enrichment (e.g., Meléndez

& Cohen 2007).

Other studies have demonstrated a clear onset of the s-process in globular

clusters with multiple stellar populations that may be nucleated cores (i.e., the

central remnant after the outer layers have been stripped away) of dwarf spheroidal

galaxies (dSphs). These clusters include ω Centauri (ω Cen), where the log (La/Eu)

ratio begins increasing near [Fe/H] ∼ −1.7 (Johnson et al. 2009 and references

therein), and M22. In ω Cen, many stars show log (La/Eu) > +0.8, our minimum

AGB discriminant, indicating that this increase in log (La/Eu) is not due to a

dispersion in the r-process ratios. Da Costa et al. (2009) used the abundance data

from Marino et al. (2009) to demonstrate that M22 resembles ω Cen in that it shows

an analogous increase in [Ba/Fe] with increasing metallicity from [Fe/H] ∼ −1.8.

(See Section 5.6.3 for further discussion of M22.) If star formation proceeded at a

higher rate in the Milky Way than in dwarf galaxies or their former nuclei, it would

be very surprising if s-process material produced by AGB stars should have been

dispersed throughout the ISM of the Milky Way at a metallicity significantly lower

than in the dSphs.
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5.6.3 Heavy Element Enrichment in Metal-Poor Globular Clusters

In Figure 5.11 we compare the (mean) log (Y/Eu) and log (La/Eu) ratios between

field stars and 25 metal-poor globular clusters ([Fe/H] < −1.4). Most abundances

are adopted from the compilation of Pritzl et al. (2005), with original source ref-

erences as follows:9 Arp 2 (Mottini et al. 2008), M3 (Cohen & Meléndez 2005a),

M13 (Cohen & Meléndez 2005a), M15 (Sobeck et al. 2010), M22 (Brown & Waller-

stein 1992; Marino et al. 2009), M30 (Shetrone et al. 2003), M54 (Brown et al.

1999), M55 (Shetrone et al. 2003), M68 (Shetrone et al. 2003), M92 (Shetrone et

al. 2001), NGC 2298 (McWilliam et al. 1992), NGC 3201 (Gonzalez & Wallerstein

1998), NGC 5694 (Lee et al. 2006), NGC 6287 (Lee & Carney 2002), NGC 6293

(Lee & Carney 2002), NGC 6397 (Norris & Da Costa 1995), NGC 6541 (Lee & Car-

ney 2002), NGC 6752 (Yong et al. 2005), NGC 7492 (Cohen & Meléndez 2005b),

and Pal 3 (Koch et al. 2009). We also include 5 clusters associated with the Large

Magellanic Cloud (LMC; 2 from Johnson et al. 2006 and 3 from Mucciarelli et al.

2010).

For all clusters except one with [Fe/H] < −1.4 and detected Eu and either

Y or La (or both), the relationships between the cluster means fall exactly within

the range set by the field stars enriched by only r-process material. Intra-cluster

star-to-star variations in globular cluster M15 also follow this relation (Otsuki et al.

2006). Even in the one exception, NGC 2210 in the LMC, the log (La/Eu) ratio

is ∼ 0.2 dex lower than the rest of the globular clusters and field stars, indicating

that the s-process could not have produced these heavy elements. Pb has only been

detected in 4 stars in M13 and 5 stars in NGC 6752 by Yong et al. (2006), but in

these clusters it is clearly low, 〈log (Pb/Eu)〉 = +0.64 and 〈log (Pb/Eu)〉 = +0.95,

respectively, indicating that there has been no enrichment by the s-process. Two

metal-poor globular clusters in this sample are associated with the Sagittarius dwarf

galaxy (Arp 1 and M54, Ibata et al. 1995; Law & Majewski 2010). While the metal-

rich stars in Sagittarius clearly have been enriched by the s-process (e.g., Chou et al.

2010), the metal-poor stars and globular clusters appear to lack s-process material.

Pb, which has not been examined in any Sagittarius debris, would provide the

strongest confirmation of this scenario.

9Cavallo et al. (2004) have derived La and Eu abundances for 8 giants in globular cluster M80
([Fe/H] = −1.7), but Lawler et al. (2001a) did not report a log(gf) value for the one line of La
examined by Cavallo et al. (2004), so we discard this cluster from our sample.
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Figure 5.11 Logarithmic abundance ratios of Y/Eu and La/Eu as a function of
[Eu/Fe] for field stars and 25 Milky Way and LMC globular clusters with [Fe/H] <

−1.4. Only the cluster mean values are shown. Here, “r-process-only” denotes
stars with log (La/Eu) < +0.60 (see Figure 5.4) or otherwise classified as lacking

s-process material in Table 5.2. A representative uncertainty is shown in the upper
right corner of each panel.
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While M54 likely formed elsewhere in Sagittarius and later migrated to its

center (Bellazzini et al. 2008; Carretta et al. 2010), M22 may itself be the nucle-

ated core of a dSph like ω Cen (Da Costa et al. 2009). If so, it should not be

unreasonable to expect chemical evolution in this system. M22 shows an internal

Fe spread, and the mean log (Y/Eu) ratios are slightly different for the metal-rich

and metal-poor stars in M22: 〈log (Y/Eu)〉 = +1.3 for 〈[Fe/H]〉 = −1.85 ± 0.07

and 〈log (Y/Eu)〉 = +1.7 for 〈[Fe/H]〉 = −1.62 ± 0.06 (estimated from eight stars

in Figure 21 of Marino et al. 2009). Both log (Y/Eu) ratios are well within the field

star range in Figure 5.11. Unlike the other clusters shown in Figure 5.11, however,

both groups of stars show an increase in [Y/Fe], [Ba/Fe], and [Nd/Fe] without a

corresponding increase in [Eu/Fe], indicating that s-process material is present in

the metal-rich stars of M22.10 While this cautions against a blanket r-process in-

terpretation for the remaining clusters in Figure 5.11, to the best of our knowledge

none of the other clusters (except M54) show an internal metallicity spread and thus

would not be expected to show evolution in their heavy element ratios. Brown et al.

(1999) examined the heavy elements in only 5 stars at the peak of the metallicity

distribution of M54, so the possibility of heavy element evolution with metallicity

is ripe for reexamination in this cluster. In both M22 and M54, the Pb abundance

would provide an unambiguous discriminant to test this hypothesis.

5.6.4 The Ubiquity of r-process Material in Metal-Poor Stars

How frequently are heavy elements found in metal-poor stars? Can the heavy ele-

ments Sr and Ba—whose singly-ionized species have strong resonance lines in the

optical regime—always be detected if Mg—an α element with strong lines in the

optical regime—can be detected? Barklem et al. (2005) performed an abundance

analysis on a sample of 253 metal-poor field stars with a range of metallicities

(−3.8 < [Fe/H] < −1.5), effective temperatures (4300 < Teff < 6800 K, mostly

giants and subgiants), and distances (most with 1 . D . 10 kpc). Stars with

strong molecular C features or double-lined spectroscopic binaries were deliberately

excluded from their sample, so the majority of the 253 stars should not be signifi-

cantly enriched in s-process material. Barklem et al. (2005) derived Mg abundances

10Marino et al. (2009) have no M22 stars in common with Brown & Wallerstein (1992), and these
studies used different Fe scales, so it is not obvious whether the stars with low log (La/Eu) derived
by Brown & Wallerstein (1992) belong to the metal-rich or metal-poor population.
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for 245 stars (97%), Sr abundances for 245 stars (97%), and Ba abundances for 220

stars in their sample (87%). The fraction of stars with detected Mg, Sr, and Ba

increases to 100%, 99%, and 92% if only those stars with Teff < 5500 K are con-

sidered (159 stars total), and these fractions all increase to 100% if only stars with

Teff < 4800 K are considered (34 stars). Thus it would seem that the occasional

non-detection of Sr and Ba can be attributed to the strength of these elements’ lines

relative to the continuous opacity that increases with increasing Teff.

To investigate further, in Figure 5.12 we plot the cumulative distributions of

these stars (at all values of Teff) as a function of [Fe/H]. These distributions are very

similar. A Kolmogorov-Smirnov test confirms that each of the distributions of Mg

and Sr or Mg and Ba are not significantly different at the 99.5% confidence level.

This result is unchanged if the distributions are considered a function of Teff or if

the s and r + s stars listed in Table 8 of Jonsell et al. (2006) are excluded. Thus

we conclude that Sr and Ba are present in nearly all metal-poor field stars.11 We

cannot, of course, prove that there are no elements heavier than the Fe-group in the

stars where only upper limits for Sr and Ba are available. If detectable quantities of

s-process material are not widespread in the ISM at [Fe/H] < −1.4, then nearly all

of these stars have been enriched by the r-process and associated CP nucleosynthesis

(cf. Truran 1981).

Figure 5.5 demonstrates that there is a clear anti-correlation between log (Y/Eu)

and [Eu/Fe], and it is unlikely that such a correlation would exist if the Y and Eu

originated in separate events (see also Johnson & Bolte 2002a). Most metal-poor

stars with [Fe/H] . −1.4 whose atmospheres retain a fossil record of their birth

composition exhibit this correlation, and nearly all appear to contain some heavy

elements.12 Yet the anti-correlation between log (Y/Eu) and [Eu/Fe] suggests that

11This reconfirms the results of McWilliam (1998), who found a range of ∼ 300 in the [Sr/Fe]
and [Ba/Fe] ratios at low metallicity but approximately solar ratios of [Sr/Fe] and [Ba/Fe] in the
average number of Fe, Sr, and Ba atoms. In other words, there is not a serious deficiency of Sr
or Ba at the lowest metallicities that must be “made up” by the yields of higher metallicity stars.
Though we make no attempt to demonstrate that it is so, the additional production channel for
Sr and Ba via the s-process at higher metallicities may be offset by increased Fe production via
Type Ia SNe, thus maintaining roughly solar ratios of [Sr/Fe] and [Ba/Fe].

12A few stars, such as Draco 119 ([Fe/H] = −3.0; Fulbright et al. 2004), do not appear to have any
significant accumulation of elements heavier than the Fe-group ([Sr/Fe] < −2.5, [Ba/Fe] < −2.6).
This particular star also has α/Fe ratios different from most other metal-poor stars in the halo
([Mg/Fe] = +0.5, [Si/Fe] < +0.2, [Ca/Fe] = −0.1), and it is likely that the SN that enriched
Draco 119 is different than those that enriched the majority of metal-poor field stars.
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Figure 5.12 Cumulative distributions of stars with Mg, Sr, or Ba detections as a
function of [Fe/H] for 253 stars from the sample of Barklem et al. (2005).

147



most metal-poor stars have not been diluted with Fe from other events that did

not produce elements heavier than the Fe-group.13 The α and Fe-group elements in

these stars are produced in Type II SN, and the α elements correlate strongly with

Fe. If we accept that the Sr and Ba in these stars are produced by the r-process

and associated CP nucleosynthesis, the pervasive nature of Sr and Ba implies that

the r-process may also be associated with Type II SN. The conditions within the

SN wind may be variable (and therefore the r-process yields will be also, perhaps

due to progenitors of different mass ranges, e.g., Arnone et al. 2005), but it seems

reasonable to conclude that some heavy elements are produced in nearly all Type II

SN events.

As a reminder, our use of the term “r-process enriched star” in this context

refers to those stars that contain at least a detectable trace of Ba and possibly heavier

elements. If we assume that in the absence of s-process enrichment only the r-process

is capable of producing detectable quantities of these heavy elements (i.e., they were

not produced in a CP process), then the currently-available observational data sug-

gest that the r-process could be a common feature of nearly all Type II SN events.

Of course not all r-process events will produce yields that enrich the next gener-

ation of stars to resemble CS 22892–052 or CS 31082–001 (with [Eu/Fe] = +1.6),

but even stars with solar [Eu/Fe] ratios can have a near-perfect match between

their RE abundances and the RE abundances in the strongly-enriched r-process

stars (see, e.g., Figure 12 of Roederer et al. 2010a). It is reasonable to suppose

that the majority of r-process events will enrich the next generation of stars with

small amounts of r-process material to resemble HD 175305 ([Eu/Fe] = +0.3) or

HD 122563 ([Eu/Fe] = −0.5). The strength of the r-process could easily account

for the large dispersion in [Eu/Fe] ratios around [Fe/H] ∼ −3.0 (e.g., Figure 5.6),

and the decreased dispersion in [Eu/Fe] with increasing [Fe/H] may reflect the grow-

ing chemical homogeneity of the ISM. If so, significant mixing in the halo (progeni-

tors’?) ISM had already occurred long before the mean metallicity at which Type Ia

SNe or low-metallicity intermediate-mass AGB stars began contributing significant

amounts of material to the ISM.

In stars where the n-capture absorption lines are so weak that only Sr and

13Such dilution would move a point to the left in Figure 5.5, effectively increasing the scatter at
a given log (Y/Eu). Scatter of a factor of 2–3 may exist in Y/Eu, perhaps gradually increasing
with increasing log (Y/Eu). It is not clear from the present dataset whether this scatter should be
attributed to dilution, dispersion in the r-process yields, both, or neither.
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Ba may be detected (in cases where the upper limits for other elements are mean-

ingless), it is understandably more difficult to diagnose the enrichment pattern with

great confidence. It is logical to assume (based on the arguments in Section 5.6.2

and the available observational data) that most of these stars are also enriched by

the r-process. Figure 7 of Sneden et al. (2008) shows the range of [Ba/Sr] ratios

observed in metal-poor stars as a function of [Ba/Fe]; these ratios are analogous to

the log (Y/Eu) and [Eu/Fe] ratios shown in our Figure 5.5. The low-C stars in their

plot ([C/Fe] < +0.25) likely do not contain significant amounts of s-process mate-

rial, and yet they span ranges of −1.5 < [Ba/Sr] < +0.6 and −2.0 < [Ba/Fe] < +1.0.

The trends between Sr/Ba are similar to those in Y/Eu, in that the Ba-rich (Eu-

rich) stars have high Ba/Sr (low Y/Eu) ratios. As noted by François et al. (2007), a

small number of stars with [Fe/H] . −3.0 are Ba-deficient but have persistently high

Ba/Sr ratios. The origin of the n-capture elements in this group of stars is unclear.

We have avoided the Ba ii and Sr ii resonance lines in our study because they are

often saturated and blended at higher metallicities. At extremely low metallicities

the Ba and Sr seem to indicate that in most—but not all—cases the relationship

between the light and heavy n-capture elements holds. Thus it is plausible that the

nucleosynthesis mechanisms described in Section 5.5 may operate at metallicities at

least as low as [Fe/H] ∼ −4.0 (see McWilliam 1998, Honda et al. 2004b, François et

al. 2007, and Lai et al. 2008).

Type II SNe alone may be capable of producing the diversity of heavy element

abundances observed in stars at [Fe/H] . −3.0. Thus there is no reason to exclude

the possibility that some stars at these metallicities may have been enriched by a

very small number of SNe, perhaps even one. For example, Simon et al. (2010)

have analyzed the abundance pattern of a star with [Fe/H] = −3.2 in the low

luminosity dwarf galaxy Leo IV; the abundance pattern in this star is consistent

with other metal-poor field stars (i.e., α-enhanced, etc.), and it does contain very

low but detectable traces of Sr and Ba. This star is not strongly enriched in C

([C/Fe] < −0.1), suggesting that the Ba was produced by an incomplete main

r-process. Given the overall low luminosity and metallicity of Leo IV, a very small

total Fe abundance is present in the entire galaxy (consistent with that produced

by a single SN event), and this led Simon et al. (2010) to hypothesize that a single

SN may have enriched Leo IV if metals were not lost from the galaxy by winds. We

encourage efforts to demonstrate that more metal-poor stars were—or were not—
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enriched by the yields of a single SN event, for this could place very strong constraints

on the nature of the explosion and nucleosynthesis mechanisms. Furthermore, since

the r-process yields seem to vary much more than the α or Fe-group yields, these

heavy elements may be a more sensitive probe of the nature of the SN progenitor

than the lighter elements are.

5.7 Conclusions

We have compiled a sample of 161 metal-poor stars with −4.2 < [Fe/H] < −0.6.

These stars include detections or upper limits for Zn, Y, La, Eu, or Pb, including

abundances or upper limits for Pb in 120 stars. New Zn, Y, and Pb abundances

are derived from the high-resolution, high-S/N spectra described in Simmerer et

al. (2004) or are compiled from the literature. We use this sample to identify a

subset of stars that has not been enriched by the s-process, and we characterize the

heavy element enrichment patterns in this subset. Based on the observational data

available at present, our main conclusions can be summarized as follows.

(1) The log (Pb/Eu) ratio can be used to successfully identify metal-poor

stars that lack any detectable trace of the s-process. At low metallicity the s-process

produces large amounts of Pb relative to, e.g., Fe and Eu, and high Pb/Fe or Pb/Eu

ratios should be clear observational signatures of the s-process in metal-poor stars.

Based on models of s-process nucleosynthesis in intermediate mass stars on the

AGB, the minimum s-process log (Pb/Eu) ratios predicted (+1.8) can be used to

identify stars that have not been enriched by the s-process.

(2) The relationship between the light (e.g., Sr, Y, and Zr) and heavy (e.g.,

Ba, La, Eu, and heavier) n-capture material produced by the r-process can be

characterized based on observations of metal-poor stars. Stars strongly enriched

by the r-process, such as CS 22892–052, are overabundant in the heavy elements

relative to the light ones, and stars such as HD 122563 are deficient in the heavy

elements (rather than overabundant in the light ones). We have culled our sample of

stars that show evidence of s-process enrichment, and the data for the remaining r-

only stars suggest that these two stars are not archetypes of two distinct r-processes,

but rather they may represent the extremes of a continuous range of r-process

nucleosynthesis patterns.

(3) We identify a dispersion of abundance ratios among the rare earth ele-
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ments produced in the r-process. This dispersion spans a range of at least +0.0 . log (La/Eu) .

+0.5 (or −0.6 . [La/Eu] . −0.1) which cautions against using the La/Eu ratio (or

similar ratios, e.g., Ba/Eu, or isotopic fractions, e.g., the Ba, Sm, or Eu isotopes)

alone as a discriminant of s- and r-process nucleosynthesis contributions to a given

star.

(4) The ranges in Y/Eu and La/Eu can be reproduced by nucleosynthesis

predictions from simulations of the high-entropy neutrino wind (HEW) of a core-

collapse SN. In these simulations the strength of the r-process (the ratio Yn/Yseed)

is determined by the entropy, the electron abundance, and the expansion velocity of

matter in the SN. The α-rich freeze-out and β-delayed neutron recapture processes

produce an abundance pattern for the Sr-Y-Zr group consistent with the light el-

ement primary process (LEPP). Conditions consistent with the traditional under-

standing of an r-process (e.g., 1023 ≤ nn ≤ 1028) are required to produce detectable

amounts of material heavier than the 2nd r-process peak, but these conditions them-

selves do not produce significant quantities of the lighter elements. This result reaf-

firms earlier suggestions that multiple processes (besides the s-process) or a diversity

of physical conditions in the r-process must contribute to the nucleosynthesis of the

Sr-Y-Zr group; thus, simple r-process residuals (NS.S.,r = NS.S.,total − NS.S.,s) are

inadequate descriptions of the origins of these nuclei.

(5) For the full sample of stars with [Fe/H] < −1.4, the log (Pb/Eu) ra-

tios show no significant increase with increasing [Fe/H], and a number of stars with

log (Pb/Eu) ≤ +0.8 have metallicities as high as [Fe/H] = −1.4. These observations

might suggest that s-process material produced in intermediate-mass stars on the

AGB is not widespread in the ISM until the overall Galactic metallicity grew consid-

erably, perhaps even to [Fe/H] = −1.4. We cannot make any definitive statements

about the s-process at higher metallicities from this sample. The heavy elements

in most stars with [Fe/H] < −1.4 that have not received s-process material directly

from an AGB binary companion appear to have been produced by the r-process

(and associated α-rich freeze-out and β-delayed neutron processes).

(6) This r-process enrichment pattern is common to both field stars and

metal-poor globular clusters. Except for M22 and M54, the heavy n-capture ele-

ments in the 23 other metal-poor ([Fe/H] < −1.4) globular clusters examined here

seem to have been produced by the r-process (and associated α-rich freeze-out and

β-delayed neutron processes), and the globular clusters follow the same r-process
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trends observed in metal-poor field stars. Based on the currently-available obser-

vational evidence, these 23 metal-poor ([Fe/H] < −1.4) Milky Way and LMC glob-

ular clusters have n-capture abundance ratios that suggest significant amounts of

s-process material were not present in the ISM from which these cluster stars formed.

(7) At least small amounts of material heavier than the Fe-group have been

detected in nearly all metal-poor stars. The light element abundance patterns (i.e.,

among the α and Fe-group elements, 8 ≤ Z ≤ 32) in these stars are associated with

Type II core-collapse SNe. The ubiquitous presence of Sr and Ba in these stars also

suggests that the nucleosynthesis mechanisms described by our HEW model (α-rich

freeze-out, β-delayed neutron emission and recapture, and the r-process) are also

present in core-collapse SNe, and at least one of these mechanisms is in operation

in nearly all core-collapse SN events. In this scenario, the scatter in n-capture-to-

Fe ratios at [Fe/H] . −3.0 may be attributed to differing strengths of r-process

events rather than infrequent occurrences of r-process events. The r-process is not

a rare phenomenon: nearly all normal metal-poor stars have been enriched by the

r-process.
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Chapter 6

The Las Campanas Observatory and McDonald

Observatory Metal-Poor Star Survey: Observations and

Data Products

6.1 Introduction

We (initially George Preston, Ian Thompson, and Steve Shectman at the Carnegie

Observatories; this author’s contributions were only initiated some years later) have

undertaken a large-scale survey to collect high-resolution and high signal-to-noise

spectra for more than 300 metal-poor stars. The majority of our sample was selected

from the survey of Beers, Preston, & Shectman (1992; hereafter BPS92, following

earlier work by Beers, Preston, & Shectman 1985). Nearly all stars with [Fe/H] .

−2.5, as estimated from calibration of the Ca ii K index with (B − V )0 color from

∆λ ∼ 1 Å spectroscopy and broadband photometry, have been observed.

Additional metal-poor targets were selected for their kinematic properties to

specifically compare (in a differential manner) the chemical compositions of groups

of stars at the same metallicity but with differing kinematics. These targets have

been identified from high proper motion surveys for metal-poor stars in the solar

neighborhood (Giclas et al. 1971, 1978, Carney et al. 1994) or by cross-correlating

proper motion catalogs (such as the Hipparcos catalog, Perryman 1997 and van

Leeuwen 2007; the U.S. Naval Observatory’s UCAC3, Zacharias et al. 2010; and the

Yale/San Juan SPM4 Catalog, Girard et al. 2004, 2010 in prep.) with the target

lists of recent high-resolution abundance studies. Most of these additional targets

have higher metallicities (−2.5 . [Fe/H] . −1.5) that will serve a second purpose to

link our abundance scale for the [Fe/H] . −2.5 stars with more metal-rich Galactic
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populations.

The full sample is far from unbiased, but is does span a wide range in metal-

licity (at least −4.0 . [Fe/H] . −1.5, based on results of previous abundance studies

that overlap with our sample). Most of the stars included are main sequence turn-

off stars, subgiants, or giants, though some main sequence dwarfs and horizontal

branch (or asymptotic giant branch) stars are present as well. About 40% of the

sample has been observed previously with at least moderate resolution spectroscopy

(i.e., sufficient to derive radial velocities to ∼ 1–2 km s−1), but high resolution

abundance analyses have only been performed previously for ∼ 15% of the sample.

This overlap will allow us to quantify any differences between our results and those

from previous studies, though we should point out that most high-resolution stud-

ies until now have focused on very metal-poor samples that are roughly 10 times

smaller than our full sample (e.g., McWilliam et al. 1995b, Johnson 2002, Cayrel

et al. 2004, Cohen et al. 2004, Lai et al. 2008), focused on larger but more metal-

rich regimes (e.g., Fulbright 2000 or Stephens & Boesgaard 2002), or have used

more moderate resolution “snapshot” spectra with modest signal-to-noise levels to

derive limited numbers of abundances for larger samples of very metal-poor stars

(e.g., the 253 stars studied by Barklem et al. 2005). Our large, very metal-poor,

and homogeneously-analyzed sample will allow us to probe in greater detail the

trends identified by earlier work (e.g., changes in the [Cr/Fe], [Mn/Fe], [Co/Fe], and

[Cu/Fe] slopes at different metallicities) and undoubtedly uncover new stars with

unique abundance patterns.

In this Chapter we describe the observations, reduction procedure, and tech-

niques used to measure the radial velocity and equivalent widths for our sample.

First and preliminary abundance results will be discussed in subsequent chapters.

6.2 Observations

Some observations were made with the Magellan Inamori Kyocera Echelle (MIKE)

spectrograph (Bernstein et al. 2003). This instrument is currently located on the

6.5 m Magellan-Clay Telescope at Las Campanas Observatory, but a subset of our

observations were taken while MIKE was mounted on the Magellan-Baade Telescope

in early 2003. The MIKE spectra were taken with the 0.7” wide slit, yielding

a resolving power of R ≡ λ/∆λ ∼ 41,000 in the blue and R ∼ 32,000 in the
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red. Many of observations taken in 2003 and 2004 were made using the double

aperture 0.7” by 2.0” slit (“A-B mode”). Here, exposures were made with the

star in aperture A and the sky in aperture B simultaneously; the pattern was then

reversed for the subsequent exposure. This observing procedure was adopted to

optimize sky subtraction from faint targets with low flux levels. This strategy proved

unnecessary for our targets, which are not sky-noise limited, and all subsequent

MIKE observations were made using the single 0.7” by 5.0” slit. This setup achieves

complete wavelength coverage from approx. 3350–9150Å, although some of the early

exposures only extend to 7250Å in the red.

For the exposures made in the A-B mode, bias subtraction, flat-fielding, sky

and scattered light subtraction, cosmic ray removal, and correction of the slit tilt

were accomplished with software written by S.A.S. Aperture extraction, wavelength

calibration (derived from ThAr frames taken adjacent to each stellar integration),

co-addition of separate observations, and continuum normalization were performed

within the IRAF environment. For the exposures made using the single 0.7” by 5.0”

slit, data reduction, extraction, and wavelength calibration were performed using the

current version of the MIKE data reduction pipeline written by D. Kelson1 (see also

Kelson 2003). Observations were often broken into several sub-exposures (not longer

than 36 min per sub-exposure); we refer to the coaddition of these sub-exposures as

one observation. Coaddition and continuum normalization were performed within

the IRAF environment.

Other observations were made with the Tull Cross-Dispersed Echelle Spec-

trometer (2dCoude; Tull et al. 1995), located on the 2.7 m Harlan J. Smith Telescope

at McDonald Observatory. These spectra were taken with the 2.4” by 8.0” slit, yield-

ing a resolving power R ∼ 33,000. This setup delivers complete wavelength coverage

from 3700–5700Å, with small gaps between the echelle orders further to the red. For

our abundance analysis we only use the spectra blueward of 8000Å.

Additional observations were made with the High Resolution Spectrograph

(HRS; Tull 1998), located on the 9.2 m Hobby-Eberly Telescope (Ramsey et al.

1998) at McDonald Observatory. These exposures were taken during the standard

queue observing mode (Shetrone et al. 2007). Using the 1.0” slit yields a resolving

power R ∼ 30,000. In the bluemost cross-dispersion setting, used for this project,

this instrument delivers complete wavelength coverage from 3900–6800Å.

1http://www.ociw.edu/Code/mike
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For the data obtained with the 2dCoude and HRS, reduction, extraction, and

wavelength calibration (derived from ThAr exposures taken before or after each

stellar exposure) of the spectra were accomplished using the REDUCE software

package (Piskunov & Valenti 2002). This software is optimized to automatically

reduce, extract, and wavelength-calibrate echelle spectra with minimal user interac-

tion. These observations were also broken into several sub-exposures with exposure

times typically not longer than 30 m. Coaddition and continuum normalization were

performed within the IRAF environment.

We have observed 238 stars with Magellan/MIKE, 55 stars with Smith/2dCoude,

and 19 stars with HET/HRS (312 total stars, accounting for multiple observations

of the same star), together accounting for more than 1.7×106 s of integration time.

In Table 6.1 we present a record of all observations. Signal to noise (S/N) esti-

mates, listed in Table 6.2, are based on Poisson statistics for the number of photons

collected at several reference wavelengths once all observations of a given target

have been coadded together. These S/N estimates are illustrated in Figure 6.1. We

have succeeded in achieving a relatively high S/N in the blue (sampled at 3950Å,

between the Ca ii H and K lines) for most stars observed with the Magellan/MIKE

and Smith/2dCoude setups (S/N typically greater than 50 and 40, respectively).

The HET/HRS is not optimized for maximum response in the blue, and similar

S/N levels were not practical in stars observed with this setup. The S/N continues

to increase when moving toward the red for stars observed with all three setups. The

high S/N levels in the blue for most stars in our sample are essential to deriving

abundances of many species whose strongest (and often only) detectable transitions

in metal-poor stars lie in the blue and near-UV regions of the spectrum.
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Table 6.1. Log of Observations

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

BD−20 6008 Magellan-Clay/MIKE GWP 550 2009 Sep 05 05:45 2455079.744 +23.0
BD−18 5550 McDonald-Smith/2dCoude IUR 3900 2009 May 07 10:34 2454958.942 −125.9
BD−18 5550 McDonald-Smith/2dCoude IUR 3900 2009 May 08 10:42 2454959.948 −126.2
BD−15 5781 Magellan-Clay/MIKE IBT 720 2009 Oct 24 23:48 2455129.492 −75.4
BD−01 2582 McDonald-Smith/2dCoude IUR 5400 2009 Mar 06 06:25 2454896.773 +2.2
BD−01 2582 McDonald-Smith/2dCoude IUR 2700 2009 Jun 12 03:24 2454994.642 +1.8
BD+10 2495 McDonald-Smith/2dCoude IUR 5600 2009 May 06 06:23 2454957.771 +250.8
BD+10 2495 McDonald-Smith/2dCoude IUR 3600 2009 Jun 10 04:31 2454992.690 +250.8
BD+19 1185A McDonald-Smith/2dCoude IUR 4500 2008 Oct 31 09:42 2454770.908 −191.6
BD+24 1676 McDonald-Smith/2dCoude IUR 7200 2008 Oct 30 11:05 2454769.963 −236.7
BD+24 1676 McDonald-Smith/2dCoude IUR 3600 2008 Nov 01 10:47 2454771.951 −238.1
BD+24 1676 McDonald-Smith/2dCoude IUR 7200 2008 Nov 02 11:13 2454772.969 −237.9
BD+24 1676 McDonald-Smith/2dCoude IUR 7200 2008 Nov 03 11:43 2454773.990 −237.6
BD+26 3578 McDonald-Smith/2dCoude IUR 4500 2008 Oct 30 01:30 2454769.562 −126.4
BD+29 2356 McDonald-Smith/2dCoude IUR 5400 2009 Jun 11 05:45 2454993.741 −207.3
BD+30 2611 McDonald-Smith/2dCoude IUR 2700 2009 May 06 07:43 2454957.826 −280.4
BD+30 2611 McDonald-Smith/2dCoude IUR 2300 2009 Jun 10 05:25 2454992.729 −280.0
BD+30 2611 McDonald-Smith/2dCoude IUR 2500 2009 Jun 14 07:28 2454996.814 −208.4
BD+44 0493 McDonald-Smith/2dCoude IUR 7200 2008 Aug 14 10:56 2454692.956 −149.7
BD+44 0493 McDonald-Smith/2dCoude IUR 3600 2008 Nov 04 09:01 2454774.881 −150.0
CD−24 1782 Magellan-Clay/MIKE IBT 180 2009 Jul 26 10:48 2455038.949 +101.3
CD−30 0298 Magellan-Clay/MIKE IBT 360 2009 Jul 25 10:45 2455037.951 +28.2
CD−36 1052 Magellan-Clay/MIKE IBT 1200 2009 Jul 04 10:12 2455016.924 +304.7
CD−37 14010 Magellan-Clay/MIKE IBT 330 2009 Oct 25 23:56 2455130.498 −205.9
CD−38 0245 Magellan-Baade/MIKE SAS 800 2003 Jun 24 10:33 2452814.940 +46.1
CD−38 0245 Magellan-Clay/MIKE IBT 480 2004 Sep 24 07:22 2453272.811 +46.2
CS 22166–016 Magellan-Clay/MIKE GWP 1600 2004 Aug 12 10:19 2453229.934 −210.0
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 22169–008 Magellan-Clay/MIKE IBT 4000 2004 Sep 23 08:55 2453271.874 +184.2
CS 22169–035 Magellan-Baade/MIKE GWP 1400 2003 Jan 18 04:22 2452657.684 +15.4
CS 22169–035 Magellan-Baade/MIKE GWP 2400 2003 Jan 20 02:05 2452659.589 +14.1
CS 22169–035 Magellan-Clay/MIKE GWP 1700 2007 Aug 24 09:56 2454336.914 +14.1
CS 22171–031 Magellan-Clay/MIKE GWP 2800 2008 Sep 10 07:59 2454719.837 +38.8
CS 22171–037 Magellan-Clay/MIKE IBT 7200 2003 Nov 01 05:53 2452944.750 −261.4
CS 22172–029 Magellan-Clay/MIKE GWP 4000 2008 Sep 10 09:20 2454719.892 −57.4
CS 22172–029 Magellan-Clay/MIKE GWP 3600 2008 Sep 11 08:06 2454720.840 −57.5
CS 22174–020 Magellan-Clay/MIKE GWP 3300 2005 Aug 20 06:38 2453602.780 +127.7
CS 22174–020 Magellan-Clay/MIKE GWP 1800 2005 Aug 21 08:19 2453603.850 +127.3
CS 22175–034 Magellan-Clay/MIKE GWP 1200 2007 Aug 24 10:26 2454336.938 +28.2
CS 22177–009 Magellan-Baade/MIKE GWP 3600 2003 Jan 15 04:09 2452654.675 −208.0
CS 22177–009 Magellan-Clay/MIKE GWP 3200 2007 Aug 21 08:54 2454333.871 −208.1
CS 22177–010 Magellan-Baade/MIKE GWP 2000 2003 Jan 18 03:22 2452657.642 +111.0
CS 22177–010 Magellan-Baade/MIKE GWP 3600 2003 Jan 19 04:05 2452658.672 +111.9
CS 22177–010 Magellan-Clay/MIKE GWP 4000 2008 Sep 12 07:27 2454721.812 +106.8
CS 22180–014 Magellan-Clay/MIKE GWP 2000 2008 Sep 10 07:15 2454719.807 +43.9
CS 22182–033 Magellan-Clay/MIKE GWP 7200 2003 Oct 12 07:36 2452924.820 +247.5
CS 22182–047 Magellan-Clay/MIKE GWP 1400 2008 Sep 11 08:53 2454720.872 +39.3
CS 22183–031 Magellan-Clay/MIKE GWP 1400 2006 Aug 03 10:23 2453950.935 +23.1
CS 22186–002 Magellan-Baade/MIKE GWP 2200 2003 Jan 20 02:43 2452659.614 +341.8
CS 22186–002 Magellan-Clay/MIKE GWP 2400 2005 Aug 20 08:49 2453602.868 +341.8
CS 22186–017 Magellan-Baade/MIKE GWP 3000 2003 Jan 16 02:46 2452655.617 +303.2
CS 22186–017 Magellan-Clay/MIKE GWP 2000 2007 Aug 24 09:20 2454336.889 +303.3
CS 22186–023 Magellan-Baade/MIKE GWP 2000 2003 Jan 20 03:29 2452659.646 +52.0
CS 22186–023 Magellan-Clay/MIKE GWP 2400 2005 Aug 20 09:42 2453602.905 +52.0
CS 22189–009 Magellan-Clay/MIKE IBT 3000 2004 Sep 26 08:13 2453274.847 −20.4
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 22191–029 Magellan-Baade/MIKE GWP 3600 2003 Jan 16 03:50 2452655.661 +76.1
CS 22191–029 Magellan-Clay/MIKE GWP 3200 2008 Sep 12 09:32 2454721.898 +76.4
CS 22871–104 Magellan-Baade/MIKE GWP 3600 2003 Jun 12 03:01 2452802.631 −135.4
CS 22872–102 Magellan-Clay/MIKE GWP 1800 2006 Aug 04 01:05 2453951.547 −59.1
CS 22873–072 Magellan-Baade/MIKE SAS 4000 2003 Jun 25 05:25 2452815.730 −83.5
CS 22873–072 Magellan-Clay/MIKE IBT 1800 2009 May 16 09:34 2454967.901 −84.4
CS 22873–128 Magellan-Clay/MIKE GWP 1400 2006 Aug 03 01:49 2453950.580 +205.7
CS 22874–009 Magellan-Clay/MIKE GWP 1000 2007 Aug 23 23:16 2454336.468 −36.2
CS 22875–029 Magellan-Baade/MIKE GWP 3600 2003 Jun 12 09:59 2452802.918 +73.1
CS 22875–029 Magellan-Clay/MIKE GWP 3600 2003 Oct 12 04:25 2452924.687 +72.7
CS 22876–040 Magellan-Clay/MIKE IBT 5800 2009 Jul 26 07:17 2455038.807 −189.9
CS 22877–001 Magellan-Baade/MIKE GWP 1000 2003 Jan 14 06:58 2452653.790 +169.8
CS 22877–001 Magellan-Baade/MIKE GWP 1600 2003 Jan 15 07:52 2452654.828 +167.0
CS 22877–001 Magellan-Baade/MIKE GWP 1200 2003 Jan 20 08:31 2452659.856 +166.6
CS 22877–001 Magellan-Clay/MIKE GWP 1800 2006 Aug 02 23:07 2453950.461 +166.7
CS 22877–011 Magellan-Baade/MIKE GWP 2100 2003 Jan 16 08:36 2452655.859 +230.3
CS 22877–011 Magellan-Baade/MIKE GWP 4000 2003 Jan 17 08:16 2452656.845 +230.2
CS 22877–011 Magellan-Clay/MIKE GWP 2400 2006 Aug 03 23:19 2453951.469 +230.5
CS 22877–015 Magellan-Baade/MIKE GWP 2400 2003 Jan 14 07:43 2452653.822 +86.2
CS 22877–015 Magellan-Baade/MIKE GWP 1800 2003 Jan 16 07:50 2452655.827 +85.1
CS 22877–051 Magellan-Baade/MIKE GWP 3600 2003 Jan 18 08:27 2452657.852 +291.2
CS 22877–051 Magellan-Baade/MIKE GWP 4000 2003 Jan 20 07:49 2452659.826 +291.8
CS 22877–051 Magellan-Clay/MIKE GWP 2400 2006 Aug 04 00:12 2453951.507 +292.0
CS 22878–027 Magellan-Baade/MIKE SAS 3600 2003 Jun 22 04:07 2452812.676 −91.1
CS 22878–027 Magellan-Baade/MIKE SAS 3600 2003 Jun 23 03:15 2452813.640 −91.2
CS 22878–101 Magellan-Clay/MIKE GWP 2400 2006 Aug 05 23:59 2453953.501 −128.8
CS 22879–012 Magellan-Clay/MIKE GWP 2600 2004 Jun 28 04:19 2453184.685 −50.4
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 22879–012 Magellan-Clay/MIKE GWP 3600 2004 Jun 28 05:51 2453184.749 −50.3
CS 22879–029 Magellan-Clay/MIKE GWP 7200 2005 Aug 24 01:34 2453606.570 −93.6
CS 22879–029 Magellan-Clay/MIKE IBT 1350 2006 Jun 03 09:49 2453889.913 −167.3
CS 22879–029 Magellan-Clay/MIKE IBT 1200 2006 Jul 19 06:49 2453935.790 −94.2
CS 22879–029 Magellan-Clay/MIKE IBT 1500 2007 Aug 04 04:40 2454316.700 −139.5
CS 22879–029 Magellan-Clay/MIKE IBT 1200 2009 Jul 25 05:48 2455037.747 −102.5
CS 22879–029 Magellan-Clay/MIKE IBT 1200 2009 Jul 26 04:11 2455038.680 −114.5
CS 22879–029 Magellan-Clay/MIKE GWP 800 2009 Sep 04 23:43 2455079.492 −171.5
CS 22879–029 Magellan-Clay/MIKE GWP 1200 2009 Sep 05 23:43 2455080.492 −176.9
CS 22879–051 Magellan-Clay/MIKE GWP 2000 2005 Aug 20 05:11 2453602.721 −43.0
CS 22879–094 Magellan-Clay/MIKE GWP 6400 2005 Aug 25 00:18 2453607.517 +47.6
CS 22879–097 Magellan-Baade/MIKE SAS 7200 2003 May 23 07:45 2452782.825 +26.4
CS 22879–103 Magellan-Baade/MIKE GWP 4400 2003 Jun 15 06:56 2452805.793 −30.9
CS 22879–103 Magellan-Clay/MIKE GWP 4200 2003 Oct 12 01:53 2452924.580 −31.0
CS 22880–086 Magellan-Baade/MIKE SAS 7200 2003 Jun 22 07:58 2452812.837 −112.2
CS 22881–032 Magellan-Clay/MIKE IBT 3500 2007 Aug 05 04:11 2454317.679 −29.3
CS 22881–036 Magellan-Clay/MIKE GWP 800 2007 Aug 21 05:25 2454333.731 +43.3
CS 22881–036 Magellan-Clay/MIKE IBT 2400 2009 Oct 25 00:24 2455129.518 +42.7
CS 22881–039 Magellan-Baade/MIKE GWP 8000 2003 Jun 12 08:09 2452802.842 +94.0
CS 22881–039 Magellan-Clay/MIKE GWP 6000 2003 Oct 09 03:03 2452921.630 +79.1
CS 22881–070 Magellan-Clay/MIKE IBT 3600 2006 Jul 19 07:50 2453935.831 −115.9
CS 22882–001 Magellan-Baade/MIKE GWP 4800 2003 Jun 15 09:24 2452805.892 +26.9
CS 22882–001 Magellan-Clay/MIKE GWP 6000 2003 Oct 09 06:05 2452921.758 +26.1
CS 22882–006 Magellan-Clay/MIKE GWP 3000 2008 Sep 10 06:26 2454719.773 −81.5
CS 22883–037 Magellan-Baade/MIKE SAS 7200 2003 May 23 02:55 2452782.626 −262.8
CS 22883–037 Magellan-Baade/MIKE SAS 3600 2003 May 24 03:22 2452783.645 −262.8
CS 22884–020 Magellan-Baade/MIKE GWP 4800 2003 Jun 13 01:43 2452803.577 +30.4
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 22884–020 Magellan-Baade/MIKE GWP 2700 2003 Jun 14 01:42 2452804.576 +28.9
CS 22884–020 Magellan-Clay/MIKE IBT 3100 2009 Jul 25 00:40 2455037.530 +28.3
CS 22884–033 Magellan-Baade/MIKE SAS 3600 2003 Jun 24 02:21 2452814.602 −92.9
CS 22884–033 Magellan-Clay/MIKE IBT 1300 2009 May 16 06:13 2454967.765 −103.0
CS 22884–108 Magellan-Baade/MIKE SAS 3600 2003 Jun 24 03:32 2452814.652 −12.6
CS 22885–040 Magellan-Baade/MIKE SAS 7200 2003 Jun 26 05:52 2452816.750 +73.9
CS 22885–040 Magellan-Clay/MIKE IBT 1800 2009 May 17 08:57 2454968.876 +72.9
CS 22885–096 Magellan-Clay/MIKE GWP 2100 2006 Aug 06 02:40 2453953.616 −249.1
CS 22885–203 Magellan-Clay/MIKE GWP 2900 2008 Sep 10 00:32 2454719.526 −33.9
CS 22886–012 Magellan-Clay/MIKE GWP 3600 2008 Sep 12 02:59 2454721.630 −56.8
CS 22886–012 Magellan-Clay/MIKE GWP 1800 2009 Sep 05 03:08 2455079.636 −57.0
CS 22886–044 Magellan-Clay/MIKE GWP 3200 2008 Sep 10 02:05 2454719.592 −130.2
CS 22886–044 Magellan-Clay/MIKE IBT 2100 2009 Oct 26 02:12 2455130.595 −130.0
CS 22888–002 Magellan-Clay/MIKE IBT 3800 2006 Jul 22 08:01 2453938.838 +35.4
CS 22888–014 Magellan-Clay/MIKE IBT 3600 2007 Aug 05 06:05 2454317.758 −128.6
CS 22888–014 Magellan-Clay/MIKE IBT 3300 2009 Oct 28 00:12 2455132.511 −128.6
CS 22888–031 Magellan-Clay/MIKE IBT 3600 2004 Jul 15 09:01 2453201.880 −124.8
CS 22888–031 Magellan-Clay/MIKE IBT 4000 2004 Jul 24 09:06 2453210.884 −124.9
CS 22888–047 Magellan-Baade/MIKE GWP 4400 2003 Jun 14 09:00 2452804.876 −158.5
CS 22888–047 Magellan-Clay/MIKE GWP 6000 2003 Oct 13 05:15 2452925.723 −158.1
CS 22889–050 Magellan-Baade/MIKE SAS 3600 2003 Jun 26 01:22 2452816.559 +217.1
CS 22890–011 Magellan-Baade/MIKE SAS 3600 2003 Jun 26 02:28 2452816.606 −128.7
CS 22890–011 Magellan-Clay/MIKE IBT 1300 2009 May 16 05:23 2454967.730 −128.6
CS 22890–024 Magellan-Baade/MIKE GWP 1600 2003 Jun 13 00:40 2452803.532 +228.6
CS 22890–024 Magellan-Clay/MIKE GWP 3600 2006 Aug 02 23:43 2453950.489 +228.9
CS 22891–171 Magellan-Baade/MIKE SAS 7200 2003 Jun 22 05:51 2452812.748 +55.4
CS 22891–171 Magellan-Baade/MIKE SAS 3600 2003 Jun 23 04:22 2452813.687 +55.4
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 22891–200 Magellan-Clay/MIKE GWP 4100 2006 Aug 06 01:05 2453953.549 +137.2
CS 22891–209 Magellan-Clay/MIKE GWP 600 2006 Aug 03 01:29 2453950.566 +80.7
CS 22891–221 Magellan-Clay/MIKE GWP 8000 2004 Jun 29 02:32 2453185.610 +35.8
CS 22892–025 Magellan-Clay/MIKE GWP 1800 2005 Aug 25 04:31 2453607.694 +170.0
CS 22892–052 Magellan-Baade/MIKE SAS 2400 2003 Jun 26 10:12 2452816.928 +12.9
CS 22892–052 Magellan-Clay/MIKE GWP 2400 2004 Jun 29 09:11 2453185.886 +13.0
CS 22893–011 Magellan-Clay/MIKE GWP 3500 2008 Sep 11 01:54 2454720.585 −115.6
CS 22894–004 Magellan-Clay/MIKE GWP 3200 2008 Sep 10 05:28 2454719.734 −4.5
CS 22894–019 Magellan-Clay/MIKE GWP 3400 2004 Aug 12 07:47 2453229.829 +30.9
CS 22896–055 Magellan-Baade/MIKE GWP 3800 2003 Jun 14 03:15 2452804.640 −72.9
CS 22896–055 Magellan-Clay/MIKE IBT 1500 2009 May 16 09:01 2454967.879 −74.0
CS 22896–110 Magellan-Clay/MIKE GWP 3600 2007 Aug 24 00:03 2454336.506 +84.1
CS 22896–110 Magellan-Clay/MIKE IBT 2700 2009 Jul 26 03:31 2455038.651 +84.5
CS 22896–115 Magellan-Clay/MIKE IBT 6000 2004 Jul 15 04:51 2453201.707 +7.1
CS 22896–115 Magellan-Clay/MIKE GWP 3000 2004 Aug 12 01:06 2453229.550 +7.0
CS 22896–136 Magellan-Clay/MIKE GWP 4000 2004 Aug 13 01:40 2453230.574 −17.2
CS 22896–136 Magellan-Clay/MIKE GWP 2900 2005 Aug 21 02:32 2453603.609 −17.6
CS 22896–136 Magellan-Clay/MIKE IBT 1200 2006 Jun 07 06:58 2453893.795 −17.2
CS 22896–136 Magellan-Clay/MIKE IBT 2000 2006 Jul 19 05:42 2453935.742 −16.4
CS 22896–136 Magellan-Clay/MIKE IBT 1200 2007 Aug 01 03:42 2454313.659 −16.9
CS 22896–136 Magellan-Clay/MIKE IBT 1800 2007 Aug 02 05:19 2454314.726 −19.8
CS 22897–008 Magellan-Clay/MIKE GWP 2900 2007 Aug 22 00:59 2454334.544 +266.5
CS 22898–043 Magellan-Baade/MIKE GWP 4000 2003 Jun 12 06:19 2452802.767 +112.7
CS 22898–043 Magellan-Clay/MIKE GWP 3600 2003 Oct 12 03:14 2452924.637 +111.8
CS 22898–047 Magellan-Clay/MIKE GWP 3600 2004 Jun 30 04:18 2453186.684 −37.8
CS 22898–047 Magellan-Clay/MIKE GWP 9300 2007 Aug 21 02:17 2454333.601 −40.3
CS 22937–072 Magellan-Baade/MIKE SAS 3600 2003 May 23 09:24 2452782.894 −143.7
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 22937–072 Magellan-Baade/MIKE SAS 3600 2003 May 24 09:48 2452783.911 −143.9
CS 22940–070 Magellan-Baade/MIKE SAS 9000 2003 May 24 07:52 2452783.830 +78.5
CS 22940–121 Magellan-Baade/MIKE GWP 4000 2003 Jun 14 04:50 2452804.705 −13.1
CS 22940–121 Magellan-Clay/MIKE GWP 4800 2003 Oct 12 00:34 2452924.524 −13.2
CS 22941–027 Magellan-Baade/MIKE GWP 4600 2003 Jun 14 07:35 2452804.817 −93.4
CS 22941–027 Magellan-Clay/MIKE GWP 4700 2003 Oct 12 05:27 2452924.731 −93.7
CS 22942–002 Magellan-Clay/MIKE IBT 3600 2004 Sep 24 05:40 2453272.741 −160.3
CS 22942–024 Magellan-Clay/MIKE GWP 3600 2005 Aug 25 09:39 2453607.907 −74.0
CS 22942–035 Magellan-Clay/MIKE GWP 4200 2009 Sep 05 08:54 2455079.876 −94.5
CS 22942–035 Magellan-Clay/MIKE IBT 3300 2009 Oct 28 01:14 2455132.556 −94.0
CS 22943–059 Magellan-Clay/MIKE GWP 4400 2004 Aug 12 02:18 2453229.601 +239.5
CS 22943–095 Magellan-Clay/MIKE GWP 400 2006 Aug 04 01:57 2453951.586 −149.4
CS 22943–132 Magellan-Clay/MIKE GWP 1400 2006 Aug 03 02:19 2453950.602 +18.9
CS 22943–137 Magellan-Baade/MIKE SAS 3600 2003 Jun 23 05:37 2452813.739 −30.3
CS 22943–137 Magellan-Clay/MIKE IBT 1400 2009 May 15 10:10 2454966.926 −31.8
CS 22943–201 Magellan-Clay/MIKE GWP 2200 2005 Aug 21 01:26 2453603.564 +37.2
CS 22943–201 Magellan-Clay/MIKE IBT 5100 2006 Jun 12 05:54 2453898.750 +37.6
CS 22943–201 Magellan-Clay/MIKE IBT 1500 2007 Aug 03 06:22 2454315.771 +35.4
CS 22943–201 Magellan-Clay/MIKE IBT 1800 2007 Aug 04 04:04 2454316.675 +36.4
CS 22944–014 Magellan-Clay/MIKE GWP 2100 2005 Aug 21 05:09 2453603.720 −381.2
CS 22944–032 Magellan-Clay/MIKE GWP 4400 2004 Jun 30 09:51 2453186.915 +19.3
CS 22944–032 Magellan-Clay/MIKE GWP 800 2007 Aug 22 03:12 2454334.639 +18.5
CS 22944–032 Magellan-Clay/MIKE GWP 2000 2007 Aug 23 02:35 2454335.613 +19.1
CS 22944–061 Magellan-Clay/MIKE GWP 3000 2006 Aug 05 05:51 2453952.749 +157.3
CS 22945–017 Magellan-Clay/MIKE GWP 3400 2008 Sep 11 02:58 2454720.627 +101.8
CS 22945–024 Magellan-Clay/MIKE GWP 5400 2007 Aug 21 06:25 2454333.771 +148.2
CS 22945–031 Magellan-Clay/MIKE GWP 4400 2005 Aug 25 06:12 2453607.761 +196.4
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 22945–056 Magellan-Clay/MIKE GWP 3200 2005 Aug 25 08:31 2453607.858 +222.5
CS 22945–058 Magellan-Clay/MIKE GWP 5400 2008 Sep 11 04:28 2454720.689 +23.1
CS 22945–058 Magellan-Clay/MIKE IBT 1550 2009 Jul 26 10:29 2455038.940 +23.7
CS 22947–049 Magellan-Clay/MIKE GWP 7200 2004 Jun 28 02:37 2453184.614 +78.8
CS 22947–187 Magellan-Clay/MIKE GWP 1200 2006 Aug 03 01:07 2453950.551 −251.2
CS 22948–066 Magellan-Clay/MIKE GWP 1500 2007 Aug 22 02:48 2454334.622 −171.2
CS 22948–066 Magellan-Clay/MIKE IBT 900 2009 May 15 10:32 2454966.940 −170.8
CS 22948–093 Magellan-Clay/MIKE GWP 1400 2006 Aug 03 04:07 2453950.677 +367.9
CS 22948–093 Magellan-Clay/MIKE GWP 6000 2006 Aug 04 03:10 2453951.637 +368.0
CS 22948–093 Magellan-Clay/MIKE GWP 2000 2006 Aug 06 04:41 2453953.700 +366.0
CS 22948–093 Magellan-Clay/MIKE IBT 900 2009 Oct 26 02:42 2455130.614 +360.4
CS 22949–008 Magellan-Clay/MIKE IBT 1200 2007 Aug 04 06:07 2454316.760 −135.8
CS 22949–008 Magellan-Clay/MIKE GWP 2700 2008 Sep 10 03:39 2454719.658 −151.2
CS 22949–008 Magellan-Clay/MIKE IBT 1050 2009 Jul 25 07:39 2455037.823 −147.0
CS 22949–008 Magellan-Clay/MIKE IBT 1200 2009 Jul 26 08:27 2455038.856 −147.2
CS 22949–030 Magellan-Clay/MIKE GWP 2800 2008 Sep 12 05:38 2454721.741 −85.6
CS 22949–037 Magellan-Clay/MIKE GWP 5000 2006 Aug 06 08:32 2453953.860 −125.4
CS 22949–037 Magellan-Clay/MIKE IBT 1350 2009 Jul 25 08:04 2455037.840 −125.3
CS 22949–048 Magellan-Clay/MIKE GWP 2600 2006 Aug 06 07:23 2453953.812 −160.8
CS 22950–046 Magellan-Clay/MIKE GWP 4800 2006 Aug 06 03:44 2453953.661 +108.8
CS 22951–005 Magellan-Clay/MIKE GWP 4300 2005 Aug 24 03:06 2453606.634 +232.2
CS 22951–005 Magellan-Clay/MIKE GWP 3050 2005 Aug 25 01:53 2453607.583 +231.7
CS 22951–059 Magellan-Clay/MIKE GWP 7400 2007 Aug 23 00:37 2454335.531 +88.1
CS 22951–059 Magellan-Clay/MIKE IBT 1800 2009 Jul 26 04:41 2455038.700 +88.3
CS 22951–077 Magellan-Baade/MIKE GWP 3200 2003 Jun 14 06:18 2452804.766 +109.1
CS 22951–077 Magellan-Clay/MIKE GWP 3600 2003 Oct 13 02:20 2452925.599 +108.7
CS 22952–011 Magellan-Clay/MIKE GWP 2800 2004 Aug 12 06:49 2453229.789 −328.1
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 22952–015 Magellan-Clay/MIKE GWP 1800 2006 Aug 04 09:06 2453951.884 −17.9
CS 22953–003 Magellan-Clay/MIKE GWP 2000 2006 Aug 03 09:46 2453950.910 +208.3
CS 22953–037 Magellan-Clay/MIKE IBT 3600 2003 Nov 02 04:00 2452945.668 −162.9
CS 22954–004 Magellan-Clay/MIKE IBT 2400 2004 Sep 26 07:23 2453274.812 −10.5
CS 22954–015 Magellan-Clay/MIKE GWP 1400 2008 Sep 10 08:40 2454719.865 −50.0
CS 22955–110 Magellan-Clay/MIKE GWP 1800 2004 Jun 29 04:03 2453185.674 +4.1
CS 22955–174 Magellan-Baade/MIKE GWP 4400 2003 Jun 12 04:42 2452802.700 −9.2
CS 22955–174 Magellan-Clay/MIKE GWP 6000 2003 Oct 09 01:27 2452921.563 −9.7
CS 22956–015 Magellan-Clay/MIKE GWP 2000 2005 Aug 21 06:33 2453603.776 −33.6
CS 22956–017 Magellan-Clay/MIKE GWP 2100 2005 Aug 21 05:52 2453603.748 −72.9
CS 22956–021 Magellan-Clay/MIKE GWP 3600 2006 Aug 05 04:48 2453952.704 +40.0
CS 22956–050 Magellan-Clay/MIKE GWP 3700 2007 Aug 21 03:27 2454333.647 +0.1
CS 22956–050 Magellan-Clay/MIKE GWP 1900 2009 Sep 05 01:17 2455079.556 +0.4
CS 22956–062 Magellan-Clay/MIKE GWP 3600 2008 Sep 11 00:48 2454720.536 +187.9
CS 22956–062 Magellan-Clay/MIKE GWP 3600 2008 Sep 12 02:26 2454721.604 +187.9
CS 22956–081 Magellan-Clay/MIKE GWP 7200 2007 Aug 23 03:32 2454335.651 +244.4
CS 22956–081 Magellan-Clay/MIKE GWP 2900 2009 Sep 05 02:02 2455079.588 +244.9
CS 22956–102 Magellan-Clay/MIKE GWP 5400 2008 Sep 12 04:21 2454721.684 +14.4
CS 22956–102 Magellan-Clay/MIKE GWP 5300 2009 Sep 05 06:10 2455079.760 +22.4
CS 22956–106 Magellan-Clay/MIKE GWP 1800 2007 Aug 23 05:26 2454335.730 +205.8
CS 22956–106 Magellan-Clay/MIKE GWP 2000 2007 Aug 24 05:59 2454336.753 +208.1
CS 22956–106 Magellan-Clay/MIKE IBT 2400 2009 Oct 25 01:59 2455129.583 +207.4
CS 22956–110 Magellan-Clay/MIKE GWP 8000 2006 Aug 04 07:34 2453951.819 −86.1
CS 22957–019 Magellan-Clay/MIKE GWP 1770 2006 Aug 02 07:52 2453949.832 −33.1
CS 22957–019 Magellan-Clay/MIKE IBT 2400 2009 Oct 25 03:12 2455129.638 −33.3
CS 22957–022 Magellan-Clay/MIKE GWP 1200 2006 Aug 04 09:36 2453951.904 −31.6
CS 22957–024 Magellan-Clay/MIKE GWP 6300 2004 Aug 10 08:37 2453227.864 −67.9
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 22957–024 Magellan-Clay/MIKE GWP 3000 2004 Aug 12 08:45 2453229.869 −67.0
CS 22957–026 Magellan-Clay/MIKE GWP 1200 2008 Sep 09 06:00 2454718.756 −19.0
CS 22957–026 Magellan-Clay/MIKE IBT 700 2009 Jul 25 10:33 2455037.943 −18.8
CS 22957–027 Magellan-Clay/MIKE GWP 1000 2008 Sep 11 06:13 2454720.765 −74.8
CS 22957–036 Magellan-Clay/MIKE GWP 3600 2008 Sep 11 06:57 2454720.795 −154.5
CS 22958–037 Magellan-Clay/MIKE GWP 3600 2005 Aug 21 09:29 2453603.898 +209.5
CS 22958–041 Magellan-Clay/MIKE IBT 7200 2003 Nov 03 06:01 2452946.752 −76.3
CS 22958–042 Magellan-Baade/MIKE GWP 4800 2003 Jan 16 01:30 2452655.561 +165.2
CS 22958–042 Magellan-Baade/MIKE GWP 2400 2003 Jan 17 01:10 2452656.547 +165.7
CS 22958–042 Magellan-Baade/MIKE GWP 2400 2003 Jan 19 01:14 2452658.550 +165.6
CS 22958–052 Magellan-Clay/MIKE IBT 3000 2004 Sep 26 09:12 2453274.886 +88.9
CS 22958–065 Magellan-Clay/MIKE GWP 3600 2007 Aug 21 07:48 2454333.828 +105.8
CS 22958–074 Magellan-Clay/MIKE GWP 3000 2005 Aug 21 07:22 2453603.810 +319.8
CS 22958–083 Magellan-Clay/MIKE GWP 7200 2003 Oct 09 08:05 2452921.839 +174.8
CS 22959–074 Magellan-Baade/MIKE SAS 4000 2003 Jun 24 04:44 2452814.702 −135.2
CS 22959–074 Magellan-Clay/MIKE IBT 1300 2009 May 15 09:12 2454966.887 −136.7
CS 22959–139 Magellan-Baade/MIKE SAS 4000 2003 Jun 25 04:14 2452815.681 −27.0
CS 22959–139 Magellan-Clay/MIKE IBT 1400 2009 May 15 09:40 2454966.906 −27.0
CS 22960–010 Magellan-Clay/MIKE GWP 4000 2004 Jun 28 10:09 2453184.927 +47.0
CS 22960–010 Magellan-Clay/MIKE IBT 5100 2006 Jun 07 08:59 2453893.877 +47.4
CS 22960–029 Magellan-Clay/MIKE GWP 3800 2004 Aug 13 06:43 2453230.785 +43.2
CS 22960–029 Magellan-Clay/MIKE IBT 3600 2006 Jun 06 09:02 2453892.879 +43.2
CS 22960–029 Magellan-Clay/MIKE IBT 1800 2006 Jun 07 07:51 2453893.830 +42.6
CS 22960–048 Magellan-Baade/MIKE SAS 3600 2003 Jun 22 09:43 2452812.908 −88.4
CS 22960–048 Magellan-Baade/MIKE SAS 4000 2003 Jun 24 08:44 2452814.867 −89.0
CS 22960–048 Magellan-Clay/MIKE IBT 1800 2009 Jul 26 08:58 2455038.878 −88.4
CS 22960–064 Magellan-Clay/MIKE IBT 3000 2006 Jul 22 06:58 2453938.795 −86.4
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 22963–004 Magellan-Baade/MIKE GWP 3000 2003 Jan 17 02:00 2452656.585 +294.6
CS 22963–004 Magellan-Baade/MIKE GWP 6000 2003 Jan 18 01:48 2452657.576 +295.3
CS 22963–004 Magellan-Baade/MIKE GWP 3600 2009 Sep 05 07:42 2455079.824 +293.3
CS 22964–115 Magellan-Clay/MIKE GWP 3600 2005 Aug 20 04:17 2453602.683 −220.4
CS 22964–115 Magellan-Clay/MIKE IBT 1300 2009 May 17 09:05 2454968.882 −220.7
CS 22964–176 Magellan-Clay/MIKE IBT 3600 2005 May 26 08:29 2453516.857 −60.6
CS 22964–176 Magellan-Clay/MIKE IBT 3600 2005 May 27 08:05 2453517.840 −60.5
CS 22964–183 Magellan-Clay/MIKE GWP 3400 2004 Aug 13 02:47 2453230.621 +80.8
CS 22964–214 Magellan-Clay/MIKE GWP 2000 2006 Aug 06 01:59 2453953.588 +41.2
CS 22965–016 Magellan-Clay/MIKE GWP 3600 2008 Sep 12 00:44 2454721.536 −89.9
CS 22965–016 Magellan-Clay/MIKE GWP 4200 2009 Sep 05 00:24 2455079.522 −89.7
CS 22965–054 Magellan-Clay/MIKE GWP 7200 2007 Aug 24 04:31 2454336.694 −282.4
CS 22965–054 Magellan-Clay/MIKE IBT 3800 2009 Oct 27 01:32 2455131.567 −281.4
CS 22968–001 Magellan-Clay/MIKE GWP 8000 2003 Oct 13 07:20 2452925.808 +121.5
CS 22968–014 Magellan-Clay/MIKE IBT 3600 2004 Sep 25 09:11 2453273.885 +159.0
CS 22968–026 Magellan-Clay/MIKE IBT 3600 2004 Sep 23 07:44 2453271.824 +79.5
CS 22968–029 Magellan-Baade/MIKE GWP 4000 2003 Jan 15 02:54 2452654.620 +83.6
CS 22968–029 Magellan-Clay/MIKE GWP 3600 2008 Sep 12 07:23 2454721.810 +83.5
CS 29493–023 Magellan-Clay/MIKE GWP 3000 2005 Aug 25 03:02 2453607.632 +45.2
CS 29493–050 Magellan-Clay/MIKE GWP 2200 2005 Aug 25 03:51 2453607.666 −89.7
CS 29493–062 Magellan-Clay/MIKE IBT 3300 2006 Jun 06 08:28 2453892.855 +5.9
CS 29493–094 Magellan-Clay/MIKE GWP 3600 2006 Aug 04 04:42 2453951.701 −206.9
CS 29495–005 Magellan-Clay/MIKE GWP 4000 2006 Aug 03 03:14 2453950.640 −144.6
CS 29495–042 Magellan-Clay/MIKE GWP 2000 2007 Aug 22 01:59 2454334.588 −94.8
CS 29497–030 Magellan-Clay/MIKE IBT 200 2004 Jun 22 09:50 2453178.910 +48.9
CS 29497–030 Magellan-Clay/MIKE GWP 900 2005 Aug 21 10:05 2453603.925 +45.5
CS 29499–003 Magellan-Clay/MIKE IBT 3600 2007 Aug 04 07:28 2454316.816 −82.4
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 29499–058 Magellan-Clay/MIKE IBT 3000 2006 Jul 21 08:23 2453937.853 +151.6
CS 29499–060 Magellan-Clay/MIKE GWP 2400 2004 Aug 12 09:38 2453229.906 −56.8
CS 29501–032 Magellan-Clay/MIKE GWP 3300 2005 Aug 21 03:23 2453603.646 −138.0
CS 29502–092 Magellan-Clay/MIKE IBT 1800 2009 Oct 26 01:32 2455130.567 −66.6
CS 29504–004 Magellan-Clay/MIKE IBT 3000 2009 Jul 26 09:47 2455038.910 +63.9
CS 29504–006 Magellan-Clay/MIKE IBT 7200 2003 Nov 02 05:41 2452945.740 −87.3
CS 29506–007 Magellan-Clay/MIKE GWP 2800 2005 Aug 21 04:22 2453603.688 +56.9
CS 29506–090 Magellan-Clay/MIKE IBT 1800 2004 Jun 20 06:12 2453176.762 −19.6
CS 29506–090 Magellan-Clay/MIKE IBT 3600 2004 Jun 24 09:43 2453180.909 −21.2
CS 29509–027 Magellan-Clay/MIKE GWP 1800 2004 Jun 29 09:52 2453185.912 +73.8
CS 29509–027 Magellan-Clay/MIKE GWP 180 2005 Aug 21 10:11 2453603.929 +74.4
CS 29512–013 Magellan-Clay/MIKE GWP 2000 2005 Aug 25 05:12 2453607.722 −40.7
CS 29512–030 Magellan-Clay/MIKE GWP 3600 2007 Aug 21 04:40 2454333.700 −91.7
CS 29512–030 Magellan-Clay/MIKE GWP 1200 2009 Sep 05 03:42 2455079.660 −92.0
CS 29512–073 Magellan-Clay/MIKE GWP 3000 2008 Sep 10 04:33 2454719.695 −75.5
CS 29512–073 Magellan-Clay/MIKE IBT 1200 2009 Oct 25 02:34 2455129.610 −74.7
CS 29513–003 Magellan-Clay/MIKE IBT 2200 2007 Aug 02 08:19 2454314.851 −111.2
CS 29513–015 Magellan-Clay/MIKE IBT 3200 2006 Jul 22 09:25 2453938.897 +53.5
CS 29513–031 Magellan-Clay/MIKE IBT 5400 2006 Jul 19 09:11 2453935.887 +295.7
CS 29513–031 Magellan-Clay/MIKE IBT 1200 2009 Jul 04 09:44 2455016.909 +283.8
CS 29513–031 Magellan-Clay/MIKE IBT 1200 2009 Jul 25 06:14 2455037.764 +283.6
CS 29513–031 Magellan-Clay/MIKE IBT 1200 2009 Oct 28 01:58 2455132.584 +284.1
CS 29513–032 Magellan-Clay/MIKE IBT 3800 2009 Jul 25 09:04 2455037.882 −215.8
CS 29513–032 Magellan-Clay/MIKE IBT 600 2009 Oct 26 03:27 2455130.646 −215.4
CS 29514–007 Magellan-Clay/MIKE IBT 3600 2003 Nov 02 02:37 2452945.613 +40.7
CS 29514–018 Magellan-Clay/MIKE GWP 1800 2006 Aug 04 08:30 2453951.857 +74.8
CS 29514–037 Magellan-Clay/MIKE GWP 4600 2004 Aug 13 09:47 2453230.911 −2.8
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

CS 29517–018 Magellan-Clay/MIKE IBT 3600 2006 Jul 21 09:24 2453937.895 +143.0
CS 29517–042 Magellan-Clay/MIKE GWP 3200 2006 Aug 03 08:55 2453950.876 −21.5
CS 29529–054 Magellan-Baade/MIKE GWP 3600 2003 Jan 17 03:27 2452656.643 +113.3
CS 29529–054 Magellan-Baade/MIKE GWP 6000 2003 Jan 20 01:08 2452659.547 +112.9
CS 29529–054 Magellan-Clay/MIKE GWP 1900 2009 Sep 05 09:59 2455079.917 +113.4
CS 30312–059 Magellan-Clay/MIKE GWP 2400 2006 Aug 03 00:29 2453950.521 −156.3
CS 30312–062 Magellan-Clay/MIKE GWP 4000 2004 Jun 30 02:16 2453186.598 +51.6
CS 30312–100 Magellan-Clay/MIKE GWP 2000 2006 Aug 05 23:16 2453953.470 −108.3
CS 30339–015 Magellan-Clay/MIKE IBT 5400 2004 Sep 24 04:10 2453272.678 +101.7
CS 30339–046 Magellan-Clay/MIKE GWP 5100 2007 Aug 22 08:12 2454334.846 −27.0
CS 30339–046 Magellan-Clay/MIKE GWP 7200 2007 Aug 24 07:51 2454336.832 −38.8
CS 30339–046 Magellan-Clay/MIKE IBT 1200 2009 Jul 25 09:51 2455037.914 +9.1
CS 30339–046 Magellan-Clay/MIKE IBT 600 2009 Oct 28 05:56 2455132.750 −25.5
CS 30492–001 Magellan-Clay/MIKE GWP 1650 2008 Sep 10 01:18 2454719.558 −116.2
CS 30492–016 Magellan-Clay/MIKE GWP 2600 2005 Aug 20 05:55 2453602.752 +67.7
CS 30492–110 Magellan-Clay/MIKE GWP 7100 2007 Aug 24 02:20 2454336.602 +44.8
CS 30492–110 Magellan-Clay/MIKE IBT 3100 2009 Jul 25 06:25 2455037.780 +45.0
CS 30493–071 Magellan-Clay/MIKE IBT 2000 2007 Aug 04 08:22 2454316.853 −6.6
G004–036 McDonald-Smith/2dCoude IUR 7200 2008 Oct 30 07:15 2454769.808 +222.3
G004–036 McDonald-Smith/2dCoude IUR 5400 2008 Nov 01 07:58 2454771.838 +221.5
G004–036 McDonald-Smith/2dCoude IUR 7200 2008 Nov 04 06:45 2454774.787 +221.6
G004–037 McDonald-Smith/2dCoude IUR 5400 2008 Oct 31 07:51 2454770.833 −107.7
G004–037 McDonald-Smith/2dCoude IUR 5400 2008 Nov 02 08:13 2454772.848 −108.7
G004–037 McDonald-Smith/2dCoude IUR 7200 2008 Nov 03 06:45 2454773.787 −106.9
G009–027 McDonald-HET/HRS IUR 1900 2008 Dec 12 08:36 2454812.862 +181.4
G010–054 McDonald-HET/HRS IUR 2700 2009 Jan 11 10:07 2454842.924 +58.9
G015–010 Magellan-Clay/MIKE IBT 1200 2009 Feb 21 09:43 2454883.906 +90.0
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

G015–010 McDonald-HET/HRS IUR 1100 2009 Mar 16 10:59 2454906.961 +89.3
G015–010 Magellan-Clay/MIKE IBT 2100 2009 May 16 05:48 2454967.747 +90.1
G016–025 McDonald-HET/HRS IUR 3000 2008 May 27 08:39 2454613.866 +24.0
G016–025 McDonald-HET/HRS IUR 3000 2008 Jun 04 07:59 2454621.838 +23.4
G025–022 McDonald-HET/HRS IUR 3200 2008 Nov 04 03:59 2454774.667 −150.8
G025–024 McDonald-Smith/2dCoude IUR 1200 2008 Sep 07 04:45 2454716.703 +43.7
G025–024 McDonald-HET/HRS IUR 3300 2008 Oct 19 03:56 2454758.666 +44.2
G026–001 McDonald-Smith/2dCoude IUR 5400 2008 Sep 05 05:14 2454714.723 +12.1
G026–001 McDonald-Smith/2dCoude IUR 8400 2009 Jun 12 09:57 2454994.918 +2.0
G026–001 McDonald-Smith/2dCoude IUR 6000 2009 Jun 13 09:59 2454995.919 +2.0
G037–026 McDonald-Smith/2dCoude IUR 2800 2008 Nov 03 08:22 2454773.854 −139.9
G058–025 McDonald-Smith/2dCoude IUR 2400 2009 Feb 18 05:30 2454880.735 +65.9
G058–025 McDonald-Smith/2dCoude IUR 900 2009 Jun 12 02:43 2454994.612 +65.3
G064–012 Magellan-Clay/MIKE IBT 1200 2009 Feb 19 09:31 2454881.900 +442.7
G071–033 McDonald-Smith/2dCoude IUR 5400 2008 Sep 06 09:36 2454715.904 −8.4
G071–033 McDonald-Smith/2dCoude IUR 5400 2008 Nov 01 06:18 2454771.768 −6.8
G071–033 McDonald-Smith/2dCoude IUR 1200 2008 Nov 03 04:45 2454773.703 −5.5
G071–055 McDonald-Smith/2dCoude IUR 5400 2008 Oct 31 04:10 2454770.679 −30.6
G071–055 McDonald-Smith/2dCoude IUR 5400 2008 Oct 31 05:53 2454770.751 −31.3
G071–055 McDonald-Smith/2dCoude IUR 5400 2008 Nov 04 04:49 2454774.706 −31.4
G075–056 McDonald-HET/HRS IUR 2100 2008 Nov 07 06:55 2454777.793 +24.1
G088–023 McDonald-HET/HRS IUR 2100 2008 Nov 03 09:31 2454773.899 −199.5
G090–003 McDonald-Smith/2dCoude IUR 7200 2008 Oct 31 11:18 2454770.973 +29.7
G090–003 McDonald-Smith/2dCoude IUR 3600 2008 Nov 03 10:03 2454773.921 +29.7
G090–003 McDonald-Smith/2dCoude IUR 6400 2008 Nov 04 11:07 2454774.965 +29.5
G090–003 McDonald-Smith/2dCoude IUR 5400 2009 Feb 19 01:59 2454881.587 +29.6
G090–025 McDonald-Smith/2dCoude IUR 1500 2008 Nov 01 12:14 2454772.011 −234.3
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

G090–025 McDonald-Smith/2dCoude IUR 1800 2009 Feb 18 04:23 2454880.687 −234.0
G107–050 McDonald-HET/HRS IUR 1500 2008 Oct 13 09:52 2454752.912 +148.7
G115–049 McDonald-HET/HRS IUR 1400 2009 Jan 09 11:45 2454840.995 −65.2
G122–069 McDonald-HET/HRS IUR 1900 2008 Dec 12 11:52 2454812.995 −100.9
G126–062 McDonald-Smith/2dCoude IUR 2100 2008 Sep 08 03:33 2454717.653 −290.3
G126–062 McDonald-Smith/2dCoude IUR 4800 2008 Nov 03 01:26 2454773.562 −292.8
G137–086 McDonald-HET/HRS IUR 3200 2008 Jun 13 07:44 2454630.827 −83.3
G137–086 McDonald-HET/HRS IUR 2600 2008 Jun 14 07:56 2454631.835 −83.3
G137–086 McDonald-HET/HRS IUR 2600 2008 Jun 24 07:09 2454641.802 −84.2
G146–056 McDonald-HET/HRS IUR 4500 2009 Jan 02 08:49 2454833.871 −104.5
G146–076 McDonald-Smith/2dCoude IUR 5400 2009 Feb 18 09:32 2454880.902 −114.1
G146–076 McDonald-Smith/2dCoude IUR 7200 2009 Feb 19 08:24 2454881.855 −114.0
G146–076 McDonald-Smith/2dCoude IUR 5400 2009 May 07 05:24 2454958.726 −114.2
G153–064 McDonald-Smith/2dCoude IUR 7800 2009 May 06 09:25 2454957.898 +114.5
G153–064 McDonald-Smith/2dCoude IUR 9000 2009 May 07 08:31 2454958.860 +114.1
G153–064 McDonald-Smith/2dCoude IUR 3600 2009 May 08 09:30 2454959.901 +114.2
G153–064 McDonald-Smith/2dCoude IUR 7200 2009 Jun 12 05:42 2454994.743 +113.8
G161–073 McDonald-Smith/2dCoude IUR 7200 2009 Feb 19 03:44 2454881.661 +121.3
G161–073 McDonald-Smith/2dCoude IUR 7200 2009 Feb 19 06:00 2454881.755 +121.0
G166–047 McDonald-HET/HRS IUR 1900 2009 Jan 17 11:30 2454848.979 −66.2
G170–047 McDonald-Smith/2dCoude IUR 4000 2008 Aug 14 04:44 2454692.699 −283.7
G170–047 McDonald-Smith/2dCoude IUR 2400 2009 Mar 06 12:21 2454897.014 −283.1
G170–047 McDonald-Smith/2dCoude IUR 3600 2009 Mar 09 12:15 2454900.010 −283.2
G180–058 McDonald-Smith/2dCoude IUR 8000 2009 Jun 10 07:04 2454992.797 −308.1
G180–058 McDonald-Smith/2dCoude IUR 6000 2009 Jun 12 07:42 2454994.823 −308.4
G180–058 McDonald-Smith/2dCoude IUR 5700 2009 Jun 13 08:09 2454995.842 −308.4
G186–026 McDonald-Smith/2dCoude IUR 680 2009 Jun 14 09:48 2454996.911 −323.2
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

G186–026 McDonald-Smith/2dCoude IUR 4500 2009 Jun 15 10:26 2454997.937 −324.0
G188–022 McDonald-Smith/2dCoude IUR 5400 2008 Aug 13 09:38 2454691.906 −94.3
G188–022 McDonald-Smith/2dCoude IUR 3600 2008 Sep 05 06:51 2454714.790 −94.6
G188–030 McDonald-Smith/2dCoude IUR 7200 2008 Oct 31 02:10 2454770.593 −184.7
G188–030 McDonald-Smith/2dCoude IUR 7200 2008 Nov 02 01:48 2454772.577 −183.3
G188–030 McDonald-Smith/2dCoude IUR 5400 2008 Nov 04 01:26 2454774.562 −184.5
G190–010 McDonald-Smith/2dCoude IUR 5400 2008 Sep 07 06:09 2454716.760 −112.9
G190–010 McDonald-Smith/2dCoude IUR 7200 2008 Sep 07 07:57 2454716.835 −113.6
G190–010 McDonald-Smith/2dCoude IUR 5400 2008 Oct 30 04:06 2454769.675 −114.1
G190–010 McDonald-Smith/2dCoude IUR 5400 2008 Nov 01 04:20 2454771.684 −114.3
G190–010 McDonald-Smith/2dCoude IUR 5400 2008 Nov 03 03:06 2454773.633 −111.2
G190–015 McDonald-Smith/2dCoude IUR 1800 2008 Aug 14 07:51 2454692.830 −44.7
G190–015 McDonald-Smith/2dCoude IUR 5400 2008 Sep 06 08:51 2454715.873 −57.0
G190–015 McDonald-Smith/2dCoude IUR 5400 2008 Oct 30 05:30 2454769.733 −58.8
G190–015 McDonald-Smith/2dCoude IUR 3600 2008 Nov 02 04:50 2454772.705 −60.1
G190–015 McDonald-Smith/2dCoude IUR 3600 2008 Nov 04 03:05 2454774.632 −59.7
G199–066 McDonald-HET/HRS IUR 3200 2008 May 24 07:04 2454610.795 −144.1
G201–044 McDonald-Smith/2dCoude IUR 5400 2009 Jun 11 07:23 2454993.808 −139.3
G201–044 McDonald-Smith/2dCoude IUR 3600 2009 Jun 13 04:31 2454995.689 −139.3
G201–044 McDonald-Smith/2dCoude IUR 3000 2009 Jun 15 05:30 2454997.730 −139.4
G206–034 McDonald-Smith/2dCoude IUR 7200 2008 Sep 06 02:57 2454715.625 −80.4
G206–034 McDonald-Smith/2dCoude IUR 7200 2008 Sep 07 03:12 2454716.635 −78.2
G206–034 McDonald-Smith/2dCoude IUR 8000 2009 Jun 11 09:46 2454993.910 −91.8
G214–001 McDonald-HET/HRS IUR 1800 2008 Oct 08 06:27 2454747.772 −118.4
G234–028 McDonald-Smith/2dCoude IUR 7200 2009 Feb 18 07:10 2454880.801 +84.8
G234–028 McDonald-Smith/2dCoude IUR 7200 2009 May 07 03:20 2454958.637 +71.1
G238–030 McDonald-HET/HRS IUR 1400 2008 Jun 17 03:59 2454634.665 +225.9
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

G238–032 McDonald-HET/HRS IUR 2700 2009 Jan 15 12:54 2454847.040 −113.3
G251–054 McDonald-Smith/2dCoude IUR 7200 2009 May 06 03:25 2454957.641 +5.2
HD 6268 Magellan-Clay/MIKE IBT 180 2009 Jul 04 10:31 2455016.939 +39.7
HD 11582 Magellan-Clay/MIKE GWP 300 2008 Sep 09 06:53 2454718.791 +22.4
HD 13979 Magellan-Clay/MIKE IBT 240 2003 Nov 03 07:11 2452946.804 +52.3
HD 13979 Magellan-Clay/MIKE IBT 400 2004 Sep 24 07:09 2453272.802 +52.2
HD 16031 McDonald-Smith/2dCoude IUR 5400 2008 Nov 02 06:30 2454772.776 +23.0
HD 31128 McDonald-Smith/2dCoude IUR 2400 2008 Oct 30 09:28 2454769.898 +111.3
HD 31128 McDonald-Smith/2dCoude IUR 4800 2008 Nov 01 09:15 2454771.889 +110.1
HD 45282 McDonald-Smith/2dCoude IUR 1500 2008 Nov 02 09:33 2454772.901 +306.1
HD 45282 McDonald-Smith/2dCoude IUR 2800 2009 Feb 18 03:44 2454880.659 +306.0
HD 88609 McDonald-Smith/2dCoude IUR 2800 2009 Feb 19 09:55 2454881.917 −37.9
HD 88609 McDonald-Smith/2dCoude IUR 2100 2009 Mar 06 05:24 2454896.729 −37.0
HD 106373 Magellan-Clay/MIKE IBT 2700 2009 Feb 21 09:21 2454883.893 +84.2
HD 106373 McDonald-Smith/2dCoude IUR 200 2009 May 06 05:03 2454957.715 +83.1
HD 108317 McDonald-Smith/2dCoude IUR 2100 2009 Feb 19 12:41 2454882.033 +5.4
HD 108317 Magellan-Clay/MIKE IBT 120 2009 Feb 21 09:27 2454883.899 +5.9
HD 119516 McDonald-Smith/2dCoude IUR 2700 2009 May 07 06:40 2454958.782 −285.9
HD 122196 Magellan-Clay/MIKE GWP 80 2008 Sep 09 23:45 2454719.486 −27.6
HD 122563 McDonald-HET/HRS IUR 120 2008 May 26 06:53 2454612.791 −26.1
HD 122563 McDonald-Smith/2dCoude IUR 60 2009 Feb 18 12:40 2454881.031 −26.5
HD 122563 Magellan-Clay/MIKE IBT 26 2009 Feb 19 09:53 2454881.915 −25.7
HD 126238 Magellan-Clay/MIKE GWP 105 2009 Sep 04 23:27 2455079.475 +252.6
HD 126587 Magellan-Clay/MIKE IBT 360 2004 Jul 14 23:00 2453201.460 +149.4
HD 126587 Magellan-Clay/MIKE IBT 360 2004 Jul 19 22:49 2453206.452 +149.5
HD 126587 Magellan-Clay/MIKE IBT 360 2004 Jul 24 23:02 2453211.461 +149.8
HD 128279 Magellan-Clay/MIKE IBT 200 2004 Jul 14 22:49 2453201.453 −75.7
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

HD 128279 Magellan-Clay/MIKE IBT 20 2004 Jun 22 22:57 2453179.460 −76.1
HD 128279 Magellan-Clay/MIKE IBT 90 2004 Jul 23 22:59 2453210.459 −75.7
HD 128279 Magellan-Clay/MIKE IBT 240 2005 May 31 03:05 2453521.634 −75.3
HD 132475 McDonald-Smith/2dCoude IUR 2400 2009 Feb 18 12:09 2454881.007 +176.1
HD 132475 Magellan-Clay/MIKE IBT 200 2009 Feb 19 09:47 2454881.909 +176.5
HD 175305 McDonald-Smith/2dCoude IUR 1500 2009 May 06 11:14 2454957.967 −184.2
HD 175606 Magellan-Clay/MIKE GWP 300 2008 Sep 09 23:56 2454719.499 +165.4
HD 178443 Magellan-Baade/MIKE SAS 400 2003 May 23 06:32 2452782.776 +343.6
HD 178443 Magellan-Clay/MIKE IBT 300 2005 May 28 06:13 2453518.763 +343.6
HD 184266 McDonald-Smith/2dCoude IUR 900 2008 Oct 31 00:51 2454770.534 −349.4
HD 186478 Magellan-Baade/MIKE SAS 200 2003 May 24 06:25 2452783.771 +27.4
HD 187861 Magellan-Clay/MIKE IBT 210 2009 Oct 26 23:42 2455131.486 +8.5
HD 188510 McDonald-Smith/2dCoude IUR 2400 2008 Sep 06 04:25 2454715.688 −193.4
HD 193901 Magellan-Baade/MIKE SAS 400 2003 May 23 10:40 2452782.947 −171.5
HD 196892 McDonald-Smith/2dCoude IUR 1800 2008 Aug 14 06:45 2454692.787 −35.7
HD 196944 Magellan-Clay/MIKE IBT 120 2009 Oct 24 23:33 2455129.482 −166.8
HD 200654 Magellan-Baade/MIKE SAS 200 2003 May 24 10:27 2452783.938 −45.3
HD 200654 Magellan-Clay/MIKE IBT 100 2005 May 30 10:29 2453520.940 −44.4
HD 201891 McDonald-Smith/2dCoude IUR 1800 2008 Aug 13 08:31 2454691.860 −44.6
HD 214362 McDonald-Smith/2dCoude IUR 1800 2008 Sep 08 06:49 2454717.790 −93.3
HD 214362 McDonald-Smith/2dCoude IUR 3000 2008 Oct 30 02:37 2454769.611 −93.0
HD 214362 McDonald-Smith/2dCoude IUR 3000 2008 Nov 02 03:18 2454772.640 −93.6
HD 219617 McDonald-Smith/2dCoude IUR 1800 2008 Aug 14 08:25 2454692.856 +12.6
HD 220127 Magellan-Clay/MIKE GWP 180 2008 Sep 11 03:35 2454720.653 +77.2
HD 237846 McDonald-Smith/2dCoude IUR 6000 2009 Jun 11 03:30 2454993.643 −303.8
HD 237846 McDonald-Smith/2dCoude IUR 2100 2009 Jun 14 02:58 2454996.620 −303.5
HE 0009−6039 Magellan-Clay/MIKE IBT 7200 2004 Sep 25 05:05 2453273.715 +27.6
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

HE 0017−4346 Magellan-Clay/MIKE IBT 7200 2004 Sep 23 04:38 2453271.697 +59.2
HE 0130−1749 Magellan-Clay/MIKE IBT 3600 2004 Sep 25 06:51 2453273.791 −124.0
HE 0134−2504 Magellan-Clay/MIKE IBT 3600 2004 Sep 25 08:05 2453273.842 +11.4
HE 0251−3216 Magellan-Clay/MIKE IBT 5400 2004 Sep 24 08:38 2453272.863 +94.0
HE 0313−3640 Magellan-Clay/MIKE IBT 2000 2004 Sep 24 09:29 2453272.898 +76.1
HE 0326−5735 Magellan-Clay/MIKE IBT 3600 2003 Nov 01 07:32 2452944.816 +254.6
HE 0411−5725 Magellan-Clay/MIKE IBT 4800 2003 Nov 03 08:14 2452946.845 +286.1
HE 0454−4758 Magellan-Clay/MIKE GWP 3000 2008 Sep 11 09:35 2454720.900 +240.2
HE 0533−5340 Magellan-Clay/MIKE IBT 10200 2003 Nov 01 07:52 2452944.829 +149.8
HE 0938+0114 McDonald-Smith/2dCoude IUR 7200 2009 Mar 07 02:49 2454897.623 −56.7
HE 0938+0114 McDonald-Smith/2dCoude IUR 780 2009 Mar 11 06:04 2454901.758 −57.4
HE 0938+0114 McDonald-Smith/2dCoude IUR 5400 2009 May 08 03:01 2454959.627 −57.6
HE 1320−1339 McDonald-Smith/2dCoude IUR 900 2009 Feb 18 10:56 2454880.959 +172.9
HE 1320−1339 Magellan-Clay/MIKE IBT 5400 2009 Feb 19 09:06 2454881.883 +172.9
HE 1320−1339 McDonald-Smith/2dCoude IUR 9000 2009 Feb 19 11:19 2454881.975 +172.6
HE 1320−1339 McDonald-Smith/2dCoude IUR 6400 2009 May 08 05:17 2454959.725 +170.9
HE 1351−2603 Magellan-Baade/MIKE SAS 3600 2003 May 23 01:13 2452782.556 +101.5
HE 1405−2512 Magellan-Baade/MIKE SAS 8800 2003 Jun 25 01:45 2452815.576 +126.8
HE 1416−1032 Magellan-Baade/MIKE SAS 3600 2003 May 23 05:46 2452782.746 +4.4
HE 1416−1032 Magellan-Baade/MIKE SAS 3600 2003 May 24 02:09 2452783.595 +5.1
HE 1416−1032 Magellan-Baade/MIKE SAS 3600 2003 May 24 04:30 2452783.693 +4.9
HE 2009−5853 Magellan-Baade/MIKE SAS 9600 2003 Jun 24 06:45 2452814.786 +244.8
HE 2031−6058 Magellan-Baade/MIKE SAS 8000 2003 Jun 23 07:23 2452813.812 −77.4
HE 2203−3723 Magellan-Baade/MIKE SAS 9600 2003 Jun 26 08:23 2452816.853 −201.2
HE 2209−3909 Magellan-Clay/MIKE IBT 7200 2004 Sep 26 04:36 2453274.695 −8.4
HE 2231−6137 Magellan-Baade/MIKE SAS 4800 2003 Jun 25 09:28 2452815.898 −147.2
HIP 171 McDonald-Smith/2dCoude IUR 300 2008 Sep 07 09:11 2454716.887 −40.9
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Table 6.1 (cont’d)

Star Telescope/ Observer Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD Vr (km s−1)

HIP 99423 McDonald-Smith/2dCoude IUR 2400 2008 Sep 06 05:11 2454715.720 −115.7
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Table 6.2. Observational Stellar Data

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

BD−01 2582 11:53:37 −02:00:36 +2.0 1 8100 2 55 120 165 205
BD−15 5781 20:45:34 −14:31:12 −75.4 1 720 1 100 185 190 355
BD−18 5550 19:58:50 −18:12:11 −126.1 1 7800 2 55 130 200 285
BD−20 6008 20:42:49 −20:00:38 +23.0 1 550 1 55 105 105 200
BD+10 2495 12:59:20 +09:14:36 +258.3 3 9200 2 50 105 140 185
BD+19 1185A 06:03:14 +19:21:39 −191.6 1 4500 1 65 125 155 185
BD+24 1676 07:30:41 +24:05:10 −237.6 1 25200 4 75 135 165 190
BD+26 3578 19:32:32 +26:23:26 −126.4 1 4500 1 75 125 155 180
BD+29 2356 13:01:52 +29:11:18 −207.3 1 5400 1 20 50 65 85
BD+30 2611 15:06:54 +30:00:37 −280.3 1 7500 3 35 120 180 270
BD+44 0493 02:26:50 +44:57:47 −149.9 1 10800 2 85 170 220 285
CD−24 1782 03:38:42 −24:02:52 +101.3 1 180 1 105 180 175 285
CD−30 0298 00:58:44 −30:05:54 +28.2 1 360 1 90 155 150 245
CD−36 1052 02:47:38 −36:06:24 +304.7 1 1200 1 85 140 130 195
CD−37 14010 20:57:27 −36:33:02 −199.0 3 330 1 85 170 185 355
CD−38 0245 00:46:36 −37:39:35 +46.1 1 1280 2 120 170 165 255
CS 22166–016 00:58:23 −14:47:04 −210.0 0 1600 1 115 175 95 140
CS 22169–008 04:03:36 −12:49:41 +184.2 0 4000 1 100 135 70 95
CS 22169–035 04:12:13 −12:05:04 +14.5 1 5500 3 75 135 170 285
CS 22171–031 02:09:24 −10:34:18 +38.8 0 2800 1 60 80 70 115
CS 22171–037 02:08:01 −09:03:55 −261.4 0 7200 1 70 80 100 130
CS 22172–029 03:30:45 −10:37:12 · · · 2 7600 2 80 110 105 180
CS 22174–020 01:20:27 −08:47:16 +127.5 0 5100 2 65 90 65 90
CS 22175–034 02:20:21 −10:38:24 +28.2 1 1200 1 70 90 65 95
CS 22177–009 04:07:41 −25:02:47 −208.0 1 7800 2 80 115 110 155
CS 22177–010 04:10:01 −25:44:39 · · · 2 9600 3 90 125 130 185
CS 22180–014 01:34:02 −12:41:56 +43.9 0 2000 1 60 80 80 120
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Table 6.2 (cont’d)

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

CS 22182–033 04:23:19 −30:36:44 +247.5 0 7200 1 85 90 130 180
CS 22182–047 04:22:30 −27:34:52 +39.3 0 1400 1 80 105 100 155
CS 22183–031 01:09:05 −04:43:26 +23.1 0 1400 1 75 105 75 105
CS 22186–002 04:13:58 −36:46:26 +341.8 1 4600 2 100 140 135 200
CS 22186–017 04:16:22 −34:17:45 +303.2 1 5000 2 90 125 125 180
CS 22186–023 04:19:47 −36:51:39 +52.0 1 4400 2 90 135 150 225
CS 22189–009 02:41:43 −13:28:06 −20.4 1 3000 1 100 150 85 130
CS 22191–029 04:47:43 −39:07:28 +76.3 1 7800 2 90 125 125 190
CS 22871–104 14:51:05 −20:49:35 −135.4 0 3600 1 40 45 65 85
CS 22872–102 16:29:21 −03:05:00 −59.1 1 1800 1 70 100 75 100
CS 22873–072 19:52:07 −61:37:33 −83.9 1 5800 2 65 85 105 140
CS 22873–128 20:07:03 −58:34:49 +205.7 1 1400 1 70 105 80 115
CS 22874–009 14:34:23 −26:17:43 −36.2 1 1000 1 20 30 20 30
CS 22875–029 22:29:38 −38:56:32 +72.9 1 7200 2 110 115 160 220
CS 22876–040 00:04:52 −34:13:37 −189.9 0 5800 1 60 100 90 135
CS 22877–001 13:13:56 −12:11:45 +167.5 1 5600 4 150 230 265 405
CS 22877–011 13:14:40 −09:35:50 +230.3 1 8500 3 100 150 165 250
CS 22877–015 13:13:56 −09:16:51 +85.6 0 4200 2 70 115 150 210
CS 22877–051 13:23:32 −12:35:19 +291.7 1 10000 3 105 150 145 195
CS 22878–027 16:37:46 +10:21:38 −91.1 1 7200 2 60 125 115 160
CS 22878–101 16:45:31 +08:14:40 −128.8 1 2400 1 60 95 75 115
CS 22879–012 20:37:14 −41:02:37 −50.4 0 6200 2 120 175 90 125
CS 22879–029 20:38:51 −38:37:01 −131.6 3 15650 8 110 160 130 190
CS 22879–051 20:42:36 −39:18:34 −43.0 0 2000 1 65 90 65 90
CS 22879–094 20:50:08 −38:42:56 +47.6 0 6400 1 65 95 70 100
CS 22879–097 20:48:59 −38:30:07 +26.4 0 7200 1 60 85 100 145
CS 22879–103 20:47:24 −37:25:56 −31.0 1 8600 2 95 110 150 210
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Table 6.2 (cont’d)

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

CS 22880–086 20:45:59 −18:32:52 −112.2 0 7200 1 60 80 120 180
CS 22881–032 22:03:01 −41:14:21 −29.3 0 3500 1 30 40 30 45
CS 22881–036 22:08:00 −40:44:22 +43.7 1 3200 3 65 100 95 145
CS 22881–039 22:09:49 −40:24:47 · · · 2 14000 2 85 90 120 165
CS 22881–070 22:16:37 −40:44:06 −115.9 0 3600 1 80 105 75 90
CS 22882–001 00:20:36 −31:37:48 +26.5 1 10800 2 85 95 120 170
CS 22882–006 00:22:00 −29:29:30 −81.5 0 3000 1 60 75 70 110
CS 22883–037 14:24:30 +11:28:25 −262.8 0 10800 2 60 80 95 130
CS 22884–020 15:34:34 −08:34:26 +29.2 1 10600 3 65 100 110 160
CS 22884–033 15:35:38 −10:15:17 · · · 2 4900 2 65 85 110 155
CS 22884–108 15:50:09 −09:14:51 · · · 2 3600 1 60 75 105 145
CS 22885–040 20:18:07 −38:06:01 +73.4 1 9000 2 65 85 105 135
CS 22885–096 20:20:51 −39:53:27 −249.1 1 2100 1 75 110 85 120
CS 22885–203 20:30:19 −37:42:16 −33.9 0 2900 1 60 75 70 110
CS 22886–012 22:13:26 −08:43:41 −56.9 1 5400 2 60 85 80 130
CS 22886–044 22:20:11 −09:41:38 −130.1 1 5300 2 60 85 85 135
CS 22888–002 23:04:37 −36:40:02 +35.4 0 3800 1 60 80 60 75
CS 22888–014 23:04:16 −33:29:40 −128.6 1 6900 2 60 90 80 125
CS 22888–031 23:11:32 −35:26:40 −124.8 0 7600 2 100 140 70 95
CS 22888–047 23:20:32 −33:44:16 −158.3 1 10400 2 95 105 150 205
CS 22889–050 13:45:41 −09:48:05 +217.1 0 3600 1 65 75 105 140
CS 22890–011 15:13:21 +02:14:51 −128.7 1 4900 2 65 85 100 135
CS 22890–024 15:16:05 −00:04:01 +228.7 1 5200 2 85 115 120 170
CS 22891–171 19:28:21 −59:24:01 +55.4 0 10800 2 65 90 140 205
CS 22891–200 19:35:18 −61:42:16 +137.2 1 4100 1 65 105 85 130
CS 22891–209 19:42:02 −61:03:36 +80.7 1 600 1 60 95 75 120
CS 22891–221 19:35:11 −59:41:54 +35.8 0 8000 1 95 190 110 170
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Table 6.2 (cont’d)

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

CS 22892–025 22:07:43 −15:14:59 +170.0 0 1800 1 65 85 65 85
CS 22892–052 22:17:01 −16:39:25 +13.0 1 4800 2 150 225 175 270
CS 22893–011 23:00:52 −10:35:20 −115.6 0 3500 1 60 75 75 115
CS 22894–004 23:32:29 −00:56:13 −4.5 0 3200 1 55 75 70 105
CS 22894–019 23:39:19 +00:03:50 +30.9 0 3400 1 110 170 85 120
CS 22896–055 19:29:45 −53:59:24 −73.5 1 5300 2 80 120 125 180
CS 22896–110 19:35:48 −53:26:06 +84.3 1 6300 2 80 130 120 195
CS 22896–115 19:35:06 −52:47:17 +7.1 1 9000 2 140 195 95 125
CS 22896–136 19:39:53 −54:10:21 −17.5 1 10200 6 120 165 100 135
CS 22897–008 21:03:11 −65:04:59 +266.5 1 2900 1 60 95 75 130
CS 22898–043 21:10:50 −21:43:47 +112.2 1 7600 2 100 115 155 215
CS 22898–047 21:05:59 −21:06:57 · · · 2 12900 2 135 210 130 200
CS 22937–072 21:14:54 −37:23:51 −143.8 0 7200 2 85 115 140 205
CS 22940–070 20:42:54 −61:39:55 +78.5 0 9000 1 80 110 125 170
CS 22940–121 20:55:27 −58:00:06 −31.1 1 8800 2 95 110 160 235
CS 22941–027 23:35:10 −36:50:43 −93.6 1 9300 2 95 110 155 210
CS 22942–002 00:46:36 −24:43:03 −160.3 0 3600 1 145 200 110 160
CS 22942–024 00:59:55 −23:30:48 −74.0 0 3600 1 75 105 75 105
CS 22942–035 01:03:58 −23:52:44 −94.2 1 7500 2 65 110 110 190
CS 22943–059 20:19:02 −43:17:27 +239.5 0 4400 1 105 145 70 95
CS 22943–095 20:27:30 −46:50:52 −149.4 0 400 1 70 90 65 75
CS 22943–132 20:22:51 −43:13:34 +18.9 0 1400 1 75 105 75 95
CS 22943–137 20:26:29 −43:00:38 −31.1 1 5000 2 65 80 100 145
CS 22943–201 20:36:29 −43:49:43 +36.7 1 10600 4 85 120 85 120
CS 22944–014 21:41:12 −14:33:37 −381.2 0 2100 1 65 90 65 90
CS 22944–032 21:47:42 −13:40:23 +19.0 1 7200 3 150 235 145 225
CS 22944–061 21:50:19 −13:45:21 +157.3 0 3000 1 60 80 60 75
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Table 6.2 (cont’d)

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

CS 22945–017 23:20:57 −63:15:35 +101.8 0 3400 1 60 75 75 115
CS 22945–024 23:36:46 −65:35:30 +148.2 0 5400 1 55 90 70 110
CS 22945–031 23:47:33 −67:30:29 +196.4 0 4400 1 65 90 65 90
CS 22945–056 23:53:21 −65:29:43 +222.5 0 3200 1 60 85 60 90
CS 22945–058 23:52:39 −66:05:02 +23.4 1 6950 2 60 85 80 125
CS 22947–049 19:08:42 −48:32:49 +78.8 0 7200 1 105 185 100 150
CS 22947–187 19:18:31 −47:13:25 −251.2 1 1200 1 75 110 80 110
CS 22948–066 21:44:51 −37:27:54 −171.0 1 2400 2 60 95 80 130
CS 22948–093 21:50:32 −41:07:49 · · · 2 10300 4 85 110 75 95
CS 22949–008 23:16:58 −03:20:54 · · · 2 6150 4 90 145 120 190
CS 22949–030 23:21:23 −03:45:55 −85.6 0 2800 1 60 80 80 120
CS 22949–037 23:26:30 −02:40:04 −125.4 1 6350 2 65 100 85 135
CS 22949–048 23:26:07 −05:50:08 −160.8 1 2600 1 65 100 80 120
CS 22950–046 20:21:28 −13:16:34 +108.8 1 4800 1 55 95 75 120
CS 22951–005 21:45:46 −46:04:52 +231.9 0 7350 2 70 100 65 95
CS 22951–059 21:50:25 −44:48:42 +88.2 1 9200 2 65 95 80 130
CS 22951–077 21:58:06 −43:06:58 +108.9 1 6800 2 95 110 160 230
CS 22952–011 23:37:19 −02:08:18 −328.1 0 2800 1 115 170 85 115
CS 22952–015 23:37:29 −05:48:04 −17.9 1 1800 1 70 105 85 120
CS 22953–003 01:02:17 −61:43:41 +208.3 1 2000 1 65 95 75 100
CS 22953–037 01:25:07 −59:15:51 −162.9 0 3600 1 75 90 110 150
CS 22954–004 02:38:16 −05:43:14 −10.5 0 2400 1 105 140 70 95
CS 22954–015 02:39:21 −02:29:40 −50.0 0 1400 1 60 80 80 120
CS 22955–054 20:25:45 −23:45:08 · · · 0 4000 1 75 70 85 95
CS 22955–110 20:32:27 −25:08:21 +3.8 3 1800 1 115 170 85 110
CS 22955–174 20:42:18 −23:48:21 −9.5 1 10400 2 90 105 145 205
CS 22956–015 21:50:22 −64:49:07 −33.6 0 2000 1 60 90 65 85
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Table 6.2 (cont’d)

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

CS 22956–017 21:42:41 −64:33:38 −72.9 0 2100 1 70 90 60 75
CS 22956–021 21:43:24 −64:14:41 +40.0 0 3600 1 65 90 65 80
CS 22956–050 21:58:06 −65:13:13 +0.2 1 5600 2 60 95 85 155
CS 22956–062 22:07:27 −66:08:56 +187.9 0 7200 2 60 80 80 130
CS 22956–081 22:04:12 −62:50:41 +244.6 1 10100 2 55 85 75 110
CS 22956–102 22:16:37 −65:19:48 · · · 2 10700 2 55 80 75 120
CS 22956–106 22:16:53 −66:05:00 · · · 2 6200 3 60 90 80 120
CS 22956–110 22:19:44 −66:41:13 −86.1 0 8000 1 65 90 65 80
CS 22957–019 23:57:32 −06:57:03 −33.2 1 4170 2 75 115 105 165
CS 22957–022 00:01:46 −05:49:54 −31.6 1 1200 1 60 85 65 90
CS 22957–024 23:58:34 −04:33:22 −67.4 0 9300 2 115 180 90 125
CS 22957–026 00:00:02 −04:07:12 −18.9 1 1900 2 70 100 95 145
CS 22957–027 23:59:13 −03:53:51 −74.8 0 1000 1 40 55 60 95
CS 22957–036 00:03:31 −04:44:28 −154.5 0 3600 1 60 80 80 120
CS 22958–037 01:58:41 −57:03:27 +209.5 0 3600 1 65 85 65 90
CS 22958–041 02:01:45 −56:47:25 −76.3 0 7200 1 55 70 85 115
CS 22958–042 02:01:12 −57:16:01 +165.5 0 9600 3 60 90 110 155
CS 22958–052 02:12:48 −56:29:06 +88.9 0 3000 1 80 105 55 75
CS 22958–065 02:02:54 −53:38:46 +105.8 0 3600 1 55 75 55 80
CS 22958–074 02:10:35 −53:22:35 +319.8 0 3000 1 60 85 60 85
CS 22958–083 02:15:50 −53:58:56 +174.8 1 7200 1 70 95 130 200
CS 22959–074 18:51:48 −64:27:53 −135.9 1 5300 2 65 85 120 185
CS 22959–139 18:55:54 −63:06:12 −27.0 1 5400 2 65 85 110 155
CS 22960–010 22:08:26 −44:54:06 +47.2 1 9100 2 110 165 105 150
CS 22960–029 22:11:36 −44:25:23 +43.0 1 9200 3 85 115 75 95
CS 22960–048 22:17:14 −45:11:07 −88.6 1 9400 3 60 85 110 170
CS 22960–064 22:24:00 −42:35:20 −86.4 0 3000 1 75 110 80 110
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Table 6.2 (cont’d)

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

CS 22963–004 02:56:56 −04:50:30 +294.4 1 12600 3 60 95 105 170
CS 22964–115 19:57:28 −39:59:58 −220.5 1 4900 2 65 95 70 105
CS 22964–176 20:02:07 −40:21:33 −60.6 0 7200 2 65 90 65 90
CS 22964–183 20:01:13 −40:49:11 +80.8 0 3400 1 85 120 65 85
CS 22964–214 20:05:50 −39:27:41 +41.2 1 2000 1 70 100 70 90
CS 22965–016 21:57:08 −04:34:02 −89.8 1 7800 2 50 75 110 200
CS 22965–054 22:06:30 −02:32:36 −281.9 1 11000 2 55 90 80 130
CS 22968–001 02:57:55 −56:50:21 +121.5 0 8000 1 90 90 130 175
CS 22968–014 03:06:30 −54:30:32 +159.0 1 3600 1 120 175 100 155
CS 22968–026 03:20:49 −55:38:15 +79.5 0 3600 1 125 160 85 110
CS 22968–029 03:16:28 −55:05:00 +83.5 1 7600 2 70 105 110 165
CS 29493–023 21:47:30 −27:55:04 +45.2 0 3000 1 65 90 65 90
CS 29493–050 21:49:27 −29:45:22 −89.7 0 2200 1 65 90 65 85
CS 29493–062 21:52:31 −28:09:38 +5.9 0 3300 1 95 125 90 125
CS 29493–094 21:57:27 −30:08:02 −206.9 0 3600 1 70 95 65 85
CS 29495–005 21:32:49 −27:34:07 −144.6 0 4000 1 90 120 85 105
CS 29495–042 21:39:11 −28:17:51 −94.8 0 2000 1 80 110 85 135
CS 29497–030 00:40:48 −24:07:47 +45.0 3 1100 2 80 115 60 85
CS 29499–003 23:39:44 −26:58:48 −82.4 0 3600 1 70 90 65 95
CS 29499–058 23:52:16 −25:58:18 +151.6 0 3000 1 85 110 75 100
CS 29499–060 23:53:40 −26:58:44 −56.8 0 2400 1 130 190 95 130
CS 29501–032 21:07:53 −35:12:46 −138.0 0 3300 1 65 95 65 100
CS 29502–092 22:22:36 −01:38:24 −66.6 0 1800 1 50 85 90 165
CS 29504–004 01:31:02 −36:38:29 +63.9 0 3000 1 70 110 95 125
CS 29504–006 01:32:06 −36:22:42 −87.3 0 7200 1 65 70 90 130
CS 29506–007 21:20:28 −20:46:24 +56.9 1 2800 1 75 105 75 100
CS 29506–090 21:30:29 −22:10:41 −20.4 0 5400 2 120 160 85 115
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Table 6.2 (cont’d)

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

CS 29509–027 00:50:16 −31:00:07 +74.2 3 1980 2 225 300 155 200
CS 29512–013 22:12:03 −08:45:48 −40.7 0 2000 1 55 80 60 80
CS 29512–030 22:13:51 −10:47:02 −91.9 1 4800 2 60 85 70 105
CS 29512–073 22:28:36 −12:24:45 −75.1 1 4200 2 65 95 95 155
CS 29513–003 23:15:32 −41:56:19 −111.2 0 2200 1 80 110 80 125
CS 29513–015 23:14:37 −37:35:58 +53.5 0 3200 1 70 95 65 90
CS 29513–031 23:25:11 −39:59:29 · · · 2 7800 3 80 105 80 100
CS 29513–032 23:22:19 −39:44:25 −215.6 1 4400 2 60 100 95 140
CS 29514–007 01:06:40 −24:58:47 +40.7 0 3600 1 70 80 100 140
CS 29514–018 01:09:29 −26:39:47 +74.8 0 1800 1 95 125 85 105
CS 29514–037 01:21:42 −27:03:34 −2.8 0 4600 1 145 200 95 130
CS 29517–018 23:53:38 −17:23:10 +143.0 0 3600 1 70 95 65 90
CS 29517–042 00:05:03 −16:22:07 −21.5 0 3200 1 100 130 90 115
CS 29529–054 03:59:25 −62:09:49 +113.2 1 11500 3 60 100 110 155
CS 30312–059 15:34:49 −01:23:42 −156.3 1 2400 1 90 130 100 150
CS 30312–062 15:37:32 −01:43:48 +51.6 0 4000 1 190 270 140 200
CS 30312–100 15:43:32 +02:01:13 −108.3 0 2000 1 90 130 100 140
CS 30339–015 00:16:58 −33:48:18 +101.7 0 5400 1 100 135 70 90
CS 30339–046 00:25:22 −36:30:28 · · · 2 14100 4 85 110 80 115
CS 30492–001 21:05:55 −42:10:09 −116.2 0 1650 1 55 75 70 115
CS 30492–016 21:04:50 −40:14:53 +67.7 0 2600 1 65 75 70 100
CS 30492–110 21:21:46 −38:08:50 +44.9 1 10200 2 60 100 95 165
CS 30493–071 23:16:30 −35:34:41 −6.6 0 2000 1 75 100 75 115
G004–036 02:43:22 +13:25:57 +221.8 1 19800 3 50 90 110 130
G004–037 02:44:35 +08:28:50 −107.8 1 18000 3 50 90 110 130
G009–027 08:51:40 +18:53:20 +183.3 3 1900 1 20 40 70 95
G010–054 11:49:48 +06:08:52 +58.9 1 2700 1 15 30 50 70
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Table 6.2 (cont’d)

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

G015–010 15:09:46 −04:45:20 +89.8 1 2300 2 100 175 185 315
G016–025 16:01:22 +05:23:43 +23.7 1 6000 2 20 40 65 90
G025–022 21:14:48 +11:00:30 −150.8 1 3200 1 15 40 70 100
G025–024 21:16:42 −01:18:09 +43.9 1 1200 1 15 30 60 80
G026–001 21:26:48 −08:23:56 +15.8 3 19800 3 45 95 120 145
G037–026 03:08:25 +26:19:53 −139.9 1 2800 1 85 150 185 220
G058–025 10:51:28 +20:16:40 +65.6 1 3300 2 55 115 145 170
G064–012 13:40:03 −00:02:28 +442.7 1 1200 1 75 120 190 290
G071–033 01:45:14 +03:30:49 −11.8 3 12000 3 65 120 150 180
G071–055 02:03:51 −00:32:21 −31.1 1 16200 3 70 405 160 185
G075–056 03:00:23 −05:57:50 +24.1 1 2100 1 25 45 75 90
G088–023 07:23:18 +19:00:57 −199.5 1 2100 1 20 35 60 75
G090–003 07:29:51 +32:51:58 +29.6 1 22600 4 75 140 180 215
G090–025 07:53:33 +30:36:22 −234.2 1 3300 2 70 140 185 225
G107–050 07:09:54 +42:39:13 +148.7 1 1500 1 10 30 50 65
G115–049 09:05:16 +38:47:55 −65.2 1 1400 1 15 30 55 70
G122–069 12:03:04 +47:19:26 −100.9 1 1900 1 20 30 50 65
G126–062 22:11:32 +18:05:34 −290.8 3 6900 2 55 100 120 140
G137–086 16:10:15 +09:08:22 −83.6 1 8400 3 25 55 100 130
G146–056 10:39:50 +42:09:05 −104.5 1 4500 1 10 20 35 45
G146–076 10:59:57 +44:46:44 −114.1 1 12600 3 45 95 135 155
G153–064 16:32:29 −08:33:38 +114.1 1 27600 4 40 90 130 155
G161–073 09:45:38 −04:40:28 +121.1 1 14400 2 30 65 80 100
G166–047 14:50:03 +32:38:56 −66.2 1 1900 1 15 30 50 70
G170–047 17:32:42 +23:44:12 −283.3 1 10000 3 80 165 215 275
G180–058 16:28:17 +44:40:39 −308.3 1 19700 3 40 90 115 145
G186–026 20:24:45 +25:03:07 −323.6 1 5180 2 35 70 85 95
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Table 6.2 (cont’d)

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

G188–022 21:43:56 +27:23:24 −94.4 1 9000 2 60 115 140 170
G188–030 21:55:17 +32:38:41 −184.2 1 19800 3 50 105 140 175
G190–010 23:08:00 +41:51:20 −111.6 3 28800 5 50 100 135 170
G190–015 23:13:39 +39:25:03 −56.3 3 19800 5 60 120 160 210
G199–066 13:20:31 +56:34:48 −144.1 1 3200 1 20 45 80 100
G201–044 15:13:58 +53:51:52 −146.7 3 12000 3 50 100 125 150
G206–034 18:35:19 +28:41:55 −85.9 3 22400 3 50 90 115 135
G214–001 21:47:56 +33:06:27 −118.4 1 1800 1 15 30 60 80
G234–028 08:14:16 +68:55:20 +72.0 3 14400 2 35 70 95 100
G238–030 13:17:40 +64:15:12 +225.9 1 1400 1 20 35 75 100
G238–032 13:22:03 +68:40:23 −113.3 1 2700 1 20 35 65 75
G251–054 08:11:09 +79:54:29 +5.2 1 7200 1 35 70 90 115
HD 6268 01:03:19 −27:52:51 +39.7 1 180 1 75 145 145 255
HD 13979 02:15:21 −25:54:56 +52.2 1 640 2 430 555 400 595
HD 16031 02:34:11 −12:23:01 +23.0 1 5400 1 60 115 145 165
HD 31128 04:52:10 −27:03:51 +110.7 1 7200 2 60 145 200 235
HD 45282 06:26:41 +03:25:31 +306.0 1 4300 2 80 155 200 245
HD 88609 10:14:29 +53:33:39 −37.5 1 4900 2 50 105 155 225
HD 106373 12:14:14 −28:15:06 +83.6 1 200 1 80 125 200 325
HD 108317 12:26:37 +05:18:02 +5.7 1 120 1 70 130 225 390
HD 119516 13:43:27 +15:34:31 −285.9 1 2700 1 65 120 150 175
HD 122196 14:01:02 −38:03:10 −27.6 1 80 1 70 110 115 210
HD 122563 14:02:32 +09:40:59 −26.1 1 26 1 85 165 295 540
HD 126238 14:25:30 −43:38:37 +252.6 1 105 1 145 275 285 505
HD 126587 14:27:00 −22:14:33 +149.5 1 1080 3 495 750 420 665
HD 128279 14:36:50 −29:06:46 −75.7 1 550 4 625 880 505 750
HD 132475 14:59:50 −22:00:52 +176.3 1 200 1 115 190 300 480
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Table 6.2 (cont’d)

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

HD 175305 18:47:06 +74:43:31 −184.2 1 1500 1 60 135 190 250
HD 175606 18:58:52 −51:28:00 +165.4 1 300 1 160 200 190 290
HD 178443 19:10:38 −43:16:36 +343.6 1 700 2 125 180 175 260
HD 184266 19:34:15 −16:18:58 −349.4 1 900 1 55 115 155 195
HD 186478 19:45:26 −17:29:06 +30.4 3 200 1 120 185 250 415
HD 187861 19:56:26 −65:22:11 +8.5 2 210 1 105 245 265 480
HD 188510 19:55:10 +10:44:28 −193.4 1 2400 1 55 110 145 185
HD 193901 20:23:48 −21:21:36 −171.5 1 400 1 205 290 345 490
HD 196892 20:40:50 −18:47:30 −35.7 1 1800 1 50 105 135 160
HD 196944 20:40:46 −06:47:47 · · · 2 120 1 135 230 230 390
HD 200654 21:06:35 −49:57:44 −44.9 1 300 2 240 330 355 520
HD 201891 21:11:59 +17:43:40 −44.6 1 1800 1 60 120 150 180
HD 214362 22:37:59 −22:38:40 −93.3 1 7800 3 70 155 210 255
HD 219617 23:17:05 −13:51:05 +12.6 1 1800 1 85 185 235 285
HD 220127 23:21:44 −49:29:18 · · · 2 180 1 90 130 130 220
HD 237846 09:52:39 +57:54:59 −303.6 1 8100 2 45 100 135 185
HE 0009−6039 00:11:31 −60:22:23 +27.6 0 7200 1 50 75 40 65
HE 0017−4346 00:20:16 −43:30:18 +59.2 0 7200 1 85 115 60 80
HE 0130−1749 01:32:26 −17:34:25 −124.0 0 3600 1 85 130 70 105
HE 0134−2504 01:36:38 −24:49:07 +11.4 0 3600 1 90 145 70 115
HE 0251−3216 02:53:06 −32:04:20 +94.0 0 5400 1 90 120 65 85
HE 0313−3640 03:15:02 −36:29:56 +76.1 0 2000 1 90 120 135 195
HE 0326−5735 03:27:32 −57:25:27 +254.6 0 3600 1 90 100 135 195
HE 0411−5725 04:12:05 −57:17:56 +286.1 0 4800 1 30 35 50 75
HE 0454−4758 04:55:27 −47:53:41 +240.2 1 3000 1 85 115 120 195
HE 0533−5340 05:34:55 −53:38:21 +149.8 0 10200 1 50 65 90 140
HE 0938+0114 09:40:43 +01:00:30 −57.2 1 13380 3 60 115 155 155
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Table 6.2 (cont’d)

Star α δ 〈Vr〉 Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flag1 time (s) obs. 3950Å 4550Å 5200Å 6750Å

HE 1320−1339 13:22:44 −13:55:35 +172.3 1? 900 1 70 125 215 390
HE 1351−2603 13:54:12 −26:19:00 +101.5 0 3600 1 40 55 75 115
HE 1405−2512 14:08:34 −25:27:38 +126.8 0 8800 1 35 45 75 105
HE 1416−1032 14:19:49 −10:47:09 +4.8 0 10800 3 60 85 110 170
HE 2009−5853 20:13:36 −58:44:07 +244.8 0 9600 1 40 45 75 105
HE 2031−6058 20:35:30 −60:47:33 −77.4 0 8000 1 30 35 65 95
HE 2203−3723 22:06:43 −37:08:18 −201.2 0 9600 1 35 45 65 100
HE 2209−3909 22:12:01 −38:55:04 −8.4 0 7200 1 85 110 55 75
HE 2231−6137 22:34:43 −61:21:08 −147.2 0 4800 1 35 45 65 100
HIP 171 00:02:10 +27:04:56 −37.9 3 300 1 30 60 80 100
HIP 99423 20:10:48 +23:57:54 −115.7 1 2400 1 60 110 135 170

1Binary flags: (0) unknown binary status; (1) no Vr variations detected in multiple epochs; (2) Vr variations detected, suspected
binary, no systemic velocity listed; (3) spectroscopic binary confirmed by other studies, systemic velocity listed.
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6.3 Radial Velocities

To measure the radial velocity (RV) of each of our target stars, we cross correlate our

spectra against standard template stars using the fxcor task in IRAF. The RV with

respect to the ThAr lamp is found by cross correlating the echelle order containing

the Mg i b lines. In the MIKE and 2dCoude spectra we also cross correlate the

echelle order containing the telluric O2 B band near 6900Å (using empirical O2

wavelengths from Griffin & Griffin 1973) with a template to remove any velocity

shifts resulting from thermal and mechanical motions in the spectrographs. In our

HRS spectra, which do not contain this band, we cross-correlate against the telluric

O2 α band near 6300Å (using laboratory wavelengths from Babcock & Herzberg

1948). Figure 6.2 shows the telluric zeropoint velocity shifts for 320 individual

MIKE spectra. The standard deviation of these corrections is 0.4 km s−1, which

is consistent with no shift. Heliocentric corrections are computed using the IRAF

rvcorrect task. Heliocentric RV measurements for each observation of each star are

listed in Table 6.1.

In Table 6.2 we list the mean RV derived for each of our targets. We have

searched the literature for previous RV measurements to identify stars that are

members of binary or multiple star systems. We compare our heliocentric RV mea-

surements to those measured by Norris (1986), Latham et al. (1991, 2002), Ryan &

Norris (1991a), McWilliam et al. (1995a), Preston & Sneden (2000), Cohen et al.

(2002), Fulbright (2002), Carney et al. (2003, 2008), Van Eck et al. (2003), Nord-

ström et al. (2004), Barklem et al. (2005), Lucatello et al. (2005), Lai et al. (2008),

Bonifacio et al. (2009), Preston (2009), and Zhang et al. (2009). Our measurements

for known RV-constant stars are all in very good agreement with previous investiga-

tions (within the mutual measurement uncertainties, typically ∼ 1 km s−1 when the

previous measurement was made from high resolution spectra and several km s−1

for lower resolution data). Figure 6.3, Panel A, displays the RV differences when

comparing our measurements to those obtained by previous investigations. We only

make this comparison when the previous study reported an accuracy of better than

1 km s−1; many of these stars also have been observed at many epochs (i.e., � 2–3),

so we are confident that they are indeed RV constant. For the 160 measurements

represented in Panel A, σ = 0.8 km s−1. Panel B compares the differences when a

single measurement is compared to the mean of other measurements made by us of
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Figure 6.1 Approximate S/N estimates at four wavelengths for the stars in our

sample. The red histogram represents spectra obtained with the Magellan/MIKE
setup, the blue histogram represents spectra obtained with the Smith/2dCoude

setup, and the green histogram represents spectra obtained with the HET/HRS
setup. The last bar to the right in each panel indicates the number of stars with

S/N & 300/1.
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Figure 6.2 Histogram of velocity shifts recorded by the telluric 02 B band near 6900Å
in 320 individual MIKE spectra. The bold curve represents a Gaussian fit to the

histogram.

191



the same star for stars that we claim are RV constant (i.e., no RV variations at the

level of 2 km s−1). This subset has σ = 0.7 km s−1, approximately the same as the

distribution in Panel A, suggesting that 2 km s−1 is a reasonable discriminant for

identifying RV constant stars. Based on this test, we estimate a total uncertainty

in each RV measurement of 0.7–0.8 km s−1.

We have made a flag in column 5 of Table 6.2 indicating the binary status

of each star. A flag of “0” indicates that the star has only been observed during a

single epoch (e.g., one observation, or several observations separated in time by less

than one week). For stars lacking RV variations during this limited time, we cannot

distinguish between a single star system or a multiple star system with a relatively

long orbital period, so we classify the binary nature of these stars as unknown. A flag

of “1” indicates that the star has been observed in multiple epochs, either by us or

in combination with previous investigators, and does not exhibit any RV variations

beyond the mutual uncertainties of the measurements. A flag of “2” indicates that

the star exhibits RV variations, either in our measurements or in combination with

previous investigators. These stars are likely in binary or multiple star systems, but

we lack sufficient information to determine an orbital solution or systemic RV. A

flag of “3” indicates that the star has previously been identified as a member of

a binary or multiple star system. For these stars, we list the systemic velocity as

determined by Preston & Sneden (2000), Latham et al. (2002), Carney et al. (2003),

Sneden et al. (2003b), or Pourbaix et al. (2004).

Many of our targets from the HK Survey have not been observed previously

at high spectral resolution, but RV estimates were made from moderate resolution

(∼ 1Å) spectra by BPS92. Figure 6.3 also displays the differences in RV measured

from the moderate resolution and high resolution spectra. Panel C shows the differ-

ences for stars that have been observed at high spectral resolution at multiple epochs

(either by us or in combination with other investigators) and do not exhibit any RV

variations as measured from the high resolution spectra. The σ, 10 km s−1, is iden-

tical to the uncertainty estimate reported by BPS92, indicating that the BPS92

estimates are generally reliable. Panel D shows the differences for stars that have

only been observed at high spectral resolution at a single epoch. The larger σ of

this sample, 17 km s−1, leads us to speculate that at least some of these stars may

be in binary or multiple star systems; however, caution is warranted regarding this

conclusion. Several of the RV estimates reported in BPS92 deviate significantly
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Figure 6.3 Differences in the measured RV displayed as histograms for RV constant

stars observed by other investigators (Panel A), repeated measurements of RV con-
stant stars made by us (Panel B), measurements made from moderate resolution
spectra by BPS92 of RV constant stars (Panel C), and measurements made from

moderate resolution spectra by BPS92 for stars with an unknown binary status
(Panel D). The mean (µ) and standard deviation (σ) of the Gaussian fit, as well as

the number of points included (N), are noted in each histogram.
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Table 6.3. Stars with Deviant RV Measurements in BPS92

Star BPS92 RV High res. RVa Other Ref.a

(km s−1) (km s−1)

CS 22892–052 −75 +13.0 1, 2
CS 22949–037 −79 −125.4 1, 3
CS 22949–048 −95 −160.8 1
CS 22957–022 +25 −31.6 4
CS 22960–010 +112 +47.2 5

a The RV listed in Column 3 is derived from the present study.
In all cases this value agrees with previous investigations, refer-
enced in Column 4, within 2 km s−1.

References. — (1) McWilliam et al. (1995a); (2) Bonifacio et
al. (2009); (3) Depagne et al. (2002); (4) Lai et al. (2008); (5)
Barklem et al. (2005)

from the RV measurements derived from high resolution spectra. These stars are

listed in Table 6.3 and are not shown in Figure 6.3. Barring any misidentifications

in the present survey, we attribute these discrepancies to irregularities of unknown

origin that occurred during the course of the BPS92 survey. In light of this, we

refrain from assigning a binary status classification to any star with only a single

high resolution RV measurement, even if the star has a RV estimate from BPS92.

6.4 Equivalent Widths

We measure equivalent widths from our spectra using a new semi-automatic rou-

tine that fits Voigt absorption line profiles to continuum-normalized spectra. This

routine presents a plot of the fit for every feature to the user for final approval or

modification. The local continuum is identified automatically by an iterative clip-

ping procedure using a region of 3.5Å on either side of the line of interest, but the

user can identify a different continuum level for each line if necessary. Typically 7–

11 points surrounding the line center are used for the fit, covering ∼ 3–5 times the

(Gaussian) FWHM of the line for weak lines. For stronger lines with clearly-visible

wings and no obvious blending features, the number of fitting points is increased.

We choose to fit Voigt profiles to the absorption lines to simultaneously account for

the Gaussian core and the dispersion wings present in some stronger lines; for weak
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lines, the Voigt profile effectively resembles a Gaussian profile.

6.4.1 Comparison of Equivalent Widths Obtained with Different

Spectrographs

We have deliberately observed a small number of bright stars with more than one

instrument to check the reliability of the reduction processes at handling cosmic rays,

scattered light, flat-fielding, etc. We have 5 stars in common to Magellan/MIKE

and Smith/2dCoude, 2 stars in common to Magellan/MIKE and HET/HRS, and

2 stars in common to HET/HRS and Smith/2dCoude; one star, HD 122563, was

observed with all three setups. In Figure 6.4 we compare the equivalent widths

measured from each of these spectra. The σ of each set of comparisons is driven

strongly by the S/N of the individual spectra. The largest deviations regularly arise

from strong lines that suffer from blending and lower S/N in the blue. We find

no evidence of differences in the spectra beyond the equivalent width measurement

uncertainties, approximately 3–4 mÅ when comparable S/N levels are achieved. The

spectra obtained with the different instruments are effectively interchangeable in the

wavelength regions where they overlap with adequate S/N, which is reassuring.

6.4.2 Comparison of Equivalent Widths Measured by Independent

Investigators

Our large stellar sample has many stars in common with earlier studies by other

investigators, and we have measured equivalent widths in our spectra of these stars

for comparison. Figure 6.5 illustrates the comparison with twelve of the stars in

common with the “First Stars” sample (Cayrel et al. 2004). For 1808 lines in com-

mon with 3700 < λ < 6500 Å and 0 < EW < 220 mÅ, we find a standard deviation

(σ) of 4.7 mÅ and a very slight trend for the strongest lines (EW & 150 mÅ), where

our equivalent width measurements are larger by ∼ 4–5% on average. The weakest

lines (EW < 100 mÅ) show very good agreement and have a smaller σ, 3.6 mÅ.

Furthermore, this σ is the same size found when comparing equivalent widths mea-

sured by us using spectra from different instruments. No significant variations from

these values are found when equivalent widths from these twelve stars are considered

one star at a time. Very similar results are obtained when our equivalent widths

are compared with other recent abundance studies. Table 6.4 lists σ for equivalent
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Figure 6.4 Comparison of our equivalent widths measured from spectra of the same

stars obtained with different spectrographs. The 1:1 correlation is indicated as a
dotted line, and the least-squares fit is indicated by the solid red line. The σ is

computed relative to the 1:1 correlation, not the least-squares fit. The top row of
panels examines the combined measurement for stars observed with both MIKE and

2dCoude (HD 106373, HD 108317, HD 122563, HD 132475, and HE 1320–1339),
MIKE and HRS (G015–010 and HD 122563), and 2dCoude and HRS (G025–024

and HD 122563). The bottom row of panels examines the measurements for a single
star in common to all three spectrographs, HD 122563.
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widths from six other studies with stars in common with ours, along with the slope

and zeropoint of the linear regression (where 1.0 and 0.0 represent the slope and

zeropoint for perfect agreement) and the mean offset. The slopes all range from

0.88 to 0.97 with positive zeropoints, indicating that our equivalent widths are sys-

tematically larger by several percent for the strongest lines. The mean offsets are

negligible. The large RMS with respect to McWilliam et al. (1995a) is a result of

the relatively low S/N of the spectra in that study (typically 30–45). For most

other studies, σ for all lines is ∼ 4.0–5.0 mÅ; when only weak lines are considered

(EW < 100 mÅ), σ drops to ∼ 3.5–4.0 mÅ.

To further investigate the nature of the small discrepancy for the strong lines,

we examine in detail 20 of the strongest lines commonly used for abundance analyses

in the bright, metal-poor giant HD 128279 from a high S/N (∼ few ×102/1) MIKE

spectrum. Figure 6.12 compares our equivalent width measurements for these lines

with measurements made by fitting Voigt and Gaussian profiles in IRAF, by fitting

a Voigt profile in SPECTRE (Fitzpatrick & Sneden 1987), and by direct integration

in SPECTRE via Simpson’s rule. Clearly the Gaussian profile misses absorption

in the wings of the strongest lines that is measured by the Voigt profiles or by

direct integration. The good agreement between the equivalent width measurements

from the Voigt profiles and by direct integration—for even the strongest lines with

EW > 250 mÅ—is encouraging. Other investigations do account for the extra

absorption in the wings, even if the formal Voigt profile is not explicitly invoked.

We consider the small systematic difference for the strongest lines to be a result

of the methods used by different investigators to account for this extra absorption.

These differences will have a minimal effect on the final abundance results when

comparing one study to the next because only a few strong lines are typically used

for detailed abundance analyses; however, a few such lines are the only abundance

indicators for certain elements in very metal-poor stars (e.g., the Mg b or Na D

lines).

For the present study, we adopt the equivalent widths measured by the Voigt

profile fits. Table 6.5 lists a sampling of our equivalent widths for one star. Wave-

lengths, excitation potentials, and log(gf) values are also listed in Table 6.5. The

laboratory references for our adopted log(gf) values are listed in Table 7.3 in Chap-

ter 7. In total, we have examined up to 476 atomic features and 2 molecular bands in

each of our stars for 51 species of 46 elements, totaling more than 1.5×105 features.
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Table 6.4. Comparison of Equivalent Width Measurements

Study Line subset Nstars Nlines slope zeropoint mean offset RMS (mÅ)

Carretta et al. (2002) all lines 2 155 0.88 5.2 +2.3 7.0
EW < 100 mÅ 2 123 0.88 5.2 +0.3 5.3

Cayrel et al. (2004) all lines 12 1808 0.95 1.5 +1.8 4.7
EW < 100 mÅ 12 1415 0.96 0.8 +0.7 3.6

Honda et al. (2004a)
bright targets all lines 2 276 0.95 1.2 +1.7 3.7

EW < 100 mÅ 2 231 0.95 1.2 +1.0 3.0
faint targets all lines 2 176 0.85 7.0 +1.9 9.6

EW < 100 mÅ 2 137 0.86 6.6 −0.9 7.2
Ivans et al. (2003) all lines 2 262 0.96 1.5 +0.3 4.2

EW < 100 mÅ 2 241 0.94 1.8 +0.1 3.8
Johnson (2002) all lines 3 763 0.93 1.3 +1.9 5.0

EW < 100 mÅ 3 693 0.95 0.6 +1.3 3.4
Lai et al. (2008) all lines 3 397 0.97 0.5 +1.3 4.2

EW < 100 mÅ 3 355 0.97 0.4 +1.0 3.6
McWilliam et al. (1995a) all lines 8 1350 0.93 5.1 −0.3 11.3

EW < 100 mÅ 8 1033 0.94 4.7 −1.6 9.6
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Figure 6.5 Comparison of our equivalent width (EW) measurements to those of
Cayrel et al. (2004). The 1:1 correlation is indicated as a dotted line, and the least-

squares fit is indicated by the solid red line in the top panel. The differences (∆)
are in the sense of this study minus Cayrel et al. (2004).
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Figure 6.6 Comparison of our equivalent width (EW) measurements to those of
Carretta et al. (2002). The 1:1 correlation is indicated as a dotted line, and the

least-squares fit is indicated by the solid red line in the top panel. The differences
(∆) are in the sense of this study minus Carretta et al. (2002).
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Figure 6.7 Comparison of our equivalent width (EW) measurements to those of
Honda et al. (2004a). The 1:1 correlation is indicated as a dotted line, and the

least-squares fit is indicated by the solid red line in the top panel. The differences
(∆) are in the sense of this study minus Honda et al. (2004a).
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Figure 6.8 Comparison of our equivalent width (EW) measurements to those of Ivans
et al. (2003). The 1:1 correlation is indicated as a dotted line, and the least-squares

fit is indicated by the solid red line in the top panel. The differences (∆) are in the
sense of this study minus Ivans et al. (2003).
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Figure 6.9 Comparison of our equivalent width (EW) measurements to those of
Johnson (2002). The 1:1 correlation is indicated as a dotted line, and the least-

squares fit is indicated by the solid red line in the top panel. The differences (∆)
are in the sense of this study minus Johnson (2002).
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Figure 6.10 Comparison of our equivalent width (EW) measurements to those of Lai
et al. (2008). The 1:1 correlation is indicated as a dotted line, and the least-squares

fit is indicated by the solid red line in the top panel. The differences (∆) are in the
sense of this study minus Lai et al. (2008).
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Figure 6.11 Comparison of our equivalent width (EW) measurements to those of
McWilliam et al. (1995a). The 1:1 correlation is indicated as a dotted line, and the

least-squares fit is indicated by the solid red line in the top panel. The differences
(∆) are in the sense of this study minus McWilliam et al. (1995a).
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Figure 6.12 Comparison of equivalent widths measured using various techniques and
software packages in the high S/N spectrum of the bright giant HD 128279. The

1:1 correlation is indicated as a dotted line, and the least-squares fit is indicated
by the solid red line. The σ is computed relative to the 1:1 correlation, not the

least-squares fit. Note that only 13 of the 20 lines have been measured by Simpson’s
rule due to weak blends in the wings of these lines.
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Only three of these species (Rb i, Tc i, and Sn i) have not been detected in any of

the stars. Line detection and equivalent width measurement have been completed

for each of the Magellan, McDonald, and HET samples, and these measurements

and their resulting abundances will be published in due time.
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Table 6.5. Sample of Equivalent Width Measurements

Wavelength (Å) Species IDa E.P. (eV) log(gf) E.W. (mÅ)b

CS 22171–031
6707.80 3.0 0.00 0.17 synth
6300.30 8.0 0.00 -9.78 · · ·
7771.94 8.0 9.14 0.37 18.7
7774.17 8.0 9.14 0.22 12.8
7775.39 8.0 9.14 0.00 9.4
5682.63 11.0 2.10 -0.71 · · ·
5688.20 11.0 2.10 -0.45 · · ·
5889.95 11.0 0.00 0.11 · · ·
5895.92 11.0 0.00 -0.19 · · ·
3829.36 12.0 2.71 -0.21 129.1
3832.30 12.0 2.71 0.27 · · ·
3838.29 12.0 2.72 0.49 · · ·
4057.51 12.0 4.35 -0.89 23.9
4167.27 12.0 4.35 -0.71 30.5
4702.99 12.0 4.33 -0.38 47.8
5172.68 12.0 2.71 -0.45 159.8
5183.60 12.0 2.72 -0.24 175.2
5528.40 12.0 4.34 -0.50 44.5
5711.09 12.0 4.34 -1.72 · · ·
3943.99 13.0 0.00 -0.64 synth
3961.52 13.0 0.01 -0.34 synth
3905.52 14.0 1.91 -1.09 · · ·
4102.94 14.0 1.91 -3.14 · · ·
5665.55 14.0 4.90 -1.73 · · ·
5701.10 14.0 4.93 -1.74 limit
5708.40 14.0 4.93 -1.47 limit
5772.15 14.0 5.06 -1.74 limit
7664.90 19.0 0.00 0.14 · · ·
7698.96 19.0 0.00 -0.17 · · ·

..

.
..
.

..

.
..
.

..

.

a The integer component of the species ID indicates the atomic number,
and the decimal component indicates the ionization state (0 = neutral,
1 = singly ionized).

b “Synth” indicates an abundance was derived from spectrum synthesis;
“limit” indicates that an upper limit on the abundance was derived from
the line.
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6.5 Summary

We have collected a large sample of high resolution (30,000 . R . 45,000) and

high S/N (50/1 . S/N . 200/1 over most of the optical spectral range) of 312

metal-poor stars (estimated [Fe/H] . −1.5, most with [Fe/H] . −2.0) with a range

of evolutionary states (primarily main sequence turn-off, subgiant, and giant stars).

Observations were made over a period of 7 years using the MIKE spectrograph on the

Magellan Baade and Clay Telescopes at Las Campanas Observatory, 1.5 years using

the Tull 2dCoude Spectrograph on the Harlan J. Smith Telescope at McDonald

Observatory, and 1 year using the High Resolution Spectrograph on the Hobby-

Eberly Telescope at McDonald Observatory.

By comparing our derived radial velocities (RVs) for the same star over a

long period of time, we have demonstrated an RV precision of ∼ 0.7–0.8 km s−1 per

observation. This precision is comparable to that reported by previous investigators

for stars in common. Based on this information, we have classified any star that

shows RV variations at a level of > 2 km s−1 as RV variable, indicating membership

in a binary or multiple star system.

We have demonstrated that the spectra obtained from these facilities yield

effectively identical equivalent width measurements for their wavelength regions of

overlap, and this dispersion (3–4 mÅ) is similar to that obtained when compar-

ing our equivalent width measurements for weak lines to those measured by other

investigators. For the strongest lines typically used for abundance analyses, our

equivalent widths are systematically higher than those reported by previous investi-

gations due to our adoption of an (explicit) Voigt line profile. These differences can

be characterized and understood, but we will rely only on our own measurements

for the abundance studies derived from our sample.

One great advantage of our sample that we will exploit here is the large num-

ber of stars in a given evolutionary state. This fact allows us to perform relative

differential abundance analyses that should be minimally affected by the system-

atic uncertainties (e.g., departures from LTE in the line forming region, accurate

reproduction of the continuous opacity, absolute temperature scale, etc.) that often

dominate the abundance error budget. With this in mind, in subsequent chapters,

we will begin to derive abundances for selected subsets of stars from this sample.
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Chapter 7

Characterizing the Chemistry of the Milky Way Stellar

Halo: Detailed Chemical Analysis of a Metal-Poor

Stellar Stream

7.1 Introduction

It has been a decade since Helmi et al. (1999) first reported the detection of a group

of low metallicity stars whose angular momentum components clumped together far

more than would be expected for a random distribution of halo stars.1 This “stellar

stream” passes through the Solar neighborhood, and Helmi et al. proposed, on the

basis of models of satellite disruption by the Milky Way, that this stream may have

originated from the disruption of a former Milky Way satellite galaxy perhaps similar

the Fornax dwarf spheroidal (dSph) system. The stars in this stream are scattered

all around the sky and have no clear spatial structure, yet they have remained

clumped together in velocity space. From the number of stars in the stream, Helmi

et al. estimated that ∼ 12% of all metal-poor stars beyond the Solar circle may

have originated in this disrupted system. Although the fraction of metal-poor stars

estimated to have originated in this disrupted satellite have been revised downward

as metal-poor stellar samples have increased in size, the presence of this particular

stellar stream has been reconfirmed by many subsequent studies (Chiba & Beers

2000, Re Fiorentin et al. 2005, Dettbarn et al. 2007, Kepley et al. 2007, Klement et

al. 2009, Smith et al. 2009).

In this chapter, we derive abundances of 51 species of 46 elements in 12

1Significant portions of this chapter have been published previously in Roederer, I. U., Sneden,
C., Thompson, I. B., Preston, G. W., & Shectman, S. A. 2010, ApJ, 711, 573.
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candidate members of the stellar stream identified by Helmi et al. (1999). These

stars are in the Solar neighborhood (distances . 2 kpc) and are therefore bright, so it

is relatively easy to obtain high resolution spectra at high S/N over the entire visible

spectral range. High resolution abundance studies date back more than 30 years for

two of them, HD 128279 (Spite & Spite 1975) and HD 175305 (Wallerstein et al.

1979), where they have traditionally been classified as members of “the halo.” Now,

armed with a fuller knowledge of their kinematic properties, we are fortunate to have

a more precise context in which to interpret their chemical enrichment patterns.

Sections 7.2 and 7.3 describe our observations and confirmation of the mem-

bership of individual stars. We perform a standard abundance analysis of these stars

(Section 7.4), with particular emphasis on deriving reliable measures of the star-to-

star abundance dispersion (Section 7.5), and present our results in Section 7.6. The

implications for chemical enrichment of the stream and Galactic halo, as well as

plausible scenarios for the origin of the stream, are discussed in Section 7.7. Our

findings are summarized in Section 7.8.

7.2 Observations

Six candidate stream members were observed with the Robert G. Tull Cross-Dispersed

Echelle Spectrometer (2dCoude; Tull et al. 1995), located on the 2.7 m Harlan J.

Smith Telescope at McDonald Observatory. These spectra were taken with the 2.4”

by 8.0” slit, yielding a resolving power R ≡ λ/∆λ ∼ 33,000. This setup deliv-

ers complete wavelength coverage from 3700–5700Å, with small gaps between the

echelle orders further to the red. For our abundance analysis we only use the spectra

blueward of 8000Å.

An additional six candidate stream members were observed with the Magel-

lan Inamori Kyocera Echelle (MIKE) spectrograph (Bernstein et al. 2003), located

on the 6.5 m Magellan-Clay Telescope at Las Campanas Observatory. The MIKE

spectra were taken with the 0.7” wide slit, yielding a resolving power of R ∼ 41,000

in the blue and R ∼ 32,000 in the red. This setup provides complete wavelength

coverage from approximately 3350–9150Å.

For data obtained with 2dCoude, reduction, extraction, and wavelength cal-

ibration (derived from ThAr exposures taken before or after each stellar exposure)

were accomplished using the REDUCE software package (Piskunov & Valenti 2002).
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This package is optimized for automatic reduction of data obtained with cross-

dispersed echelle spectrographs. For the data obtained with MIKE, reduction, ex-

traction, and wavelength calibration were performed using the current version of

the MIKE data reduction pipeline written by D. Kelson (see also Kelson 2003). Ob-

servations were broken into several subexposures with exposure times typically not

longer than 30 m. Coaddition and continuum normalization were performed within

the IRAF environment.

In Table 7.1 we present a record of all observations of the candidate members

of the stream. S/N estimates, listed in Table 7.2, are based on Poisson statistics for

the number of photons collected at several reference wavelengths once all observa-

tions of a given target have been coadded together. To measure the radial velocity

(RV) of each of our target stars, we cross correlate our spectra against standard

template stars using the fxcor task in IRAF. The RV with respect to the ThAr

lamp is found by cross correlating the echelle order containing the Mg i b lines. We

also cross correlate the echelle order containing the telluric O2 B band near 6900Å

(using empirical O2 wavelengths from Griffin & Griffin 1973) with a template to

identify any velocity shifts resulting from thermal and mechanical motions in the

spectrographs. The standard deviation of these corrections is 0.4 km s−1, which

is consistent with no shift.2 Velocity corrections to the Heliocentric rest frame are

computed using the IRAF rvcorrect task. Heliocentric RV measurements for each

observation of each star are listed in Table 7.1. We estimate that this method yields

a total uncertainty of 0.8 km s−1 per observation. The mean RV derived for each

target is listed in Table 7.2.

7.3 Stream Membership

Helmi et al. (1999) and subsequent investigators have identified the presence of a

stream by virtue of stellar kinematics. Membership is always defined in terms of

probabilities, and investigators searching for the presence of streams in large datasets

2We estimate the standard deviation of the telluric zeropoint based on 320 individual MIKE
spectra collected by us to be published elsewhere (see Chapter 6). We estimate the standard
deviation of the total uncertainty based on comparison of 160 individual spectra with independent
measurements from the literature for RV-constant stars. We suspect that the standard deviation
of the telluric zeropoint may be smaller, at least in part, due to the higher S/N and higher telluric
line density in this order than in the order containing the Mg i b lines.
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Table 7.1. Log of Observations

Star Telescope/ Exp. Date UT mid- Heliocentric Heliocentric
Instrument time (s) exposure JD RV (km s−1)

BD+10 2495 McDonald-Smith/2dCoude 5600 2009 May 06 06:23 2454957.771 +250.8
BD+10 2495 McDonald-Smith/2dCoude 3600 2009 Jun 10 04:31 2454992.690 +250.8
BD+29 2356 McDonald-Smith/2dCoude 5400 2009 Jun 11 05:45 2454993.741 −207.3
BD+30 2611 McDonald-Smith/2dCoude 2700 2009 May 06 07:43 2454957.826 −280.4
BD+30 2611 McDonald-Smith/2dCoude 2300 2009 Jun 10 05:25 2454992.729 −280.0
BD+30 2611 McDonald-Smith/2dCoude 2500 2009 Jun 14 07:28 2454996.814 −280.4
CD−36 1052 Magellan-Clay/MIKE 1200 2009 Jul 04 10:12 2455016.924 +304.7
CS 22876–040 Magellan-Clay/MIKE 5800 2009 Jul 26 07:17 2455038.807 −189.9
CS 22948–093 Magellan-Clay/MIKE 1400 2006 Aug 03 04:07 2453950.677 +367.9
CS 22948–093 Magellan-Clay/MIKE 900 2009 Oct 26 02:42 2455130.614 +360.4
CS 29513–031 Magellan-Clay/MIKE 5400 2006 Jul 19 09:11 2453935.887 +295.7
CS 29513–031 Magellan-Clay/MIKE 1200 2009 Jul 04 09:44 2455016.909 +283.8
CS 29513–031 Magellan-Clay/MIKE 1200 2009 Jul 25 06:14 2455037.764 +283.6
CS 29513–031 Magellan-Clay/MIKE 1200 2009 Oct 28 01:58 2455132.584 +284.1
CS 29513–032 Magellan-Clay/MIKE 3800 2009 Jul 25 09:04 2455037.882 −215.8
CS 29513–032 Magellan-Clay/MIKE 600 2009 Oct 26 03:27 2455130.646 −215.4
HD 119516 McDonald-Smith/2dCoude 2700 2009 May 07 06:40 2454958.782 −285.9
HD 128279 Magellan-Clay/MIKE 200 2004 Jul 14 22:49 2453201.453 −75.7
HD 128279 Magellan-Clay/MIKE 20 2004 Jun 22 22:57 2453179.460 −76.1
HD 128279 Magellan-Clay/MIKE 90 2004 Jul 23 22:59 2453210.459 −75.7
HD 128279 Magellan-Clay/MIKE 240 2005 May 31 03:05 2453521.634 −75.3
HD 175305 McDonald-Smith/2dCoude 1500 2009 May 06 11:14 2454957.967 −184.2
HD 237846 McDonald-Smith/2dCoude 6000 2009 Jun 11 03:30 2454993.643 −303.8
HD 237846 McDonald-Smith/2dCoude 2100 2009 Jun 14 02:58 2454996.620 −303.5
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are primarily concerned with the statistical detection of a stream rather than the

precise identification of which stars are members and which are not. Our target list

was compiled from the tables of Chiba & Beers (2000), Re Fiorentin et al. (2005),

and Kepley et al. (2007). A handful of RR Lyrae stars have also been identified as

candidate members, which we have not observed due to the limited elements with

detectable transitions and the difficult nature of deriving abundances that can be

compared meaningfully with abundances from ordinary giant stars. We adopt a

strict kinematic definition for membership as described below.

7.3.1 A Kinematic Definition of Membership

In Figure 7.1 we show the angular momentum components for the stream candi-

dates compared with other halo stars; the data have been taken from Morrison et

al. (2009) and supplemented by Chiba & Beers (2000) and Re Fiorentin et al. (2005).

The stream stars are clumped together near (Lz , L⊥) = (1000, 2000) kpc km s−1.

In this representation, Lz = 0 kpc km s−1 corresponds to no net rotation about the

Galactic center, and increasing L⊥ corresponds to orbits increasingly tilted out of

the plane of the disk. For reference, the Sun and other stars of the thin disk have

(Lz , L⊥) ≈ (1800, 0) kpc km s−1. The candidate stream members have prograde,

eccentric orbits that take them well above the Galactic plane: minimum Galacto-

centric distance (Rperi) of 7 kpc, maximum Galactocentric distance (Rapo) of 16 kpc,

and maximum distance (|Z|max) of 13 kpc above the Galactic plane (Helmi et al.

1999).

To compute the orbit of an individual star, one needs to know its coordinates,

distance, radial velocity, and proper motion; the position and space motion of the

star can then be integrated over time in a model of the Galactic potential. Our

study remeasures one of these quantities, the radial velocity, so we have checked

our RV measurements against those employed by previous investigators to derive

the kinematic properties of the stars. In some cases, the previous RV measurements

were made from medium resolution spectra. If our high resolution RV measurements

differ from the previous measurement, the original set of kinematic properties is

suspect; fortunately, the difference can be quantified. It is also important that

the stars are not in binary systems or, if they are, that the RV used to compute

the kinematic properties is the systemic velocity. Comparing with previous high
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Figure 7.1 Plot of the angular momentum components Lz versus L⊥. The data are
mostly taken from Morrison et al. (2009) and supplemented with data from Chiba

& Beers (2000) and Re Fiorentin et al. (2005) for some of the stream stars. The
dotted box indicates the approximate range of angular momentum components of the
stream members. The compiled data displayed here are intended to be representative

of the distribution of angular momenta for stars in the disk and halo to illustrate
the relative range of angular momenta occupied by the stream candidates. The

unobserved stars in the box are RR Lyr stars or stars too faint to reasonably observe
for our program.
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resolution and multi-epoch RV measurements by Latham et al. (1991), Carney et

al. (2003, 2008), and Zhang et al. (2009), we confirm that this is the case. We

retain all 12 candidates, listed in Table 7.2, as probable stream members. Below,

we discuss a few candidates in more detail.

7.3.2 Comments on Individual Candidates

Beers et al. (1992) initially measured the RV of CS 22948–093 as 395 km s−1, which

was the value use to compute the original kinematics for this star. This star is

RV variable over the 3-year baseline of our measurements, and the RV differs by

approximately 30 km s−1 from the Beers et al. (1992). From the definitions of Lz

and L⊥ and the measured or derived stellar quantities from Beers et al. (2000),

we can quantify the effect this RV difference has on the derived angular momenta,

(∆Lz, ∆L⊥) ≈ (0, 200) kpc km s−1. This is not sufficient to move CS 22948–093

from the main locus of probable stream members in Figure 7.1, so we retain it as a

member.

Our abundance analysis of CS 29513–032 indicates that it has been polluted

by material from a companion star that passed through the AGB phase of evolution.

(See Section 7.7.1.) This implies that CS 29513–032 is in a binary or multiple star

system, but we have detected no RV variations over a span of 3 months. (Failure

to detect RV variations over a relatively short timespan could also indicate a wide

binary separation; see Preston 2009 for a discussion of non-detection of RV variations

in C-enriched metal-poor stars.) Assuming that the star is in a binary system and

that the systemic velocity is as much as 20 km s−1 different from the measured RV

would imply (∆Lz, ∆L⊥) ≈ (10, 160) kpc km s−1. This is not sufficient to move

CS 29513–032 much farther from the other probable members, so we also include

this star as a member.

We made three observations of CS 29513–031 with a time interval of more

than three years. Beers et al. (1992) measured a RV of 295 km s−1 for this star. Our

measurements indicate that this star is also RV variable, but the systemic velocity

is not likely to be more than ≈ 10 km s−1 different from the Beers et al. (1992)

RV. If the systemic velocity is 10 km s−1 different than the mean of the measured

RV, (∆Lz, ∆L⊥) ≈ (300, 80) kpc km s−1. CS 29513–031 is already located near the

locus of probable members, and these uncertainties are small relative to the range of
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Table 7.2. Observational Stellar Data

Star α δ 〈RV〉a Binary Total exp. No. S/N S/N S/N S/N
(J2000) (J2000) (km s−1) flagb time (s) obs. 3950Å 4550Å 5200Å 6750Å

BD+10 2495 12:59:20 +09:14:36 +258.3 3 9200 2 50 105 140 185
BD+29 2356 13:01:52 +29:11:18 −207.3 1 5400 1 20 50 65 85
BD+30 2611 15:06:54 +30:00:37 −280.3 1 7500 3 35 120 180 270
CD−36 1052 02:47:38 −36:06:24 +304.7 1 1200 1 85 140 130 195
CS 22876–040 00:04:52 −34:13:37 −189.9 0 5800 1 60 100 90 135
CS 22948–093 21:50:32 −41:07:49 · · · 2 10300 4 85 110 75 95
CS 29513–031 23:25:11 −39:59:29 · · · 2 7800 3 80 105 80 100
CS 29513–032 23:22:19 −39:44:25 −215.6 1 4400 2 60 100 95 140
HD 119516 13:43:27 +15:34:31 −285.9 1 2700 1 65 120 150 175
HD 128279 14:36:50 −29:06:46 −75.7 1 550 4 625 880 505 750
HD 175305 18:47:06 +74:43:31 −184.2 1 1500 1 60 135 190 250
HD 237846 09:52:39 +57:54:59 −303.6 1 8100 2 45 100 135 185

aMean or systemic Heliocentric radical velocity

bBinary flags: (0) unknown binary status; (1) no RV variations detected in multiple epochs, either among our observations or
in combination with previous studies; (2) RV variations detected, suspected binary, no systemic velocity listed; (3) spectroscopic
binary confirmed by other studies, systemic velocity listed.

2
1
7



angular momenta for probable members, thus we also retain this star as a member.

7.4 Abundance Analysis

7.4.1 Linelist and Equivalent Width Measurement

We measure equivalent widths from our spectra using a semi-automatic routine that

fits Voigt absorption line profiles to continuum-normalized spectra. Each measure-

ment must be visually inspected and approved by the user. When possible, we

use a single source for all of the log(gf) values for a given species. References for

our log(gf) values are given in Table 7.3. Our equivalent width measurements and

atomic data are presented in Table 7.4.

The Na i lines at 5889 and 5895Å are often contaminated by telluric absorp-

tion features, and we have only measured equivalent widths for these lines when they

appear to be velocity-shifted away from atmospheric components. We assess this by

comparing the atmospheric transmission spectrum to the observed stellar spectrum.

Additionally, the Na stellar lines may be blended with absorption or emission com-

ponents from Na in the ISM, and we only measure equivalent widths for these lines

when no interstellar components are detected (e.g., as line asymmetries). We adopt

the same technique to avoid telluric contamination to all lines redward of 5660Å,

especially the high-excitation lines of Na i and Si i, which are often weak and might

easily be mistaken for telluric absorption, and the K i resonance lines at 7664 and

7698Å.
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Table 7.3. References for Transition Probabilities or Oscillator Strengths

Species Reference(s) and Comments

Li i Yan et al. (1998)
C CH A2∆ − X2Π G-band linelist from B. Plez (private communication)
N CN B2Σ − X2Σ (0,0) band from Kurucz & Bell (1995)

O i Fuhr & Wiese (2009)
Na i Fuhr & Wiese (2009)
Mg i Aldenius et al. (2007) for the Mg b triplet; Barklem et al. (2005)

and references therein for all other transitions
Al i Fuhr & Wiese (2009)
Si i Fuhr & Wiese (2009), Nahar & Pradhan (1993), via NIST
K i Fuhr & Wiese (2009)
Ca i Fuhr & Wiese (2009)
Sc ii Lawler & Dakin (1989)
Ti i Blackwell et al. (1982a,b), increased by 0.056 dex

according to Grevesse et al. (1989)
Ti ii Pickering et al. (2001) (with corrections given in Pickering et al. (2002))
V i Doerr et al. (1985)
V ii Biémont et al. (1989)
Cr i Sobeck et al. (2007)
Cr ii Nilsson et al. (2006)
Mn i Booth et al. (1984), Blackwell-Whitehead & Bergemann (2007)
Mn ii Martinson et al. (1977)
Fe i O’Brian et al. (1991)
Fe ii Meléndez & Barbuy (2009)
Co i Nitz et al. (1999), otherwise Cardon et al. (1982)
Ni i Blackwell et al. (1989), otherwise Doerr & Kock (1985)
Cu i Fuhr & Wiese (2009)
Zn i Biémont & Godefroid (1980)
Rb i Fuhr & Wiese (2009)
Sr ii Fuhr & Wiese (2009)
Y ii Hannaford et al. (1982)
Zr ii Biémont et al. (1981)
Nb ii Hannaford et al. (1985)
Mo i Whaling & Brault (1988)
Ru i Wickliffe et al. (1994)
Ba ii Fuhr & Wiese (2009)
La ii Lawler et al. (2001a)
Ce ii Lawler et al. (2009)
Pr ii Ivarsson et al. (2001), Li et al. (2007)
Nd ii Den Hartog et al. (2003)
Sm ii Lawler et al. (2006)
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Table 7.3 (cont’d)

Species Reference(s) and Comments

Eu ii Lawler et al. (2001b)
Gd ii Den Hartog et al. (2006)
Tb ii Lawler et al. (2001c)
Dy ii Wickliffe et al. (2000)
Ho ii Lawler et al. (2004)
Er ii Lawler et al. (2008)
Tm ii Wickliffe & Lawler (1997)
Yb ii Biémont et al. (1998), renormalized to Pinnington et al. (1997);

see the appendix of Sneden et al. (2009) for discussion
Hf ii Lawler et al. (2007)
Ir ii Ivarsson et al. (2003)
Pb ii Biémont et al. (2000)
Th ii Nilsson et al. (2002)

7.4.2 Derivation of the Model Atmosphere Parameters

We perform the abundance analysis using the latest version (2009) of the spectral

analysis code MOOG (Sneden 1973). This version of MOOG incorporates the con-

tribution of electron scattering in the near-UV continuum as true continuous opac-

ity rather than extra absorption. (See Sobeck et al. 2010 for additional details.)

Throughout our analysis we assume that all lines are formed under conditions of

local thermodynamic equilibrium (LTE) in a one dimensional, plane parallel atmo-

sphere.

Model atmospheres are interpolated from the grid of Castelli & Kurucz

(2003), generated using the α-enhanced opacity distribution functions assuming

no convective overshooting. Atmospheric parameters are derived by spectroscopic

means only. The effective temperature and microturbulence are determined by de-

manding that the derived Fe i abundances exhibit no trend with excitation potential

or reduced equivalent width (i.e., equivalent width divided by wavelength). The re-

sulting temperature and microturbulence generally satisfy these two criteria for the

Fe ii and Ti i and ii abundances, though there are typically fewer lines of these

species (8–11, 7–16, and 12–20 lines, respectively, compared with 80–120 lines for

Fe i). These three species have a much more limited range of excitation potentials

(typically ∼ 1 eV, compared with ∼ 4.5 eV for Fe i). The model surface gravity

is determined by requiring that the Fe i and ii abundances agree within 0.1 dex

(roughly the standard deviation of each). The model metallicities are set to the Fe
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Table 7.4. Equivalent Width Measurements for All Stars

Wavelength (Å) Species IDa E.P. (eV) log(gf) E.W. (mÅ)b

BD+10 2495
6707.80 3.0 0.00 0.17 synth
6300.30 8.0 0.00 -9.78 · · ·
7771.94 8.0 9.14 0.37 7.1
7774.17 8.0 9.14 0.22 7.5
7775.39 8.0 9.14 0.00 5.2

..

.
..
.

..

.
..
.

..

.

Note. — The full table is available in Roederer et al. (2010a); only a
small portion is shown here to present its general form and content.

a The integer component of the species ID indicates the atomic number,
and the decimal component indicates the ionization state (0 = neutral,
1 = singly ionized).

b “Synth” indicates an abundance was derived from spectrum synthesis;
“limit” indicates that an upper limit on the abundance was derived from
the line.

abundance. The α elements are enhanced by a factor of 2–3 relative to Fe in our

stars (Section 7.6). These elements are among the major electron donors to the H−

ion that dominates the continuous opacity over the visible spectral range, justifying

our use of the α-enhanced grid of atmospheres.

Figure 7.2 displays the evolutionary states of these stars, and Table 7.5 lists

our derived model parameters. Six of them are found along the RGB, two are near

the RHB, and four are on the subgiant branch (SGB) or main sequence turn-off.

This range of evolutionary states will complicate inter-comparison of the absolute

abundances; element-to-element ratios, however, should be more reliable, especially

if the abundances are derived from lines of similar strength and thus are formed at

similar levels of the atmosphere.

In Table 7.6 we compare our spectroscopic temperatures to those derived

from the infrared flux method (Alonso et al. 1999a,b) for five of the six stars on

the RGB. The stars on the SGB and RHB are beyond the range of the calibra-

tions. Five of the giants (BD +10 2495, BD +30 2611, HD 128279, HD 175305, and

HD 237846) were included among the metal-poor calibration stars used by Alonso et
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Figure 7.2 Plot of the evolutionary states of the stream candidates. Our spectro-
scopically derived temperatures and gravities are shown, along with uncertainties

of ± 200 K and ± 0.3 dex. Three stars along the RGB are color-coded to match
the spectra displayed in Figure 7.3: BD +10 2356, BD +29 2495, and HD 175305.

For comparison, a Y2 α-enhanced ([α/Fe] = +0.4) 8 Gyr isochrone (Demarque et
al. 2004) and a synthetic HB track for 0.8 M� (Cassisi et al. 2004) are shown, each

computed for [Fe/H] = −2.0. Stream members are indicated as filled squares, and
rejected candidates are indicated as “X”s.
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Table 7.5. Model Atmosphere Parameters

Star Teff log g vt [M/H] Evolutionary
(K) (km s−1) state

BD+10 2495 4710 1.30 1.55 −2.45 RGB

BD+29 2356 4760 1.60 1.45 −1.55 RGB
BD+30 2611 4330 0.60 1.85 −1.45 RGB

CD−36 1052 6070 2.30 3.20 −1.65 RHB
CS 22876–040 6280 3.70 1.60 −2.30 SGB
CS 22948–093 6480 4.00 1.15 −3.35 SGB

CS 29513–031 6650 3.70 0.80 −2.55 SGB
CS 29513–032 5810 3.30 1.45 −2.10 SGB

HD 119516 5290 1.10 2.25 −2.15 RHB
HD 128279 5050 2.35 1.50 −2.45 RGB

HD 175305 4770 1.80 1.25 −1.60 RGB
HD 237846 4600 1.00 1.50 −3.20 RGB

al. (1999a), and we report their temperature estimates in Table 7.6.3 The spectro-

scopic and photometric Teff estimates agree within the uncertainties for the coolest

star in the sample, BD +30 2611, but for three of the other giants our spectroscopic

estimates are cooler than the photometric ones by ≈ 250 K and the fourth is cooler

by ≈ 380 K. This star, HD 237846, was also analyzed by Zhang et al. (2009), who

derived a spectroscopic temperature of 4725 ± 60 K, which is only different from

our estimate by 125 K.

In Figure 7.3, we compare the spectra of three of the stars on the RGB with

very similar temperatures but different metallicities. Two pairs of Fe i lines are

shown, each with different excitation potentials. (By choosing line pairs at the same

wavelength, we can compare line strength without the continuous opacity changing

appreciably.) Our spectroscopic analysis shows that BD +10 2495, BD +29 2356,

and HD 175305 all have temperatures within 60 K of one another, so to first order

the largest difference in the line strengths in these stars is the Fe abundance; Fig-

3The only published V magnitude for the remaining giant, BD +29 2356, dates from a photoelec-
tric measurement by Harris & Upgren (1964), which we disregard in the interest of self-consistency
with the Alonso et al. (1999a) calibrations.
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Table 7.6. Comparison of Temperature Estimates

Star Teff
a Teff(V − J)b Teff(V − H)b Teff(V − K)b ∆Tmean

(K) (K) (K) (K) (K)

BD+10 2495 4710 4946±119 4916±69 4964±74 −232

BD+30 2611 4330 4258±209 4141±78 4244±40 +116
HD 128279 5050 5274±157 5282±94 5305±82 −237

HD 175305 4770 5063±152 5028±85 5042±66 −274
HD 237846 4600 4968±123 4984±85 4985±65 −379

aThis study, spectroscopic estimate

bAlonso et al. (1999a)

ure 7.3 indicates that this is the case. Thus in a relative sense our temperatures are

reasonable.

It is more difficult to assess the absolute temperature scale, but in a differ-

ential abundance analysis this effect is minimized as much as possible. In light of

the discrepancies between the photometric and spectroscopic temperature scales, we

adopt uncertainties on Teff, log g, and vt of 200 K, 0.3 dex, and 0.3 km s−1. We

adopt spectroscopic methods to estimate atmospheric parameters to avoid reliance

on photometry (which may originate from a variety of sources, especially for bright

stars) or models of the flux distribution (which must reproduce the energy distribu-

tion in stars of a variety of evolutionary states and compositions). Spectroscopically

determined atmospheric parameters are certainly not without their own limitations,

but the fact that most of the stars in Figure 7.2 lie along theoretical isochrones or

HB tracks is reassuring in this regard.

7.4.3 Derivation of Abundances

For species with equivalent width measurements, we derive the abundance by forcing

the individual line abundances to match the equivalent width and averaging over

all lines. We match synthetic to observed spectra to derive abundances for species

whose lines are broadened by hyperfine splitting, isotope shifts, or both, as well
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Figure 7.3 Comparison of observed spectra for two pairs of Fe i lines with differing
excitation potentials (χ). Three stars along the RGB with very similar Teff are

shown: BD +10 2356, red (Teff =4710 K, [Fe/H]= −2.31); BD +29 2495, green
(4760 K, [Fe/H]= −1.59); and HD 175305, blue (4770 K, −1.73). The colors also

correspond to those used in Figure 7.2.
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as for lines that are often weak or blended in our spectra (Li, Al, Sc, V, Mn, Co,

Sr and all heavier elements). The C abundance is derived from a synthesis of the

CH A2∆−X2Π G-band between 4290 and 4330Å, and the N abundance is derived

from a synthesis of the CN B2Σ−X2Σ bandhead region near 3880Å. For the odd-Z

Fe-peak species, we adopt the hyperfine structure patterns of Kurucz & Bell (1995).

We use an r-process mix of Ba isotopes in our synthesis of the Ba ii 4554Å line

for all stars except CS 29513–032, where we use an s-process mix (Appendix 7.7.1).

For all other Ba ii lines, the isotopic mix has no noticeable effect on the derived

abundance. We adopt the hyperfine structure patterns for the rare earth elements

from the references summarized in Lawler et al. (2009). Table 7.4 lists all of our

equivalent width measurements or else indicates whether a line is used to determine

an abundance via spectral synthesis or whether we compute an upper limit on the

abundance from the line.

Abundances for all 12 stars are presented in Tables 7.7–7.10. Our main aim

in this work is to compare the abundances of stars in the stream to each other and to

other metal-poor populations. To this end, we do not apply any corrections to the

abundances from our 1D LTE analysis to account for hydrodynamical motions or

departures from LTE in the real atmospheres of these stars. We reference abundance

ratios to the Solar abundances summarized in Asplund et al. (2009).
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Table 7.7. Elemental Abundances I.

BD+10 2495 BD+29 2356 BD+30 2611
Species log ε(X) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines

(dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex)

Li I 0.57 -1.63 0.25 1 < 0.70 · · · · · · · · · < -0.01 · · · · · · · · ·
C 5.92 -0.31 0.20 1 6.71 -0.24 0.20 1 6.32 -0.72 0.30 1
N · · · · · · · · · · · · 6.57 0.36 0.20 1 · · · · · · · · · · · ·

O I 7.30 0.70 0.11 3 8.04 0.72 0.25 1 7.40 -0.01 0.30 1
Na I 3.89 -0.11 0.25 1 4.51 -0.21 0.15 2 4.55 -0.26 0.15 2
Mg I 5.78 0.53 0.15 4 6.34 0.37 0.11 3 6.37 0.31 0.16 3
Al I 3.56 -0.58 0.25 1 · · · · · · · · · · · · · · · · · · · · · · · ·
Si I 5.72 0.50 0.15 2 6.10 0.16 0.23 4 6.12 0.09 0.18 3
K I · · · · · · · · · · · · 4.28 0.77 0.25 1 4.14 0.54 0.25 1
Ca I 4.46 0.43 0.10 9 5.20 0.45 0.10 7 5.13 0.29 0.10 5
Sc II 0.63 -0.14 0.11 6 1.63 0.14 0.10 5 1.47 -0.11 0.25 1
Ti I 2.72 0.06 0.10 16 3.48 0.10 0.10 14 3.41 -0.06 0.10 9
Ti II 2.81 0.15 0.10 20 3.74 0.36 0.12 12 3.61 0.14 0.11 5
V I 1.36 -0.31 0.25 1 1.88 -0.51 0.25 1 · · · · · · · · · · · ·
V II 1.62 -0.05 0.16 2 2.36 -0.03 0.30 1 · · · · · · · · · · · ·
Cr I 3.11 -0.23 0.10 10 3.94 -0.12 0.10 9 4.02 -0.13 0.10 4
Cr II 3.54 0.20 0.10 3 4.16 0.10 0.25 1 · · · · · · · · · · · ·
Mn I 2.72 -0.34 0.18 8 3.44 -0.34 0.10 5 3.52 -0.35 0.25 1
Mn II · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · ·
Fe I 5.19 0.00 0.10 112 5.91 0.00 0.11 82 6.00 0.00 0.10 58
Fe II 5.13 -0.06 0.10 9 5.81 -0.10 0.10 7 5.97 -0.03 0.10 10
Co I 2.46 -0.13 0.15 2 3.18 -0.13 0.25 1 · · · · · · · · · · · ·
Ni I 3.91 -0.01 0.10 8 4.65 0.01 0.18 7 4.70 -0.03 0.17 4
Cu I 0.99 -0.89 0.25 1 2.05 -0.55 0.25 1 · · · · · · · · · · · ·
Zn I 2.32 0.05 0.25 1 3.05 0.06 0.15 2 2.87 -0.21 0.15 2
Rb I · · · · · · · · · · · · < 2.00 < 1.09 · · · · · · < 1.25 < 0.25 · · · · · ·
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Table 7.7 (cont’d)

BD+10 2495 BD+29 2356 BD+30 2611
Species log ε(X) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines

(dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex)

Sr II 0.44 -0.08 0.30 1 1.26 0.02 0.30 2 1.00 -0.33 0.25 1
Y II -0.52 -0.43 0.10 4 0.52 -0.11 0.10 3 0.41 -0.31 0.10 3
Zr II 0.27 0.00 0.10 3 1.33 0.34 0.10 3 1.08 0.01 0.15 2
Nb II < 0.59 < 1.46 · · · · · · < 1.63 < 1.78 · · · · · · · · · · · · · · · · · ·
Mo I -0.43 0.02 0.25 1 0.46 0.19 0.25 1 0.38 0.02 0.30 1
Tc I < 0.29 < 2.62 · · · · · · < 1.08 < 2.69 · · · · · · · · · · · · · · · · · ·
Ru I · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · ·
Ba II -0.38 -0.01 0.18 2 0.62 0.09 0.15 2 0.68 0.06 0.25 1
La II -1.36 -0.22 0.10 4 -0.47 -0.05 0.10 4 -0.24 0.09 0.13 9
Ce II -0.97 -0.07 0.10 4 -0.06 0.12 0.13 4 0.14 0.23 0.10 7
Pr II -1.17 0.35 0.25 1 -0.45 0.31 0.16 3 -0.50 0.17 0.16 5
Nd II -0.92 -0.06 0.10 5 0.16 0.30 0.16 6 0.26 0.31 0.10 7
Sm II -1.28 0.09 0.15 2 -0.31 0.34 0.15 2 -0.12 0.44 0.10 7
Eu II -1.69 0.13 0.10 3 -0.69 0.41 0.25 1 -0.36 0.65 0.15 2
Gd II -1.07 0.18 0.15 2 -0.07 0.46 0.22 2 0.20 0.64 0.21 3
Tb II -1.77 0.21 0.30 1 -0.94 0.32 0.25 1 -0.86 0.31 0.25 1
Dy II -1.05 0.22 0.10 4 0.04 0.59 0.21 2 0.38 0.84 0.17 3
Ho II -1.80 0.06 0.30 1 -0.64 0.50 0.30 1 · · · · · · · · · · · ·
Er II -1.20 0.21 0.15 2 0.04 0.73 0.30 1 · · · · · · · · · · · ·
Tm II -2.16 -0.06 0.30 1 · · · · · · · · · · · · · · · · · · · · · · · ·
Yb II -1.25 0.17 0.25 1 -0.28 0.44 0.30 1 · · · · · · · · · · · ·
Hf II < -1.30 < 0.19 · · · · · · -0.54 0.22 0.30 1 -0.46 0.21 0.15 2
Ir I < -0.11 < 0.87 · · · · · · < 1.04 < 1.30 · · · · · · 0.35 0.52 0.35 1
Pb I < 0.88 < 1.32 · · · · · · 0.35 0.07 0.30 1 0.56 0.19 0.30 1
Th II -1.96 0.25 0.30 1 -1.07 0.42 0.30 1 -0.98 0.42 0.30 1
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Table 7.8. Elemental Abundances II.

CD−36 1052 CS 22876–040 CS 22948–093
Species log ε(X) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines

(dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex)

Li I < 1.79 · · · · · · · · · 2.09 -0.11 0.25 1 < 2.35 · · · · · · · · ·
C < 7.05 < 0.30 · · · · · · < 6.79 < 0.59 · · · · · · < 6.90 < 1.72 · · · · · ·
N < 8.80 < 2.79 · · · · · · < 8.50 < 3.04 · · · · · · < 8.60 < 4.16 · · · · · ·

O I 7.94 0.82 0.12 3 7.20 0.63 0.10 3 < 7.23 < 1.68 · · · · · ·
Na I · · · · · · · · · · · · · · · · · · · · · · · · < 2.27 < -0.68 · · · · · ·
Mg I 6.13 0.36 0.10 5 5.53 0.31 0.10 4 4.44 0.24 0.15 3
Al I 3.90 -0.76 0.15 2 3.25 -0.86 0.25 1 2.40 -0.69 0.15 2
Si I 6.06 0.32 0.25 1 5.56 0.37 0.25 1 4.15 -0.02 0.25 1
K I 3.77 0.46 0.25 1 · · · · · · · · · · · · · · · · · · · · · · · ·
Ca I 4.88 0.33 0.10 12 4.50 0.50 0.10 13 3.43 0.45 0.10 3
Sc II 1.55 0.24 0.14 7 0.88 0.14 0.10 3 0.18 0.46 0.10 4
Ti I 3.37 0.19 0.10 7 3.17 0.54 0.11 7 · · · · · · · · · · · ·
Ti II 3.48 0.30 0.10 16 3.07 0.44 0.10 21 2.03 0.42 0.10 7
V I 2.23 0.04 0.25 1 · · · · · · · · · · · · · · · · · · · · · · · ·
V II 2.38 0.19 0.25 1 1.81 0.17 0.15 2 < 1.87 < 1.25 · · · · · ·
Cr I 3.76 -0.10 0.12 7 3.19 -0.12 0.10 3 2.07 -0.22 0.15 2
Cr II 4.08 0.22 0.10 3 3.54 0.23 0.15 2 · · · · · · · · · · · ·
Mn I 3.38 -0.20 0.15 5 2.70 -0.33 0.10 3 1.91 -0.10 0.30 1
Mn II · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · ·
Fe I 5.71 0.00 0.10 107 5.16 0.00 0.10 107 4.14 0.00 0.11 37
Fe II 5.76 0.05 0.10 8 5.27 0.11 0.10 10 4.12 -0.02 0.25 1
Co I 3.16 0.05 0.25 1 2.54 -0.02 0.12 3 · · · · · · · · · · · ·
Ni I 4.32 -0.12 0.10 4 3.93 0.04 0.11 5 2.90 0.03 0.22 3
Cu I · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · ·
Zn I 2.88 0.09 0.15 2 2.38 0.14 0.15 2 < 2.35 < 1.13 · · · · · ·
Rb I < 3.08 < 2.37 · · · · · · · · · · · · · · · · · · · · · · · · · · · · · ·
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Table 7.8 (cont’d)

CD−36 1052 CS 22876–040 CS 22948–093
Species log ε(X) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines

(dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex)

Sr II 1.57 0.53 0.15 2 0.70 0.21 0.15 2 -0.40 0.08 0.15 2
Y II 0.34 -0.09 0.10 4 0.12 0.24 0.15 2 < -0.64 < 0.50 · · · · · ·
Zr II 1.11 0.32 0.13 3 0.86 0.62 0.24 2 < 0.37 < 1.15 · · · · · ·
Nb II < 1.27 < 1.62 · · · · · · · · · · · · · · · · · · < 1.61 < 3.57 · · · · · ·
Mo I < 1.73 < 1.66 · · · · · · < 1.82 < 2.30 · · · · · · < 1.40 < 2.86 · · · · · ·
Tc I < 2.09 < 3.90 · · · · · · < 2.03 < 4.39 · · · · · · < 1.83 < 5.21 · · · · · ·
Ru I · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · ·
Ba II 0.46 0.13 0.15 2 -0.10 0.12 0.11 3 -0.88 0.37 0.15 2
La II -0.40 0.22 0.10 3 < -0.09 < 1.08 · · · · · · · · · · · · · · · · · ·
Ce II < 0.15 < 0.53 · · · · · · < 0.50 < 1.21 · · · · · · < 0.43 < 2.26 · · · · · ·
Pr II < 0.12 < 1.08 · · · · · · < 0.50 < 2.01 · · · · · · < 0.02 < 2.69 · · · · · ·
Nd II 0.04 0.30 0.15 2 < 0.29 < 1.18 · · · · · · < 0.06 < 1.94 · · · · · ·
Sm II -0.37 0.48 0.30 1 < 0.26 < 1.66 · · · · · · < 0.19 < 2.57 · · · · · ·
Eu II -0.82 0.48 0.10 3 < -0.70 < 1.15 · · · · · · < -0.96 < 1.91 · · · · · ·
Gd II < 0.36 < 1.09 · · · · · · < 0.73 < 2.01 · · · · · · < 0.46 < 2.72 · · · · · ·
Tb II < -0.12 < 1.34 · · · · · · < 0.26 < 2.27 · · · · · · < -0.06 < 2.99 · · · · · ·
Dy II -0.30 0.45 0.25 1 < 0.08 < 1.38 · · · · · · < 0.51 < 2.79 · · · · · ·
Ho II · · · · · · · · · · · · < 0.41 < 2.30 · · · · · · < -0.25 < 2.63 · · · · · ·
Er II < 0.10 < 0.99 · · · · · · < 0.30 < 1.74 · · · · · · < 0.07 < 2.52 · · · · · ·
Tm II < -0.29 < 1.29 · · · · · · < -0.03 < 2.10 · · · · · · · · · · · · · · · · · ·
Yb II -0.63 0.22 0.30 1 · · · · · · · · · · · · · · · · · · · · · · · ·
Hf II < 0.63 < 1.59 · · · · · · < 0.89 < 2.40 · · · · · · < 0.87 < 3.37 · · · · · ·
Ir I · · · · · · · · · · · · < 2.46 < 3.47 · · · · · · · · · · · · · · · · · ·
Pb I < 2.47 < 2.39 · · · · · · < 2.14 < 2.61 · · · · · · < 1.85 < 3.38 · · · · · ·
Th II · · · · · · · · · · · · · · · · · · · · · · · · < 0.13 < 3.39 · · · · · ·
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Table 7.9. Elemental Abundances III.

CS 29513–031 CS 29513–032 HD 119516
Species log ε(X) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines

(dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex)

Li I < 2.50 · · · · · · · · · 2.16 -0.04 0.25 1 < 1.14 · · · · · · · · ·
C < 7.10 < 1.20 · · · · · · 7.09 0.63 0.20 1 < 5.86 < -0.42 · · · · · ·
N < 8.60 < 3.19 · · · · · · < 6.90 < 1.04 · · · · · · < 7.80 < 2.26 · · · · · ·

O I 6.82 0.55 0.20 3 7.48 0.65 0.10 3 7.26 0.61 0.10 3
Na I 4.49 0.82 0.25 1 4.69 0.46 0.25 1 3.79 -0.26 0.25 1
Mg I 5.24 0.32 0.10 3 6.00 0.52 0.14 5 5.64 0.34 0.10 5
Al I 2.96 -0.85 0.30 1 3.90 -0.49 0.22 2 3.22 -0.97 0.16 2
Si I 4.92 0.03 0.25 1 6.11 0.66 0.25 1 5.81 0.54 0.25 1
K I · · · · · · · · · · · · 3.50 0.48 0.25 1 3.17 0.33 0.15 2
Ca I 4.11 0.41 0.12 6 4.71 0.45 0.10 12 4.41 0.33 0.10 9
Sc II 0.48 0.04 0.30 1 0.91 -0.09 0.10 4 0.73 -0.09 0.13 6
Ti I · · · · · · · · · · · · 3.09 0.20 0.10 11 2.84 0.13 0.10 16
Ti II 2.51 0.18 0.10 6 3.04 0.15 0.10 19 2.69 -0.02 0.11 20
V I · · · · · · · · · · · · 1.95 0.05 0.25 1 1.58 -0.14 0.25 1
V II · · · · · · · · · · · · 1.78 -0.12 0.15 2 1.60 -0.12 0.15 2
Cr I 2.88 -0.13 0.15 2 3.45 -0.12 0.12 7 3.24 -0.15 0.10 10
Cr II · · · · · · · · · · · · 3.69 0.12 0.11 3 3.56 0.17 0.10 3
Mn I 2.61 -0.12 0.20 2 3.03 -0.26 0.13 6 2.78 -0.33 0.17 6
Mn II · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · ·
Fe I 4.86 0.00 0.10 48 5.42 0.00 0.10 118 5.24 0.00 0.10 114
Fe II 4.82 -0.04 0.10 4 5.34 -0.08 0.10 11 5.19 -0.05 0.10 10
Co I · · · · · · · · · · · · 2.80 -0.02 0.11 4 2.52 -0.12 0.10 3
Ni I 3.73 0.14 0.33 3 4.15 0.00 0.13 8 3.92 -0.05 0.10 6
Cu I · · · · · · · · · · · · 2.08 -0.03 0.25 1 · · · · · · · · · · · ·
Zn I < 2.72 < 0.78 · · · · · · 2.61 0.11 0.15 2 2.32 0.00 0.15 2
Rb I · · · · · · · · · · · · < 2.97 < 2.55 · · · · · · < 2.72 < 2.48 · · · · · ·
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Table 7.9 (cont’d)

CS 29513–031 CS 29513–032 HD 119516
Species log ε(X) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines

(dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex)

Sr II -0.20 -0.44 0.20 2 1.00 0.25 0.15 2 0.83 0.26 0.15 2
Y II < -0.32 < 0.10 · · · · · · -0.06 -0.20 0.10 3 -0.43 -0.39 0.10 4
Zr II < 1.08 < 1.14 · · · · · · 0.83 0.33 0.12 3 0.29 -0.03 0.10 3
Nb II · · · · · · · · · · · · < 1.57 < 2.21 · · · · · · < 0.26 < 1.08 · · · · · ·
Mo I < 1.77 < 2.51 · · · · · · < 1.33 < 1.55 · · · · · · < 0.31 < 0.71 · · · · · ·
Tc I < 1.96 < 4.62 · · · · · · < 1.88 < 3.98 · · · · · · < 0.97 < 3.25 · · · · · ·
Ru I · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · ·
Ba II -0.84 -0.31 0.30 1 0.80 0.76 0.17 4 -0.16 -0.02 0.24 2
La II · · · · · · · · · · · · -0.52 0.39 0.17 4 -1.08 0.01 0.10 4
Ce II < 0.43 < 1.54 · · · · · · 0.12 0.79 0.43 2 -0.64 0.21 0.11 3
Pr II < 0.19 < 2.14 · · · · · · < 0.04 < 1.26 · · · · · · -1.23 0.20 0.22 3
Nd II < 0.11 < 1.27 · · · · · · -0.05 0.58 0.25 1 -0.74 0.07 0.10 6
Sm II < 0.23 < 1.89 · · · · · · · · · · · · · · · · · · -1.11 0.21 0.15 2
Eu II < -1.01 < 1.14 · · · · · · -1.20 0.39 0.29 2 -1.43 0.34 0.10 3
Gd II < 0.48 < 2.02 · · · · · · < 0.46 < 1.48 · · · · · · -0.76 0.44 0.10 3
Tb II < 0.06 < 2.39 · · · · · · < -0.07 < 1.68 · · · · · · · · · · · · · · · · · ·
Dy II < -0.17 < 1.39 · · · · · · -0.43 0.61 0.35 1 -0.77 0.45 0.25 1
Ho II · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · ·
Er II < 0.13 < 1.86 · · · · · · < 0.12 < 1.30 · · · · · · -1.02 0.34 0.15 2
Tm II < -0.29 < 2.24 · · · · · · < -0.40 < 1.47 · · · · · · -1.83 0.22 0.25 1
Yb II · · · · · · · · · · · · -0.62 0.58 0.25 1 -1.21 0.15 0.35 1
Hf II < 0.88 < 2.66 · · · · · · < 0.52 < 1.77 · · · · · · -1.21 0.22 0.40 1
Ir I · · · · · · · · · · · · < 2.25 < 3.00 · · · · · · · · · · · · · · · · · ·
Pb I < 2.17 < 2.98 · · · · · · 1.60 1.81 0.25 1 < 1.52 < 1.91 · · · · · ·
Th II < 0.21 < 2.75 · · · · · · · · · · · · · · · · · · < -1.80 < 0.36 · · · · · ·
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Table 7.10. Elemental Abundances IV.

HD 128279 HD 175305 HD 237846
Species log ε(X) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines

(dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex)

Li I 0.91 -1.29 0.25 1 0.73 -1.47 0.25 1 0.55 -1.65 0.25 1
C 5.91 -0.12 0.15 1 6.50 -0.31 0.15 1 5.42 0.17 0.20 1
N < 5.70 < 0.41 · · · · · · · · · · · · · · · · · · < 5.70 < 1.19 · · · · · ·

O I 7.32 0.92 0.10 3 8.03 0.85 0.22 3 7.08 1.46 0.25 1
Na I · · · · · · · · · · · · 4.44 -0.14 0.15 2 · · · · · · · · · · · ·
Mg I 5.58 0.53 0.10 4 6.28 0.45 0.11 3 4.79 0.52 0.10 2
Al I 3.40 -0.54 0.35 2 · · · · · · · · · · · · 2.58 -0.58 0.15 2
Si I 5.39 0.37 0.15 2 6.02 0.22 0.20 4 · · · · · · · · · · · ·
K I · · · · · · · · · · · · 4.26 0.89 0.25 1 · · · · · · · · · · · ·
Ca I 4.25 0.42 0.10 11 5.11 0.50 0.10 7 3.44 0.39 0.10 10
Sc II 0.73 0.16 0.21 9 1.48 0.13 0.11 5 -0.32 -0.11 0.10 5
Ti I 2.64 0.18 0.10 17 3.26 0.02 0.10 13 1.74 0.06 0.10 16
Ti II 2.69 0.23 0.10 24 3.55 0.31 0.11 13 1.80 0.12 0.10 20
V I 1.32 -0.15 0.25 1 1.80 -0.45 0.25 1 0.30 -0.39 0.25 1
V II 1.52 0.05 0.15 2 2.35 0.10 0.25 1 0.52 -0.17 0.15 2
Cr I 2.98 -0.16 0.10 11 3.79 -0.13 0.12 10 2.09 -0.27 0.10 7
Cr II 3.35 0.21 0.10 4 4.23 0.31 0.11 3 2.64 0.28 0.11 3
Mn I 2.54 -0.32 0.14 7 3.31 -0.33 0.10 5 1.59 -0.49 0.25 6
Mn II 2.56 -0.30 0.10 3 · · · · · · · · · · · · · · · · · · · · · · · ·
Fe I 4.99 0.00 0.10 140 5.77 0.00 0.11 93 4.21 0.00 0.10 97
Fe II 4.95 -0.04 0.10 12 5.77 0.00 0.10 8 4.25 0.04 0.10 9
Co I 2.30 -0.09 0.16 9 3.08 -0.09 0.20 2 1.62 0.01 0.12 3
Ni I 3.75 0.03 0.13 16 4.49 -0.01 0.10 6 2.88 -0.06 0.10 3
Cu I < 1.09 < -0.59 · · · · · · 1.55 -0.91 0.25 1 · · · · · · · · · · · ·
Zn I 2.15 0.08 0.15 2 2.96 0.11 0.15 2 1.69 0.40 0.15 2
Rb I < 2.13 < 2.14 · · · · · · < 2.12 < 1.35 · · · · · · < 1.62 < 2.33 · · · · · ·
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Table 7.10 (cont’d)

HD 128279 HD 175305 HD 237846
Species log ε(X) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines log(ε) [X/Fe] σ Nlines

(dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex) (dex)

Sr II -0.16 -0.48 0.15 2 1.24 0.14 0.30 2 -0.50 -0.09 0.15 2
Y II -1.04 -0.75 0.10 3 0.30 -0.19 0.10 4 -1.56 -0.49 0.10 3
Zr II -0.13 -0.20 0.10 3 1.08 0.23 0.17 3 -0.82 -0.11 0.15 2
Nb II < 0.17 < 1.24 · · · · · · < 1.03 < 1.32 · · · · · · < -0.20 < 1.69 · · · · · ·
Mo I -0.45 0.20 0.25 1 0.19 0.06 0.25 1 < -0.63 < 0.76 · · · · · ·
Tc I < 0.44 < 2.97 · · · · · · < 0.87 < 2.62 · · · · · · < -0.35 < 2.96 · · · · · ·
Ru I · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · ·
Ba II -1.02 -0.63 0.16 4 0.45 0.06 0.25 1 -1.97 -0.79 0.14 4
La II -1.77 -0.43 0.11 3 -0.60 -0.04 0.10 4 < -2.61 < -0.52 · · · · · ·
Ce II -1.17 -0.07 0.20 2 -0.12 0.20 0.10 5 < -1.94 < -0.18 · · · · · ·
Pr II -1.20 0.48 0.24 2 -0.49 0.41 0.25 1 < -2.40 < 0.20 · · · · · ·
Nd II -1.25 -0.19 0.25 2 -0.01 0.27 0.12 5 < -1.40 < 0.41 · · · · · ·
Sm II -1.93 -0.36 0.30 1 -0.48 0.31 0.15 2 < -1.78 < 0.53 · · · · · ·
Eu II -2.27 -0.25 0.21 3 -0.89 0.35 0.15 2 -3.10 -0.30 0.25 1
Gd II -1.75 -0.30 0.30 1 -0.19 0.48 0.15 2 · · · · · · · · · · · ·
Tb II < -1.48 < 0.70 · · · · · · · · · · · · · · · · · · < -2.11 < 0.87 · · · · · ·
Dy II -1.66 -0.19 0.15 1 -0.28 0.41 0.15 2 -2.77 -0.56 0.30 1
Ho II · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · · ·
Er II -1.78 -0.17 0.25 1 -0.36 0.47 0.15 2 < -2.18 < 0.20 · · · · · ·
Tm II < -1.90 < 0.40 · · · · · · · · · · · · · · · · · · < -2.37 < 0.81 · · · · · ·
Yb II -1.95 -0.34 0.25 1 -0.59 0.22 0.25 1 -3.09 -0.69 0.30 1
Hf II < -0.78 < 0.90 · · · · · · -0.54 0.36 0.22 2 < -1.43 < 1.00 · · · · · ·
Ir I < 0.47 < 1.65 · · · · · · 0.06 0.46 0.25 1 < -0.66 < 1.30 · · · · · ·
Pb I < 1.05 < 1.69 · · · · · · < 0.30 < 0.16 · · · · · · < 0.29 < 1.75 · · · · · ·
Th II < -3.93 < -1.52 · · · · · · -1.23 0.40 0.25 1 < -2.33 < 0.86 · · · · · ·
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We assume a minimum uncertainty of 0.25 dex for abundances derived from

a single spectral feature (set by statistical sources of error: our ability to resolve

blending features, identify the continuum, measure an equivalent width or match a

synthetic spectrum, etc.). For mean abundances derived from two lines, we adopt

the larger of 0.15 dex or the standard deviation of a small sample as described by

Keeping (1962). For mean abundances derived from more than two lines, we adopt

the larger of of 0.10 dex or the standard deviation. We compute 3σ abundance

upper limits from the non-detection of absorption lines according to the formula

given in Frebel et al. (2008), which was derived from Bohlin et al. (1983). These

upper limits are indicated in Table 7.7–7.10.

7.5 Systematic Abundance Trends

It is important to recognize systematic differences that can bias results or mask real

trends when performing detailed abundance comparisons. Stars of different metallic-

ities or evolutionary states will naturally present different atomic transitions suitable

for abundance analysis, and the abundances derived from these transitions need to

be checked against one another. In this section we examine several systematic biases

that could impact our results.

If the model atmosphere accurately reflects conditions in the stellar atmo-

sphere, the abundance of elements not manufactured or destroyed during normal

stellar evolution should show no dependence on Teff when comparing stars with

similar compositions but different temperatures. In Figures 7.4 and 7.5 we display

the abundances of 30 species in our sample as a function of Teff. The depletion of

the light element Li is evident in the more evolved (cooler) stars of the sample. The

coolest star in the sample appears to have a slightly lower [C/Fe] ratio than the

warmer stars. The CN band was only detected in one star. These trends are known

consequences of normal stellar evolution. Correlations with Teff are also detected

for [Na i/Fe], [Ti i/Fe], and [V i/Fe]. These correlations will be discussed in the

sections below.

7.5.1 Silicon, Titanium, and Vanadium

In very metal-poor (or warm) stars, the only accessible line of Si i in the visible

spectral range is the 3905Å line, which may become saturated in more metal-rich
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Figure 7.4 Abundances for Li i–V ii as a function of stellar effective temperature.
Squares indicate measurements in the stream members and downward-facing trian-
gles indicate upper limits. The dotted lines indicate the Solar ratio.
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Figure 7.5 Abundances for Cr i–Eu ii as a function of stellar effective tempera-
ture. Squares indicate measurements in the stream members and downward-facing
triangles indicate upper limits. The dotted lines indicate the Solar ratio.
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(or cooler) stars; this line has an excitation potential of 1.9 eV. In more metal-

rich stars, high-excitation (4.9–5.1 eV) Si i lines at 5665, 5701, 5708, and 5772Å

may be used as abundance indicators instead. In our sample, we only derive an

abundance from the 3905Å line in the four warmest stars, while between 1 and 4 of

the high-excitation lines are used in the cooler stars. The low- and high-excitation

lines are not used together in any stars. As shown in Figure 7.4, the seven coolest

stars (Teff < 6000 K) with detected Si i lines all employ the high-excitation lines

and show a slope of decreasing [Si i/Fe] with decreasing temperature. This trend

is in the opposite sense from what previous studies have uncovered. In contrast,

the four warmest stars (Teff > 6000 K) all employ the 3905Å line and may show a

slope of increasing [Si i/Fe] with decreasing temperature, which has been recognized

by previous investigators (Cohen et al. 2004; Preston et al. 2006; Lai et al. 2008;

Bonifacio et al. 2009). Using only abundances derived from the 3905Å line, Preston

et al. (2006) compared the [Si/Fe] ratio in stars on the lower RGB to stars on

the RHB (i.e., with the same temperature but different gravities) and found no

dependence on gravity, implying that this observed difference is not a consequence

of stellar evolution. In addition to noting this trend of increasing [Si i/Fe] with

decreasing temperature, Lai et al. (2008) also identified opposite trends for [Ti i/Fe]

and [Ti ii/Fe].

We also find a weak trend of increasing [Ti i/Fe] and increasing [V i/Fe] with

increasing Teff in our sample. The Ti i abundance is derived from ∼ 5–15 lines,

suggesting that this trend is not a consequence of line blending. The V i abundance

is derived from a single transition, 4379.23Å. The direction of this trend, increasing

[V i/Fe] with increasing Teff , would imply that the blending feature is decreasing

in line strength with increasing Teff. No plausible blending atomic features are

found in the Kurucz linelists or the NIST database. A 12CH transition at 4379.24Å

could, in principle, produce the observed effect, although our syntheses indicate

that completely removing the contribution from CH even in the giants will increase

the V i abundance by no more than 0.01–0.02 dex, far smaller than the observed

abundance change with Teff . We have not investigated the consequences of including

3D effects or departures from LTE in the line formation.

In summary, it it not clear what causes these trends, but they do not appear

to be the result of any shortcomings unique to our analysis. Further investigation

of the [Si i/Fe] (high-excitation lines), [Ti i/Fe], and [V i/Fe] abundance trends
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with Teff is beyond the scope of this work. Whatever the cause, it is responsible for

producing the larger star-to-star dispersion in these ratios than observed for other

species that show no correlation with Teff .

7.5.2 Magnesium

The Mg i transitions at 3829, 5172, and 5183Å have χ ≈ 2.7 eV, and the Mg i lines

at 4057, 4167, 4702, 5528, and 5711Å have χ ≈ 4.3 eV. This fact manifests itself

as a difference in line strengths. In warm or very metal-poor stars, only the lower-

excitation lines are strong enough to be detected. For Mg, we derive abundances

from the 5172 and 5183Å lines in four stars, three of which also use several of the

high-excitation lines (CS 22876–040, CS 29513–031, and HD 237846, two stars on

the SGB and one on the RGB). In these three cases, the 5172 and 5183Å lines

yield abundances higher than the high-excitation lines by 0.13, 0.29, and 0.23 dex,

respectively. Cohen et al. (2004) examined this effect in seven metal-poor dwarf stars

from their sample. After correcting for the differences in log(gf) values between the

two studies, their mean offset, 0.26 dex, is very similar to ours. The 5172 and 5183Å

lines also yield abundances higher than the 3829Å line by 0.32, 0.26, and 0.14 dex

in CS 22876–040, CS 22948–093, and HD 237846 (again, two stars on the SGB and

one on the RGB). We find no dependence of [Mg/Fe] on Teff in Figure 7.4.

We have derived Mg i abundances from at least 2 high-excitation lines in all

but one star, so we only adopt the Mg abundance derived from these lines. Only

in CS 22948–093, where no high-excitation lines were measured, do we employ the

low-excitation lines. We omit this star when computing the [Mg/Fe] dispersion in

the stream.

7.5.3 Manganese

The Mn i resonance triplet at 4030, 4033, and 4034Å has an excitation potential of

0.0 eV, and the Mn i lines farther to the red have excitation potentials ranging from

2.1–3.1 eV. The triplet lines are the only Mn i abundance indicators in the optical

regime for very metal-poor stars. The Mn i triplet is known to yield abundances

lower by 0.3–0.4 dex relative to the higher-excitation Mn i lines (e.g., Cayrel et

al. 2004). This effect is also observed in our sample, with an average difference of

−0.32 dex when both the triplet and the higher-excitation lines are detected and
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measurable (6 stars). To compare relative [Mn i/Fe] abundances for stars in our

sample, we correct all of the Mn i triplet abundances by +0.3 dex. This correction

is reflected in Tables 7.7–7.10. We emphasize that this is strictly an empirical

correction. In one star from our sample, HD 128279, we were also able to derive

an abundance of Mn ii from the 3488 and 3497Å lines. We are encouraged that

the abundance derived from these lines, log ε (Mn ii) = +2.56 dex, is in very

good agreement with the Mn i abundance derived from the high-excitation lines,

log ε (Mn i) = +2.52 dex.

7.5.4 Sodium

The Na i resonance lines at 5889 and 5895Å have χ = 0.0 eV, while the 5682 and

5688Å lines have χ ≈ 2.1 eV. Only the 5889 and 5895Å lines are detected in warm

or very metal-poor stars. We only derive an abundance from the 5889Å line in one

star, CS 29513–031, and we derive an abundance from the 5895Å line in only one

star, CS 29513–032. All other Na abundances are derived from the 5682 and 5688Å

lines, which are in very good agreement with one another. We omit CS 29513–031

and CS 29513–032 when computing the [Na/Fe] dispersion in the stream.

7.5.5 Other Elements

Abundances are derived from the resonance line pairs of Al i (3944 and 3961Å),

K i (7664 and 7698Å), and Sr ii (4077 and 4215Å), as well as the high-excitation

lines of Zn i (4722 and 4810Å). For each of these species, these lines are the only

abundance indicators available to us. In cases where both lines are measured, we

find no systematic offsets from one line to the next for Al, K, and Zn.

Both Sr ii resonance lines were measured in 10 stars, and we find that the

4077Å line gives an abundance lower by 0.08 (σ = 0.04) dex than the 4215Å line.

The offset is smaller in the stars on the SGB (0.05 dex) than stars on the RGB

or RHB (0.09 dex), suggesting that this offset may originate, at least in part, in

modeling the line formation, as opposed to a systematic offset in the log(gf) values.

These Sr lines are often very strong and are blended at this metallicity range, with

observational uncertainties often 0.2–0.3 dex, so this finding should be viewed with

necessary caution. We make no correction to the Sr ii abundances here, but this

possible systematic effect should be investigated further in larger samples at low
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metallicity where the blending is less severe and the Sr lines less saturated.

7.6 Abundances in the Stream Stars

Our derived [X/Fe] abundance ratios for the probable stream members are shown in

Figures 7.6–7.10. The stream members range in metallicity from −3.4 ≤ [Fe/H] ≤
−1.5, and they are not unique with respect to the rest of the halo in this regard.

In these figures, CS 29513–032 is indicated separately because its abundances for

Z ≤ 11 and Z ≥ 29 may not reflect their primordial (birth) abundances. These

abundances in CS 29513–032 are excluded from the star-to-star chemical dispersions

discussed in the following sections, but the species with 12 ≤ Z ≤ 28 have been

included.

7.6.1 Carbon to Zinc

The [C/Fe] ratios for the stream members are all sub-Solar by a factor of 2–3. [O/Fe]

is super-Solar and similar to other metal-poor stars in the halo. The [Na i/Fe] and

[Al i/Fe] ratios are both sub-Solar, suggesting that Na and Al have not been enriched

by the CNO, NeNa, and MgAl cycles like stars found in globular clusters. The Al

non LTE (NLTE) line formation corrections suggested by Andrievsky et al. (2008)

for the 3961Å line would increase the [Al i/Fe] ratios to Solar or just slightly sub-

Solar, but the overall relative abundances are basically unchanged. The star-to-star

dispersions (standard deviation) are 0.29 dex for [C/Fe], 0.07 dex for [Na i/Fe], and

0.17 dex for [Al i/Fe].

The α elements (O, Mg, Si, Ca, and Ti) are all enhanced relative to Fe at

levels similar to other stars in the halo. The dispersion for [O i/Fe] is 0.36 dex,

although this drops to 0.13 dex if only two stars (BD +30 2611 and HD 237846) are

excluded. The dispersions are similarly small for [Mg i/Fe] (0.10 dex) and [Ca i/Fe]

(0.07 dex); the somewhat larger dispersion for [Si i/Fe] (0.16 dex) and [Ti i/Fe]

(0.17 dex) can be attributed to the Teff correlations found in Section 7.5.1. [Ti ii/Fe]

shows no such Teff correlation, so the larger scatter observed here (0.14 dex) may

be genuine. If we ignore [Si i/Fe], the stream members show no evolution in their

[α/Fe] ratios over nearly 2 dex in [Fe/H].

The [K i/Fe] ratios are super-Solar and show no evolution over−2.3 ≤ [Fe/H]≤
−1.5 within the observational uncertainties. Ivanova & Shimanskĭi (2000) and

241



Figure 7.6 Abundance ratios [X/Fe] for C–Sc ii as a function of metallicity. Large
filled squares indicate measurements in the stream members and downward-facing

triangles indicate upper limits. CS 29513–032 is indicated by the “X.” Gray triangles
indicate thin and thick disc stars (Reddy et al. 2003, 2006). Gray squares indicate
field halo stars (Cayrel et al. 2004; Barklem et al. 2005; Cohen et al. 2008; Lai et al.

2008). The Solar ratio is indicated in each panel by the dotted line.
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Figure 7.7 Abundance ratios [X/Fe] for Ti i–Mn ii as a function of metallicity.

Symbols are the same as in Figure 7.6.
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Figure 7.8 Abundance ratios [X/Fe] for Co i–Mo i as a function of metallicity.
Symbols are the same as in Figure 7.6 and include abundances from François et al.

(2007).
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Figure 7.9 Abundance ratios [X/Fe] for Ba ii–Gd ii as a function of metallicity.

Symbols are the same as in Figure 7.6.
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Figure 7.10 Abundance ratios [X/Fe] for Tb ii–Th ii as a function of metallicity.

Symbols are the same as in Figure 7.6.
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Takeda et al. (2009) computed NLTE corrections for the optical K i resonance

lines for metal-poor stars, and both groups found corrections of −0.20 to −0.35 over

the evolutionary states of our sample. Thus our overall [K i/Fe] ratio may need

to be revised downward by a factor of ∼ 2 (as should the other metal-poor stars

illustrated in Figure 7.6), but this should have minimal impact on the star-to-star

dispersion (0.21 dex).

The [Sc ii/Fe] and [V ii/Fe] ratios for the stream members are roughly Solar.

Both exhibit moderate dispersions (0.18 and 0.13 dex, respectively). The large

[V i/Fe] dispersion (0.21 dex) is a consequence of the Teff dependence.

The [Cr i/Fe] and [Cr ii/Fe] ratios show very small star-to-star dispersion

(0.05 and 0.07 dex, respectively), and the and [Cr i/Fe] ratios are ≈ 0.3–0.4 dex

lower than the [Cr ii/Fe] ratios. Sobeck et al. (2007) reexamined the transition

probabilities and Solar abundance of Cr i, finding that the [Cr i/Fe] ratios were

0.15–0.20 dex lower than the [Cr ii/Fe] ratios. Yet Sobeck et al. (2007) found no

compelling evidence that this discrepancy was due to NLTE effects, and their stellar

sample suggested that the Cr i and Cr ii abundances may be more discrepant at

lower metallicities; our results qualitatively support this conclusion, although this

does not imply which set of stellar [Cr/Fe] ratios (if either) should accurately reflect

the true value.

The [Mn i/Fe] ratios for the stream members are sub-Solar by a factor of

2, show no evolution over the metallicity range, and have a very small dispersion

(0.11 dex). This last attribute is not a consequence of our decision to adjust the

abundance of the resonance lines by +0.3 dex: the dispersion in [Mn i/Fe] derived

from only the higher-excitation lines is only 0.06 dex (8 stars). Thus the small

dispersion in [Mn i/Fe] is intrinsic.

[Co i/Fe], [Ni i/Fe], and [Zn i/Fe] are all Solar (within 0.1 dex), have small or

moderate dispersions (0.07, 0.06, and 0.16 dex, respectively), and show no evolution

with metallicity (with the possible exception of Zn in HD 237846). The [Cu i/Fe]

ratio was only derived for three stars (plus CS 29513–032). For these three stars, the

[Cu i/Fe] ratio is in good agreement with other stars in the halo, and the dispersion

is moderate, 0.20 dex.

How does the star-to-star dispersion observed in the stream members com-

pare with the rest of the halo? In Figure 7.11 we illustrate the dispersion in the

various [X/Fe] ratios and compare with the dispersion computed for metal-poor red
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Table 7.11. Star-to-star Dispersion in [X/Fe]

Stream Members Cayrel et al. (2004)
([Fe/H] > −3.4)

Ratio σ[X/Fe] No. stars σ[X/Fe] No. stars

[O i/Fe] 0.36 10 0.16 19
[Na i/Fe] 0.07 5 0.23 24

[Mg i/Fe] 0.10 11 0.13 26
[Al i/Fe] 0.17 9 0.18 26

[K i/Fe] 0.21 6 0.13 24
[Ca i/Fe] 0.07 12 0.08 26
[Sc ii/Fe] 0.18 12 0.10 26

[Ti ii/Fe] 0.14 12 0.10 26
[Cr i/Fe] 0.05 12 0.08 26

[Mn i/Fe] 0.11 12 0.10 26
[Co i/Fe] 0.07 9 0.11 26

[Ni i/Fe] 0.06 12 0.11 26
[Zn i/Fe] 0.16 9 0.09 26

giants in the sample of Cayrel et al. (2004). Table 7.11 lists these values. The Cayrel

et al. (2004) sample was optimized to measure the true cosmic dispersion (i.e., with

observational uncertainties minimized) of the very metal-poor end of the Galactic

halo. The stream spans a metallicity range of −3.4 < [Fe/H] < −1.5, so we only

compare with the metal-rich end of this sample (−3.4 < [Fe/H] < −2.0) We do

not attempt to compare abundance ratios that exhibit a dependence on Teff in our

sample. On average, the dispersion in the stream is comparable to or smaller than

the dispersion of the two datasets of halo giants. The implications of this point will

be discussed further in Section 7.7.2.

7.6.2 Strontium to Thorium

In this section, we will ignore CS 29513–032, whose heavy element abundances likely

do not represent their initial values. For the remaining stream stars, most of the

heavier elements follow similar patterns to the α- and Fe-group elements, with one

clear distinction: the stream members with [Fe/H] > −2.2 show a constant value of
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Figure 7.11 The star-to-star dispersion in [X/Fe] ratios for the stream members

compared with the Cayrel et al. (2004) sample of metal-poor halo giants. Only the
halo giants with [Fe/H] > −3.4 have been included. Abundance ratios that show

a dependence on Teff in the stream members ([Si i/Fe] and [Ti i/Fe]) have been
excluded.
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[X/Fe] (X stands for Ba and all heavier elements in this case). These values range

from ≈ Solar (Ba, La) to ≈ 3–4 times Solar (e.g., Eu, Gd, Dy, Er). The stream

members with [Fe/H] < −2.2 show gradually increasing [X/Fe] ratios with increasing

[Fe/H] that appear to culminate near the [X/Fe] ratios of the more metal-rich stars.

The lighter elements Y and Zr show similar trends, but one star (CS 22876–040,

[Fe/H] = −2.34) stands out with [Y ii/Fe] and [Zr ii/Fe] ratios ≈ 0.6 dex higher

than the other stars with [Fe/H] = −2.3. Otherwise the [Y ii/Fe] and [Zr ii/Fe] ratios

for the stars with [Fe/H] < −2.2 show a gradual increase of [X/Fe] with increasing

[Fe/H]. [Y ii/Fe] and [Zr ii/Fe] show dispersions of 0.10 and 0.15 dex among the stars

with [Fe/H] > −2.2. The [Sr ii/Fe] ratio shows a moderate dispersion (0.31 dex) at

all metallicities. The [Mo i/Fe] ratio shows no evolution with metallicity and has a

dispersion of 0.09 dex.

Production of the elements heavier than the Fe-group occurs primarily by

successive neutron captures on existing nuclei. The resulting abundance patterns

are largely determined by the rate of neutron captures, either slow or rapid rela-

tive to the nuclear β− decay rates. The general abundance patterns of these two

processes are relatively well known, and they can be readily identified when one

process dominates the production of the heavy isotopes. Relatively large amounts

of material tend to build up when either n-capture process encounters closed nuclear

shells at N (or Z) = 50, 82, or 126; these relative overabundances are commonly

referred to as the 1st, 2nd, and 3rd peaks, respectively.

One of the surprising results of many detailed investigations of n-capture

abundances in metal-poor stars over the last 15 years has been the near-perfect

match between the stellar distribution for the rare earth elements (La–Yb), 3rd peak

elements (Os–Pt), and actinides (Th) and the scaled-Solar r-process distribution.

This agreement has only improved with better atomic data (Sneden et al. 2009).

This pattern is observed in many stars in different populations that must be enriched

by separate events. The constant n-capture-element to n-capture-element ratios do

not extend to material at the 1st r-process peak (e.g., Truran et al. 2002).

In Figure 7.12 we show the abundance distribution for the n-capture material

in one stream star, BD +10 2495. Three n-capture enrichment templates are shown

for comparison: the main component of the r-process (exemplified by the well-

studied star CS 22892–052), the main component of the s-process (exemplified by

the Solar-metallicity model of the s-process from Arlandini et al. 1999), and the
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so-called weak component of the r-process (exemplified by the well-studied star

HD 122563). The curves are normalized to one another at the Eu abundance. For

the heaviest elements (Z ≥ 62), the abundance pattern very clearly follows the main

component of the r-process—even though the [Eu/Fe] ratio is only +0.1 relative to

the Solar ratio. For the light rare earth elements (56 ≤ Z ≤ 60), the abundances lie

near but slightly above the main component of the r-process and close to the weak

component of the r-process. The light n-capture elements (38 ≤ Z ≤ 42) also fall

between the weak and main components of the r-process, though usually tending

towards the weak component. A pure s-process is clearly ruled out.

Similar plots are shown for ten stream members in Figure 7.13, except here

only the template for the main component of the r-process is shown to reduce clutter.

Clearly, in all cases where at least a few n-capture elements can be detected, the

enrichment pattern is virtually identical to that in BD +10 2495.

Stars enriched in s-process material by companions that passed through the

AGB phase of evolution are also enriched in C (Sneden et al. 2003b), which is not

the case for any of the stream members. Furthermore, no stream members have high

[Pb/Fe] ratios. An enhanced Pb (Z = 82) abundance will be the first detectable

signature of the s-process at low metallicity. At low metallicity, due to the higher

ratio of neutrons to Fe-group seed nuclei for the s-process, models predict that a low

metallicity s-process produces large Pb/Fe and Pb/2nd peak ratios relative to higher

metallicity s-process models (e.g., Gallino et al. 1998). This has been confirmed by

a number of observational studies (e.g., Van Eck et al. 2003, Ivans et al. 2005).

If the observed n-capture abundance pattern in the stream stars were to result

from the combination of material produced in the main component of the r-process

and the main component of the s-process, we would expect to detect large Pb/2nd

peak ratios in these stars. In the two stars where Pb is detected (BD +29 2356

and BD +30 2611)—the two most metal-rich stars in our stream sample—the Pb

abundance clearly matches the pure r-process pattern.4 The Pb upper limit in

HD 175305 also strongly suggests an r-process origin.

We conclude that the n-capture material was produced by the main com-

ponent of the r-process with significant contributions from the weak component of

4Pb has not been detected in CS 22892–052. The Pb abundance indicated by the CS 22892–052
curve in Figure 7.13 has been derived from the measurements of Roederer et al. (2009), who detected
Pb in a number of other stars with −2.2 < [Fe/H] < −1.4. No hint of s-process contamination
could be detected in this sample.
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Figure 7.12 Neutron-capture abundances for BD +10 2495. Squares indicate mea-
surements and open triangles indicate upper limits. Abundances for CS 22892–052

(the template for the main component of the r-process, shown as a solid line) have
been adopted from Sneden et al. (2003a, 2009), abundances for HD 122563 (the

template for the weak component of the r-process, dashed line) have been adopted
from Honda et al. (2007), and the s-process abundances (dotted line) are taken

from the Solar metallicity stellar model of Arlandini et al. (1999). The curves are
normalized to the Eu abundance.
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Figure 7.13 Neutron-capture abundances for ten of the stream members. (Regard-
ing the other two members: CS 29513–032 is analyzed in detail in the Appendix,

and only the Sr ii and Ba ii abundances were derived for CS 22948–093.) Squares
indicate measurements and open triangles indicate upper limits. Abundances for

CS 22892–052 (the template for the main component of the r-process, shown as a
solid line) have been adopted from Sneden et al. (2003a, 2009). The curve is nor-
malized to the Eu abundance in each star, with the exception of CS 29513–031 and

CS 22876–040 (Eu upper limit), where the curve scaling is approximately matched
to the Ba abundance offset observed in the remaining stars.
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the r-process at the 1st peak and light end of the rare earth domain. There is no

evidence that any of the material in the stream stars originated in the s-process.

7.7 Discussion

7.7.1 CS 29513–032

CS 29513–032 shows clear enrichment by the s-process, with large overabundances

of [C/Fe] = +0.6 and [Pb/Fe] = +1.8. The Ba is also enhanced, with [Ba/Fe] =

+0.8 and [Ba/Eu] = +0.4. In contrast, the other stream members—enriched by

the r-process—have 〈[Ba/Eu]〉 = −0.35 (σ = 0.13). Low-metallicity stars on the

AGB (or stars polluted by their nucleosynthetic products) are also predicted to

be Na-enhanced, which has been observationally confirmed (e.g., Ivans et al. 2005;

Roederer et al. 2008b). CS 29513–032 is also Na-enhanced, with [Na/Fe] ≈ +0.15

(approximately corrected for NLTE; e.g., Andrievsky et al. 2007). The n-capture

enrichment pattern of CS 29513–032 is illustrated in Figure 7.14. In contrast to the

weak and main r-process enrichment seen in Figure 7.12, the Pb abundance lies far

above the Pb abundance predicted from the Pb/Eu r-process ratio.

We can approximately fit the observed abundance pattern in CS 29513–032

by taking linear combinations of the s- and r-process template abundance patterns,

as indicated by the bold curve in Figure 7.14. This predicted distribution (normal-

ized to the Eu abundance) provides a reasonable fit to the 1st peak and rare earth ele-

ments in CS 29513–032. The derived Pb abundance is still higher than the predicted

Pb abundance because the prediction is based on a Solar-metallicity AGB model.

According to the observed and predicted [Pb/Ba] ratios for a 1.5 M� AGB model5

presented in Figure 20 of Sneden et al. (2008), one might expect a [Pb/Ba] ratio of

∼ +1.0 (± ∼ 0.5) at [Fe/H] = −2.0. This translates to [Pb[Fe/H]=−2/Pb[Fe/H]=0] ∼
+1.0. Indeed, the derived Pb abundance in CS 29513–032 is roughly 1 dex higher

than the predicted Pb abundance based on the Solar s-process model. Even in

the absence of detailed calculations, the high [Pb/Fe] ratio in CS 29513–032 clearly

indicates an s-process origin.

CS 29513–032 is a subgiant and has not passed through the AGB phase of

evolution where the s-process is expected to occur. We speculate that the s-process

5This is representative of the typical masses of stars on the AGB that are likely sites for the
s-process (e.g., Bisterzo et al. 2009).
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Figure 7.14 Derived neutron-capture abundances in CS 29513–032. Symbols are

the same as in Figure 7.13. The red curve indicates the r-process standard star
CS 22892–052, the blue curve indicates the Solar metallicity s-process predictions

of Arlandini et al. (1999), and the bold purple curve indicates a linear combination
of the two other curves that approximately matches the derived 1st peak and rare

earth abundances. All curves are normalized to the derived Eu abundance.
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material observed in this star was produced in another low-metallicity star in the

AGB phase, likely a binary companion that has long since faded from view.

7.7.2 The Chemical Nature of the Stream

The abundance pattern in the stream stars appears to be the result of massive

Type II SNe, characterized by sub-Solar [C/Fe] and enhanced [α/Fe] ratios. The

[Fe/H] abundances span almost 2 dex, but the [X/Fe] ratios for the α and Fe-group

elements are basically unchanged. The n-capture elements are the lone exception,

showing Solar or sub-Solar ratios at the lowest metallicities in the stream but in-

creasing to a super-Solar plateau at the highest metallicities (cf. the enrichment

pattern in Omega Centauri; e.g., Vanture et al. 1994, Johnson et al. 2009).

One proposed site for the r-process is the high-entropy wind of ∼ 8–10 M�

Type II SNe, which may be capable of producing both the weak and main compo-

nents of the r-process (e.g., Farouqi et al. 2009). This scenario seems to imply that

the lowest metallicity stream stars ([Fe/H] . −2.2) were formed from gas polluted

by more massive Type II SNe, while the more metal-rich stars ([Fe/H] & −2.2) were

formed from gas polluted by less-massive Type II SNe. Subsequent generations of

SNe then continue to enrich the ISM, but star formation appears to have been trun-

cated before the yields of Type Ia SNe or AGB stars contributed significantly to

the chemical inventory. This would also imply that whatever site is responsible for

producing the r-process does not produce a difference in the light element (Z ≤ 30)

production ratios from the sites that do not produce an r-process.

In Figures 7.15, 7.16, and 7.17 several abundance ratios for the stream stars

are compared with analogous abundance ratios of other stellar populations. These

include field stars in the thin and thick disc populations, halo stars, two dSph

galaxies (Draco and Ursa Minor), two uFds (Coma Berenices and Ursa Major II),

and the metal-poor globular cluster M15. At a given metallicity, the stream shows

an equal or smaller star-to-star dispersion in [X/Fe] when compared with stars in

the dwarf galaxies. Furthermore, the dwarf galaxies show evolution in their [X/Fe]

ratios as a function of metallicity (e.g., Mg or Cr); the stream only shows such

evolution for the n-capture elements. The n-capture elements show significantly

larger dispersion in these dwarf galaxies than in the stream, with the dwarf galaxy

dispersions often reaching 1–2 dex at a single metallicity.
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Figure 7.15 Abundance ratios [Mg/Fe] and [Ca/Fe] for the stream stars and select

other stellar populations. Gray triangles indicate thin and thick disc stars (Reddy
et al. 2003, 2006). Gray squares indicate field halo stars (Cayrel et al. 2004; Barklem

et al. 2005; Cohen et al. 2008; Lai et al. 2008). Abundances for the Ursa Minor dSph
are taken from Shetrone et al. (2001), Sadakane et al. (2004), and Aoki et al. (2007b).

Abundances for the Draco dSph are taken from Shetrone et al. (2001), Fulbright et
al. (2004), and Cohen & Huang (2009). Abundances for the Coma Berenices and
Ursa Major II uFds are taken from Frebel et al. (2010a). Abundances for globular

cluster M15 are taken from Sobeck et al. (2010). The Solar ratio is indicated in each
panel by the dotted line.

257



Figure 7.16 Abundance ratios [Cr/Fe] and [Ni/Fe] for the stream stars and select

other stellar populations. Symbols are the same as in Figure 7.15.
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Figure 7.17 Abundance ratios [Sr/Fe] and [Ba/Fe] for the stream stars and select

other stellar populations. Symbols are the same as in Figure 7.15.
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The Sgr dSph (not illustrated in these Figures) is much more metal-rich

than the stream and shows clear evidence for a large dispersion and evolution of

several [X/Fe] ratios with metallicity (e.g., Monaco et al. 2005, 2007; Sbordone

et al. 2007). Majewski et al. (2003) argue that this particular stream cannot be

related to Sgr debris because its Rapo is too small and its Lz angular momentum is

too high. Furthermore, Sgr contributes less than 1% of the evolved halo stars in the

Solar neighborhood, and the Sgr debris would not have significantly impacted the

kinematic studies that have detected the presence of this stream. We reaffirm this

conclusion on the basis of the composition of the stream stars.

The stream does not resemble a globular cluster in that it shows a range of

metallicities spanning nearly 2 dex, whereas globular clusters, such as M15, show

minimal or no internal metallicity spread (except for ω Centauri). The stream also

does not resemble a dSph or uFd system, whose [X/Fe] ratios show much larger

star-to-star dispersion and evolution of the [X/Fe] ratios as a function of [Fe/H]

(insofar as the true chemical dispersion can be estimated for the uFd systems from

measurements of only 3 stars in each of two systems; Frebel et al. 2010a). The lumi-

nous dSph systems spend—at most—a very small fraction of their lives in the Solar

neighborhood (Roederer 2009), so these particular systems would not be expected to

have spawned the stream. The stream has the same chemical dispersion as the rest

of the local halo, and it is reasonable to hypothesize that, in principle, a significant

fraction of field halo stars (at least those currently in the Solar neighborhood) could

form in progenitor systems like that from which the stream originated.

Two stars in the stream have [Fe/H] < −3.0, HD 237846 ([Fe/H] = −3.3)

and CS 22948–093 ([Fe/H] = −3.4). While it is possible that these stars have no

association with the stream yet by pure chance have similar kinematics, there is

no a priori reason to exclude them from membership on these grounds. Multiple

enrichment events spanning multiple stellar generations are required to enrich an

unpolluted ISM to a metallicity of [Fe/H] = −1.5, the metal-rich end of our stream

stars. Therefore, it is reasonable to expect that at least a few stars with [Fe/H] <

−3.0 formed in the stream’s progenitor system throughout the enrichment process.

Furthermore, the [X/Fe] abundance ratios in these two stars are generally consistent

with the other stream members. In the last few years a number of stars with

[Fe/H] < −3.0 have been identified in dwarf galaxies (Cohen & Huang 2009; Geha

et al. 2009; Kirby et al. 2009; Frebel et al. 2010a,b; Norris et al. 2010; Simon et al.
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2010). If a significant fraction of the stellar halo is postulated to be formed by the

accretion of satellites like the stream’s (unidentified) progenitor, we should not be

surprised to encounter stream stars with [Fe/H] < −3.0.

7.7.3 Stellar Ages from Nuclear Cosmochronometry

We have detected Th in four stream members, which permits us to estimate the

ages of these stars by comparing the abundance of Th (which is radioactive with a

halflife t1/2[
232Th] = 14.05± 0.06 Gyr; Audi et al. 2003) to another stable element

produced in the same nucleosynthesis event. Th can only be produced by the main

r-process, and in this stream the Eu has also only produced by the main r-process.

By referencing the current Th/Eu ratio against the expected production ratio (e.g.,

Kratz et al. 2007a) an age for the r-process material (and an upper limit for the

age of the stars themselves) can be calculated. The mean age for the four stars in

the stream is 3.1 ± 7.9 Gyr, and this uncertainty is dominated by the star-to-star

dispersion in Th/Eu.6

This large uncertainty prevents us from making any meaningful statements

about the age of the stream, and the mean age is uncomfortably small for metal-poor

stars. The Th ii abundance has been derived from a single transition in each of the

stream stars, and this line is always weak (∼ 5mÅ) and blended with other features.

The Th/Eu ratios for three of the stars (BD +10 2495, BD +29 2356, HD 175305)

are higher than the fourth (BD +30 2611); the Th abundance in the former three

stars was derived from the 4019Å line, while the 4094Å line was used in the latter

due to severe blending at the 4019Å line. Roederer et al. (2009) found no systematic

difference in the Th abundance derived from these lines. Our syntheses of the 4019Å

Th ii line are shown in Figure 7.18.

There are currently four metal-poor field stars with exceptionally high Th/Eu

ratios. In the one star in this class with detected U, CS 31082–001, the U/Th ratio

6In this case the uncertainty only marginally improves when considering ages for a single star.
The long halflife of 232Th limits the age resolution to only 1 Gyr per 0.021 dex of uncertainty in
Th/Eu. For an uncertainty of 0.20 dex, then, the uncertainty in the age rises to 9.5 Gyr. Even when
the observational scatter has been minimized, the uncertainties from the production ratios still only
allow a precision of ∼ 2–5 Gyr in the absolute age (Frebel et al. 2007). Relative age determinations
avoid the uncertainties in the production ratios, which must be calculated from theory. Selecting
a reference element other than Eu (or a mean of several) will not affect the result significantly,
provided that some of the rare earth elements are treated with due caution. See further discussion
in Section 6 of Roederer et al. (2009).
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Figure 7.18 Syntheses of the Th ii line in the three stars where we have used this
line to derive the Th abundance.
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gives a reliable age, while the U/r and Th/r ratios (where r is any reference element)

predict negative ages (Hill et al. 2002; Plez et al. 2004). This so-called “actinide

boost” (Schatz et al. 2002), which seems only to affect the r-process material heavier

than the 3rd r-process peak (Roederer et al. 2009), is characterized by low Pb and

enhanced Th and U (relative to the majority of r-process enriched metal-poor stars).

This nucleosynthetic idiosyncrasy is unexplained by current models of the r-process.

We do not detect U in any of these stars, nor can we place a meaningful upper limit

on its abundance. The Pb abundance in two of these stars is normal (i.e., consistent

with no actinide boost), and the Pb upper limit in the other two cannot exclude a

normal Pb abundance. The actinide boost phenomenon does not seem to be able

to explain the high Th/Eu ratios in these stars.

It is possible that these stars (and the r-process material in them) may be

younger than the rest of the halo,7 but we urge caution in interpreting the ages

calculated from abundances derived from a single, weak, and blended Th feature in

each of these stars. Postulating that some fraction of the Eu was formed via the

weak r-process (instead of the main component of the r-process, which produces the

Th) only exacerbates the age discrepancy.

7.8 Conclusions

We have performed a detailed abundance analysis of 12 metal-poor halo field stars

whose kinematics suggest they are members of the stellar stream first discovered by

Helmi et al. (1999). These stars exhibit a range of metallicity (−3.4 ≤ [Fe/H] ≤
−1.5) but are otherwise chemically homogeneous for elements with Z ≤ 30. The

[α/Fe] ratios are enhanced to levels typical for stars in the local Galactic halo (e.g.,

[Mg/Fe] or [Ca/Fe] = +0.4). The star-to-star dispersion in [X/Fe] is very small and

the same as found for other halo field stars (e.g., the sample of metal-poor giants

analyzed by Cayrel et al. 2004). The n-capture elements are deficient at the lowest

metallicities (e.g., [Ba/Fe] = −0.8 or [Eu/Fe] = −0.3) but increase and plateau at

the highest metallicities (e.g., [Ba/Fe] = 0.0 or [Eu/Fe] = +0.4). The n-capture

elements are clearly produced by the main and weak components of the r-process,

and there is no evidence for enrichment by the s-process. These enrichment patterns

7Curiously, isochrones computed for ages 6–9 Gyr are a better fit to the turnoff and subgiant
stream stars in Figure 7.2 than isochrones computed for 10–13 Gyr.
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can be produced by Type II core-collapse SNe, implying that star formation in the

stream progenitor was truncated before the products of Type Ia SNe or AGB stars

enriched the ISM.

We find two extremely metal-poor stars ([Fe/H] = −3.3 and −3.4) in the

stream, suggesting that whatever progenitor produced the stream was capable of

producing extremely metal-poor stars like those observed in the stellar halo and a

handful of dwarf galaxies. The stream stars span a range of metallicities, unlike

individual Galactic globular clusters, which have no significant internal metallicity

spread. The stream also exhibits smaller star-to-star chemical dispersion than the

Milky Way dwarf galaxies. We cannot identify a direct progenitor of the stream, but

our results support the notion that a significant fraction of the Milky Way stellar

halo can form from accreted systems.
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Chapter 8

Chemical Inhomogeneities in the Milky Way Stellar

Halo

8.1 Introduction

The nucleosynthesis reactions necessary to produce metals in stars were realized

nearly half a century ago (Burbidge et al. 1957; Seeger et al. 1965; Fowler et al.

1967; Wagoner et al. 1967), yet the challenge to interpret the wide variety of nu-

cleosynthetic signatures observed in different stellar populations today remains as

intriguing as ever.1 Metal-poor stellar populations should contain recycled stellar

material from fewer generations of stars than metal-rich populations, making inter-

pretation of their chemical enrichment history—in principle—simpler. Thanks to

numerous large surveys over the last four decades designed to identify metal-poor

stars (see review by Beers & Christlieb 2005), the tally of known metal-poor stars

now stretches well into the thousands. Concurrently, great advances have been made

in the analysis and interpretation of the chemical signatures and enrichment histories

revealed by stellar spectra (e.g., Audouze & Tinsley 1976, Kraft 1979, Wheeler et

al. 1989, McWilliam 1997, Gratton et al. 2004, Beers & Christlieb 2005, and Sneden

et al. 2008). Furthermore, careful laboratory analysis has improved our knowledge

of the relevant atomic data necessary to make accurate and detailed records of the

chemical composition of the atmospheres of metal-poor stars. The confluence of

advances in each of these fields has built upon the foundation of stellar nucleosyn-

thesis to greatly increase our understanding of the earliest generations of stars, the

1Significant portions of this chapter have been published previously in Roederer, I. U., 2009,
AJ, 137, 272 and Roederer, I. U., 2010, AJ, 139, 1691.
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chemical evolution of the various components of the Milky Way Galaxy, and the

formation process of the Galaxy, to name just a few successes.

Correlations between metal enrichment in stellar populations and the kine-

matic properties of these stars have been known for some time now (e.g., Eggen

et al. 1962; Wallerstein 1962), and through the years these relationships have been

fleshed out in increasing detail.2 Most studies of the formation of the stellar halo

of the Galaxy have employed limited chemical data (e.g., [Fe/H]) to accompany

the kinematic data. This is sufficient to study the metallicity distribution function

(MDF) of the halo (e.g., Hartwick 1976; Ryan & Norris 1991b; Ivezić et al. 2008;

Schörck et al. 2009), formation and age of the halo (e.g., Eggen et al. 1962; Searle

& Zinn 1978; Sandage 1986; Wyse & Gilmore 1988; Gilmore et al. 1989; Preston

et al. 1991; Ryan & Norris 1991a; Majewski 1992; Norris 1994; Carney et al. 1996;

Sommer-Larsen et al. 1997; Chiba & Yoshii 1998; Chiba & Beers 2000; Carollo et

al. 2007; Bell et al. 2008; Miceli et al. 2008; Morrison et al. 2009), or for investi-

gating stellar streams and halo substructure (e.g., Majewski et al. 1996; Helmi &

White 1999; Chiba & Beers 2000; Gilmore et al. 2002; Kinman et al. 2007). Iron

(Fe)—or, in some cases, calcium (Ca)—alone is less useful for studies of the chem-

ical enrichment of the halo, which can examine, e.g., SN models and rates, stellar

binary fractions, mixing processes in the ISM of the halo, the Galactic potential,

Galactic structure, and relationships between various substructures (e.g., globular

clusters, Local Group dwarf spheroidal [dSph] systems, stellar streams). It was not

until recently that kinematic and detailed chemical data for halo stars were analyzed

together (e.g., Gratton et al. 2003b; Simmerer et al. 2004; Venn et al. 2004; Pritzl

et al. 2005; Font et al. 2006; Geisler et al. 2007).

Three substantial advances have been made in the short period of time since

Venn et al. (2004) and Pritzl et al. (2005) performed a detailed chemical comparison

between field stars in the halo and nearby dSph systems and globular clusters. First,

echelle spectrographs on multiple large (6–10 m class) telescopes have enabled inves-

tigators to carry out detailed abundance analyses of large numbers of (often faint)

metal poor stars, including many stars with [Fe/H] < −3.0. Second, investigators

at the US Naval Observatory have released revised proper motion catalogs based

on longer time baselines, improved quality of astrographs, and better techniques

2Significant portions of this paper have been published previously in Roederer, I. U., AJ, 2009,
137, 272 and Roederer, I. U., AJ, 2010, 139, 1691.
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for digitizing photographic plates (e.g., Zacharias et al. 2004a). Improved proper

motions are given in these catalogs for many of the metal-poor stars investigated

in recent years, enabling us to derive their full space motions through the Galaxy.

Finally, large numbers (∼ few × 104) of calibration stars with known stellar param-

eters and metallicities have been observed as part of the Sloan Digital Sky Survey

(SDSS) and Sloan Extension for Galactic Understanding and Exploration (SEGUE)

projects (e.g., Allende Prieto et al. 2008; Lee et al. 2008; Yanny et al. 2009). This

has enabled the previously known kinematic properties of nearby members of the so-

called inner and outer stellar halos to be assessed with a new level of detail (Carollo

et al. 2007). These advances insist on a fresh reanalysis of the existing data. The

goal of the present study is to interpret the wealth of recent high-resolution abun-

dance analyses of metal-poor stars in light of the most recent kinematic knowledge

of these two major components of the Galactic halo.

8.2 Abundance Data from the Literature

Venn et al. (2004) compiled from existing literature a large sample of stellar abun-

dances and UVW kinematic data, when available, to compare the chemical enrich-

ment patterns of metal-poor Galactic halo stars with present-day dSph systems. We

adopt their data from the high-resolution abundance analyses of Edvardsson et al.

(1993), Nissen & Schuster (1997), Hanson et al. (1998), Prochaska et al. (2000),

Fulbright (2000, 2002), Stephens & Boesgaard (2002), Bensby et al. (2003), and

Reddy et al. (2003). The Milky Way thin and thick disks are represented in this

sample along with the halo, totaling 620 stars.

We supplement this sample with abundances derived from more recent high-

resolution analyses of metal-poor halo stars or older studies that did not include

any kinematic analysis. We add another 309 stars from the analyses of McWilliam

et al. (1995a,b), Hill et al. (2002), Ivans et al. (2003), Cayrel et al. (2004), Honda

et al. (2004a,b), Barklem et al. (2005), Honda et al. (2006), François et al. (2007),

and Lai et al. (2008). For stars without sufficient kinematic information to compute

UVW velocities and Galactic orbital parameters (i.e., only the stellar radial velocity

is published), we obtain proper motions from the catalogs listed in § 8.3.2. Many

of these stars are not in the Hipparcos Catalog (Perryman 1997), and for these

stars we derive a photometric parallax (see § 8.3.1). We also require that the total
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proper motion is greater than 2.5 times its error, otherwise we discard the star from

further kinematic analysis. We insert this requirement to derive accurate space

velocities, yet unfortunately this will also bias our sample against stars with small

proper motions; see § 8.5 for closer analysis of this point. This requirement culls

our sample by 230 stars. Our final sample of stars is given in Table 8.1 along with

their adopted [Fe/H] values.

This large dataset will allow us to probe abundance trends as a function of

stellar kinematics. Because we mix data from different sources, systematic offsets in

the abundance ratios arise from to a variety of factors, including (1) different spectral

resolution and S/N of the data themselves, leading to potential blending of lines in

crowded spectral regions, since high resolution is desirable to more-fully resolve

the absorption line profiles yet such high resolution and high S/N is impractical

for studies of very faint stars; (2) different sets of absorption lines and transition

probabilities used in each study; (3) different methods employed to determine stellar

parameters; (4) differences in the structure of the model atmospheres themselves;

and so on. These sources of systematic error should be no larger than 0.1–0.2 dex in

[X/Fe], which does limit our ability to detect subtle chemical signatures; gross trends

should still be identified reliably. At any given [Fe/H], our sample is comprised of

stars from a variety of studies, and the characteristic scatters of the inner and outer

halo populations are distinct beyond this level of systematic scatter.

268



Table 8.1. Space Velocities and Orbital Parameters for the Stellar Sample

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

BD −18 5550 −3.06 1199 9 −267 −181 −267 0.9 7.8 0.79 3.2 −203 1352 −2000
BD +03 740 −2.71 111 127 82 −31 83 7.5 21.7 0.49 0.4 4 258 711
BD +17 3248 −2.05 243 75 99 −21 98 7.9 20.6 0.45 0.3 −13 181 817
BD +23 3130 −2.58 174 120 −140 83 −141 1.6 10.0 0.72 1.1 21 −687 −1185
BD +24 1676 −2.50 277 −345 −55 4 −57 2.8 38.6 0.86 0.2 5 −66 −501
BD +80 245 −2.09 253 177 −127 239 −131 3.6 19.9 0.69 9.1 54 −2049 −1130
BS 16077−007 −2.72 370 −25 83 −40 83 8.5 17.3 0.34 0.8 −28 338 717
BS 16085−050 −2.91 2704 −102 122 −87 117 7.8 33.7 0.62 7.3 −292 464 988
BS 16545−089 −3.44 915 −152 165 −112 165 · · · · · · · · · · · · −141 862 1455
BS 17583−100 −2.42 227 40 122 −0 121 8.3 23.9 0.48 0.1 9 −3 1023
CS 22169−035 −3.04 8551 −88 −157 96 −171 2.3 35.8 0.88 15.9 −1146 −891 −2504
CS 22172−002 −3.86 4096 46 −99 −208 −97 6.5 14.8 0.39 10.4 −200 2125 −1057
CS 22872−102 −2.87 949 −109 −117 −156 −114 2.5 9.6 0.59 3.0 28 1152 −880
CS 22873−166 −2.97 7231 −214 −235 604 −318 · · · · · · · · · · · · −2471 −981 −1259
CS 22878−027 −2.48 799 −69 53 −114 56 7.5 14.7 0.32 2.3 −58 873 439
CS 22896−154 −2.69 2595 −71 −108 32 −115 1.9 7.3 0.58 1.4 −161 −112 −739
CS 22898−027 −2.36 676 −59 2 −9 4 7.0 9.6 0.16 0.5 −2 97 32
CS 22941−012 −2.02 538 −10 123 130 123 8.3 26.5 0.52 4.3 67 −1077 1028
CS 22944−032 −2.98 1425 −200 −37 −50 −20 4.5 15.0 0.54 2.1 −70 588 −156
CS 22947−187 −2.49 1058 258 184 55 190 · · · · · · · · · · · · 70 −525 1432
CS 22957−022 −2.93 2121 −146 −32 −77 −17 6.0 13.5 0.38 3.7 −129 939 −144
CS 22960−010 −2.65 433 −241 200 122 199 · · · · · · · · · · · · 65 −918 1639
CS 22963−004 −3.42 2549 279 −101 −134 −100 · · · · · · · · · · · · −199 778 −1004
CS 22965−054 −3.09 2103 307 18 50 −33 3.1 48.4 0.88 6.6 91 −828 −256
CS 22966−057 −2.62 1959 −167 −4 −79 −1 5.6 16.3 0.49 4.4 −20 954 −8
CS 29491−069 −2.81 1858 69 −27 362 −29 7.2 27.6 0.59 22.8 40 −2851 −220
CS 29495−041 −2.82 5770 −208 −305 −95 −239 0.5 158.4 0.99 109.6 −1414 1333 −1191
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

CS 29502−092 −3.18 1312 −142 −170 −178 −155 1.7 25.1 0.87 13.2 −304 1575 −1258
CS 29506−007 −2.85 1525 −122 48 −63 56 6.7 15.6 0.40 2.3 14 595 424
CS 29516−024 −3.06 8633 −693 −770 −566 −88 · · · · · · · · · · · · −7869 7629 −745
CS 29522−046 −2.09 634 198 56 21 46 5.9 25.3 0.62 1.2 36 −273 397
CS 30308−035 −3.35 4370 192 −69 −133 −59 2.5 11.4 0.64 4.0 −153 154 −301
CS 30325−028 −2.90 3830 224 147 6 138 · · · · · · · · · · · · −442 639 852
CS 30325−094 −3.30 2301 178 −166 −46 −166 0.8 11.2 0.86 3.0 304 651 −1183
CS 31072−118 −3.06 10026 121 −472 731 −264 · · · · · · · · · · · · −8707 −7112 −3147
CS 31082−001 −2.91 2515 −150 −256 −206 −253 1.2 20.0 0.89 17.8 −661 2239 −2301
CS 31085−024 −2.68 477 27 −86 181 −87 4.6 9.2 0.33 4.0 21 −1564 −745
CD −38 245 −4.20 4728 261 −129 −18 −106 2.5 36.3 0.87 17.1 −587 −1065 −850
G 4−36 −1.93 244 337 −89 −81 −91 2.2 33.4 0.87 2.3 −19 648 −793
HD 20 −1.58 145 64 162 48 162 8.3 36.6 0.63 1.2 24 −413 1371
HD 70 −0.35 48 −17 194 −30 194 6.6 8.6 0.14 0.2 −1 251 1653
HD 101 −0.29 38 −56 191 24 191 6.0 9.4 0.22 0.2 6 −205 1625
HD 153 −0.11 123 18 177 10 177 5.7 8.6 0.21 0.1 8 −84 1515
HD 330 −0.27 102 −4 170 −22 170 5.3 8.6 0.23 0.2 1 186 1451
HD 912 −0.26 107 29 214 7 215 7.5 9.1 0.09 0.1 −0 −58 1837
HD 2615 −0.58 76 63 261 −9 261 7.8 13.0 0.25 0.1 20 82 2216
HD 2663 −0.41 42 47 208 −10 208 6.9 9.4 0.15 0.1 −1 86 1775
HD 3079 −0.19 47 63 172 17 172 5.1 9.3 0.29 0.1 3 −148 1467
HD 3440 −0.36 32 −44 203 8 203 6.7 9.2 0.16 0.1 −2 −64 1731
HD 3454 −0.58 48 23 234 −21 235 8.2 9.7 0.08 0.2 2 178 1999
HD 3532 −0.35 100 4 214 −6 214 7.9 8.5 0.04 0.1 14 50 1830
HD 3894 −0.38 59 3 203 −5 203 7.2 8.5 0.09 0.1 8 42 1730
HD 4306 −2.89 660 176 161 88 158 · · · · · · · · · · · · 117 −866 1354
HD 5065 −0.18 42 −60 181 45 181 5.5 9.4 0.26 0.4 4 −385 1544
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HD 5494 −0.17 88 −34 229 25 229 7.8 9.8 0.11 0.2 11 −212 1954
HD 6250 −0.15 62 −66 214 −7 213 6.7 10.3 0.21 0.1 2 63 1820
HD 6268 −2.63 820 −175 187 −36 186 · · · · · · · · · · · · 154 448 1585
HD 6312 −0.32 55 25 167 −33 167 5.2 8.6 0.25 0.3 −2 280 1428
HD 6434 −0.54 40 −74 158 −6 158 4.4 9.4 0.36 0.1 6 48 1347
HD 6834 −0.69 98 2 243 −22 243 8.6 10.1 0.08 0.2 8 187 2082
HD 6840 −0.43 57 40 178 18 179 5.6 8.9 0.23 0.1 −0 −153 1523
HD 7228 −0.12 61 −52 219 −5 219 7.2 9.9 0.16 0.0 6 38 1866
HD 8671 −0.16 41 25 231 −11 231 8.2 9.6 0.08 0.1 3 96 1973
HD 9091 −0.35 46 −49 197 28 197 6.4 9.3 0.19 0.2 6 −244 1680
HD 9670 −0.28 37 −13 162 11 162 4.9 8.5 0.27 0.1 5 −91 1378
HD 11007 −0.31 27 −35 243 47 243 8.1 10.8 0.14 0.5 4 −397 2073
HD 11045 −0.39 58 17 223 −27 223 8.1 9.0 0.05 0.2 5 228 1903
HD 11592 −0.29 42 −68 203 −23 203 6.3 10.0 0.23 0.2 6 194 1729
HD 13979 −2.65 682 −34 45 −20 44 8.4 13.1 0.21 0.9 31 192 385
HD 14877 −0.42 90 52 203 10 203 6.6 9.5 0.18 0.1 11 −85 1738
HD 14938 −0.37 54 −9 190 −3 190 6.4 8.6 0.15 0.1 9 25 1618
HD 15029 −0.31 66 −73 186 −55 186 5.6 9.8 0.27 0.6 8 469 1586
HD 15398 −0.01 102 14 178 15 178 5.8 8.6 0.20 0.1 11 −129 1530
HD 16067 −0.12 78 −19 208 −18 208 7.3 8.8 0.09 0.1 −2 156 1781
HD 17548 −0.59 53 12 247 31 247 8.5 10.5 0.11 0.3 10 −267 2108
HD 18768 −0.62 46 86 263 −19 263 7.5 14.2 0.31 0.2 2 165 2248
HD 20717 −0.33 66 52 206 4 206 6.7 9.5 0.17 0.1 8 −32 1763
HD 21922 −0.48 59 −10 209 21 209 7.5 8.6 0.07 0.2 −1 −177 1783
HD 22255 −0.28 60 20 217 −23 217 7.8 8.9 0.07 0.2 8 201 1852
HD 22521 −0.25 42 −59 217 −30 217 7.0 10.1 0.18 0.3 1 253 1851
HD 22718 −0.19 92 −74 219 22 218 6.8 10.8 0.23 0.2 2 −190 1872
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HD 23438 −0.36 65 −69 222 17 222 7.0 10.7 0.21 0.1 3 −143 1901
HD 24421 −0.38 40 −54 234 9 234 7.6 10.7 0.17 0.1 0 −79 1999
HD 26421 −0.39 78 −59 202 74 202 6.5 9.8 0.20 0.9 5 −635 1729
HD 27816 −0.54 100 2 236 −34 236 8.6 9.6 0.05 0.3 −4 290 2022
HD 30649 −0.51 30 59 142 −10 142 3.9 9.0 0.40 0.1 −0 84 1211
HD 36066 −0.01 44 42 192 11 193 6.2 9.1 0.18 0.1 −2 −92 1644
HD 36667 −0.45 57 −28 229 −6 229 8.0 9.6 0.09 0.0 2 49 1960
HD 36909 −0.22 61 −12 214 −2 213 7.8 8.7 0.06 0.0 0 14 1828
HD 38007 −0.35 46 70 211 12 211 6.6 10.2 0.22 0.1 −2 −102 1800
HD 41640 −0.56 36 33 194 11 194 6.4 8.9 0.16 0.1 0 −92 1657
HD 42618 −0.16 23 −72 213 18 213 6.6 10.4 0.22 0.2 0 −155 1817
HD 43947 −0.30 28 39 209 −3 209 7.1 9.2 0.13 0.0 −0 22 1785
HD 45067 −0.12 33 8 160 20 159 4.8 8.5 0.28 0.2 0 −167 1360
HD 51929 −0.64 38 96 159 −2 158 4.3 10.0 0.40 0.0 2 21 1345
HD 52711 −0.20 19 8 148 −2 148 4.3 8.5 0.33 0.0 −1 16 1258
HD 54182 −0.24 91 −0 190 8 190 6.5 8.6 0.14 0.1 −5 −70 1635
HD 59360 −0.21 41 35 180 26 180 5.7 8.8 0.21 0.2 −3 −219 1541
HD 62301 −0.69 34 4 130 −21 130 3.5 8.5 0.42 0.2 −2 176 1106
HD 63332 +0.04 30 −9 234 4 234 8.5 9.4 0.05 0.0 −4 −31 1995
HD 63333 −0.38 43 −9 230 −20 230 8.5 9.1 0.04 0.2 −4 173 1963
HD 66573 −0.58 30 −56 240 14 240 7.7 11.1 0.18 0.1 −3 −114 2047
HD 68284 −0.59 74 55 197 26 196 6.3 9.5 0.20 0.2 −6 −227 1679
HD 69611 −0.58 49 43 83 −38 83 1.8 8.7 0.65 0.3 0 326 706
HD 69897 −0.25 18 14 187 14 187 6.2 8.6 0.16 0.1 −2 −122 1590
HD 71148 −0.08 22 −30 187 −15 187 6.1 8.8 0.18 0.1 −2 130 1593
HD 73400 −0.21 48 15 214 −21 214 7.7 8.7 0.06 0.2 −3 177 1826
HD 74011 −0.65 46 37 163 29 163 4.9 8.8 0.29 0.2 −5 −247 1389
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HD 76272 −0.42 59 0 225 −12 225 8.5 8.6 0.01 0.1 −9 100 1919
HD 76349 −0.44 49 15 213 28 213 7.7 8.7 0.06 0.2 −7 −236 1817
HD 77134 −0.29 43 −37 197 5 197 6.5 8.9 0.16 0.0 −4 −45 1677
HD 77408 −0.23 50 110 216 −20 216 6.1 12.2 0.33 0.2 −7 171 1842
HD 78558 −0.40 37 69 147 −64 147 4.1 9.3 0.39 0.7 −0 541 1251
HD 78747 −0.64 40 −12 222 −19 222 8.2 8.8 0.04 0.1 1 158 1889
HD 80218 −0.28 39 −9 208 −26 208 7.4 8.6 0.07 0.2 −5 226 1772
HD 85902 −0.53 45 37 219 9 219 7.5 9.4 0.12 0.1 −8 −81 1866
HD 86560 −0.41 51 −87 204 −20 204 6.0 10.7 0.28 0.2 −8 177 1737
HD 86884 −0.28 74 34 168 −22 168 5.1 8.8 0.26 0.2 −10 190 1436
HD 87838 −0.43 50 81 211 −17 211 6.4 10.7 0.25 0.2 −6 142 1793
HD 88446 −0.35 69 33 124 9 124 3.3 8.7 0.45 0.1 −7 −78 1059
HD 88609 −3.07 1696 −48 −20 60 −18 7.9 10.4 0.14 1.9 49 −634 −172
HD 89010 −0.06 30 −3 235 −37 235 8.5 9.4 0.05 0.3 −6 314 1998
HD 89707 −0.42 35 67 170 56 170 5.0 9.4 0.30 0.6 −5 −475 1446
HD 90878 −0.24 100 4 212 3 212 7.7 8.6 0.05 0.1 −18 −25 1809
HD 91347 −0.48 36 −50 249 −3 249 7.9 11.6 0.19 0.0 −7 27 2124
HD 91638 −0.25 35 −25 209 −10 209 7.3 8.8 0.09 0.1 −5 83 1781
HD 94012 −0.47 50 −24 179 −6 179 5.7 8.6 0.20 0.1 −7 53 1526
HD 94835 +0.05 49 5 166 −6 166 5.1 8.5 0.25 0.1 −7 47 1414
HD 97037 −0.14 33 8 206 −34 206 7.4 8.5 0.08 0.3 −4 287 1753
HD 98553 −0.43 34 −12 247 −26 247 8.5 10.5 0.11 0.2 −4 225 2101
HD 99126 −0.15 47 −5 222 −33 222 8.4 8.6 0.01 0.3 −7 282 1889
HD 99233 −0.62 43 13 246 7 246 8.5 10.4 0.10 0.1 −10 −57 2095
HD 99984 −0.35 56 −4 237 −32 237 8.5 9.6 0.06 0.3 −12 272 2016
HD 100067 −0.31 41 69 236 14 236 7.3 11.4 0.22 0.1 −9 −121 2012
HD 100446 −0.45 43 −22 172 6 172 5.4 8.6 0.23 0.1 −6 −50 1465
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HD 101472 −0.15 39 −7 230 −4 230 8.4 9.0 0.03 0.0 −7 34 1951
HD 101676 −0.46 49 −32 220 −47 220 7.7 9.3 0.10 0.4 −9 400 1871
HD 101716 −0.18 138 1 196 −22 196 6.8 8.6 0.12 0.2 −26 186 1674
HD 102080 −0.36 75 −46 187 3 187 5.9 9.1 0.21 0.1 −14 −20 1596
HD 102618 −0.31 66 6 222 −41 222 8.3 8.7 0.02 0.4 −13 349 1891
HD 103891 −0.25 57 18 208 14 208 7.3 8.7 0.08 0.1 −10 −121 1770
HD 106510 −0.46 51 −0 228 46 228 8.5 8.9 0.02 0.4 −12 −396 1935
HD 107038 −0.39 70 −12 208 −16 208 7.4 8.6 0.07 0.1 −11 132 1767
HD 108134 −0.38 42 −52 217 −30 217 7.1 9.9 0.16 0.3 −8 255 1850
HD 109154 −0.42 87 −38 227 17 226 7.7 9.8 0.12 0.2 −14 −142 1932
HD 109303 −0.44 83 21 197 34 197 6.7 8.7 0.12 0.3 −14 −289 1682
HD 110184 −2.52 1824 54 53 107 57 8.1 15.9 0.33 3.9 −150 −792 471
HD 110989 −0.48 112 −49 196 −0 196 6.3 9.2 0.19 0.1 −20 9 1665
HD 112756 −0.35 53 19 238 −8 238 8.3 9.8 0.08 0.1 −11 70 2016
HD 112887 −0.32 81 −17 227 0 227 8.2 9.1 0.06 0.1 −18 −1 1932
HD 115444 −2.85 1191 −239 −27 31 −21 4.4 21.3 0.66 2.6 38 −545 −177
HD 118687 −0.45 62 −17 194 37 194 6.6 8.6 0.13 0.3 −11 −310 1652
HD 121560 −0.38 24 19 205 6 205 7.1 8.7 0.10 0.0 −5 −50 1743
HD 122563 −2.79 237 112 38 17 38 6.9 14.9 0.37 0.3 −8 −117 320
HD 124819 −0.28 62 −14 223 −2 223 8.1 8.9 0.05 0.1 −12 18 1895
HD 126053 −0.41 18 −32 210 −33 210 7.2 9.0 0.11 0.3 −3 279 1782
HD 126512 −0.63 47 −61 156 −68 156 4.5 9.1 0.34 0.8 −7 582 1325
HD 126587 −2.78 739 −124 20 −23 16 5.9 13.8 0.40 0.6 −2 130 126
HD 127667 −0.39 59 42 182 20 182 5.7 8.9 0.22 0.2 −10 −175 1544
HD 128279 −2.08 164 −19 139 −257 139 · · · · · · · · · · · · 8 2150 1167
HD 130253 −0.23 135 −57 202 −38 201 6.4 9.6 0.20 0.4 −26 329 1704
HD 130551 −0.62 48 −40 214 15 214 7.2 9.3 0.13 0.1 −0 −125 1811

2
7
4



Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HD 131039 −0.23 122 −26 190 5 189 6.2 8.7 0.17 0.1 −18 −42 1612
HD 131599 −0.44 56 −7 226 0 226 8.4 8.8 0.03 0.1 −11 −2 1920
HD 133641 −0.42 105 −24 183 40 183 5.9 8.6 0.19 0.4 −15 −340 1545
HD 136925 −0.38 46 45 171 −0 171 5.2 8.9 0.26 0.0 −6 −1 1453
HD 139457 −0.49 47 −97 195 −9 195 5.6 10.7 0.32 0.1 −7 80 1654
HD 140283 −2.53 58 241 −25 52 −25 4.1 21.1 0.68 0.8 1 −431 −210
HD 140324 −0.36 55 −31 221 35 221 7.6 9.3 0.10 0.3 −8 −293 1866
HD 140750 −0.37 68 −37 190 −6 190 6.1 8.8 0.18 0.1 −9 52 1607
HD 144172 −0.44 52 −20 209 −4 209 7.3 8.7 0.09 0.0 −7 31 1766
HD 145937 −0.60 68 −65 228 11 228 7.1 10.7 0.20 0.1 −8 −89 1928
HD 146946 −0.37 29 34 242 −29 242 8.1 10.5 0.13 0.3 −5 242 2054
HD 148049 −0.36 52 −11 211 −24 211 7.6 8.6 0.06 0.2 −8 206 1791
HD 148211 −0.65 53 23 133 −4 133 3.6 8.5 0.41 0.0 −2 34 1121
HD 149576 −0.17 109 48 178 4 178 5.5 8.9 0.24 0.1 −13 −34 1509
HD 152449 −0.05 67 7 205 6 205 7.2 8.5 0.08 0.1 −6 −52 1731
HD 152986 −0.17 74 6 229 19 229 8.4 8.9 0.03 0.2 −7 −163 1933
HD 153240 −0.09 76 9 205 3 205 7.2 8.5 0.08 0.0 −6 −29 1729
HD 153627 −0.38 43 −25 222 −16 222 7.8 9.1 0.08 0.1 −5 137 1881
HD 153668 −0.22 66 17 216 29 216 7.8 8.7 0.06 0.2 −7 −246 1832
HD 155358 −0.67 43 −25 176 18 176 5.5 8.6 0.22 0.1 −4 −149 1492
HD 155646 −0.07 69 −75 232 14 231 7.0 11.3 0.23 0.1 −6 −118 1952
HD 156635 −0.10 37 0 198 11 198 6.8 8.5 0.11 0.1 −2 −91 1672
HD 157089 −0.59 39 163 178 −17 178 4.3 13.2 0.51 0.2 −3 143 1507
HD 157466 −0.41 30 −50 241 11 241 7.7 10.9 0.17 0.1 −3 −96 2042
HD 157467 +0.11 112 10 203 5 203 7.1 8.4 0.09 0.1 −7 −44 1706
HD 159307 −0.71 75 14 198 0 198 6.7 8.5 0.12 0.0 −4 −1 1669
HD 159333 −0.27 94 −2 189 −7 189 6.3 8.4 0.15 0.1 −7 61 1595

2
7
5



Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HD 160078 −0.14 64 −51 214 −17 213 7.0 9.7 0.16 0.1 −8 144 1813
HD 163363 +0.00 106 −73 228 −14 227 6.9 11.0 0.23 0.1 −9 119 1913
HD 165401 −0.46 24 79 131 −41 131 3.4 9.3 0.47 0.4 −1 349 1111
HD 167588 −0.37 42 −51 208 −10 208 6.7 9.5 0.17 0.1 −3 85 1760
HD 169359 −0.31 60 −16 230 −32 229 8.2 9.3 0.06 0.3 −4 267 1940
HD 171886 −0.33 50 28 175 −9 175 5.5 8.6 0.22 0.1 −3 78 1485
HD 174160 −0.09 29 −12 229 4 229 8.3 9.1 0.04 0.0 −1 −37 1940
HD 176796 −0.44 120 −63 231 5 230 7.2 10.9 0.20 0.1 −11 −40 1958
HD 178443 −2.07 318 −314 121 −130 120 · · · · · · · · · · · · 18 1103 986
HD 182758 −0.53 66 −27 225 −28 225 7.9 9.4 0.09 0.2 −4 234 1907
HD 186408 +0.00 22 −28 195 7 195 6.5 8.8 0.15 0.1 −1 −59 1657
HD 186478 −2.57 1413 −227 −302 −104 −285 1.0 13.4 0.86 2.3 −196 866 −2079
HD 188815 −0.58 56 17 227 −16 227 8.1 9.1 0.05 0.1 7 131 1918
HD 190681 −0.08 98 −38 199 4 199 6.5 9.0 0.16 0.0 6 −32 1673
HD 191649 −0.26 45 12 219 3 219 8.0 8.7 0.04 0.0 −1 −27 1859
HD 191672 −0.46 69 17 202 3 202 7.0 8.6 0.10 0.0 2 −22 1711
HD 192145 −0.35 79 −5 201 20 201 7.0 8.5 0.10 0.2 4 −168 1696
HD 193664 −0.19 18 31 220 −14 220 7.6 9.2 0.09 0.1 −1 123 1869
HD 194497 −0.29 91 34 196 14 196 6.5 8.8 0.15 0.1 8 −119 1654
HD 195200 −0.20 54 −9 200 −3 200 6.9 8.5 0.10 0.0 4 25 1696
HD 198044 −0.31 50 18 174 −5 174 5.4 8.5 0.22 0.1 5 46 1471
HD 198089 −0.30 39 13 203 18 203 7.1 8.6 0.09 0.1 3 −153 1720
HD 198109 −0.44 54 −5 243 −30 243 8.5 10.0 0.09 0.3 2 251 2057
HD 198390 −0.32 30 1 237 7 237 8.5 9.6 0.06 0.1 2 −61 2014
HD 199085 −0.11 66 9 204 15 204 7.1 8.5 0.09 0.1 7 −128 1723
HD 199289 −1.03 53 38 163 −25 163 4.8 8.7 0.29 0.2 6 212 1379
HD 200580 −0.54 56 −106 150 16 150 3.9 10.2 0.45 0.1 5 −142 1270
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HD 200654 −2.82 241 208 −67 −100 −66 3.4 15.8 0.65 2.0 −7 796 −550
HD 200973 −0.52 67 59 261 −63 261 7.9 13.0 0.25 0.8 11 535 2205
HD 201099 −0.50 50 115 201 40 201 5.6 11.7 0.36 0.4 7 −334 1704
HD 201444 −0.63 118 28 222 16 223 7.9 9.2 0.08 0.1 4 −140 1889
HD 201490 −0.23 78 22 223 −20 223 8.0 9.1 0.06 0.2 2 173 1893
HD 201639 −0.54 69 −27 263 32 263 8.3 12.2 0.19 0.3 8 −275 2229
HD 201835 −0.39 75 28 266 −6 267 8.4 12.4 0.19 0.1 −2 53 2267
HD 202884 −0.24 42 5 219 −17 219 8.1 8.5 0.02 0.1 4 143 1854
HD 204306 −0.66 82 −15 248 −12 248 8.4 10.6 0.12 0.1 1 101 2107
HD 204559 −0.36 61 24 206 17 207 7.2 8.8 0.10 0.1 5 −146 1754
HD 204712 −0.48 61 −46 181 18 181 5.6 9.0 0.23 0.1 6 −150 1535
HD 205294 −0.36 53 −16 192 −31 192 6.5 8.6 0.14 0.3 7 265 1629
HD 206860 −0.12 18 5 204 −4 204 7.2 8.5 0.08 0.0 2 32 1732
HD 208906 −0.72 29 −64 219 −11 219 6.9 10.3 0.20 0.1 2 96 1861
HD 209320 −0.18 81 8 181 28 181 5.9 8.5 0.18 0.2 8 −241 1533
HD 209858 −0.27 55 −32 204 −34 204 6.9 9.0 0.13 0.3 2 292 1731
HD 210457 −0.27 79 −3 209 1 209 7.5 8.5 0.06 0.0 2 −12 1777
HD 210640 −0.36 82 8 221 −19 221 8.3 8.6 0.02 0.2 −5 164 1884
HD 210718 −0.34 128 15 218 22 218 7.9 8.7 0.04 0.2 19 −185 1843
HD 210752 −0.64 38 10 248 −62 248 8.5 10.7 0.12 0.7 6 529 2101
HD 210923 −0.21 68 5 225 24 225 8.5 8.7 0.01 0.2 6 −200 1914
HD 210985 −0.57 71 −26 199 9 199 6.7 8.8 0.13 0.1 10 −74 1689
HD 212858 −0.39 55 57 255 −13 255 7.9 12.2 0.21 0.1 4 109 2168
HD 214111 −0.14 153 53 215 2 216 7.1 9.7 0.15 0.0 −2 −21 1843
HD 214435 −0.31 49 −21 192 −12 192 6.4 8.6 0.15 0.1 5 100 1632
HD 214557 −0.05 51 −59 191 −9 190 5.9 9.4 0.23 0.1 1 78 1619
HD 214576 −0.55 108 −28 248 −4 247 8.2 10.8 0.14 0.1 10 31 2102
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HD 215257 −0.65 42 54 231 42 231 7.5 10.6 0.17 0.4 8 −356 1965
HD 215442 −0.22 81 44 205 10 205 6.8 9.2 0.15 0.1 3 −85 1750
HD 216106 −0.33 67 −47 185 −25 184 5.8 9.1 0.22 0.2 −0 212 1570
HD 216385 −0.16 27 48 218 −27 219 7.2 9.7 0.15 0.2 3 229 1857
HD 216631 −0.39 43 −51 184 −11 184 5.7 9.1 0.23 0.1 3 96 1561
HD 217877 −0.18 31 35 208 1 208 7.1 9.1 0.12 0.0 5 −10 1770
HD 218059 −0.27 46 2 187 −20 187 6.2 8.5 0.16 0.2 6 171 1589
HD 218172 −0.21 74 −4 233 7 233 8.5 9.3 0.04 0.1 11 −62 1982
HD 218470 −0.06 34 20 216 17 216 7.7 8.8 0.07 0.1 2 −148 1839
HD 218504 −0.62 62 −15 206 32 205 7.2 8.6 0.09 0.3 12 −276 1743
HD 218637 −0.30 85 31 167 11 168 5.1 8.7 0.26 0.1 12 −95 1423
HD 219306 −0.31 61 −6 229 −24 229 8.4 9.0 0.03 0.2 2 204 1951
HD 219476 −0.54 92 54 217 −6 217 7.1 9.8 0.16 0.1 9 53 1849
HD 219497 −0.51 83 −11 251 −5 251 8.5 10.8 0.12 0.1 8 39 2139
HD 219983 −0.20 48 36 178 −17 178 5.6 8.8 0.22 0.1 7 142 1510
HD 220842 −0.31 60 −27 212 54 212 7.5 9.1 0.10 0.5 4 −465 1809
HD 220908 −0.16 75 16 201 6 201 7.0 8.6 0.10 0.0 2 −54 1716
HD 221170 −2.15 717 −171 83 −70 94 7.4 27.1 0.57 2.1 −14 667 817
HD 221356 −0.24 26 −1 192 2 192 6.5 8.5 0.14 0.0 4 −17 1629
HD 221830 −0.52 32 70 104 61 105 2.5 9.1 0.57 0.6 3 −520 889
HD 222155 −0.29 50 6 164 −23 164 5.0 8.5 0.26 0.2 1 199 1398
HD 223436 −0.04 92 −65 223 −11 222 7.0 10.6 0.20 0.1 12 90 1893
HD 223583 −0.48 73 46 186 0 186 5.9 9.0 0.21 0.0 5 1 1587
HD 223854 −0.58 100 16 244 −2 245 8.4 10.3 0.10 0.1 20 18 2080
HD 224233 −0.24 50 46 205 62 205 6.8 9.4 0.16 0.7 3 −533 1746
HD 225239 −0.53 37 115 174 −4 174 4.7 10.9 0.40 0.0 3 34 1484
HE 0037−2657 −3.22 3933 291 53 271 49 · · · · · · · · · · · · 241 −3409 410
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HE 0043−2845 −2.91 862 161 −79 −12 −79 3.3 12.3 0.57 1.1 −68 −37 −669
HE 0044−2459 −3.28 1695 91 116 163 115 8.5 35.7 0.62 11.9 209 −1538 979
HE 0049−5700 −2.40 1797 98 22 6 31 7.2 12.8 0.28 2.1 30 −199 249
HE 0131−3953 −2.68 3522 −216 −189 53 −211 0.1 15.0 0.99 3.8 −691 290 −1806
HE 0143−1135 −2.13 1108 −102 −463 144 −462 7.3 16.5 0.38 4.3 −467 −1169 −4100
HE 0231−4016 −2.08 3101 320 100 −85 143 · · · · · · · · · · · · 387 −140 1288
HE 0256−1109 −2.73 1171 −46 −1 172 −1 8.3 13.1 0.22 4.9 −22 −1528 −14
HE 0317−4640 −2.32 2147 −179 125 41 100 · · · · · · · · · · · · 172 −41 885
HE 0328−1047 −2.24 2066 −85 42 91 39 8.5 18.3 0.37 3.5 29 −762 378
HE 0340−3430 −1.95 1890 95 −10 −84 −0 7.5 12.5 0.25 2.6 63 625 −1
HE 0341−4024 −1.82 716 98 −74 −12 −69 4.1 10.0 0.42 0.6 −37 50 −600
HE 0417−0821 −2.33 595 −94 71 −3 69 8.0 18.8 0.40 0.6 26 65 619
HE 0442−1234 −2.41 66 172 124 −134 124 · · · · · · · · · · · · 8 1136 1062
HE 0447−4858 −1.69 3417 −74 −184 331 −197 4.8 22.3 0.64 22.1 −1241 −2866 −1871
HE 0450−4705 −3.10 2123 −375 49 99 −16 · · · · · · · · · · · · −89 −383 −149
HE 0454−4758 −3.10 1525 251 10 −23 42 5.9 27.7 0.65 1.8 37 −33 377
HE 0534−4615 −2.01 2344 309 19 −43 82 · · · · · · · · · · · · 105 8 758
HE 0547−4539 −3.01 2106 202 −242 −75 −199 0.3 14.8 0.97 2.2 −120 467 −1836
HE 0926−0508 −2.78 354 15 4 34 5 8.5 9.0 0.03 0.4 −10 −293 41
HE 1006−2218 −2.69 962 33 146 −220 148 · · · · · · · · · · · · 123 1911 1287
HE 1015−0027 −2.65 1521 −228 30 68 5 5.1 31.9 0.73 4.4 −96 −852 48
HE 1052−2548 −2.29 607 −23 −46 −15 −47 5.3 8.7 0.24 0.3 22 119 −402
HE 1059−0118 −2.80 1157 65 −29 170 −23 7.3 11.1 0.20 4.3 −94 −1414 −202
HE 1100−0137 −2.90 2146 154 −126 103 −102 3.0 14.6 0.66 3.7 74 −656 −908
HE 1128−0823 −2.71 2619 356 −112 −17 −39 3.3 45.9 0.87 7.0 253 855 −340
HE 1132+0125 −2.38 3225 −383 −302 −192 −370 · · · · · · · · · · · · 1153 618 −3266
HE 1135−0344 −2.63 2694 59 86 −304 96 · · · · · · · · · · · · 291 2709 825
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HE 1148−0037 −3.47 545 −6 264 −17 264 · · · · · · · · · · · · −120 139 2242
HE 1207−2031 −2.82 3001 −467 145 −94 16 · · · · · · · · · · · · −84 −190 126
HE 1217−0540 −2.94 908 −0 14 52 14 8.3 9.7 0.08 1.1 −36 −435 116
HE 1221−0522 −2.84 1549 −102 212 31 201 · · · · · · · · · · · · −300 −391 1660
HE 1222−0336 −2.04 2497 −89 16 −369 2 · · · · · · · · · · · · 420 2776 16
HE 1225+0155 −2.75 3132 66 −77 −13 −65 4.8 8.9 0.30 2.9 233 287 −533
HE 1249−3121 −3.23 1864 −100 −36 −23 −53 3.9 10.6 0.46 1.2 65 79 −407
HE 1256−0651 −2.35 1232 −65 −172 −92 −176 0.8 8.8 0.84 1.9 227 680 −1428
HE 1305−0331 −3.26 2813 251 −8 −45 28 5.2 24.4 0.65 6.2 69 942 213
HE 1320−1339 −2.78 280 −63 135 142 134 8.2 31.6 0.59 5.1 −47 −1202 1119
HE 1327−2326 −5.96 1160 221 246 325 263 · · · · · · · · · · · · −389 −2398 2076
HE 1330−0354 −2.29 1658 −170 −158 −187 −169 1.0 42.8 0.95 34.2 322 1220 −1321
HE 1333−0340 −2.64 1699 358 91 7 116 · · · · · · · · · · · · −134 453 899
HE 1337+0012 −3.44 275 −16 −144 399 −144 8.4 22.0 0.45 21.3 6 −3352 −1209
HE 1337−0453 −2.34 3733 −151 100 −28 72 5.5 29.3 0.69 7.5 −275 −275 496
HE 1343−0640 −1.90 2682 −90 −207 −146 −216 0.0 235.5 1.00 103.3 575 857 −1561
HE 1351−1049 −3.45 4279 72 −449 118 −418 4.6 12.4 0.46 4.8 1266 −494 −2651
HE 1421−2006 −2.65 3666 349 −86 216 −2 · · · · · · · · · · · · −117 −510 −13
HE 1430−0026 −2.78 1279 −69 103 10 102 7.4 20.5 0.47 2.0 −108 −151 791
HE 1430+0053 −3.03 1844 106 77 −63 80 6.9 18.5 0.45 3.4 −103 628 593
HE 2151−2858 −2.38 1396 58 40 18 38 7.1 12.3 0.27 1.5 49 −205 292
HE 2154−2838 −1.85 3227 57 −46 −97 −52 4.3 8.7 0.33 3.3 −185 500 −345
HE 2155+0136 −2.07 3685 170 −35 7 −89 2.3 20.0 0.79 4.8 −64 −443 −669
HE 2227−4044 −2.32 2076 −294 11 65 10 3.9 33.8 0.79 4.8 18 41 74
HE 2229−4153 −2.59 1494 8 64 167 64 7.8 17.0 0.37 5.3 73 −1297 491
HE 2240−0412 −2.20 1026 −21 356 309 357 · · · · · · · · · · · · 464 −2524 2942
HE 2243−0151 −1.61 2377 −20 −28 −126 −24 7.2 9.0 0.11 3.3 −228 1038 −193
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HE 2250−2132 −2.22 1692 35 −111 112 −113 3.1 8.4 0.46 2.6 −112 −933 −892
HE 2301−4024 −2.10 4199 −273 37 387 31 · · · · · · · · · · · · 85 −1553 207
HE 2325−0755 −2.85 1125 −10 10 163 11 8.4 11.6 0.16 4.1 92 −1351 89
HE 2326+0038 −2.78 7071 751 392 114 22 · · · · · · · · · · · · 2739 −5304 195
HE 2329−3702 −2.15 3102 241 −22 −153 −21 4.0 25.2 0.73 6.4 −58 442 −154
HE 2345−1919 −2.46 600 22 112 −153 112 8.4 25.7 0.51 5.3 42 1275 940
HE 2347−1254 −1.83 870 7 −32 −43 −32 6.4 8.6 0.15 1.0 −38 356 −269
HIP 171 −1.00 12 −1 161 −23 161 4.9 8.5 0.27 0.2 1 196 1369
HIP 2618 −1.93 198 50 101 59 101 2.5 8.8 0.56 0.8 22 −493 863
HIP 3026 −1.32 104 −144 −3 −34 −4 0.0 10.5 0.99 0.4 −1 275 −30
HIP 3086 −0.11 46 −159 172 54 172 4.2 13.0 0.51 0.7 8 −466 1461
HIP 3086 −0.17 46 156 178 55 178 4.5 13.0 0.49 0.7 8 −462 1518
HIP 3142 −0.45 41 −35 174 20 174 5.4 8.8 0.24 0.2 7 −171 1478
HIP 3185 −0.59 29 −37 135 45 135 3.7 8.7 0.40 0.4 4 −384 1147
HIP 3497 −0.33 22 60 116 −19 116 2.9 8.9 0.51 0.2 2 162 984
HIP 3704 −0.38 50 86 184 58 184 5.4 10.2 0.31 0.6 9 −488 1562
HIP 5315 −0.42 46 60 102 46 102 2.4 8.9 0.57 0.4 5 −389 870
HIP 5336 −0.98 8 96 179 −41 179 5.1 10.4 0.34 0.4 −0 349 1523
HIP 5445 −1.58 129 118 −248 89 −247 6.8 15.3 0.39 1.5 9 −763 −2114
HIP 7217 −0.48 65 −102 212 −9 212 6.1 11.6 0.31 0.1 8 73 1806
HIP 7276 +0.20 30 1 199 20 199 6.9 8.5 0.10 0.2 6 −170 1693
HIP 7459 −1.15 86 −260 −27 −33 −26 0.4 16.7 0.96 0.4 −0 261 −217
HIP 9085 −0.31 26 −42 215 1 215 7.2 9.4 0.13 0.0 5 −9 1828
HIP 10140 −1.14 57 52 157 −41 157 4.6 9.0 0.32 0.4 3 352 1342
HIP 10449 −0.98 62 194 34 64 34 0.5 12.6 0.92 0.8 2 −536 292
HIP 10798 −0.47 13 −1 252 −2 252 8.5 10.8 0.12 0.0 3 17 2143
HIP 11349 −0.29 28 19 208 37 208 7.4 8.7 0.09 0.3 5 −315 1772
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HIP 11952 −1.71 115 −38 134 −30 134 3.7 8.8 0.41 0.3 14 253 1146
HIP 12186 +0.14 26 32 201 −3 201 6.8 8.9 0.14 0.0 5 26 1709
HIP 12306 −0.63 36 −146 199 −30 199 5.1 13.3 0.44 0.3 3 253 1695
HIP 12653 +0.14 17 −21 207 −3 207 7.2 8.7 0.09 0.0 3 25 1760
HIP 12772 −0.88 96 64 144 57 144 4.0 9.1 0.40 0.6 8 −479 1219
HIP 13366 −0.77 65 −46 127 −74 127 3.4 8.9 0.44 0.8 5 630 1085
HIP 14086 −0.59 30 19 142 −13 142 4.0 8.6 0.36 0.1 4 111 1208
HIP 14086 −0.71 30 −17 149 −14 149 4.3 8.6 0.33 0.1 4 119 1268
HIP 14594 −2.13 39 −165 110 −58 110 2.4 11.9 0.67 0.7 1 492 936
HIP 14954 +0.19 22 −10 206 1 206 7.3 8.6 0.08 0.0 3 −9 1754
HIP 15394 −0.30 57 −26 175 −49 175 5.6 8.7 0.22 0.5 5 418 1495
HIP 15904 −1.76 79 129 −194 −39 −194 5.2 12.2 0.40 0.4 −9 340 −1660
HIP 16214 −1.74 220 84 −61 −92 −61 1.2 9.5 0.77 1.4 −8 809 −529
HIP 16404 −2.32 57 111 −128 −61 −128 3.2 10.2 0.53 0.7 −1 520 −1089
HIP 16691 −0.76 108 70 178 44 177 5.3 9.6 0.29 0.4 12 −369 1511
HIP 17085 −0.22 79 −13 233 10 233 8.4 9.4 0.06 0.1 13 −86 1994
HIP 17147 −0.84 24 −99 140 −37 140 3.6 9.9 0.46 0.3 2 314 1193
HIP 17147 −0.91 24 100 147 −38 147 3.9 10.0 0.44 0.4 3 325 1252
HIP 17378 +0.24 9 −5 252 18 252 8.5 10.8 0.12 0.2 2 −153 2144
HIP 17666 −1.10 24 86 120 −68 120 3.0 9.5 0.52 0.8 −0 580 1023
HIP 18235 −0.72 63 17 70 −18 70 1.5 8.6 0.71 0.2 4 154 597
HIP 18802 −0.85 53 91 179 −8 179 5.1 10.2 0.33 0.1 7 71 1518
HIP 18915 −1.85 18 30 47 27 47 0.9 8.6 0.82 0.2 0 −230 400
HIP 19007 −0.62 41 43 243 7 243 8.0 10.9 0.16 0.1 6 −59 2073
HIP 19378 −1.73 55 22 169 49 169 5.5 9.2 0.25 0.8 5 −417 1442
HIP 19701 −2.10 98 −171 −119 72 −119 2.7 12.9 0.65 1.2 −7 −627 −1020
HIP 19797 −1.68 78 349 90 −76 90 1.4 32.8 0.92 2.0 2 661 775
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HIP 19814 −0.71 41 337 40 33 40 0.5 27.2 0.96 0.5 1 −273 338
HIP 21000 −0.16 12 34 226 −7 226 7.8 9.6 0.11 0.1 1 60 1923
HIP 21586 −0.91 64 67 169 −3 169 5.0 9.4 0.31 0.0 −1 25 1448
HIP 21609 −1.76 59 368 94 35 92 1.4 37.1 0.93 0.7 2 −284 782
HIP 21767 −0.44 68 −7 216 16 216 8.0 8.6 0.04 0.1 2 −137 1850
HIP 21921 −0.42 36 −49 168 47 168 5.1 9.0 0.28 0.4 −0 −400 1432
HIP 22246 −0.38 42 95 227 34 227 6.7 12.0 0.29 0.3 0 −290 1940
HIP 22263 +0.05 13 −15 216 3 216 7.8 8.7 0.06 0.0 2 −26 1838
HIP 22325 +0.06 42 −20 212 −10 212 7.5 8.8 0.08 0.1 5 85 1808
HIP 22632 −1.59 64 54 132 −23 132 3.5 8.9 0.44 0.2 6 198 1125
HIP 23555 +0.13 31 −23 208 −8 208 7.3 8.8 0.09 0.1 4 68 1771
HIP 23941 −0.30 25 −2 218 8 218 8.1 8.5 0.02 0.1 2 −68 1858
HIP 24030 −1.21 97 −19 159 88 159 5.0 8.7 0.27 1.1 3 −756 1366
HIP 24316 −1.71 69 198 −115 102 −116 2.5 14.0 0.70 1.9 −10 −859 −989
HIP 24829 +0.06 36 −37 194 −15 194 6.4 8.9 0.17 0.1 4 127 1651
HIP 25860 −0.40 54 20 168 −49 168 5.3 8.6 0.24 0.5 2 419 1437
HIP 26688 −0.60 49 −42 221 −35 221 7.5 9.7 0.13 0.3 5 298 1887
HIP 27654 −0.94 34 −26 90 −35 90 2.1 8.6 0.61 0.3 2 298 768
HIP 28188 −0.62 60 160 188 −5 188 4.7 13.6 0.49 0.0 0 43 1608
HIP 29271 +0.10 10 30 193 −6 193 6.4 8.8 0.16 0.0 1 51 1640
HIP 29759 −2.17 173 264 −31 −28 −31 0.4 17.4 0.95 0.3 1 235 −265
HIP 29992 −1.71 193 75 66 18 65 1.3 9.2 0.75 0.2 1 −152 561
HIP 30480 +0.19 32 29 200 −6 200 6.7 8.8 0.14 0.0 3 51 1699
HIP 30503 +0.04 22 19 229 −12 229 8.2 9.3 0.06 0.1 2 102 1949
HIP 30668 −1.50 136 238 45 −36 43 0.7 15.3 0.91 0.4 3 313 373
HIP 30990 −0.89 72 77 168 45 168 4.9 9.6 0.33 0.4 −3 −387 1440
HIP 31188 −0.80 59 17 175 66 175 5.7 8.6 0.21 0.7 −1 −564 1495
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HIP 31639 −0.62 57 −6 181 −38 181 5.9 8.5 0.18 0.3 4 324 1545
HIP 32308 −0.64 55 78 159 0 159 4.5 9.6 0.36 0.0 −1 −0 1358
HIP 33221 −1.30 110 −12 186 −114 186 6.6 8.7 0.13 1.6 16 974 1591
HIP 33582 −0.74 68 −212 100 12 101 2.0 14.2 0.75 0.1 −1 −102 864
HIP 34146 −0.40 64 −39 225 2 225 7.7 9.7 0.12 0.0 1 −17 1924
HIP 34285 −0.90 94 229 −11 −41 −13 0.2 14.3 0.98 0.5 3 356 −114
HIP 34548 −0.46 77 −37 220 6 220 7.5 9.5 0.12 0.1 −7 −50 1884
HIP 34902 −0.39 89 −20 179 −51 179 5.8 8.7 0.20 0.5 −2 438 1537
HIP 36491 −0.93 50 49 107 0 107 2.6 8.8 0.54 0.0 −2 −1 914
HIP 36818 −0.83 65 251 −24 −72 −26 0.4 16.3 0.96 1.2 4 616 −220
HIP 36849 −0.88 82 −67 142 −46 142 3.9 9.2 0.40 0.4 −2 396 1219
HIP 37335 −1.26 177 −170 −48 71 −46 0.8 11.9 0.88 0.9 −6 −608 −395
HIP 38541 −1.79 28 −270 14 −82 14 0.2 18.1 0.98 1.6 0 702 121
HIP 38621 −1.81 559 20 61 −124 61 1.4 9.1 0.73 2.1 −43 1102 549
HIP 38625 −0.86 19 73 167 8 167 4.8 9.5 0.33 0.1 −1 −68 1421
HIP 38657 −0.63 20 88 150 −67 150 4.1 9.7 0.41 0.8 −1 570 1277
HIP 40778 −1.70 97 130 −26 32 −26 0.4 10.2 0.93 0.3 2 −282 −220
HIP 42592 −2.08 138 −253 −129 68 −126 2.5 18.7 0.77 1.2 −3 −573 −1075
HIP 43393 −0.59 53 −27 135 −69 135 3.8 8.7 0.39 0.7 −0 589 1153
HIP 44033 −1.12 167 −180 61 47 62 1.1 12.1 0.83 0.5 −9 −387 535
HIP 44075 −0.91 21 40 140 77 140 4.0 8.8 0.38 0.9 −2 −655 1191
HIP 44116 −0.58 79 −18 218 36 218 7.9 8.9 0.06 0.3 −10 −307 1864
HIP 44124 −1.96 81 −191 48 14 49 0.8 12.4 0.87 0.1 −3 −113 421
HIP 44716 −1.08 101 119 −135 −75 −136 3.6 10.8 0.50 1.1 11 635 −1161
HIP 44919 −0.65 154 −60 262 30 263 8.0 13.0 0.24 0.3 −14 −254 2247
HIP 46822 −1.29 100 −88 −43 20 −42 0.7 9.4 0.87 0.2 0 −167 −359
HIP 47048 −0.47 96 −13 257 22 257 8.5 11.3 0.14 0.2 −3 −187 2184
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HIP 47640 −0.08 81 −17 233 −5 233 8.3 9.5 0.07 0.1 −14 44 1993
HIP 48146 −0.05 71 −23 216 2 216 7.7 8.9 0.07 0.1 −11 −16 1845
HIP 48152 −2.08 80 −234 −5 0 −4 0.0 14.7 0.99 0.1 0 13 −34
HIP 50139 −0.68 36 −80 199 −15 199 6.0 10.2 0.26 0.1 −5 130 1696
HIP 52771 −1.98 95 −163 −108 95 −108 2.4 12.0 0.67 1.5 7 −798 −920
HIP 53070 −1.55 52 26 92 18 92 2.1 8.6 0.60 0.1 −5 −155 783
HIP 54858 −1.17 76 317 −83 −147 −147 · · · · · · · · · · · · 5 1232 −707
HIP 55022 −0.90 130 −115 238 102 239 6.7 14.4 0.36 1.8 −33 −856 2035
HIP 57265 −1.10 163 367 6 94 5 0.1 35.4 1.00 3.4 −3 −860 42
HIP 57939 −1.46 9 −284 76 −7 76 1.3 19.8 0.88 0.1 −1 62 646
HIP 58145 −1.04 184 20 155 −69 155 4.6 8.6 0.30 0.8 −8 581 1308
HIP 58229 −0.94 131 68 26 57 25 0.4 8.9 0.92 0.6 −8 −489 214
HIP 58357 −0.65 180 150 57 44 58 1.1 10.9 0.82 0.5 −8 −401 494
HIP 59109 −2.62 174 94 −35 −85 −36 0.6 9.4 0.88 1.1 13 707 −306
HIP 59330 −0.75 78 −45 224 −18 224 7.5 9.9 0.14 0.2 −16 157 1909
HIP 59376 −2.23 342 −135 −46 −42 −43 0.8 10.3 0.86 0.5 21 396 −368
HIP 59490 −1.26 109 −16 −16 36 −16 0.2 8.5 0.95 0.3 1 −304 −136
HIP 59750 −0.78 23 −61 162 −53 162 4.7 9.2 0.32 0.5 −2 451 1377
HIP 60551 −0.86 37 85 190 −9 190 5.6 10.2 0.29 0.1 −7 73 1617
HIP 60632 −1.65 91 −117 5 56 6 0.1 9.8 0.99 0.6 −3 −466 47
HIP 60719 −2.35 127 128 122 −14 121 2.8 10.5 0.58 0.3 −14 104 1029
HIP 62882 −1.26 80 −278 26 −103 28 0.4 19.5 0.96 2.6 3 888 233
HIP 63559 −0.91 54 −41 −1 106 −1 0.0 8.7 1.00 1.4 −4 −897 −7
HIP 63918 −0.65 147 74 −43 1 −44 0.8 8.9 0.84 0.1 2 −13 −370
HIP 63970 −0.09 78 −29 228 −32 228 7.9 9.6 0.09 0.3 −18 274 1938
HIP 64426 −0.82 41 73 164 64 164 4.7 9.5 0.33 0.7 −7 −546 1393
HIP 65268 −0.67 53 28 210 −16 210 7.3 8.9 0.10 0.1 −11 134 1784
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HIP 66509 −0.68 53 −71 189 −54 189 5.8 9.8 0.26 0.6 −10 462 1604
HIP 66665 −0.97 134 −158 135 −76 135 3.2 12.0 0.58 1.1 −16 663 1144
HIP 66815 −0.64 57 65 214 −65 214 6.8 10.3 0.20 0.7 −9 548 1812
HIP 67655 −0.93 25 26 181 −36 181 5.8 8.7 0.20 0.3 0 305 1535
HIP 67863 −0.70 60 −66 −25 106 −25 0.4 9.0 0.92 1.5 −4 −896 −209
HIP 68321 −2.18 186 −146 90 −153 89 2.1 15.3 0.76 4.3 −23 1323 756
HIP 68796 −0.52 44 26 225 7 225 8.0 9.3 0.08 0.1 −6 −60 1917
HIP 68807 −1.83 42 −17 27 111 27 0.5 8.5 0.90 1.7 −3 −940 229
HIP 69746 −2.41 195 290 35 14 35 0.5 19.4 0.95 0.8 −6 −168 292
HIP 70681 −1.25 52 14 186 −69 186 6.2 8.5 0.16 0.7 −5 584 1574
HIP 71886 −0.40 87 3 219 −4 219 8.1 8.5 0.02 0.1 −16 34 1851
HIP 71887 −0.49 74 −2 250 −4 250 8.5 10.6 0.11 0.1 −17 34 2120
HIP 71939 −0.37 70 −4 254 −3 254 8.5 10.9 0.13 0.1 −14 26 2149
HIP 72461 −2.48 97 −131 126 26 126 3.0 10.7 0.57 0.3 −10 −209 1063
HIP 72673 −0.62 48 49 219 24 219 7.2 9.8 0.15 0.2 −1 −203 1852
HIP 73385 −1.59 92 −51 −134 62 −134 3.6 8.8 0.42 0.6 5 −520 −1128
HIP 73960 −1.37 115 −6 159 −282 159 8.4 11.6 0.16 8.5 −28 2387 1345
HIP 74033 −0.78 65 105 108 31 108 2.5 9.7 0.59 0.3 −5 −268 915
HIP 74067 −0.90 35 20 167 −60 167 5.2 8.6 0.25 0.6 −4 508 1415
HIP 74079 −0.83 60 −24 230 20 230 8.1 9.5 0.08 0.2 −10 −168 1946
HIP 74234 −1.51 30 −312 −275 −58 −58 · · · · · · · · · · · · 5 497 −2329
HIP 74235 −1.57 29 −312 −275 −59 −59 · · · · · · · · · · · · 5 505 −2329
HIP 75181 −0.34 15 −110 179 43 179 4.9 10.8 0.38 0.4 −1 −365 1520
HIP 77946 −0.97 152 131 102 101 102 2.3 10.5 0.64 1.6 −7 −860 859
HIP 78640 −1.48 125 −117 −34 −18 −35 0.6 9.7 0.89 0.2 2 163 −297
HIP 78955 +0.33 29 −17 204 25 204 7.1 8.6 0.10 0.2 −3 −212 1729
HIP 79137 +0.30 30 82 170 −63 170 4.9 9.8 0.33 0.7 −4 533 1442
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HIP 80003 −0.84 110 −266 158 81 156 3.1 21.6 0.75 1.7 −8 −664 1320
HIP 80337 +0.03 13 24 224 6 224 7.9 9.2 0.07 0.0 −0 −51 1901
HIP 80686 −0.06 12 18 234 3 234 8.3 9.5 0.07 0.0 1 −25 1987
HIP 80837 −0.83 41 −94 −31 −71 −31 0.5 9.3 0.90 0.8 −0 603 −264
HIP 81170 −1.26 48 79 61 −128 61 1.3 9.8 0.77 2.5 −2 1081 517
HIP 81461 −0.65 70 −3 117 −12 117 3.0 8.4 0.48 0.1 −4 101 987
HIP 81520 −0.48 22 −18 198 7 198 6.7 8.6 0.12 0.1 0 −59 1680
HIP 82588 −0.02 17 94 114 17 114 2.7 9.5 0.55 0.1 −1 −145 968
HIP 83229 −0.57 31 71 136 −16 136 3.6 9.2 0.44 0.1 1 136 1151
HIP 83601 +0.09 20 12 195 −13 195 6.6 8.5 0.13 0.1 −2 110 1654
HIP 84551 +0.12 51 −32 205 17 205 6.9 8.9 0.12 0.1 −1 −144 1732
HIP 84636 +0.23 47 2 224 −21 224 8.4 8.6 0.01 0.2 −1 178 1894
HIP 84905 −0.57 39 −158 184 −3 184 4.5 13.2 0.49 0.0 −3 28 1556
HIP 85007 −0.39 30 48 239 10 239 7.8 10.7 0.16 0.1 −3 −86 2028
HIP 85007 −0.50 30 −47 246 10 246 7.9 11.2 0.17 0.1 −3 −84 2086
HIP 85042 +0.03 19 −17 209 −12 209 7.4 8.7 0.08 0.1 −1 102 1773
HIP 85373 −0.52 71 50 140 54 140 3.9 8.8 0.39 0.5 −2 −459 1188
HIP 85378 −0.64 69 56 127 72 127 3.4 8.9 0.45 0.8 −1 −612 1078
HIP 85757 −0.76 75 −24 151 72 151 4.4 8.6 0.32 0.8 −1 −607 1273
HIP 86013 −0.82 48 160 167 83 167 4.1 13.0 0.52 1.2 −1 −705 1417
HIP 86431 −0.64 55 −212 116 90 115 2.4 14.9 0.72 1.6 1 −757 975
HIP 86443 −2.32 120 357 −18 84 −16 0.2 31.5 0.99 2.3 5 −718 −133
HIP 86731 +0.25 38 −15 204 19 204 7.1 8.6 0.09 0.1 −3 −161 1729
HIP 86796 +0.32 15 −5 217 3 217 8.0 8.5 0.03 0.0 1 −25 1841
HIP 87523 −0.40 33 −15 215 −24 215 7.7 8.7 0.06 0.2 1 203 1821
HIP 87693 −2.11 155 −50 −152 −32 −153 4.3 8.8 0.34 0.3 5 272 −1282
HIP 88010 −1.49 84 −277 −52 39 −53 0.8 18.5 0.92 0.5 1 −326 −444
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HIP 88039 −0.96 90 −6 120 83 120 3.2 8.5 0.45 1.0 1 −698 1009
HIP 88622 −0.46 24 −69 135 −32 135 3.6 9.1 0.44 0.3 −1 272 1144
HIP 90485 +0.12 36 −6 226 11 226 8.4 8.8 0.02 0.1 1 −93 1913
HIP 91058 −0.54 52 57 237 −31 237 7.6 10.9 0.18 0.3 −5 262 2012
HIP 91438 −0.24 13 47 223 3 223 7.4 9.9 0.14 0.0 0 −25 1893
HIP 92167 −1.47 162 61 152 −284 153 7.1 13.5 0.31 9.8 −51 2421 1307
HIP 92532 −0.56 30 13 240 −35 240 8.4 9.9 0.08 0.3 −3 297 2038
HIP 92781 −0.75 84 −111 87 −25 86 1.8 9.7 0.68 0.2 −1 210 729
HIP 94449 −1.26 133 −153 −81 60 −82 1.6 10.9 0.74 0.7 4 −505 −691
HIP 94645 +0.16 27 −15 213 −5 213 7.6 8.7 0.06 0.0 2 42 1805
HIP 96115 −2.41 144 −40 77 −57 76 1.6 8.6 0.68 0.6 −8 481 644
HIP 96124 −0.20 26 −28 133 −15 133 3.6 8.6 0.41 0.1 1 127 1127
HIP 96185 −0.58 32 56 70 63 70 1.5 8.8 0.72 0.7 2 −535 596
HIP 96248 −1.73 54 302 −30 −76 −29 0.3 21.0 0.97 1.5 −2 647 −247
HIP 96536 +0.03 31 10 197 16 197 6.7 8.5 0.12 0.1 2 −135 1669
HIP 97023 −0.48 45 −40 204 −38 204 6.8 9.1 0.15 0.3 −2 322 1728
HIP 97468 −1.71 46 137 24 −106 24 0.4 10.0 0.92 1.6 −2 899 206
HIP 98020 −1.67 39 143 118 69 119 2.7 11.1 0.60 0.9 3 −584 1004
HIP 98532 −1.23 68 −82 105 51 105 2.5 9.2 0.58 0.5 4 −433 884
HIP 98767 +0.25 16 −2 179 −57 179 5.9 8.5 0.18 0.5 −1 484 1520
HIP 98785 +0.03 58 23 232 14 232 8.1 9.5 0.08 0.1 6 −118 1961
HIP 99240 +0.37 6 −38 212 −8 212 7.2 9.2 0.13 0.1 1 68 1801
HIP 99423 −1.50 107 21 128 107 128 3.6 8.6 0.41 1.5 11 −904 1084
HIP 99938 −0.74 58 106 156 −35 156 4.1 10.2 0.42 0.3 2 298 1323
HIP 100568 −1.17 44 147 −11 −63 −11 0.2 10.6 0.97 0.7 −1 536 −91
HIP 100792 −1.23 56 68 −44 −22 −44 0.8 8.9 0.84 0.2 −2 187 −370
HIP 101346 −0.65 116 63 194 3 195 6.0 9.5 0.22 0.0 8 −23 1641
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HIP 101382 −0.66 22 20 230 48 230 8.2 9.4 0.07 0.5 1 −408 1955
HIP 102264 −0.22 22 −3 199 20 199 6.9 8.5 0.10 0.2 3 −170 1688
HIP 103269 −1.81 70 −80 89 −87 88 2.0 9.2 0.64 1.1 −6 739 750
HIP 103458 −0.65 22 31 124 53 124 3.3 8.6 0.45 0.5 2 −449 1052
HIP 103682 +0.27 26 4 202 4 202 7.1 8.5 0.09 0.0 3 −34 1714
HIP 103691 −0.40 67 −69 199 −46 198 6.1 9.9 0.24 0.4 −1 390 1684
HIP 103812 −0.56 58 54 209 56 209 6.8 9.7 0.17 0.6 7 −474 1775
HIP 104659 −1.12 35 −100 118 −51 118 2.9 9.7 0.55 0.5 −0 432 998
HIP 104660 −0.96 56 119 151 −30 152 3.9 10.6 0.46 0.3 1 256 1287
HIP 105858 −0.73 9 4 202 4 202 7.1 8.5 0.09 0.0 1 −34 1716
HIP 105888 −0.75 77 26 107 −36 107 2.6 8.5 0.53 0.3 2 306 907
HIP 105993 −1.16 181 152 −26 92 −24 0.3 10.7 0.95 1.4 8 −757 −201
HIP 106947 −0.64 57 55 161 75 161 4.8 9.0 0.31 0.9 7 −635 1369
HIP 107975 −0.63 28 −22 248 0 248 8.3 10.7 0.12 0.0 2 −0 2107
HIP 108200 −1.90 94 244 38 −70 41 0.6 15.6 0.92 1.1 −5 601 345
HIP 108736 −0.38 36 −16 147 45 147 4.2 8.5 0.34 0.4 4 −382 1246
HIP 109067 −0.97 46 27 12 39 12 0.2 8.6 0.96 0.3 2 −330 103
HIP 109378 +0.22 21 14 174 2 174 5.5 8.5 0.22 0.0 3 −17 1478
HIP 109390 −1.34 773 −122 99 17 94 2.1 10.0 0.66 0.4 65 −211 764
HIP 109450 −0.13 49 −64 147 −8 147 4.0 9.1 0.39 0.1 3 66 1246
HIP 109558 −1.63 119 293 −45 12 −42 0.6 20.2 0.94 0.2 −2 −84 −352
HIP 109821 −0.08 22 −37 133 −3 133 3.6 8.7 0.41 0.0 2 25 1129
HIP 110341 −0.17 32 5 232 1 232 8.5 9.2 0.04 0.0 5 −8 1970
HIP 110512 −0.30 53 −57 185 −52 185 5.7 9.3 0.24 0.5 8 438 1567
HIP 112796 −2.25 95 −277 −14 82 −16 0.3 18.5 0.97 1.9 3 −716 −132
HIP 113137 +0.22 27 14 235 5 235 8.3 9.5 0.07 0.0 4 −42 1994
HIP 113357 +0.20 15 −5 197 22 197 6.8 8.5 0.11 0.2 2 −187 1674
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HIP 113421 +0.35 20 8 216 18 216 7.9 8.6 0.04 0.1 4 −153 1835
HIP 114271 −1.80 70 −12 128 1 128 3.4 8.5 0.43 0.1 8 −9 1085
HIP 114962 −1.54 83 −392 −97 −53 −53 · · · · · · · · · · · · −9 420 −835
HIP 115167 −1.77 163 291 −219 −55 −216 4.0 32.0 0.78 1.6 −34 504 −1830
HIP 115610 −0.63 40 −123 176 −65 175 4.7 11.4 0.42 0.8 1 551 1493
HIP 115949 −2.19 716 −152 87 −59 76 1.6 11.3 0.75 0.8 −6 457 659
HIP 116082 −0.82 91 34 240 −22 240 8.1 10.4 0.12 0.2 1 188 2050
HIP 117029 −0.81 45 62 128 89 128 3.5 9.1 0.45 1.1 4 −758 1093
HIP 117041 −0.88 118 239 54 −190 55 1.5 52.4 0.95 20.8 −4 1639 470
HIP 117880 +0.12 28 −36 209 3 209 7.1 9.1 0.13 0.0 6 −26 1775
HIP 118115 −0.01 48 −65 142 3 142 3.8 9.1 0.41 0.1 6 −28 1206
HR 17 −0.35 33 −24 210 −8 210 7.3 8.9 0.10 0.1 3 67 1789
HR 33 −0.38 19 −19 206 −19 206 7.2 8.7 0.09 0.1 4 159 1751
HR 35 −0.10 22 22 223 −2 223 7.9 9.1 0.07 0.0 5 20 1896
HR 107 −0.37 36 −14 185 −17 185 6.1 8.6 0.17 0.1 5 147 1573
HR 140 +0.05 26 17 197 −35 197 6.8 8.6 0.12 0.3 5 299 1676
HR 145 −0.25 38 −43 197 −3 197 6.4 9.1 0.18 0.0 6 23 1673
HR 203 −0.28 32 −20 195 5 195 6.6 8.7 0.14 0.0 6 −41 1661
HR 219 −0.31 6 26 212 −13 212 7.4 8.9 0.09 0.1 0 113 1804
HR 235 −0.15 15 −24 217 −13 217 7.7 9.0 0.08 0.1 3 108 1847
HR 244 +0.00 19 6 241 16 241 8.5 9.9 0.08 0.1 0 −138 2054
HR 340 −0.21 53 −25 222 −5 222 7.8 9.2 0.08 0.0 4 44 1893
HR 366 −0.32 24 35 241 −8 241 8.1 10.5 0.13 0.1 5 71 2052
HR 368 −0.24 44 25 258 −4 258 8.4 11.6 0.16 0.1 10 35 2199
HR 370 +0.12 15 52 197 −10 197 6.3 9.3 0.19 0.1 3 90 1671
HR 448 +0.09 30 10 190 13 190 6.3 8.5 0.15 0.1 5 −110 1613
HR 458 +0.09 13 −28 198 −15 198 6.6 8.8 0.14 0.1 1 124 1684
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HR 483 −0.02 13 44 184 −1 185 5.8 9.0 0.21 0.0 1 6 1570
HR 573 −0.34 26 57 210 −4 210 6.7 9.8 0.18 0.0 5 38 1780
HR 646 −0.32 30 19 208 3 208 7.3 8.7 0.09 0.0 4 −27 1774
HR 672 +0.06 25 69 231 17 231 7.2 11.1 0.21 0.2 5 −144 1964
HR 720 −0.22 31 26 250 −15 250 8.3 10.9 0.13 0.1 3 127 2127
HR 740 −0.25 26 −28 217 19 217 7.6 9.1 0.09 0.2 5 −163 1850
HR 784 +0.02 22 −15 223 −8 223 8.1 8.9 0.05 0.1 4 66 1899
HR 799 −0.02 11 31 222 −0 222 7.7 9.3 0.09 0.0 0 4 1889
HR 962 +0.09 22 20 201 −6 201 6.9 8.7 0.11 0.0 3 52 1710
HR 1010 −0.23 12 76 171 18 171 4.9 9.6 0.32 0.2 1 −155 1449
HR 1083 −0.11 21 54 196 −3 196 6.2 9.4 0.20 0.0 3 28 1665
HR 1101 −0.11 14 −2 205 −42 205 7.4 8.5 0.07 0.4 2 359 1747
HR 1173 +0.09 18 −36 198 −21 198 6.6 8.9 0.15 0.2 3 182 1686
HR 1257 +0.04 35 −15 193 15 193 6.5 8.6 0.14 0.1 4 −130 1648
HR 1294 −0.18 23 51 189 −14 189 5.9 9.2 0.21 0.1 3 117 1607
HR 1489 +0.06 31 55 201 12 201 6.5 9.5 0.19 0.1 1 −103 1716
HR 1536 +0.14 27 51 134 −18 134 3.6 8.9 0.42 0.1 2 152 1139
HR 1545 −0.33 35 −28 214 −26 214 7.5 9.0 0.09 0.2 5 219 1826
HR 1673 −0.30 25 10 214 2 214 7.8 8.6 0.05 0.0 2 −14 1822
HR 1687 +0.26 38 28 201 −2 201 6.8 8.8 0.13 0.0 3 16 1718
HR 1729 −0.03 13 78 172 5 172 5.0 9.6 0.32 0.0 −0 −46 1464
HR 1780 +0.00 15 37 206 8 205 6.9 9.1 0.14 0.1 1 −64 1750
HR 1983 −0.07 9 −19 225 −12 225 8.1 9.1 0.06 0.1 1 105 1911
HR 2047 −0.02 9 −14 223 −8 223 8.2 8.9 0.04 0.1 0 70 1898
HR 2141 −0.24 26 −6 196 −31 196 6.8 8.5 0.12 0.3 −1 263 1675
HR 2220 +0.04 21 33 201 −18 201 6.8 8.9 0.14 0.1 0 153 1714
HR 2233 −0.17 36 −45 223 −32 223 7.5 9.9 0.14 0.3 2 270 1906
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HR 2354 +0.13 32 −18 203 −16 203 7.1 8.6 0.10 0.1 3 138 1726
HR 2493 −0.37 27 25 245 17 245 8.3 10.5 0.12 0.1 1 −146 2082
HR 2530 −0.43 30 −25 204 −11 204 7.0 8.8 0.11 0.1 0 97 1738
HR 2548 −0.20 25 48 208 6 208 6.8 9.5 0.16 0.1 2 −53 1766
HR 2601 −0.56 47 13 243 −17 243 8.5 10.2 0.09 0.1 −2 142 2076
HR 2721 −0.28 17 80 220 34 220 6.7 11.0 0.24 0.3 −1 −286 1876
HR 2835 −0.55 31 62 217 −26 217 6.9 10.2 0.19 0.2 −2 218 1848
HR 2883 −0.75 30 31 172 −14 172 5.3 8.7 0.24 0.1 −0 118 1463
HR 2906 −0.18 26 37 172 −4 172 5.3 8.8 0.25 0.0 0 31 1462
HR 2943 −0.02 3 −5 211 −19 211 7.7 8.5 0.05 0.1 −0 162 1795
HR 3018 −0.78 15 123 154 24 153 3.9 10.8 0.47 0.2 −0 −205 1305
HR 3176 +0.04 23 −32 224 −16 224 7.8 9.5 0.10 0.1 −2 137 1912
HR 3220 −0.26 21 −17 205 −33 205 7.2 8.6 0.09 0.3 2 281 1740
HR 3262 −0.26 18 24 182 7 182 5.9 8.7 0.19 0.1 −2 −60 1549
HR 3271 +0.07 41 −5 202 1 202 7.1 8.5 0.09 0.0 −3 −9 1719
HR 3538 +0.01 17 47 201 −18 201 6.6 9.3 0.17 0.1 −1 151 1712
HR 3578 −0.82 21 49 127 61 127 3.4 8.8 0.45 0.6 −2 −521 1077
HR 3648 −0.08 20 −8 213 −9 213 7.7 8.6 0.05 0.1 −3 78 1812
HR 3775 −0.20 13 49 193 −18 193 6.2 9.2 0.20 0.1 −2 149 1640
HR 3881 +0.04 18 −14 214 19 214 7.7 8.7 0.06 0.1 −3 −160 1819
HR 3951 +0.10 15 71 152 5 152 4.2 9.3 0.37 0.0 −2 −41 1297
HR 3954 +0.04 47 −6 215 −15 215 7.9 8.6 0.04 0.1 −8 126 1837
HR 4012 +0.14 52 25 198 −4 198 6.7 8.8 0.14 0.1 −8 30 1684
HR 4027 −0.04 32 21 198 18 198 6.7 8.7 0.13 0.1 −5 −154 1684
HR 4039 −0.38 23 50 191 5 191 6.1 9.2 0.21 0.0 −4 −46 1625
HR 4067 +0.18 39 9 194 −14 194 6.6 8.6 0.13 0.1 −6 116 1657
HR 4150 −0.23 46 −20 217 −16 217 7.8 8.9 0.07 0.1 −9 139 1850
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HR 4158 −0.24 25 −67 185 −37 185 5.6 9.5 0.26 0.3 −2 313 1577
HR 4277 +0.01 14 26 217 1 217 7.6 9.0 0.08 0.0 −3 −12 1849
HR 4285 −0.30 45 6 198 −9 198 6.8 8.5 0.11 0.1 −8 74 1684
HR 4395 −0.11 44 40 192 −12 192 6.2 9.0 0.18 0.1 −5 100 1628
HR 4421 −0.54 33 24 248 −38 248 8.3 10.8 0.13 0.4 −7 320 2113
HR 4529 +0.16 43 6 189 −7 189 6.3 8.5 0.15 0.1 −6 58 1608
HR 4533 +0.24 34 33 204 −8 204 6.9 9.0 0.13 0.1 −6 63 1734
HR 4540 +0.13 11 −41 223 7 223 7.5 9.7 0.12 0.1 −2 −57 1899
HR 4657 −0.70 23 −51 152 −61 152 4.4 8.9 0.34 0.6 −2 521 1291
HR 4683 −0.54 40 −41 231 −0 231 7.7 10.1 0.13 0.0 −5 4 1967
HR 4688 +0.21 50 22 179 −13 179 5.7 8.6 0.20 0.1 −9 107 1526
HR 4734 +0.10 27 68 144 −15 144 3.9 9.2 0.40 0.1 −1 123 1223
HR 4767 −0.11 22 1 231 −28 231 8.5 9.1 0.04 0.2 −5 239 1967
HR 4785 −0.19 8 30 217 2 217 7.5 9.1 0.10 0.0 −2 −20 1842
HR 4845 −0.59 17 40 227 76 227 7.7 10.0 0.13 0.9 −4 −644 1928
HR 4903 +0.24 40 11 161 −28 161 4.9 8.5 0.27 0.2 −1 241 1367
HR 4981 −0.17 33 −20 212 −38 212 7.5 8.7 0.07 0.3 −4 324 1798
HR 4983 +0.03 9 55 233 9 233 7.5 10.6 0.17 0.1 −2 −79 1977
HR 4989 −0.28 18 56 258 −14 258 7.9 12.4 0.22 0.1 −0 123 2186
HR 5011 +0.10 18 44 221 −15 221 7.4 9.7 0.13 0.1 −4 128 1878
HR 5019 −0.03 9 34 149 −45 149 4.3 8.7 0.34 0.4 −1 383 1263
HR 5235 +0.19 11 −9 204 −3 204 7.2 8.5 0.09 0.0 −2 22 1732
HR 5323 +0.07 33 37 192 −26 192 6.2 8.9 0.17 0.2 −6 224 1628
HR 5338 −0.11 21 −22 191 −11 191 6.3 8.6 0.15 0.1 −3 94 1620
HR 5353 +0.13 33 −57 227 −62 227 7.4 10.5 0.18 0.7 −5 525 1927
HR 5423 +0.05 24 −52 214 −4 214 7.0 9.7 0.17 0.0 −5 39 1820
HR 5447 −0.41 15 −2 238 −6 238 8.5 9.6 0.06 0.0 −3 49 2025
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HR 5542 +0.13 40 58 186 10 186 5.7 9.3 0.24 0.1 −3 −89 1577
HR 5691 −0.02 25 −56 192 −25 191 6.0 9.4 0.22 0.2 −4 212 1628
HR 5698 +0.01 34 22 206 −7 206 7.1 8.7 0.10 0.1 −1 58 1744
HR 5723 −0.12 32 5 200 −13 200 6.9 8.5 0.10 0.1 −4 113 1696
HR 5868 −0.04 12 50 196 −40 196 6.3 9.2 0.19 0.4 −2 335 1660
HR 5914 −0.52 16 34 219 −61 219 7.6 9.4 0.11 0.6 −3 519 1863
HR 5933 −0.16 11 −56 187 −25 187 5.8 9.3 0.23 0.2 −2 213 1588
HR 5968 −0.26 17 −54 185 20 185 5.7 9.2 0.23 0.2 −2 −170 1572
HR 5996 +0.23 29 34 190 29 190 6.2 8.8 0.18 0.2 −3 −248 1608
HR 6189 −0.56 43 7 200 −25 200 6.9 8.5 0.10 0.2 −4 208 1690
HR 6202 −0.37 43 −10 231 3 231 8.4 9.1 0.04 0.0 −3 −29 1954
HR 6243 +0.00 37 −7 218 −19 218 8.0 8.5 0.03 0.1 −3 163 1846
HR 6315 −0.17 15 −1 212 −27 212 7.8 8.5 0.04 0.2 −2 233 1806
HR 6409 +0.09 51 38 206 6 206 6.9 9.1 0.14 0.0 −1 −51 1744
HR 6458 −0.41 14 −30 137 −67 137 3.9 8.6 0.38 0.7 −2 568 1165
HR 6541 −0.23 37 28 173 −28 173 5.4 8.6 0.23 0.2 −3 233 1466
HR 6569 −0.27 22 3 209 −18 209 7.5 8.5 0.06 0.1 1 148 1775
HR 6598 −0.39 42 −40 174 −17 174 5.4 8.9 0.25 0.1 −5 147 1480
HR 6649 −0.34 33 23 212 −29 212 7.4 8.8 0.09 0.2 1 247 1794
HR 6701 −0.22 32 26 196 −20 196 6.6 8.7 0.14 0.2 −4 174 1668
HR 6775 −0.56 16 2 220 7 220 8.3 8.5 0.01 0.0 −1 −56 1870
HR 6850 −0.32 23 6 207 −50 207 7.5 8.5 0.07 0.5 −3 424 1759
HR 6907 +0.13 36 17 222 2 222 8.0 8.9 0.05 0.0 1 −21 1880
HR 7061 −0.11 19 −38 222 −8 222 7.5 9.5 0.12 0.1 −1 72 1886
HR 7126 +0.21 32 32 181 −3 181 5.7 8.7 0.21 0.0 1 29 1533
HR 7232 +0.03 17 −58 171 −15 171 5.1 9.1 0.29 0.1 1 130 1448
HR 7322 −0.28 42 52 182 7 182 5.6 9.1 0.23 0.1 −2 −60 1549
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Table 8.1 (cont’d)

Star name [Fe/H] D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(pc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

HR 7534 −0.13 21 −38 213 −24 213 7.2 9.3 0.12 0.2 −1 207 1806
HR 7560 +0.09 19 4 218 −28 218 8.1 8.5 0.02 0.2 0 239 1847
HR 7766 −0.36 32 −34 176 27 176 5.5 8.7 0.23 0.2 3 −231 1495
HR 7875 −0.44 24 59 181 2 181 5.5 9.3 0.25 0.0 3 −19 1537
HR 7955 +0.12 27 −21 192 −13 192 6.4 8.6 0.15 0.1 −1 111 1631
HR 8027 −0.37 29 5 240 23 240 8.5 9.8 0.07 0.2 4 −195 2033
HR 8041 +0.11 26 7 191 −7 191 6.4 8.5 0.14 0.1 2 59 1622
HR 8077 −0.07 37 −8 184 11 184 6.0 8.5 0.17 0.1 3 −90 1563
HR 8181 −0.67 9 14 262 6 262 8.5 11.8 0.16 0.1 2 −53 2224
HR 8354 −0.66 28 −14 236 −8 236 8.4 9.6 0.07 0.1 2 66 2002
HR 8472 +0.06 37 39 192 −6 192 6.2 8.9 0.18 0.0 −0 49 1636
HR 8665 −0.32 16 −3 192 −24 192 6.5 8.5 0.13 0.2 2 205 1634
HR 8697 −0.25 27 58 213 −34 213 6.9 9.9 0.18 0.3 3 288 1814
HR 8729 +0.06 15 22 190 12 190 6.3 8.6 0.16 0.1 2 −104 1619
HR 8805 −0.13 34 30 211 10 211 7.3 9.0 0.10 0.1 2 −87 1796
HR 8853 +0.00 20 −7 192 −28 192 6.5 8.5 0.13 0.2 −0 238 1635
HR 8885 +0.02 42 12 202 −14 202 7.1 8.6 0.10 0.1 3 115 1720
HR 8969 −0.17 14 8 195 −25 195 6.7 8.5 0.12 0.2 2 215 1658

Note. — Only stars that made our proper motion cut are shown in the table. No orbital parameters are given for stars that did not complete at least
20 orbits of the Galactic center.
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8.3 Kinematic Data

8.3.1 Distance Estimates

Hipparcos (Perryman 1997) geometric parallaxes are the preferred method for de-

riving accurate distances for our sample (using the new reduction of the Hipparcos

data described in van Leeuwen 2007). For stars not in the Hipparcos catalog, we de-

rive distance estimates from the photometric parallax by comparing the observed V

magnitude with a predicted absolute magnitude MV , derived from the dereddened

V − K color.3 To establish the relationship between color and absolute magni-

tude, we use the Y 2 set of theoretical isochrones (Demarque et al. 2004). We select

the appropriate isochrone for each star, assuming [α/Fe] = +0.3 for all stars and

choosing a metallicity close to the individual stellar [Fe/H]. We find that the choice

of (old) age has negligible effect on our derived photometric distances (comparing

between 10, 11, 12, and 13 Gyr isochrones), so we adopt an age of 12 Gyr for all

stars. To break the degeneracy of MV with V −K (since any given isochrone is not

single-valued in MV for each value of V − K), we establish the evolutionary state

of each star based on the surface gravity estimate given in the literature (“dwarfs”:

log g ≥ 4.0; “giants”: log g < 4.0). We adopt V magnitudes from SIMBAD if not

given in the references in § 8.2, K magnitudes from 2MASS (Cutri et al. 2003), red-

dening estimates from the dust maps of Schlegel et al. (1998) and the reddening laws

of McCall (2004): RV = 3.070×E(B −V ) and RV −K = 2.727×E(B−V ). We use

the prescription given by Bonifacio et al. (2000b) to reduce the Schlegel et al. (1998)

estimates for E(B − V ) > 0.10: E(B − V )revised = 0.10 + 0.65[E(B− V )S98 − 0.10].

Figure 8.1 compares our photometric and geometric distances for stars in

Venn et al. (2004). In order to assess the reliability of our photometric distances

alone, we attempt to minimize the effect of other influences on the result by re-

stricting this comparison to stars with E(B − V ) < 0.30 and [Fe/H] < −1.0. The

difference in the distance computed by the two methods is shown as a function of

V − K color, [Fe/H] metallicity, and Hipparcos parallax. While it is apparent that

there is poor agreement for the distance estimates for our giants, there exists no

trend between the differences and color or metallicity. There is, however, a very

clear correlation between these differences and the Hipparcos parallax. In other

words, the agreement is very good for stars with reliable Hipparcos parallax mea-

3This method was only used to derive distances to stars with [Fe/H] < −1.0.
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surements, but this correlation breaks down for stars with πHipparcos . 5 mas yr−1.

(cf. Figure 1 of Chiba & Yoshii 1998, § 3.3.5 and Figure 3 of Beers et al. 2000).

This preferentially affects distant stars (giants, in our sample) that have parallax

measurement uncertainties comparable to the size of the parallaxes themselves. The

vast majority of stars with πHipparcos > 5 mas yr−1 are dwarfs, but the few giants

with large parallaxes exhibit generally good agreement between the two distance

estimates. We also show the relative differences as a function of distance in the bot-

tom panel of Figure 8.1. The scatter in the giants (σ = 0.59, 7 stars) is about twice

as large as the scatter in the dwarfs (σ = 0.29, 28 stars), which is to be expected

since a given uncertainty in (V −K)0 will translate to a relatively larger uncertainty

in MV for stars on the giant branch than for stars on the main sequence or near the

turn-off. As we proceed, we calculate geometric distances if the Hipparcos paral-

lax is greater than 5 times its uncertainty, otherwise we estimate distance from the

photometric parallax. These distances are reported in Table 8.1.

8.3.2 Space Velocities

We calculate UV W space velocities for the stars in our sample from measurements

of the radial velocity, proper motion, and distance to each star. We adopt a left-

handed coordinate system, where positive U denotes velocity towards the Galactic

anti-center (` = 180◦, b = 0◦), positive V denotes velocity parallel to the direction

of rotation of the Local Standard of Rest (LSR; ` = 90◦, b = 0◦), and positive W

denotes velocity perpendicular to the plane of the disk of the galaxy (b = +90◦).

We correct for the motion of the Sun with respect to the LSR, adopting (ULSR,

VLSR, WLSR)� = (−9, 12, 7) (Mihalas & Binney 1981), where all velocities are

measured in km s−1. We adopt VLSR = 220 km s−1 (Kerr & Lynden-Bell 1986)

and report the V component in a Galactic reference frame (i.e., where the Sun’s

motion is described by [U , V , W ] = [−9, 232, 7]). Radial velocities were taken

from the literature references described in § 8.2. Proper motions were taken from

the second data release of the USNO CCD Astrograph Catalog (UCAC2; Zacharias

et al. 2004a; Urban et al. 2004) or the USNO-B astrometry catalog4 (Monet et al.

2003), with preference given to the UCAC2 measurements.

The UV W velocities, measured in a Cartesian coordinate system, can be

4Accessible through the Naval Observatory Merged Astrometric Dataset, NOMAD (Zacharias
et al. 2004b).

297



Figure 8.1 Comparison of distances derived from Hipparcos parallax measurements
and photometric parallaxes, as a function of (V − K)0, [Fe/H], and Hipparcos par-

allax. The bottom panel shows the relative differences as a function of distance (as
derived from the Hipparcos parallax) for stars with πHipparcos > 5 mas yr−1. Open

triangles represent our dwarf sample (log g ≥ 4.0) and filled squares represent our
giant sample (log g < 4.0).
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transformed into a cylindrical coordinate system (R, φ, z) with its origin at the

Galactic center, where R =
√

(R� + x)2 + y2, φ = arctan(y/(R� + x)), and z = z.

Our adopted and derived UV W and Vφ velocities are given in Table 8.1.

8.3.3 Galactic Orbit Parameters

We use the orbit integrator developed by D. Lin to calculate the Galactic orbital

parameters for stars in our sample. The gravitational potential of the Galaxy is

computed by summing the individual contributions of the disk, spheroid (or bulge),

and halo components:

Φdisk =
−GMdisk

√

R2 + (a +
√

z2 + b2)2
(8.1)

Φspheroid =
−GMspheroid

r + c
(8.2)

Φhalo = v2
halo ln (r2 + d2), (8.3)

where R =
√

x2 + y2 and r =
√

x2 + y2 + z2, Mdisk = 1011M�, Mspheroid = 3.4 ×
1010M�, vhalo = 128 km s−1, a = 6.5, b = 0.26, c = 0.7, and d = 12.0. This

model is described in detail in Johnston et al. (1996) and Johnston (1998), who

chose values for these parameters to reproduce a nearly-flat rotation curve for the

Milky Way Galaxy between r = 1 and r = 30 kpc and a disk scale height of 0.2 kpc.

We require that each star complete a minimum of 20 orbits around the Galactic

center in 10 Gyr (at which point the orbital parameters have settled to a constant

value); no orbital parameters are given in Table 8.1 for stars that did not meet

this requirement. From the output we calculate rperi and rapo, the minimum and

maximum Galactocentric radii reached by each star; |Zmax|, the maximum distance

above (or below) the Galactic plane; and e, the eccentricity of the orbit, defined as

(rapo − rperi)/(rapo + rperi). These properties are also reported in Table 8.1.

Our kinematic results ought to be reasonably independent of our model for

the Galactic potential. Since we adopt the Galactic orbital properties of the in-

ner and outer halo populations from Carollo et al. (2007) (see § 8.4), we want to

demonstrate some degree of consistency between results derived from the two dif-

ferent potentials. To assess this, we compare the Galactic orbital properties of stars

computed using Equation 8.1 to those computed using the analytic Stäckel-type
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potential (Sommer-Larsen & Zhen 1990; Chiba & Yoshii 1998) adopted by Beers

et al. (2000) and Carollo et al. (2007). The parameters of their model have been

tuned to reproduce a flat Galactic rotation curve beyond R = 4 kpc and the local

mass density at the Solar radius. We use our three-component model of the Galactic

potential to compute Galactic orbital parameters for 100 stars from the sample of

Beers et al. (2000), strictly using their input data (distance, radial velocity, proper

motion, etc.). Figure 8.2 compares the orbital parameters presented in Beers et al.

(2000) (i.e., computed with the Stäckel-type potential) with those derived with our

three-component model. Both models generally produce similar apogalactic and

perigalactic distances as well as maximum vertical distance, but with a fair degree

of scatter in each of these quantities. For Rapo > 10 kpc and |Zmax| > 2 kpc, the

distances for individual stars are typically different by less than a factor of two.

These systematic differences are inherent to the representations of the potential.

How worrisome are these differences? Our approach to identifying the two

populations isolates them from one another in kinematic space by placing a buffer

between them—reasonable uncertainty in the distance estimate or proper motion of

a star should not cause it to drift from one classification to the other. For example,

stars in our inner halo population must not orbit more than 15 kpc from the Galactic

center, while stars in our outer halo population must orbit to at least 25 kpc. We also

adopt membership standards for the inner halo that rely on more than one kinematic

selection criterion. Therefore, we do not consider this systematic difference a serious

problem in our kinematic selection criteria.

8.4 New Kinematic Definitions of the Inner and Outer

Halo Populations

Analyzing more than 10,000 calibration stars from low resolution (R ≡ λ/∆λ ∼
2000) spectra obtained with the SDSS, Carollo et al. (2007) reported that the Milky

Way stellar halo is roughly divisible into two broadly-overlapping components. Their

“inner halo” is composed of stars on highly eccentric orbits, has a flattened density

distribution, exhibits a modest net prograde rotation, and has a peak in the MDF

at [Fe/H] = −1.6. Their “outer halo” is composed of stars with a variety of orbital

eccentricities, has a spherical density distribution, exhibits a net retrograde rotation,

and has a peak in the MDF at [Fe/H] = −2.2. While their inner halo primarily
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Figure 8.2 Comparison of our predicted Galactic orbit properties with those of Beers
et al. (2000). Our values have been computed using the three-component model for
the potential, while Beers et al. (2000) used the analytic Stäckel-type potential.
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dominates the stellar halo at Galactocentric radii . 10–15 kpc and the outer halo

primarily dominates at radii & 15–20 kpc, these two components overlap in the

Solar neighborhood, disguising their distinct characteristics from being recognized

by earlier, smaller samples of stars.

We define membership in the inner and outer halo populations based only on

the kinematics of stars in our sample. These new criteria, based on the classifications

sketched by Carollo et al. (2007), are shown in Figure 8.3. For the remainder of the

present study, we shall use the working definition that inner halo membership is char-

acterized by prograde rotation about the Galactic center (Vφ > 0 km s−1), relatively

small maximum vertical distance from the Galactic plane (|Zmax| < 5 kpc), relatively

small maximum radial distance from the Galactic center (Rapo < 15 kpc), and rather

high orbital eccentricity (e > 0.5). A star must meet each of these criteria to be

classified as a member of the inner halo. Outer halo membership is characterized by

significant retrograde rotation about the Galactic center (Vφ < −150 km s−1), rela-

tively large maximum vertical distance from the Galactic plane (|Zmax| > 10 kpc), or

relatively large maximum radial distance from the Galactic center (Rapo > 25 kpc).

We apply no explicit orbital eccentricity requirements for outer halo membership,

although the criteria essentially select stars on relatively eccentric orbits since they

are presently in the Solar neighborhood and yet must travel to great distances. In

contrast to the inner halo membership, stars only need to possess one of these char-

acteristics to be included in the outer halo population. While our selection criteria

may eliminate genuine members of either population, they help to ensure that there

is minimal contamination between the two populations.

Interestingly, our inner halo criteria may allow for the inclusion of a few

thick disk stars on mildly eccentric orbits. To eliminate these stars, we adopt one

additional criterion for membership in the inner halo. Assuming that the stellar

thick disk and halo populations each have Gaussian velocity distributions in each

of the three components (e.g., Bensby et al. 2003, eqns. 1 and 2), we calculate the

relative probability that a star is in the thick disk versus the halo. We use the

velocity dispersions (σU , σV , σW ) = (46, 50, 35) km s−1 for the thick disk and (141,

106, 94) km s−1 for the halo, as well as the rotation speeds 〈Vφ〉 = 200 km s−1 and

〈Vφ〉 = 40 km s−1 for the thick disk and halo, respectively (Chiba & Beers 2000).

We require that inner halo members are at least twice as likely to be members of

the halo than the thick disk. This eliminates less than 15% of the stars that would

302



Figure 8.3 The kinematic definitions of our inner and outer halo samples. The inner
halo population (red circles) is defined by stars that have Vφ > 0 km s−1, |Zmax| <

5 kpc, Rapo < 15 kpc, and e > 0.5. The outer halo population (blue triangles) is
defined by stars that have Vφ < −150 km s−1, |Zmax| > 10 kpc, or Rapo > 25 kpc.
Stars that did not meet the kinematic criteria for these two populations are shown

as small dots.
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otherwise be classified as members of the inner halo.

Previous investigations (Stephens 1999; Stephens & Boesgaard 2002; Ful-

bright 2002) have employed very similar criteria to ours for defining outer halo

membership, including stars with retrograde Galactic orbits or probing to large

Galactocentric distances in and above the plane of the disk. One unique feature of

our study is the adoption of several selection criteria for defining membership in the

inner halo, rather than simply identifying stars at less extreme maximum distances

as inner halo members. This advance has been made possible because of large sur-

veys (e.g., SDSS/SEGUE) that have identified very large numbers of metal-poor

stars in the Solar neighborhood.

One abundance criterion—but not [Fe/H]—is necessary to exclude stars

whose abundances do not reflect their initial composition. When signatures of

s-process are strong in metal-poor stars, this is regarded as evidence of past mass

transfer from an undetected companion star that passed through the AGB phase of

stellar evolution. Since the metal content of these stars has changed over the course

of their lives, we exclude them membership in either halo population.5 Later, in

§ 8.8.2, we examine these stars for any common kinematic signatures.

The members of both the inner and outer halo populations according to these

definitions are listed, along with the abundance ratios we consider, in Tables 8.2 and

8.3.

5The pure-s-process [Ba/Eu] ratio is predicted to be [Ba/Eu]s = +0.63 (Simmerer et al. 2004).
We exclude stars with [Ba/Eu] > +0.5 and [Ba/Fe] > +1.0. Unfortunately, Eu has been measured
in only ≈ 35% of the stars in our entire sample, so it is likely that some stars that have experi-
enced s-process enrichment during their lifetimes will remain in our sample. Fortunately, though,
nucleosynthesis in the envelope of stars during the AGB phase has a negligible effect on most light
elements, (C, N, O, F, Ne, and perhaps Na being notable exceptions; e.g., Straniero et al. 2006)
including most of those examined in detail in our study.
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Table 8.2. Abundance Ratios for Members of the Inner Halo Population

Star name [Fe/H] [Na/Fe] [Mg/Fe] [Ca/Fe] [Ti/Fe] [Ni/Fe] [Y/Fe] [Ba/Fe] [Eu/Fe] Reference

HD 221830 −0.52 +0.14 +0.47 +0.24 +0.25 +0.15 −0.03 −0.28 · · · 1
HIP 96185 −0.58 +0.19 +0.38 +0.21 +0.32 +0.06 −0.06 +0.04 +0.29 2
HD 157089 −0.59 +0.04 +0.22 +0.18 +0.27 +0.00 +0.02 −0.28 · · · 1
HIP 86431 −0.64 +0.08 +0.33 +0.17 +0.20 +0.01 −0.15 −0.07 +0.22 2
HIP 58357 −0.65 +0.04 +0.31 +0.18 +0.32 +0.03 · · · +0.16 · · · 2
HIP 33582 −0.74 +0.06 +0.47 +0.24 +0.41 · · · · · · −0.18 · · · 2
HIP 64115 −0.74 +0.15 +0.47 +0.27 +0.29 +0.09 +0.04 −0.01 +0.39 2
HIP 92781 −0.75 +0.09 +0.37 +0.26 +0.25 +0.04 +0.09 +0.24 +0.37 2
HIP 74033 −0.78 +0.13 +0.34 +0.21 +0.29 +0.00 +0.07 +0.01 +0.30 2
HIP 58962 −0.80 −0.04 +0.11 +0.06 +0.01 −0.07 −0.19 −0.18 · · · 3
HIP 86013 −0.82 +0.14 +0.39 +0.28 +0.34 +0.04 +0.00 −0.07 +0.37 2
HIP 58229 −0.94 −0.14 +0.18 +0.20 +0.20 −0.10 −0.15 +0.07 +0.32 2
HIP 66665 −0.97 +0.16 +0.49 +0.34 +0.25 +0.08 −0.10 −0.06 +0.08 2
HIP 77946 −0.97 +0.21 +0.55 +0.36 +0.35 +0.09 +0.00 +0.05 +0.24 2
HIP 109067 −0.97 +0.03 +0.36 +0.32 +0.25 +0.07 +0.21 −0.10 · · · 2
HIP 10449 −0.98 −0.04 +0.42 +0.28 +0.30 +0.01 +0.08 +0.10 · · · 2
HIP 5458 −1.04 −0.06 +0.45 +0.37 +0.12 +0.02 −0.21 +0.08 +0.56 2
HIP 17666 −1.10 −0.05 +0.46 +0.29 +0.36 +0.05 +0.55 +0.44 · · · 2
HIP 44033 −1.12 −0.06 +0.32 +0.23 +0.22 −0.07 −0.05 +0.17 · · · 4
HIP 104659 −1.12 +0.08 +0.38 +0.21 +0.27 +0.01 −0.07 −0.03 +0.24 2
HIP 98532 −1.23 −0.12 +0.50 +0.37 +0.31 +0.07 +0.14 +0.23 +0.06 2
HIP 81170 −1.26 −0.11 +0.41 +0.27 +0.39 +0.00 +0.37 +0.06 +0.50 2
HIP 109390 −1.34 −0.05 +0.50 +0.23 +0.29 −0.08 +0.04 +0.01 +0.39 2
HIP 60632 −1.65 +0.04 +0.43 +0.36 +0.44 +0.07 +0.08 +0.02 · · · 2
HIP 98020 −1.67 −0.29 +0.26 +0.27 +0.28 +0.00 −0.05 −0.11 · · · 2
HIP 29992 −1.71 −0.08 +0.33 +0.28 +0.25 −0.03 · · · −0.27 · · · 2
HIP 97468 −1.71 +0.01 +0.57 +0.44 +0.35 +0.01 −0.18 +0.00 +0.27 2
HIP 38621 −1.81 −0.07 +0.43 +0.40 +0.27 +0.04 · · · −0.33 · · · 2
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Table 8.2 (cont’d)

Star name [Fe/H] [Na/Fe] [Mg/Fe] [Ca/Fe] [Ti/Fe] [Ni/Fe] [Y/Fe] [Ba/Fe] [Eu/Fe] Reference

HIP 103269 −1.81 −0.41 +0.29 +0.23 +0.24 −0.04 −0.13 +0.00 · · · 2
HIP 68807 −1.83 −0.13 +0.49 +0.37 +0.20 −0.03 −0.30 −0.05 +0.40 2
HIP 18915 −1.85 +0.14 +0.38 +0.36 +0.35 +0.07 +0.17 +0.11 · · · 2
HIP 44124 −1.96 · · · +0.37 +0.24 +0.25 +0.12 · · · +0.10 · · · 2
HIP 14594 −2.13 −0.05 +0.52 +0.35 +0.37 +0.05 −0.10 −0.14 · · · 2
HIP 115949 −2.19 −0.50 +0.46 +0.38 +0.25 +0.10 −0.28 −0.28 +0.62 2
HIP 60719 −2.35 +0.11 +0.49 +0.39 +0.24 · · · −0.25 −0.02 · · · 2
HIP 96115 −2.41 +0.08 +0.58 +0.51 +0.49 +0.23 +0.08 −0.16 · · · 2
HIP 72461 −2.48 −0.07 +0.42 +0.37 +0.52 · · · · · · −0.32 · · · 2

References. — (1) Edvardsson et al. 1993; (2) Fulbright 2000; (3) Nissen & Schuster 1997; (4) Stephens & Boesgaard 2002
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Table 8.3. Abundance Ratios for Members of the Outer Halo Population

Star name [Fe/H] [Na/Fe] [Mg/Fe] [Ca/Fe] [Ti/Fe] [Ni/Fe] [Y/Fe] [Ba/Fe] [Eu/Fe] Reference

HIP 19814 −0.71 −0.48 +0.07 +0.01 +0.08 −0.13 −0.12 +0.17 · · · 1
HIP 117041 −0.88 +0.12 +0.53 +0.32 +0.30 +0.09 −0.02 −0.10 · · · 2
HIP 57265 −1.10 −0.29 +0.19 +0.26 +0.17 −0.10 −0.18 +0.01 +0.48 2
HIP 62747 −1.54 +0.00 +0.56 +0.40 +0.26 +0.02 +0.00 +0.08 +0.26 2
HD 20 −1.58 · · · +0.17 +0.24 +0.20 −0.09 −0.04 +0.31 +0.80 3
HIP 5445 −1.58 −0.33 +0.26 +0.27 +0.24 −0.09 −0.22 +0.03 +0.65 2
HIP 19797 −1.68 +0.09 +0.34 +0.32 +0.38 +0.00 +0.00 +0.04 · · · 2
HE 0447−4858 −1.69 · · · +0.24 +0.24 +0.28 +0.33 · · · +0.45 · · · 3
HIP 15904 −1.76 −0.14 +0.40 +0.33 +0.30 +0.01 −0.14 +0.01 · · · 1
HIP 21609 −1.76 −0.25 +0.34 +0.39 +0.63 −0.05 · · · −0.30 · · · 2
HIP 115167 −1.77 +0.10 +0.33 +0.43 +0.38 +0.09 −0.05 +0.13 · · · 2
HE 1343−0640 −1.90 · · · +0.37 +0.41 +0.32 −0.21 +0.51 +0.70 · · · 3
G 4−36 −1.93 −0.28 −0.19 −0.11 +0.55 +0.48 · · · −0.72 · · · 4
CS 29522−046 −2.09 · · · +0.40 +0.38 +0.41 −0.03 +0.09 +0.14 · · · 5
HIP 87693 −2.11 +0.12 +0.46 +0.39 +0.48 +0.06 · · · −0.46 · · · 2
HE 0143−1135 −2.13 · · · +0.33 +0.26 +0.24 −0.09 · · · −0.07 · · · 3
HD 221170 −2.15 · · · +0.30 +0.27 +0.24 −0.16 −0.04 +0.38 +0.85 3
HE 2329−3702 −2.15 · · · +0.31 +0.44 +0.42 −0.22 · · · −0.14 · · · 3
HE 1330−0354 −2.29 · · · +0.32 +0.40 +0.54 −0.08 · · · −0.47 · · · 3
HIP 86443 −2.32 · · · +0.52 +0.38 +0.42 +0.07 +0.07 −0.25 · · · 2
HE 1337−0453 −2.34 · · · +0.38 +0.44 +0.39 −0.14 · · · −0.24 · · · 3
HE 1256−0651 −2.35 · · · +0.22 +0.32 +0.30 +0.06 · · · −0.26 · · · 3
HE 2345−1919 −2.46 · · · +0.33 +0.25 +0.22 −0.01 · · · −0.45 · · · 3
BD+24 1676 −2.50 −0.20 +0.49 +0.43 +0.39 +0.30 +0.17 −0.49 · · · 4
HD 186478 −2.57 +0.20 +0.39 +0.44 +0.27 −0.18 −0.19 −0.04 +0.48 6
HE 1320−1339 −2.78 · · · +0.25 +0.26 +0.25 +0.43 −0.13 −0.42 +0.16 3
CS 29491−069 −2.81 · · · +0.28 +0.29 +0.20 −0.05 +0.00 +0.34 +1.06 3
CS 29495−041 −2.82 +0.24 +0.33 +0.38 +0.24 +0.02 −0.41 −0.65 −0.09 6
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Table 8.3 (cont’d)

Star name [Fe/H] [Na/Fe] [Mg/Fe] [Ca/Fe] [Ti/Fe] [Ni/Fe] [Y/Fe] [Ba/Fe] [Eu/Fe] Reference

BS 16085−050 −2.91 · · · +0.61 +0.38 +0.22 +0.20 · · · −1.56 · · · 7
HE 0547−4539 −3.01 · · · +0.13 +0.13 +0.19 +0.03 −0.33 −1.03 · · · 3
CS 22169−035 −3.04 · · · +0.09 +0.13 −0.08 −0.28 −0.38 −1.19 · · · 6
BD−18 5550 −3.06 +0.05 +0.31 +0.41 +0.14 −0.05 · · · −0.74 −0.20 6
HE 0454−4758 −3.10 · · · +0.29 +0.28 +0.32 +0.07 −0.11 −0.69 · · · 3
CS 29502−092 −3.18 · · · +0.42 +0.31 +0.19 +0.08 −0.63 −1.26 · · · 5
CS 30325−094 −3.30 +0.09 +0.38 +0.38 +0.28 +0.04 · · · −1.88 · · · 6
HE 1337+0012 −3.44 · · · +0.55 +0.48 +0.51 +0.17 · · · +0.07 · · · 3
HE 1351−1049 −3.45 · · · +0.30 +0.32 +0.30 +0.30 · · · +0.13 · · · 3
CS 22172−002 −3.86 −0.35 +0.20 +0.37 +0.21 −0.15 −0.98 −1.17 · · · 6
CD −38 245 −4.20 −0.06 +0.20 +0.20 +0.28 −0.19 −0.45 −0.76 · · · 6

References. — (1) Stephens & Boesgaard 2002; (2) Fulbright 2000; (3) Barklem et al. 2005; (4) Ivans et al. 2003; (5) Lai et al.
2008; (6) Cayrel et al. 2004, François et al. 2007; (7) Honda et al. 2004b
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8.4.1 Classification Uncertainties

In Figure 8.4 we examine the changes in the derived orbital parameters resulting

from variations of the input measurements within reasonable uncertainties. We use

the subsample of stars without prior kinematic analysis (the 309 stars noted in § 8.2)

for this test. The changes are obtained by adjusting the distance by ± 20%, the

proper motions by ± 5 mas yr−1 (or 20% for small values of the proper motion), or

the radial velocity by ± 10 km s−1. We also examine the effect of changing the mass

of the Galaxy by ± 10%. RMS values for each set of changes are shown on the right

side of each panel in Figure 8.4. It is clear that, for most stars, these changes do not

introduce appreciable uncertainty into the derived orbital parameters. For a small

fraction of stars (≈ 5%), the changes are large enough that they could cause an inner

halo star to be classified as an outer halo star or vice versa. While some stars scatter

in and out of the two populations, we confirm that no stars in this sample actually

change their classification from inner to outer (or vice versa) with these variations

in the input parameters. This result is a consequence of the multiple requirements

necessary for inclusion in the inner halo population and the wide buffers placed

between the kinematic and orbital properties of the two populations.

Confident that our definitions of the inner and outer halo populations are

robust against uncertainties in the measurements, we proceed to compare the com-

positions of stars in the inner and outer halo populations.

8.5 A Caution: the Connection between Low-Metallicity

Stars and Retrograde Orbits

Many authors have examined the relationship between [Fe/H] and Vφ to characterize

the kinematic properties of the thick disk and halo in an effort to better understand

the formation mechanisms of these components (e.g., Norris 1986; Sandage & Fouts

1987; Norris & Ryan 1989; Beers & Sommer-Larsen 1995; Chiba & Yoshii 1998;

Chiba & Beers 2000). Our sample is not designed to rederive the relationship be-

tween [Fe/H] and Vφ, but we must assess the effect of the proper motion bias—which

selects against stars with small proper motions—in our sample before proceeding.

Examination of the upper left panel of Figure 8.3 reveals that many metal-poor stars

in our sample have retrograde orbits and vice-versa. We show this more explicitly
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Figure 8.4 Uncertainties in the derived orbital parameters. Changes are shown for
alterations in the distance (black circles), the mass of the Galaxy (open, blue four-
point stars), the proper motions (red open squares), or the radial velocity (green

“X” points). The ∆s refer to (modified parameter) minus (unmodified parameter).
RMS uncertainties are shown for each set of ∆ values on the right side of each panel.
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in Figure 8.5. Of the 94 stars in our sample on retrograde orbits, 53 (56%) also

have [Fe/H] < −2.0. Turning the problem around reveals that, of the 93 stars in

our sample with [Fe/H] < −2.0, 53 (57%) are on retrograde orbits. This correlation

strengthens at lower metallicities: 35 of the 54 stars (65%) with [Fe/H] < −2.5

are on retrograde orbits, and 13 of the 17 stars (76%) with [Fe/H] < −3.0 are on

retrograde orbits.

The mean Galactic rotational velocities, 〈Vφ〉, binned in 0.2 dex intervals

in [Fe/H], are shown in Figure 8.5. We find an approximate relation between Vφ

and [Fe/H] of ∆〈Vφ〉/∆[Fe/H] ≈ −140 km s−1 dex−1 over −2.0 < [Fe/H] < −0.6,

lessening to ∆〈Vφ〉/∆[Fe/H] ≈ −90 km s−1 dex−1 over −3.0 < [Fe/H] < −2.0. This

relationship is a direct consequence of our proper motion bias introduced in § 8.2,

which would tend to select against very metal-poor stars with near-zero or prograde

net rotation, and is not a contradiction to previous results such as Norris (1986),

Beers & Sommer-Larsen (1995), or Chiba & Beers (2000). The most recent of these

studies found ∆〈Vφ〉/∆[Fe/H] ≈ 160 km s−1 dex−1 in the range −1.7 < [Fe/H] <

−0.6 and a nearly constant ∆〈Vφ〉/∆[Fe/H] ≈ 0 km s−1 dex−1 for −2.6 < [Fe/H] <

−1.7 in the Solar neighborhood. Presumably, if precise proper motions (even small

ones) were known for all the metal-poor stars found in the literature, our relationship

between 〈Vφ〉 and [Fe/H] would flatten out for the same metallicities as found by

previous studies.

Some metal-poor stars are identified by high proper motion searches and

would be expected to exhibit a kinematic bias; however, a large percentage of metal-

poor stars are identified with no kinematic selection criteria (via objective-prism

surveys or ultraviolet excess), although these surveys do avoid stars at low Galactic

latitude. Also, investigators performing abundance analyses tend to preferentially

select the most metal-poor stars for high-resolution followup. Whether because of a

selection bias or a true physical preference for extreme orbits (or both), a significant

fraction of the stars with [Fe/H] . −2.0 that have been subject to high-resolution

abundance analyses over the last 15 years have retrograde orbits. It is possible that

the large numbers of very metal-poor stars with [Fe/H] . −3.0 found in the last few

years could reintroduce a slope into the relationship between 〈Vφ〉 and [Fe/H] at low

metallicities, and such a reexamination should be undertaken in the near future.

This relation shown in Figure 8.5 is important in the context of examining

kinematic and chemical correlations in metal-poor stars. Any abundance trend that
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Figure 8.5 Rotational velocity Vφ versus [Fe/H] for our sample. Of the ∼ 700 stars

represented on this plot, 94 have retrograde Galactic orbits (Vφ < 0 km s−1;
turquoise) and 93 have [Fe/H] < −2.0 (orange). A large number of stars (53)

fit both categories: 57% of stars with [Fe/H] < −2.0 are on retrograde orbits, and
56% of stars on retrograde orbits have [Fe/H] < −2.0. The large magenta squares
indicate 〈Vφ〉 and the associated 1 standard deviation scatter for stars in 0.2 dex

bins of [Fe/H], but we emphasize that our sample is biased toward metal-poor stars
with large space velocities, hence the disproportionately large number of stars with

[Fe/H] < −2.0 and significant retrograde velocities.
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is preferentially found in low-metallicity stars will also be preferentially found in stars

with retrograde velocities, insofar as those velocities are computed based on proper

motion measurements with an intrinsic bias. As such, we caution that any abun-

dance trends correlated with retrograde orbits alone should not be over-interpreted

as signatures of past accretion events if they can be attributed to nucleosynthetic

patterns that inherently occur at low metallicity.

In Figure 8.6 we show the relationship between metallicity and orbital ec-

centricity for our inner and outer halo populations, similar to Figure 4 of Eggen

et al. (1962). The shaded band in this figure represents the locus of stars used by

Eggen et al. (1962). (We convert ultraviolet excess, δ(U − B), to [Fe/H] using the

approximate relationships given in Sandage & Fouts 1987.) Their band encompasses

the disk stars at high metallicity and low eccentricity as well as the greater part of

our inner halo population, but their sample did not extend to metallicities much

lower than [Fe/H] = −2.5. Many studies since Eggen et al. (1962) have used larger,

unbiased datasets to demonstrate that there is no correlation between orbital eccen-

tricity and metallicity (e.g., Chiba & Beers 2000 and references therein) in the halo.

While our inner halo is explicitly chosen to include stars with high eccentricities

and our outer halo effectively selects for these stars, too, Figure 8.6 shows that our

entire sample does include metal-poor stars across the full range of eccentricity.

8.6 Abundance Results

8.6.1 Trends with Rapo and |Zmax|

In Figure 8.7 we examine the trends of the sodium (Na), magnesium (Mg), calcium

(Ca), titanium (Ti), nickel (Ni), yttrium (Y), barium (Ba), and europium (Eu) to

Fe ratios as a function of Rapo and |Zmax| for stars with [Fe/H] < −1.0. Linear least-

squares fits are also shown. No slopes are significant at the 2σ level. Using a sample

of 11 stars, Stephens (1999) found no trends between [α/Fe] and Rapo or |Zmax|,
a result which we confirm. Using a larger sample (56 stars) and a homogeneous

abundance analysis, Stephens & Boesgaard (2002) found a slight decrease in 〈[α/Fe]〉
(−0.0012 dex kpc−1) from Rapo ∼ 8–100 kpc. Since they used a homogeneous

abundance analysis, we defer to their result, but we note that their slope only

represents a very subtle change in [α/Fe] of ∼ 0.1 dex over ∼ 90 kpc. They also
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Figure 8.6 The relationship between metallicity and Galactic orbital eccentricity
in our sample. Symbols are the same as in Figure 8.3. The shaded yellow band

represents the relationship identified in Figure 4 of Eggen et al. (1962).
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found an increase in the cosmic scatter of [Y/Fe] at larger Rapo. We propose that

the complex nucleosynthetic origins of the light neutron-capture species (see § 8.8.2)

must be better understood before attempting any serious interpretation of these

results. Stephens & Boesgaard (2002) reported no other dependences of abundance

ratios with orbital parameters. Combining the Stephens & Boesgaard (2002) and

Fulbright (2000, 2002) datasets, Fulbright (2004) noted slight decreases in all of the

light element ratios with respect to Fe (i.e., Na, Mg, Al, Si) and weaker decreases of

heavier elements (i.e., Ca, Ti, Ni, Y, and Zr) when using Galactic rest-frame velocity

as a surrogate of the model-dependent Rapo. Our larger—but inhomogeneous—

dataset does not show these trends. The trends reported by Nissen & Schuster

(1997)—whose dataset differed significantly with regard to both kinematics and

metallicity range from subsequent studies—have largely not been reproduced by

those studies, including ours.

8.6.2 α and Iron-Peak Elements in the Inner and Outer Halo Pop-

ulations

Figures 8.8 and 8.9 display the logarithmic abundance ratios of Na, Mg, Ca, Ti,

and Ni to Fe (relative to Solar) for our entire sample and for members of the inner

and outer halo populations. For [Fe/H] < −1.0, both the inner and outer halo

populations show super-Solar [Mg/Fe], [Ca/Fe], and [Ti/Fe] ratios (hereafter loosely

defined as [α/Fe]) scattered around +0.3 dex, with no apparent slope below [Fe/H] .

−1.5. Stephens & Boesgaard (2002) reported an increase in [α/Fe] with decreasing

[Fe/H], a trend not reproduced elsewhere in studies with large numbers of very

metal-poor stars (McWilliam et al. 1995b; Carretta et al. 2002; Cayrel et al. 2004;

Cohen et al. 2004; Arnone et al. 2005; Lai et al. 2008). The [Mg/Fe] scatter may

increase at low metallicities, and Stephens & Boesgaard (2002) only studied 4 stars

with [Fe/H] < −3.0. [Na/Fe] exhibits significantly larger scatter (increasing scatter

with decreasing metallicity, at least to [Fe/H] ∼ −2.3) than any of the [α/Fe] ratios

does, and [Na/Fe] approximately follows the S. S. ratio. Ni should be produced

along with Fe, and [Ni/Fe] correlates with [Fe/H] at all metallicities with relatively

small scatter (increasing also to a maximum below [Fe/H] . −2.0).

One fact is readily apparent from these plots: the bulk of stars in our in-

ner halo sample only are found with metallicities in the range −2.5 . [Fe/H] .
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Figure 8.7 Elemental abundance trends as a function of Rapo and |Zmax| for stars
with [Fe/H] < −1.0. Least squares fits are shown as red lines. The S. S. ratios are
indicated by the dotted lines.
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Figure 8.8 [Na/Fe], [Mg/Fe], [Ca/Fe], and [Ti/Fe] abundance ratios for our inner

(red circles) and outer (blue triangles) halo populations. Stars that did not meet
the kinematic criteria for these two populations are shown as small dots.
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Figure 8.9 [Ni/Fe], [Y/Fe], [Ba/Fe], and [Eu/Fe] abundance ratios for our inner and
outer halo populations. Symbols are the same as in Figure 8.8. Upper limits are

not displayed.
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−0.5, while most stars in our outer halo are found over the metallicity range

−3.5 . [Fe/H] . −1.5. Carollo et al. (2007) claimed that the metallicity dis-

tribution function (MDF) of the inner halo peaks around [Fe/H] ∼ −1.6 and the

MDF of the outer halo peaks around [Fe/H] ∼ −2.2; our results support these asser-

tions. Nevertheless, we caution that (1) our proper motion bias likely selects against

lower-metallicity stars on prograde orbits and (2) our sample is drawn from studies

designed to select interesting metal-poor stars for detailed abundance analyses, and

therefore it should not be used for any assessments of metal-poor MDF’s.

Our sample is sensitive to chemical differences in the inner and outer halo

populations for stars with the same Fe abundance. Between −2.3 < [Fe/H] < −1.6,

the mean [Mg/Fe] of the outer halo (〈[Mg/Fe]〉 = +0.30, σmean = 0.05) is slightly

lower than the mean [Mg/Fe] of the inner halo (〈[Mg/Fe]〉 = +0.40, σmean = 0.04),

even when the well-known α-poor star G 004-036 ([Fe/H] = −1.93, Rapo = 33+6
−4 kpc,

Ivans et al. 2003) is excluded.6 This difference is not obvious in [Ca/Fe] or [Ti/Fe],

and the scatter in [Ca/Fe] for both populations is noticeably smaller than the scatter

in either [Mg/Fe] or [Ti/Fe]. For all three of [Mg/Fe], [Ca/Fe], and [Ti/Fe], it is

worth noting that the “extreme” [X/Fe] ratios at a given [Fe/H] are predominantly

found in the outer halo population.

In Figure 8.9, this interesting trend begins to emerge more clearly with

[Ni/Fe]: the inner halo abundance ratios at a given [Fe/H] appear much more tightly

correlated than the outer halo abundance ratios. The scatter in inner halo [Ni/Fe]

is commensurate with the typical abundance uncertainties in a given measurement,

typically 0.1–0.2 dex, while the scatter in the outer halo [Ni/Fe] is typically 0.5–

0.7 dex (at least for [Fe/H] . −1.8).

In Figure 8.10 we display the abundance ratios for [Mg/Fe] and [Ni/Fe]

binned as a function of [Fe/H]. A boxplot is shown for each [Fe/H] bin (typically

0.4 dex wide), displaying the median, inner quartiles, and extremes of the entire sam-

ple, only the inner halo stars, and only the outer halo stars. For −2.2 . [Fe/H] .

−1.4 (where there is significant abundance overlap between the two populations),

the median [Mg/Fe] ratios for the inner halo are consistently higher than the outer

halo medians by 0.10–0.20 dex. The mean [Ni/Fe] ratios of both populations trace

the S. S. ratio very closely. For [Ni/Fe], it is apparent that the extremes of the

6The quoted uncertainties in the orbital parameters are computed by the same methods discussed
in § 8.4.1.
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inner halo are significantly smaller than the extremes of the outer halo. In this case

we point to the different degrees of scatter in the inner versus outer populations as

evidence for chemical differences between the inner and outer halo populations; no

stars with significant deviations from the median ratios are members of the inner

halo population. The precise amount of scatter of each population may be affected

by the inhomogeneous nature of our sample, but the relative scatter between the

two populations is robust.

Our [Na/Fe] ratios in Figure 8.8 exhibit a large degree of scatter. Two of our

literature sources for low metallicity stars, Honda et al. (2004a,b) and Barklem et

al. (2005), did not report [Na/Fe] ratios for their samples, thus at low metallicities

([Fe/H] . −2.0) there are not enough measurements to adequately compare the

inner and outer halo populations. In Figure 8.11, we show [Na/Fe] as a function of

[Mg/Fe], [Ca/Fe], and [Ti/Fe]. The line in the upper left panel of this figure shows

the correlation between [Mg/Fe] and [Na/Fe] found in field halo giants by Hanson

et al. (1998), which generally matches our metal-poor sample. A similar trend (not

shown) exists between [Ca/Fe] or [Ti/Fe] and [Na/Fe]. Outer halo stars generally

occupy the extremes of each distribution, particularly the Na-depleted extremes.

This implies that these stars formed from—at least in part—an incompletely mixed

ISM where the yields of individual Type II SNe events could still be “noticed”

against the overall chemical background of the ISM.

Hanson et al. (1998) reported both an increase in the [Na/Fe] scatter with

decreasing [Fe/H] and an increase in the [Na/Fe] scatter when comparing stars

on retrograde orbits to those on prograde orbits. To investigate this trend, we

turn to a species with more measurements in our dataset, Ni. Previous analyses

have revealed correlations between [Na/Fe] and [Ni/Fe] ratios and stellar kinematic

properties (e.g., Nissen & Schuster 1997, Hanson et al. 1998, Shetrone et al. 2003,

Venn et al. 2004). We show this relationship in our sample in Figure 8.11. The Na-

Ni relationship originates from the neutron-rich nature of the dominant isotopes of

these species, which can be produced in Type II SNe, albeit in non-Solar ratios. (See

Venn et al. 2004 for an extensive discussion of the Na-Ni nucleosynthesis relationship

in this context.) This relationship breaks down in material enriched by Type Ia SNe

products, since Type Ia SNe produce very little 23Na, so we only examine stars with

[Fe/H] < −1.0. Ni-poor stars ([Ni/Fe] ≤ −0.2) are preferentially associated with

stars on retrograde orbits; however, Ni-rich stars ([Ni/Fe] ≥ +0.2) and Ni-normal
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Figure 8.10 Binned abundance ratios for [Mg/Fe], [Ni/Fe], and [Ba/Fe], displayed

as quartile boxplots. Black boxes represent all stars in the bin (including the inner
and outer halo populations), red boxes represent the inner halo stars in the bin, and

blue boxes represent the outer halo stars in the bin. The divisions in the [Fe/H]
bins are indicated by vertical gray stripes.
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Figure 8.11 [Na/Fe] as a function of [Mg/Fe], [Ca/Fe], [Ti/Fe], and [Ni/Fe] for our
inner and outer halo populations. Symbols are the same as in Figure 8.8. The

dotted line represents [X/Na] = +0.0. The solid green line in the top left panel is
the correlation between [Mg/Fe] and [Na/Fe] reported by Hanson et al. (1998).
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stars (−0.05 ≤ [Ni/Fe] ≤ +0.05) also exhibit a preference for retrograde or no net

rotation orbits in our sample. The same effect occurs even if we only consider stars

with [Fe/H] < −2.0, where our proper motion bias is most pronounced. Thus we

are unable to confirm or refute the correlation between non-Solar [Ni/Fe] (and, by

extension, Na/Fe]) ratios and retrograde orbits.

8.6.3 Neutron-Capture Species in the Inner and Outer Halo Pop-

ulations

In Figure 8.9 we examine the abundances of the n-capture species [Y/Fe], [Ba/Fe],

and [Eu/Fe] in our inner and outer halo populations. These ratios display very little

scatter for [Fe/H] & −1.8, but they exhibit considerable scatter below [Fe/H] . −1.8.

A familiar trend reappears: the inner halo [X/Fe] ratios follow (roughly) a monotonic

relationship with [Fe/H], while the outer halo [X/Fe] ratios scatter about appreciably

at a given [Fe/H]. For example, the scatter in inner halo [Ba/Fe] is larger (∼ 0.5 dex)

than the typical measurement uncertainty (∼ 0.1–0.2 dex) and follows the S. S.

ratio, yet the outer halo [Ba/Fe] scatter is much larger, typically 1–2 dex (see

also, e.g., McWilliam 1998 and François et al. 2007). This pattern may also be

observed with [Y/Fe], though the outer halo scatter is much less extreme. It is

more difficult to discern these trends with [Eu/Fe], for which fewer measurements

exist, and these effects may also be attributed only to increased [Eu/Fe] scatter at

the lowest metallicities. The [Ba/Fe] ratios, binned by [Fe/H], are also shown in

Figure 8.10. The mean [Ba/Fe] of all stars traces the S. S. value over the range

−2.0 . [Fe/H] . +0.0, only declining at the lowest metallicities. The majority

of [Ba/Fe] ratios in both populations are similar. Stars with extreme ratios only

comprise the outer halo; the inner halo ratios are remarkably similar to one another.

The top panel of Figure 8.12 displays the [Ba/Y] ratio as a function of [Fe/H]

for our inner and outer halo samples. 89Y (Z = 39) contains 50 neutrons, which

is one of the magic neutron numbers that correspond to closed nuclear shells and

significantly lower the nuclear cross section to further neutron capture. During the

s-process, this bottleneck causes lots of nuclei with 50 neutrons to be produced.

Thus Y is representative of the atomic species produced at this first abundance

peak in the s-process. 138Ba (Z = 56) is the dominant isotope of Ba produced in

s-process nucleosynthesis and also contains a magic number of neutrons, 82. Ba is
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representative of the atomic species produced at the second abundance peak in the

s-process. The [Ba/Y] ratio is useful as a probe of the relative amounts of material

produced at these two peaks in the s-process. The general decline in [Ba/Y] at

[Fe/H] . −2.0 results from decreasing Ba contributions from the main s-process

(see the bottom panel of this figure), while Y production from an apparently pri-

mary (i.e., not metallicity-dependent) process remains approximately constant to

the lowest metallicities observed (see, e.g., Travaglio et al. 2004). The inner and

outer halo members appear to be randomly distributed among the normal scatter

for a given [Fe/H], and there is no obvious correlation with these populations. (The

greatest scatter does appear in the outer halo population at [Fe/H] . −2.0 where

there is an overall lack of inner halo stars.)

The bottom panel of Figure 8.12 displays the [Ba/Eu] ratio as a function of

[Fe/H] for our inner and outer halo samples. Relative to Ba, very little Eu is pro-

duced via the s-process, yet Eu is relatively easy to produce in the r-process, so the

[Ba/Eu] ratio provides a good assessment of the relative amounts of s- and r-process

material present in a star. We also show the [Ba/Eu] ratios predicted for pure s-

or r-process nucleosynthesis (Simmerer et al. 2004). (Recall that we have excluded

stars with a pure-s-process signature from membership in our inner and outer halo

populations.) The stellar data generally decline from the S. S. [Ba/Eu] ratio at high

metallicity toward an r-process dominant ratio at low metallicity, though a small

number of stars at low-metallicity show evidence of s-only enrichment. Again, the

inner and outer halo members appear to be randomly distributed among the scatter

of all stars at a given [Fe/H].

8.7 Discussion

8.7.1 The Kinematically and Chemically Diverse Outer Halo

Is it possible that the inner halo population consistently exhibits a smaller degree of

scatter than the outer halo population because of our classification process and not

an astrophysical phenomenon? In other words, have we more precisely determined

a kinematic population with our “and” selection criterion for the inner halo than

with our “or” selection criterion for the outer halo? To address this possibility, we

more closely analyze each of our selection criteria for the outer halo population.
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Figure 8.12 [Ba/Y] and [Ba/Eu] abundance ratios for our inner and outer halo pop-
ulations. Symbols are the same as in Figure 8.8. The orange dashed line represents

the pure r-process ratio and the turquoise dashed line represents the pure s-process
ratio as predicted by Simmerer et al. (2004).
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In Figure 8.13 we display the [Mg/Fe] and [Ba/Fe] ratios of stars on increasingly

retrograde Galactic orbital velocities, in Figure 8.14 we display these ratios for

stars with increasingly higher values of |Zmax|, and in Figure 8.15 we display these

ratios for stars with increasingly larger values of Rapo. Appreciable increases in the

[Ba/Fe] scatter are not obvious for stars with the most retrograde velocities, highest

distances from the Galactic plane, or increasing maximum distance from the Galactic

center. Discernible changes in the [Mg/Fe] ratios are not apparent either. Any set

of stars sharing one of these outer halo defining characteristics likely would exhibit

considerably more abundance scatter than the stars in our inner halo population.

The stars in our outer halo population appear to be genuinely kinematically and

chemically uncorrelated.

It is somewhat surprising that even a couple of stars in our outer halo pop-

ulation are found at such a high metallicity with “standard” elemental abundance

ratios for their metallicity. These stars, HIP 19814 and HIP 117041, with metallici-

ties [Fe/H] = −0.71 (Stephens & Boesgaard 2002) and −0.88 (Fulbright 2000), are

on orbits extending to Rapo = 27+4
−3 kpc and 52+9

−1 kpc, respectively. These stars are

also on highly eccentric orbits (e = 0.96 and e = 0.95, respectively) and may be in

the metal-rich end of the (outer) halo MDF. The uncertainty in Rapo for HIP 19814

could marginally demote this star from outer halo membership; even so, its Galactic

orbit would remain eccentric.

It has long been common practice to assume that ancient metal-poor stars

do not accrete any appreciable amount of metals (certainly not enough to enrich a

metal-free star to [Fe/H] ∼ −4.0) from passage through the gas-rich Galactic disk

(see commentary on this subject by, e.g., Yoshii 1981, Iben 1983, and Frebel et al.

2009.). If this is so, then the composition and Galactic orbits of these stars suggest

that significant metal enrichment (∼ 1/5 to 1/8 S. S. Fe) may have occurred in

some localized regions far from the present Galactic disk. This is in qualitative

agreement (but perhaps not quantitative, since our local sample of stars may not

be representative of the bulk of the stellar halo; see § 8.8) with the halo chemical

evolution model presented by Tumlinson (2006), who found that some stars in the

metal-rich end of the halo MDF were forming within the first few hundred million

years after star formation began.

A wide diversity of stellar orbits and chemical compositions is found in our

outer halo population, which is strong evidence that a significant fraction of the
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Figure 8.13 Identifying stars of increasing retrograde rotation about the Galaxy and

associated [Mg/Fe] and [Ba/Fe] abundance ratios. Stars are selected based only on
their rotation velocity: −100 < Vφ ≤ −50 km s−1 (red triangles), −150 < Vφ ≤
−100 (orange squares), −200 < Vφ ≤ −150 (turquoise pentagons), and Vφ ≤ −200
(blue circles). The stars selected according to these definitions are highlighted in

the lower two panels.
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Figure 8.14 Identifying stars of increasing vertical distance from the Galactic plane
and associated [Mg/Fe] and [Ba/Fe] abundance ratios. Stars are selected based only

on |Zmax|: 2.5 < |Zmax| ≤ 3.5 kpc (red triangles), 3.5 < |Zmax| ≤ 5 (orange squares),
5 < |Zmax| ≤ 10 (turquoise pentagons), and |Zmax| > 10 (blue circles). The stars
selected according to these definitions are highlighted in the lower two panels.
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Figure 8.15 Identifying stars of increasing maximum radial distance from the Galac-
tic center and associated [Mg/Fe] and [Ba/Fe] abundance ratios. Stars are selected

based only on Rapo: 20 < Rapo ≤ 25 kpc (red triangles), 25 < Rapo ≤ 30 (orange
squares), 30 < Rapo ≤ 35 (turquoise pentagons), and Rapo > 35 (blue circles), The
stars selected according to these definitions are highlighted in the lower two panels.
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halo was formed from the conglomeration of small fragments representing a variety

of nucleosynthetic enrichment scenarios (e.g., Searle & Zinn 1978).

8.7.2 Relationship to the Inner and Outer Halo Globular Clusters

Globular clusters can be classified according to their Galactic orbital parameters,

traditionally defined such that “outer halo” clusters have orbits that take them to

much greater radii from the Galactic center than “inner halo” clusters. Might we

learn any additional information by classifying clusters according to the inner and

outer halo population definitions given in § 8.4? We use a sample of 27 globular

clusters with measured distances and space velocities compiled from the literature

by Pritzl et al. (2005), who derived mean abundance ratios for each cluster from

recent high-resolution spectroscopic analyses of individual stars in each cluster. The

cluster positions are taken from the most recent version of the Harris (1996) cata-

log (February 2003), and the cluster velocities are taken from a series of papers by

Dinescu et al. (1999, 2000, 2001, 2003). We compute orbital parameters using our

model for the Galactic potential. Orbital parameters are included in all cases where

the cluster completed enough orbits to allow these quantities to settle to a constant

value. Table 8.4 displays the adopted distances and velocities and our derived orbital

parameters for this set of clusters. Three clusters match our inner halo kinematic

criteria (M4, M22, and M55), ranging in metallicity from −1.9 ≤ [Fe/H] ≤ −1.2. Six

clusters match our outer halo kinematic criteria (M3, M13, M68, NGC 5466, Pal 5,

and Pal 12), ranging in metallicity from −2.3 ≤ [Fe/H] −0.8. Pal 12 has been conclu-

sively identified as having been stripped from the Sagittarius dSph; excluding Pal 12,

our outer halo globular clusters span the metallicity range −2.3 ≤ [Fe/H] −1.3.
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Table 8.4. Space Velocities and Orbital Parameters for the Globular Clusters

Cluster 〈[Fe/H]〉 D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(kpc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)

NGC 104 −0.62 4.5 75 143 57 161 5.1 7.9 0.21 3.5 309 −616 1139
NGC 288 −1.39 8.8 16 −27 53 −27 1.5 17.4 0.84 9.7 −238 −596 −232
NGC 362 −1.33 8.5 21 −58 −80 −28 · · · · · · · · · · · · 40 302 −208
NGC 1904 (M79) −1.42 12.9 120 32 7 83 4.4 21.5 0.66 6.3 144 −869 1511
NGC 2298 −1.90 10.7 −62 12 97 −27 · · · · · · · · · · · · −876 −1056 −429
NGC 4590 (M68) −2.34 10.2 188 254 5 294 7.8 28.9 0.57 10.2 −1560 1106 2452
NGC 5272 (M3) −1.50 10.4 −17 104 −126 105 4.9 14.1 0.48 12.2 −1237 709 752
NGC 5466 −2.05 15.9 248 81 207 −54 4.0 81.5 0.91 73.0 −610 2693 −323
NGC 5897 −1.84 12.4 30 −81 118 65 1.8 10.1 0.70 6.3 136 387 231
NGC 5904 (M5) −1.30 7.5 −323 80 −204 108 · · · · · · · · · · · · −493 −1051 369
NGC 6093 (M80) −1.73 10.0 −12 −65 −81 29 0.4 9.1 0.92 5.8 312 −112 44
NGC 6121 (M4) −1.18 2.2 −57 27 −8 24 0.3 6.7 0.92 0.6 −14 17 156
NGC 6205 (M13) −1.57 7.7 250 135 −117 −68 1.5 33.8 0.92 16.3 −1260 1894 −508
NGC 6218 (M12) −1.36 4.9 −50 122 −106 131 2.2 5.5 0.43 2.6 −396 346 585
NGC 6254 (M10) −1.52 4.4 −84 133 97 149 2.9 5.5 0.31 2.2 −119 −589 704
NGC 6362 −1.04 7.6 81 108 37 126 2.3 5.7 0.43 2.4 97 −282 613
NGC 6397 −2.02 2.3 34 129 −99 132 2.9 6.6 0.38 1.2 144 617 853
NGC 6528 −0.06 7.9 27 −26 −227 −33 0.1 1.0 0.86 0.7 −61 120 −21
NGC 6553 −0.28 6.0 9 215 14 209 2.3 3.2 0.17 0.3 72 −39 554
NGC 6656 (M22) −1.49 3.2 152 195 −118 180 2.9 9.6 0.54 1.5 19 576 977
NGC 6752 −1.54 4.0 36 197 24 200 5.1 5.9 0.08 1.8 301 −186 1075
NGC 6809 (M55) −1.88 5.3 −188 18 −105 53 0.5 7.1 0.86 3.8 −36 783 198
NGC 6838 (M71) −0.76 4.0 −77 162 −2 179 5.0 7.1 0.18 0.3 42 36 1275
NGC 7078 (M15) −2.38 10.3 −148 1 −58 130 5.0 10.9 0.37 5.1 −477 962 1233
NGC 7099 (M30) −2.31 8.0 68 −80 60 −104 3.3 7.6 0.40 5.2 −322 −617 −458
Pal 5 −1.31 23.2 10 −42 −45 42 1.3 19.4 0.87 17.3 692 −180 321
Pal 12 −0.75 19.1 −225 −109 −21 249 11.8 27.2 0.39 23.7 −1673 3118 1746
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Table 8.4 (cont’d)

Cluster 〈[Fe/H]〉 D U V W Vφ Rperi Rapo e |Zmax| JX JY JZ

(kpc) (km s−1) (km s−1) (km s−1) (km s−1) (kpc) (kpc) (kpc) (kpc km s−1)
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In Figure 8.16 we compare the [Mg/Fe], [Ca/Fe], and [Ti/Fe] abundance

ratios for our inner and outer halo globular clusters and our inner and outer halo

field stars. There may be a hint that [Mg/Fe] in the outer halo clusters (〈[Mg/Fe]〉 =

+0.20 ± 0.09, σ = 0.15, N = 4) is slightly lower than in the inner halo clusters

(〈[Mg/Fe]〉 = +0.35 ± 0.07, σ = 0.10, N = 3), even if we exclude Pal 12, which

shares the same low [α/Fe] abundance ratios as Sagittarius. Note that [Mg/Fe] and

[Ca/Fe] are marginally low (but still super-Solar) in NGC 5466, though they have

been derived from a single Cepheid variable (McCarthy & Nemec 1997) and should

be treated with some caution; even so, NGC 5466 is within the scatter expected for

an outer halo cluster. [Ti/Fe] is Solar in M68, which helped lead Lee et al. (2005) to

postulate that M68 may have sampled an IMF biased toward higher masses, where

the Mg and Si overabundances were produced by Type II SNe. In this scenario

Ti would be primarily produced by by lower mass SN Ia along with the Fe-peak

elements. (See also the extensive discussion in Lee & Carney 2002, who identified

constant [Ca/Fe] but decreasing [Si/Fe] and increasing [Ti/Fe] ratios with current

Galactocentric radius in their sample, and Gratton et al. 2004, who also reproduced

this result when using Rapo.) Finally, M68 does not appear to be associated with

the Canis Major dSph (Pritzl et al. 2005), as had been suggested by earlier models

(Martin et al. 2004); however, Pritzl et al. (2005) have suggested that it may have an

extragalactic origin based on its younger age, high [Si/Ti] ratio, and high prograde

rotational velocity.

Figure 8.17 displays the [Y/Fe], [Ba/Fe], and [Eu/Fe] ratios for our inner

and outer halo field stars and globular clusters. The inner and outer halo globular

clusters possess [Ba/Fe] and [Eu/Fe] ratios that very closely follow these ratios in the

inner halo field stars with very small scatter. To some degree, this reflects the fact

that we have represented the abundance ratios by means rather than the scatter

intrinsic from one star to another within a given cluster; however, this scatter is

much smaller (typically . 0.5 dex) than that found for field stars (& 2 dex), so

it cannot tell the full story (cf., e.g., Sneden et al. 1997, 2000, Ivans et al. 2001,

Gratton et al. 2004, Yong et al. 2008b). This theme—also present in recent reviews

of globular cluster abundances (Gratton et al. 2004; Sneden et al. 2004)—suggests

that these globular cluster stars formed from a homogenized ISM much like the field

stars of the inner halo. In this sense, the abundance trends traced by our inner halo

population and the globular cluster population may represent a time-averaged set
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Figure 8.16 Mean [Mg/Fe], [Ca/Fe], and [Ti/Fe] abundance ratios for globular clus-
ters with kinematics like those that define our inner and outer halo (field star)

populations. Globular clusters with kinematics like the inner halo are indicated by
the large, open red circles, and globular clusters with kinematics like the outer halo

are indicated by the large, open blue triangles. The triangle marked with an “X”
indicates Pal 12, which has been conclusively identified as a cluster accreted from

the Sagittarius dSph. All other symbols are the same as in Figure 8.8. The S. S.
ratios are indicated by the dotted lines.
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of chemical yields for a metal-poor stellar population. If the earliest generations

of stars pre-enriched the ISM from which the present stars formed, this would also

explain the lack of stars with [Fe/H] . −2.5 in the inner halo and globular clusters.

In Figure 8.18 we display the [Ba/Y] and [Ba/Eu] ratios. Four of the five

The [Ba/Eu] ratio in the outer halo clusters (〈[Ba/Eu]〉 = −0.32 ± 0.07, σ = 0.12,

N = 4) is also lower than in the inner halo clusters (〈[Ba/Eu]〉 = +0.00 ± 0.20,

σ = 0.28, N = 3), again excluding Pal 12. The [Ba/Eu] ratio increases slightly in

each population with [Fe/H]. This suggests a greater relative contribution from the

r-process process than the s-process to the outer halo clusters, and this cannot be

explained entirely by the metallicity range of each population.

Finally, in Figure 8.19 we plot the [Ca/Fe], [Ti/Fe], [Y/Fe], and [Ba/Fe]

ratios as a function of Rapo, |Zmax|, and Vφ. Pal 12 displays the low [α/Fe] ratios and

extreme kinematics associated with being a captured cluster.7 Excluding Pal 12,

[Ca/Fe] exhibits no trends with these kinematic properties, though the clusters

with smaller or larger Rapo than the mean for all clusters may have relatively lower

[Ca/Fe] than the rest. Earlier reports of a [Ti/Fe] trend with Rapo appear less

secure with this dataset. No obvious trends of [Ba/Fe] with kinematics are visible.

The [Y/Fe] ratio may correlate with cluster orbital parameters in that only sub-

Solar [Y/Fe] ratios are found in clusters with Rapo & 10 kpc, |Zmax| & 5 kpc, or

Vφ . 100 km s−1.

Could any of these properties be used to diagnose additional clusters that

have been captured from dSphs? Given the inhomogeneous abundance analysis

methods, wide range of number of stars examined in each cluster, abundance dis-

persions within clusters, and range of mean elemental abundance ratios for clusters

already examined, we suspect that these diagnostics may be more useful for confirm-

ing capture proposals based on kinematic evidence rather than as a priori criteria

(such as the case made for Pal 12 by Cohen 2004).

7Pal 12 has low Mg, Ca, and Ti, which closely correspond to the notoriously low Mg, Ca, and Ti
abundances of the Sagittarius dSph and its associated globular cluster system (Bonifacio & Caffau
2003; Tautvaǐsienė et al. 2004; Cohen 2004; Sbordone et al. 2007), although the low-metallicity
globular clusters associated with the Sagittarius dSph have elevated [α/Fe] ratios (Mottini et al.
2008).
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Figure 8.17 Mean [Y/Fe], [Ba/Fe], and [Eu/Fe] abundance ratios for globular clusters
with kinematics like those that define our inner and outer halo populations. Symbols
are the same as in Figure 8.16.
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Figure 8.18 Mean [Ba/Y] and [Ba/Eu] abundance ratios for globular clusters with
kinematics like those that define our inner and outer halo populations. Symbols are

the same as in Figure 8.16.
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Figure 8.19 [Ca/Fe], [Ti/Fe], [Y/Fe], and [Ba/Fe] ratios for globular clusters as a
function of Rapo, |Zmax|, and Vφ. Globular clusters are indicated by the large, open
green squares and our stellar sample is indicated by the small gray dots. Pal 12 is

indicated by the square marked with an “X”. The S. S. ratios are indicated by the
dotted lines.
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8.7.3 Is the Inner Halo a Remnant of an Accreted Dwarf Galaxy?

The orbital characteristics we have used to identify members of the inner halo pop-

ulation are reminiscent of a clump of stars found with e ∼ 0.9, [Fe/H] ∼ −1.7,

and near-zero (or perhaps just slightly prograde) net rotation by Chiba & Beers

(2000). They speculated that a significant fraction of the stars in this clump may

have formed from infalling gas with this metallicity. The very small abundance

scatter for other species at a given [Fe/H] in our inner halo population supports this

interpretation. Dinescu (2002) articulated that a slight retrograde clump of stars

spanning −2.0 < [Fe/H] < −1.5 in the Beers et al. (2000) data (employed also by

Chiba & Beers 2000) could be reconciled with stellar debris associated with ω Cen-

tauri, the stripped core of an accreted dSph (e.g., Norris et al. 1997a; Dinescu et al.

1999) that has a similar peak in its MDF (Norris et al. 1996). Could our inner halo

population share a similar origin with this ω Cen debris (which could also help to

place age constraints on the inner halo)? Comparing the chemical abundances of

ω Cen giants (Norris & Da Costa 1995) with our inner halo sample reveals notable

differences in Ca, Ti, Ni, Y, and Ba trends with metallicity, effectively dismissing

this hypothesis. Furthermore, it is unlikely that a sizable fraction of the entire stellar

halo of the Milky Way Galaxy (which we associate with the inner halo population)

was composed of stars accreted from a single dSph.

The inner halo abundances might still suggest that this population resembles

a large-scale stellar stream (e.g., Kepley et al. 2007; Helmi 2008, and references

therein). While the spatial density distribution of stellar streams has long since

dissipated, their velocity space density remains more intact (Helmi & White 1999).

In Figure 8.20 we show our inner and outer halo populations expressed in terms

of their angular momenta JX = yW − V z, JY = zU − Wx, JZ = xV − Uy, and

J⊥ = (J2
X + J2

Y )1/2 (per unit mass, where [x, y, z] and [U , V , W ] are the positions

and velocities, respectively, of a star in a left-handed Galactocentric frame). The

components of the angular momentum for each star are also listed in Table 8.1.

The outer halo stars are preferentially found (as per our selection criteria) at low

values of JZ and high values of J⊥. In contrast to the outer halo, the inner halo

stars occupy a limited region of the diagram, and this region appears as part of

the continuous progression from stars on disk-like orbits to stars on orbits that take

them far from the Galactic center. In this regard the inner halo certainly looks
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Figure 8.20 Inner and outer halo members as a function of their angular momentum

components. J⊥ is defined as (J2
X + J2

Y )1/2. Symbols are the same as in Figure 8.3.

like a more coherent kinematic component of the halo (even if it is too large to be

realistically classified as a stellar “stream”) than the outer halo, which looks like a

smattering of stars on completely unrelated orbits.

In light of these arguments, it is perhaps even more remarkable that, of the

eight [X/Fe] ratios considered for our halo populations in the previous sections, not

a single abundance ratio of any inner halo star deviates even minimally from the

well-defined mean abundance trends of the inner halo population (though [Na/Fe]

shows an overall greater amount of scatter). Even the heavy n-capture species obey

a tight correlation with [Fe/H], an abundance pattern rarely seen at [Fe/H] . −2.0,

even in dSphs (e.g., Shetrone et al. 2003, A. Frebel et al., in prep.). This is strong

evidence for one of two possibilities. Either the stars in our inner halo population

formed from a very homogenized ISM, or the time-averaged abundance yields of

various regions of the stellar halo are nearly identical. Both scenarios could also
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explain the apparent lack of very low metallicity stars in the inner halo population,

since it may have been common practice for stars with [Fe/H] � −2.0 to form in

regions of the halo where chemical enrichment was still governed by local SNe events,

rather than the time-averaged yields of many SNe (e.g., Argast et al. 2000).

8.7.4 Chemical Signatures of Possible Accretion Events

Blue Metal-Poor Stars

Blue metal-poor (BMP) stars are the field analogs of the blue straggler stars found in

clusters, except BMP’s are believed to be formed by binary mass-transfer rather than

stellar mergers (Preston & Sneden 2000; Sneden et al. 2003b; Carney et al. 2005).

Preston et al. (1994) have suggested that BMP stars may signify accretion events.

Based on new binary orbital solutions and analysis of their chemical compositions,

however, Preston & Sneden (2000) and Sneden et al. (2003b) suggested that only

the radial velocity (RV) constant BMP stars may be intermediate-age stars that

have been accreted, perhaps from satellite dSph systems.

Of the 175 stars examined by Preston et al. (1994), two are present in our

sample, CS 22966–043 and CS 22941–012. CS 22966–043, a long period binary with

a nearly circular binary orbit (P = 317 days, e = 0.1; Preston & Sneden 2000),

possesses a heretofore unique mix of the α elements for a star with [Fe/H] = −1.91:

[Mg/Fe] = −0.65, [Ca/Fe] = −0.24, and [Ti ii/Fe] = +0.49 (Ivans et al. 2003).

CS 22941–012, a RV-constant star (Preston & Sneden 2000), was employed as a

BMP, α-normal comparison to CS 22966–043 by Ivans et al. (2003). CS 22966–043

barely did not pass our proper motion requirement. If we relax this requirement

and naively adopt a photometric distance, CS 22966–043 is on a very extreme orbit,

only circling the Galactic center 4–8 times over 10 Gyr (Rapo = 152+65
−43 kpc and

|Zmax| = 75+26
−13 kpc). CS 22941–012, in contrast, has orbital parameters Rapo =

26+3
−6 kpc and |Zmax| = 4.3± 0.6 kpc. While the evolutionary origin of BMP binary

stars is not in doubt, it is interesting that CS 22966–043, a star with such a bizarre

chemical composition, has an extreme orbit that is consistent with the accretion

scenario. Meanwhile the RV-constant BMP star, CS 22941–012, appears to be on a

more normal outer halo orbit.
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Dwarf Spheroidal Systems

The number of dSph systems with known Galactic orbital parameters is grow-

ing, thanks to careful measurements of their proper motions. The majority of

the present-day dSphs with known proper motions and orbital parameters do not

approach closer than a few tens of kpc from the Galactic center or the Solar

neighborhood (Canis Major: Rperi = 10.5 ± 0.9 kpc, Dinescu et al. 2005; Carina:

Rperi = 20+43
−17 kpc, Piatek et al. 2003; Fornax: Rperi = 138± 19 kpc, Dinescu et al.

2004; Rperi = 118+19
−52 kpc, Piatek et al. 2007; Sculptor: Rperi = 120±51 kpc, Dinescu

et al. 2004; Rperi = 68+15
−37 kpc, Piatek et al. 2006; Ursa Minor: Rperi = 40+36

−30 kpc,

Piatek et al. 2005). Thus it is unlikely that these specific systems could have con-

tributed any significant fraction of the local stellar halo. Additionally, the Leo II

dSph system has not undergone significant tidal interaction with the Milky Way

Galaxy, is currently at a very great distance (218 kpc), and therefore might be on

a more circular Galactic orbit that does not approach near to the Galactic center

(Siegel et al. 2008). The orbital periods of the dSph systems are typically several

Gyr, implying that they will have reached their perigalactica no more than a few

times, and even the systems that do venture near the Solar radius would only spend

a small fraction of their orbital periods there.

Not coincidentally, this conclusion was also reached from comparison of the

detailed abundances of several of these same dSphs (Carina, Fornax, Leo II, Sculptor,

and Ursa Minor) with halo stars of the same metallicity ranges (Venn et al. 2004;

Shetrone et al. 2009). One exception is the Sagittarius dSph, whose leading tidal arm

has deposited debris within a few kpc of the present Solar neighborhood (Majewski

et al. 2003). The stars that Sagittarius is presently contributing to the halo are

different than the stars in its residual core (Bellazzini et al. 2006; Chou et al. 2007;

Siegel et al. 2007), signaling that dSph systems of the present day may not resemble

the stars that they have already lost to the stellar halo of the Galaxy.

While the growing consensus points to few accreted dSph stars constituting

the local metal-poor stellar halo, chemical and kinematic analysis of large samples

of in situ halo stars will be needed to determine if a significant fraction of the true

outer halo (e.g., stars that never approach nearer to the Galactic center than, say,

20 kpc) is comprised of the remnants of former or present dSph systems. This

is a daunting observational challenge, but the results from such a study would be

342



extremely interesting.

8.8 Kinematics as a Function of Abundances

8.8.1 α-poor Stars

Most metal-poor stars exhibit [α/Fe] ratios that are 0.3–0.4 dex above the S. S. ratio

(e.g., Wallerstein 1962; Edvardsson et al. 1993; McWilliam et al. 1995b). A handful

of metal-poor stars, however, have [α/Fe] ratios that are significantly lower than

the standard plateau, and a few such stars have [α/Fe] ratios that are well below

the S. S. ratio (e.g., Carney et al. 1997; Ivans et al. 2003). Similar α deficiencies

have been observed in several nearby dSph galaxies (Bonifacio et al. 2000a; Shetrone

et al. 2001, 2003; Tolstoy et al. 2003; Fulbright et al. 2004; Sadakane et al. 2004;

Geisler et al. 2005; Sbordone et al. 2007; Koch et al. 2008; Shetrone et al. 2009),

prompting speculation that the α-poor stars may be signatures of past accretion of

dSphs. Furthermore, stars associated with the Sagittarius dSph, which is presently

interacting with the Milky Way (Ibata et al. 1994; Majewski et al. 2003), are very

dissimilar to field stars and are decidedly underabundant in α- and Fe-peak elements

(at least in the metallicity range covered, −1.0 < [Fe/H] < +0.0; Bonifacio et al.

2000a; McWilliam & Smecker-Hane 2005; Sbordone et al. 2007). Only a few α-poor

field stars are known, and for this small subset of the halo the accretion hypothesis

deserves additional scrutiny. With the recent report of a handful of new α-poor

metal-poor stars (Barklem et al. 2005) from the stellar content of the Hamburg-

ESO Survey (Frebel et al. 2006; Christlieb et al. 2008), we are in a position to

reevaluate the kinematic properties of these stars to search for clues of their origin.

In the top panel of Figure 8.21 we identify two classes of α-poor stars: those

with +0.0 ≤ [Mg/Fe] < +0.1 (“α-deficient”) and those with [Mg/Fe] < +0.0 (“α-

poor”). For purposes of this analysis we also restrict our sample to stars with

[Fe/H] < −1.0. In the bottom panels of Figure 8.21 we display the kinematic and

orbital properties of these stars. They share no common region in phase space. Sev-

eral orbits extend to large distances above the Galactic plane or to large radii, but

no kinematic signature is preferred. This suggests that at least a very small frac-

tion of Galactic halo stars formed in chemically inhomogeneous regions that were

deficient (and, allegedly, deficient by varying degrees) in the α elements. Ivans et
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al. (2003) performed an exhaustive comparison of the abundance patterns of three

α-poor stars to Type Ia SN models. They concluded that these stars seem to have

increased contributions from Type Ia yields (relative to other stars at their metal-

licity), yet they cautioned that no model could reproduce the overall abundance

patterns of these stars. They speculated that these stars may have been among the

earliest to from from Type Ia products, though they could also not rule out the

accretion hypothesis.

A number of studies (Unavane et al. 1996, Fulbright 2002, Venn et al. 2004,

Pritzl et al. 2005, and Geisler et al. 2007, in addition to those listed above) have con-

cluded that the chemical compositions of dSph stars and halo giants are sufficiently

different, and only a small fraction of the Milky Way stellar halo can be composed

of stars accreted from dSphs chemically similar to those surviving to the present

day. Our result does not imply that the α-poor stars could not have formed in dSph

systems that were assumed into the Milky Way. Since many of these stars are on

eccentric orbits that take them to large Galactic radii, we may surmise that either

these inhomogeneous regions were located at large Galactic radii (perhaps before

the bulk of the Galaxy formed) or the stars were formed in (separate?) dSphs and

accreted at some time in the past.

8.8.2 Stars with Specific n-capture Enrichment Signatures

Can the n-capture material present in these metal-poor stars be used to identify

any preferred kinematics of the parent clouds from which they formed? Given the

different mass ranges of the stars commonly thought to produce n-capture material,

this is an attractive possibility if the IMF’s of the parent clouds differ significantly.

In the top panel of Figure 8.22, we identify stars that have either a nearly

pure s-process or r-process [Ba/Eu] ratio. Pure r-process enrichment (or, viewed

another way, lack of appreciable s-process enrichment) occurs over a very wide range

of metallicity (−3.0 < [Fe/H] < −0.4, or a factor of ≈ 400 in Fe/H—a fact which

is remarkable in its own right!). Our sample includes a rather small number of

stars exhibiting a pure s-process signature; this is a consequence of our (somewhat

arbitrary) choice of literature data to include. In the lower panels of Figure 8.22,

we show the kinematic properties of these stars. The stars dominated by r-process

n-capture enrichment show no preferred kinematic properties—they scatter over all
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Figure 8.21 Defining stars of low [Mg/Fe]. Restricting our Mg-poor sample to stars
with [Fe/H] < −1.0, orange squares represent stars with +0.0 < [Mg/Fe] < +0.1

and turquoise triangles represent stars with [Mg/Fe] < +0.0. The stars selected
according to these definitions are highlighted in the lower four panels.
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values of Vφ, |Zmax|, Rperi, and Rapo. The three stars exhibiting a pure s-process

signature do not indicate any kinematic preferences, either.

The main r-process produces a robust abundance pattern for species with

Z ≥ 56 (e.g., Sneden et al. 2003a; Ivans et al. 2006; Cowan & Sneden 2006; Roederer

et al. 2008a), but it has become clear over the last decade that this unique signature

does not apply to the lighter n-capture nuclei, such as the Sr-Y-Zr group. Close anal-

yses of two metal-poor stars, HD 88609 (Honda et al. 2007) and HD 122563 (Honda

et al. 2006), reveal an abundance pattern that gradually declines with increasing Z,

producing high ratios between light and heavy n-capture species (see also McWilliam

et al. 1995b, Wasserburg et al. 1996, Johnson & Bolte 2002b, Aoki et al. 2005, Lai

et al. 2007, and Lai et al. 2008). This pattern cannot be associated with the main

r-process, the main s-process, or the weak s-process, and could be representative

of—for example—a light element primary process (Travaglio et al. 2004), a rapid

proton-capture process (Wanajo 2006), a weak r-process (Wanajo & Ishimaru 2006),

a cold r-process (Wanajo 2007), hypernovae (Qian & Wasserburg 2008), or a high

entropy wind from Type II SNe (Farouqi et al. 2009). This multiplicity of scenarios,

with a variety of proposed SN mass ranges responsible for the creation of the light

n-capture elements, demands additional observational constraints. Once again, if

the IMF of a certain proto-stellar metal-poor cloud was significantly different from

other clouds, this could manifest itself in the derived [Ba/Y] ratios. In the top panel

of Figure 8.23 we identify stars with low [Ba/Y] ratios ([Ba/Y] < −0.55) and low

[Ba/Fe] ratios ([Ba/Fe] < −0.50), similar to the abundances found in HD 88609

and HD 122563.8 Again, though, these stars exhibit no clear kinematic properties,

although they may slightly prefer eccentric orbits, which could point to a common—

though yet poorly constrained—origin. (The common retrograde orbits are a result

of the narrow [Fe/H] range of this sub-sample, and are not of physical consequence.)

At low metallicities, n-capture enrichment is probably a very localized phe-

nomenon that results in a wide distribution of n-capture abundances, and thus it

will be extremely difficult to identify any associated large-scale kinematic behaviors

of the proto-stellar clouds from which these stars formed. The potential gain from

such a connection, however, justifies the continued effort toward this goal.

8We note, as Honda et al. (2007) have, that high [Sr/Ba] or [Y/Ba] ratios do not uniquely define
the abundance pattern associated with this process, since HD 88609 was selected for analysis based
on its [Sr/Ba] ratio, identical to that of HD 122563.
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Figure 8.22 Defining stars exhibiting pure r-process and pure s-process [Ba/Eu]

ratios. The orange dashed line represents the pure r-process ratio (−0.67) and the
turquoise dashed line represents the pure s-process ratio (+0.63) as predicted by

Simmerer et al. (2004). Filled orange triangles represent stars with [Ba/Eu] < −0.55
and filled turquoise squares represent stars with [Ba/Eu] > +0.50. The stars selected

according to these definitions are highlighted in the lower four panels.
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Figure 8.23 Defining stars with excesses of the light n-capture elements and defi-
ciencies of the heavy n-capture elements. The filled orange squares represent stars

with [Ba/Y] < −0.55 and [Ba/Fe] < −0.50. (The [Ba/Y] ratio is −0.69 and −0.68
in HD 88609 and HD 122563, respectively; Honda et al. 2006, 2007.) The stars
selected according to this definition are highlighted in the lower four panels.
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8.8.3 The Most Metal-Poor Stars Known

We also examine the kinematic properties of the three most metal-poor stars known,

HE 0107–5240 ([Fe/H] = −5.3; Christlieb et al. 2002, 2004), HE 1327–2326 ([Fe/H] =

−5.96; Frebel et al. 2005, 2008; Aoki et al. 2006a), and HE 0577–4840 ([Fe/H] =

−4.75; Norris et al. 2007). Proper motions have been reported for all three of

these stars in the UCAC2 or NOMAD catalogs; unfortunately, for HE 0107–5240

and HE 0577–4840 the measurements are no larger than their uncertainties (∼
6 mas yr−1) and are therefore not useful for our purposes. The proper motions

for HE 1327–2326 are large: µα = −40 ± 1, µδ = 58 ± 4 mas yr−1 (Zacharias et al.

2004b). We compute a photometric distance of 1160 pc for HE 1327–2326 (assuming

it is a subgiant and not a dwarf; see Korn et al. 2009 and Frebel et al. 2008), in fair

agreement with the previous estimate of 1400 pc (Aoki et al. 2006a). HE 1327–2326

lies above the plane of the Galaxy (` = 314◦, b = +38◦) and is moving rapidly away

from the Galactic plane (U = 221, V = 246, W = 325, all in km s−1). Using these

input parameters, HE 1327–2326 is only weakly bound to the gravitational potential

of the Galaxy, completing no more than 2 orbits over 10 Gyr. Altering the distance

by ± 500 pc (much larger than the 20% uncertainty assumed in § 8.4), proper mo-

tion by ± 5 mas yr−1, radial velocity by ± 10 km s−1, and mass of the Galaxy by

± 10%, we find that this star completes between 1 and 4 orbits over 10 Gyr. For

these orbits, Rperi = 8.0± 0.2 kpc, Rapo = 405+265
−186 kpc, and |Zmax| = 160+97

−45.

All reasonable variations in the input parameters still point to a very ex-

treme orbit for HE 1327–2326, which is perhaps not unexpected given the unchar-

acteristically low metal abundance of this interesting star. Precise proper motion

measurements for HE 0107–5240 and HE 0577–4840 will be necessary to determine

whether extreme orbits are a common characteristic of the most metal-poor stars in

the Galaxy. Furthermore, HE 1327–2326 spends a very small fraction of its time in

the inner regions of the Galaxy, suggesting, perhaps, that many more objects with

compositions similar to this star currently reside in the distant realms of the stellar

halo. This again hints to the possibility that objects in the true outer halo of the

Galaxy may bear little resemblance to those that inhabit the inner few tens of kpc.
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8.9 Conclusions

We have compiled a large sample of metal-poor stars with reported abundances

from the literature. For the subset of these stars with reliable proper motion mea-

surements, we have computed space velocities and Galactic orbital parameters. We

have used the combination of chemical and kinematic information to identify any

abundance patterns that are common to stars with similar kinematics or identify

any kinematic signatures that are common to stars with similar chemical enrichment

patterns. Our major results can be summarized as follows.

(1) A proper motion selection criterion for our sample biases the very metal-

poor end of our sample toward stars with large proper motions and hence extreme

orbits, many of which are on retrograde Galactic orbits. This bias must be borne

in mind when interpreting chemical enrichment patterns in very metal-poor stars.

(2) We find no abundance trends with maximum radial distance from the

Galactic center or maximum vertical distance above the Galactic disk. Current

high-resolution abundance analyses are limited to sampling halo stars that happen

to be passing relatively near to the Solar neighborhood. Other studies have found

very slight decreases in abundance ratios with increasing distance from the Galactic

center, and this issue may remain unsettled until large, deep abundance surveys and

proper motion surveys can reach beyond the Solar neighborhood into a true in situ

sample of the stellar halo.

(3) We use only kinematic criteria to define our inner halo (stars on prograde,

eccentric orbits that do not stray beyond 15 kpc from the Galactic center or 5 kpc

from the Galactic plane) and outer halo (stars on very retrograde orbits or stars

whose orbits reach more than 25 kpc from the Galactic center or more than 10 kpc

above the Galactic plane) samples, based on the kinematic properties of these pop-

ulations derived from much larger datasets. In the metallicity regimes where the

two populations overlap, roughly −2.5 < [Fe/H] < −1.5, the [Mg/Fe] ratio of the

outer halo may be lower than the inner halo by ∼ 0.1 dex. For [Ni/Fe] and [Ba/Fe]

the star-to-star abundance scatter of the inner halo is consistently smaller than the

star-to-star abundance scatter of the outer halo. The [Na/Fe], [Ca/Fe], [Ti/Fe],

and [Y/Fe] ratios of both populations show similar levels of scatter. We do not

have enough [Eu/Fe] measurements in our sample to draw any conclusions from this

abundance ratio.
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(4) Our inner halo population appears chemically homogeneous, suggesting

that a significant fraction of the Milky Way stellar halo had a common origin from

a well-mixed ISM.

(5) In contrast, our kinematically diverse outer halo population is also chem-

ically diverse, suggesting that another significant fraction of the Milky Way stellar

halo formed in remote regions where chemical enrichment was dominated by local

SN events. This component is reminiscent of the “chaotic origin” for the Galaxy

suggested by the globular cluster data of Searle & Zinn (1978).

(6) If we classify globular clusters by these same kinematic criteria, all of

the inner halo and most of the outer halo clusters follow similar (mean) abundance

trends with comparable degrees of scatter to the inner halo population of field stars.

The chemical similarity of the inner halo and the globular clusters may suggest

that these abundance trends represent the time-averaged mean abundances of a

metal-poor ISM pre-enriched by the earliest generations of stars.

(7) We find no kinematic signature in common to groups of metal-poor stars

with peculiar abundance patters (α-poor stars, stars showing a pure-s- or pure-r-

process n-capture enrichment pattern, or stars with a deficiency of heavy n-capture

material).

(8) Our results do not exclude the possibility that any of these individual

stars were accreted by the Milky Way from, e.g., dSph systems; however, the orbits

of many present-day dSphs (especially those whose stars have been subject to high-

resolution abundance analyses) rarely bring them near the Solar radius, so they

would not be expected to contribute many stars to the local metal-poor stellar halo.

(9) Several individual stars—including the most metal-poor star known—and

dSph systems whose compositions differ greatly from the bulk of the stellar halo in

the Solar neighborhood have long orbital periods (∼ few Gyr) and extreme orbital

characteristics (Rapo ∼ few hundred kpc). If stars like these spend the majority

of their time in the distant regions of the Milky Way stellar halo, this raises the

possibility that many more stars with unusual abundance patterns may occupy the

true outer halo of the Galaxy, which may have little resemblance to the local stellar

halo.

The abundance dataset used for this analysis was compiled from a variety of

literature sources, and the inherent systematic differences from one study to another

limit our ability to detect more subtle chemical differences than those described
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above. Large, metal-poor stellar samples from which abundances are derived in a

homogeneous manner are necessary to perform a more detailed nucleo-kinematic

analysis. The construction and analysis of such datasets is presently underway.

Evidence continues to grow in support of the notion that the chemical en-

richment history of the Milky Way stellar halo is nonuniform on both small and

large scales. While it is unlikely that an exact correlation between the kinematic

properties of a star and its chemical abundance pattern will ever be identified, we

may be approaching an era where it is necessary to know the kinematic properties

of a field halo star in order to place its chemical abundance pattern in the proper

nucleosynthetic context. The challenge for future studies will be to articulate the

degree of chemical dissimilarity in the Milky Way halo kinematic substructure.

352



Chapter 9

Revisiting the Chemistry of the Inner and Outer Halo

9.1 Introduction

In the previous chapter we described our attempts to characterize the composition

of metal-poor field stars with two distinct sets of orbital motions. The existence

of such populations was originally identified based on relatively small sample sizes

(e.g., Hartwick 1976) and has recently been confirmed by large (∼ few ×104) samples

of stars from the SDSS and SEGUE (Carollo et al. 2007, 2010). These studies have

identified separate orbital characteristics and metallicity distribution functions for

the two populations, and we employ a subset of the stellar sample described in

Chapter 6 to probe the detailed chemical compositions of these populations.

The 57 stars in our subsample were selected to have both a certain set of

evolutionary properties and well-measured proper motions. These proper motions

were reported in the UCAC3 (Zacharias et al. 2010) or SPM4 (T. Girard 2010,

private communication; Girard et al. 2010, in prep) catalogs. We estimate distances

to these stars by one of three methods, listed according to priority: (1) a precise

parallax (σπ/π < 15%) measured by the Hipparcos mission (Perryman 1997); (2)

distance estimates made by calibration of ubvy−β photometry for stars from the HK

Survey (Schuster et al. 2004), or (3) distance estimates based on the (V −K)0 color

and theoretical isochrones (the Y 2 set of Demarque et al. 2004). Using the radial

velocities measured in our study (reported in Chapter 6) and the stellar coordinates,

we compute full space motions for these stars and integrate them through a static

model of the Galactic potential to obtain information about their orbital properties.

See Roederer (2009) for details.
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Figure 9.1 shows a map of the approximate locations for the stars in this

sample. Most are located within 1–2 kpc of the sun, though a few are located up

to 3 kpc away. We will attempt to use this (admittedly) very local set of stars to

identify chemical substructure in the motions of very metal-poor field stars. Our

homogeneous analysis of a generally homogeneous set of stars should provide the

maximum precision available for this task. With the understanding that what fol-

lows is a preliminary analysis, let us proceed.

9.2 Derivation of Atmospheric Parameters

From the sample of stars described in Chapter 6, we have selected a sample of 57 stars

from a relatively narrow color range, 1.10 ≤ (V −K)0 ≤ 1.40. These stars have just

passed the main sequence turn-off and lie along the subgiant branch, as illustrated

in Figure 9.2. Stars suspected of being horizontal branch stars in the same color

range, usually recognizable by their broader absorption lines, have been discarded.

The final sample of stars includes stars from each of the three telescope/instrument

combinations (Magellan/MIKE, Smith/2dCoude, HET/HRS).

The model atmosphere parameters are derived using standard techniques

under the assumption of LTE in one-dimensional, plane-parallel atmospheres. We

derive abundances using the latest version of the spectral analysis code MOOG (Sne-

den 1973), and we adopt model atmospheres from the α-enhanced grid of Castelli &

Kurucz (2003). Effective temperatures (Teff) are derived by forcing the equivalent

widths (EW) of Fe i lines of all excitation potentials (roughly 0.0 ≤ eV ≤ 4.5) to

predict the same mean Fe i abundance. Microturbulent velocities (vt) are derived by

forcing EW of Fe i lines of all strengths observed (usually −6.1 ≤ log(EW/λ)≤ −4.4)

to predict the same mean Fe i abundance. Surface gravities (log g) are derived by

forcing ionization equilibrium between Fe i and Fe ii to within 0.10 dex (a typi-

cal standard deviation, σ, roughly corresponding to σ = (σ2
FeI + σ2

FeII)
1/2). Initial

guesses for the model atmosphere parameters are made based on stellar colors and

the general characteristics of absorption features in the spectra (e.g., the width of

the H Balmer lines, wings on saturated metal lines, etc.).

Two subtle variations on this standard routine are introduced. First, itera-

tions to a final, satisfactory model atmosphere are made using an automatic interface

to MOOG that requires no user interaction. Our tests indicate that the automatic
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Figure 9.1 A map representing the approximate locations of the stars in our sample,
indicated by small black dots. The Galactic center (G.C.) is marked by the red

cross, the location of the sun is marked by the �, and the solar circle is identified
by the dotted gray line.
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Figure 9.2 A temperature-gravity diagram showing the location of the stars in our
sample. Different colors and symbols indicate where the data were taken. A typical
uncertainty is indicated. The black curve is a Y2 isochrone that should approxi-

mately represent the metal-poor stars in this sample.
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interface will iterate to a constant set of parameters for reasonable variations in

Teff , log g, and vt up to at least 1000 K, 2 dex, and 1 km s−1, respectively. For

each set of model parameters, we iteratively remove Fe i and Fe ii lines whose pre-

dicted abundance differs by more than 2 σ from the mean abundance. The final

standard deviation for Fe i is usually found to be in the range from 0.06 ≤ σ ≤0.10.

Once we have adopted a final set of model parameters and Fe lines, we repeat this

exercise with other species whose abundance is derived from more than 2 EWs,

systematically removing lines whose predicted abundance is more than 2σ from the

mean.

Our final values of Teff and log g are shown in Figure 9.2. The stars in

our sample are subgiants with a range of 5600 ≤ Teff ≤ 6300 K. For the goals of

this analysis, we are primarily concerned with the differential elemental abundance

ratios from one star to the next. Thus, the absolute temperature scale is a secondary

concern. By limiting our sample to stars in a narrow color (or temperature) range,

these differential abundance ratios are also much less sensitive to departures from

LTE in the line-forming region. The one exception to this principle is Fe, where we

have forced the Fe i and Fe ii abundances to agree.

Bonifacio et al. (2009) analyzed a sample of 18 extremely metal-poor turn-

off stars, including 5 in common with our sample. A comparison of the derived

atmospheric parameters for these five stars, shown in Table 9.1, reveals that there

are some differences between the two analyses. Our temperatures are cooler by 150 K

on average, but two stars are found to be 90 K warmer in our analysis and three stars

are found to 250–340 K cooler in our analysis. The other parameters closely correlate

with Teff . Bonifacio et al. (2009) derived their effective temperatures by comparing

the shape of the Hα line wings with theoretical line profiles, but they note that these

temperatures also satisfy Fe ionization equilibrium. These discrepancies should be

investigated further, but for the moment we will emphasize the fact that the model

atmosphere parameters for our sample have been derived in a self-consistent manner

designed to yield precise relative abundance ratios. The absolute accuracy of our

abundances is somewhat less secure.
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Table 9.1. Comparison of Atmospheric Parameters with Bonifacio et al. (2009)

This Study Bonifacio et al. (2009)
Star Teff (K) log g [Fe/H] vt (km s−1) Teff(K) log g [Fe/H] vt (km s−1)

CS 22888–031 5820 5.65 −3.68 1.30 6151 5.00 −3.30 0.5
CS 22948–093 6450 4.00 −3.39 1.10 6356 4.25 −3.30 1.4
CS 29499–060 6410 4.15 −2.68 1.20 6318 4.00 −2.70 1.5
CS 29506–007 6020 2.95 −3.18 1.60 6273 4.00 −2.91 1.7
CS 29506–090 5960 3.40 −3.16 1.30 6303 4.25 −2.83 1.4

9.3 Abundance Analysis

At the present time, we have chosen to limit our analysis to a subset of 10 additional

species whose abundances can be reliably determined by an EW analysis without the

need to compare observed and synthetic spectra (as may be necessary for blended

lines or lines broadened by hyperfine structure). These ten species (O i, Mg i,

Si i, Ca i, Ti i and ii, Cr i and ii, Ni i, and Zn i) are generally formed through α

captures on existing seed nuclei (α elements) or by nuclear rearrangement as a result

of photo-dissociation reactions in a high energy environment (Fe-group elements).

Transition probabilities are taken from the laboratory references listed in Table 3

of Roederer et al. (2010a). Figures 9.3–9.12 display our derived abundances as a

function of Teff . Most elements show no trends over this relatively narrow range in

Teff , but Si i and Ti i show slight dependences on Teff . These trends have been well

documented by previous investigators (Cohen et al. 2004; Preston et al. 2006; Lai et

al. 2008; Bonifacio et al. 2009; Roederer et al. 2010a). The presence of these trends

in our sample seriously compromises our ability to detect subtle differences in the

true composition of these stars, and we will be forced to treat these two species with

due caution in the discussion that follows.

In addition to the standard analysis, we also perform a line-by-line differential

abundance analysis. To do so, we choose one star from the sample (CS 29512–030)

were many lines are measured and whose atmospheric parameters are near the mid-

dle of the locus of stars shown in Figure 9.2 (Teff/log g/[Fe/H] = 6010 K/3.50/−2.9).

We then compute the line-by-line differences in the derived abundances for every

line in common with every other star in this sample, normalizing to the absolute

abundance of CS 29512–030 (but, again, the absolute abundance is only a secondary
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concern for the present analysis). This additional step has almost no effect on the

derived star-to-star dispersion in the [X/Fe] ratios, but it does reduce the internal

dispersion in a single [X/Fe] ratio within a given star.

9.3.1 Comments on Individual Species

Our O i abundance has been derived from the triplet lines at 7771, 7774, and 7775 Å.

These lines are often weak in low-metallicity stars, and we are not always able to

detect them. These lines are well known to be strongly sensitive to departures

from LTE (e.g., Garćıa Pérez et al. 2006 and references therein). In our sample

they show no trends with Teff . We make no correction for non-LTE effects here.

Thus the absolute abundance, or even [O i/Fe], may be inaccurate, but the relative

abundances of our sample should be reliable.

The Mg i abundance is derived from a variety of lines, including the Mg i

b lines at 5172 and 5183 Å, the 3829 Å line (when not blended with the wing

of the nearby n =2–9 H Balmer transition at 3835 Å), and several other lines with

higher excitation potentials. The line-by-line systematic differences of these different

abundance indicators is also well documented (e.g., Cohen et al. 2004; Roederer et

al. 2010a), so the line-by-line differential abundance analysis helps to reduce the

dispersion in the derived Mg abundances.

The Si i line at 3905Å is our primary Si abundance indicator, which is usually

saturated in more metal-rich or cooler stars. One to four high excitation lines

between 5700 and 5800 Å are sometimes detected in the more metal-rich or cooler

stars. There are no stars in our sample where the Si i abundance can be determined

from both indicators, so we have no way to calibrate the difference. Figure 9.5

suggests that the cooler stars may have a slightly higher mean [Si i/Fe] ratio than

the warmer stars, but the difference is well within the dispersion.

The Ca i, Ti i and ii, Cr i, and Ni i abundances are derived from a larger

subset of lines (typically 10–20 lines) across the blue end of the visible spectrum

with a more narrow range of excitation potentials. As a consequence, the standard

deviations of these species are generally smaller than for O i, Mg i, or Si i. Our

Cr ii abundance is derived from a more limited set of 3–4 lines, though all 4 cannot

typically used simultaneously. The Zn i abundance is derived from the high excita-

tion lines at 4722 and 4810 Å which are usually undetected in the warmest or most
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Figure 9.3 The relationship between derived [O i/Fe] and Teff for the stars in our
sample. Detections are marked as filled squares, and upper limits are marked as
open downward-facing triangles. The solar ratio is indicated by the dotted line.

metal-poor stars.

9.4 Results and Discussion

Our sample of 57 subgiant stars covers a range of metallicity from −3.4 ≤ [Fe/H] ≤
−1.2, with most stars falling between −3.0 ≤ [Fe/H] ≤ −1.6. Figures 9.13–9.22

display our abundance results for O i through Zn i. Both sets of abundance ratios—

as derived, and the line-by-line differentials—are shown adjacent to each other to

illustrate the power of the line-by-line differential analysis in reducing the standard

deviation in [X/Fe] for a single star. Mean values and standard deviations for

〈[X/Fe]〉 for our full sample are listed in Table 9.2.

Our derived [O i/Fe] ratios are higher by 0.2–0.3 dex than those found by

previous investigators, although we note that most of the [O/Fe] ratios shown for

comparison are derived from the near-UV OH molecular bands or the 6300 Å forbid-

den line. Given the relatively large uncertainties on each stellar [O i/Fe] ratio, our

derived standard deviation for the entire sample (excluding upper limits), σ = 0.18,

is consistent with a single value. Our derived [Mg i/Fe] ratios are also slightly higher

than those found by previous investigators, but we detect no slope in [Mg/Fe] with

[Fe/H], and the star-to-star dispersion does not change appreciably with [Fe/H],
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Figure 9.4 The relationship between derived [Mg i/Fe] and Teff for the stars in our
sample. The solar ratio is indicated by the dotted line.

Figure 9.5 The relationship between derived [Si i/Fe] and Teff for the stars in our
sample. The solar ratio is indicated by the dotted line.
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Figure 9.6 The relationship between derived [Ca i/Fe] and Teff for the stars in our
sample. The solar ratio is indicated by the dotted line.

Figure 9.7 The relationship between derived [Ti i/Fe] and Teff for the stars in our
sample. The solar ratio is indicated by the dotted line.
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Figure 9.8 The relationship between derived [Ti ii/Fe] and Teff for the stars in our
sample. The solar ratio is indicated by the dotted line.

Figure 9.9 The relationship between derived [Cr i/Fe] and Teff for the stars in our
sample. The solar ratio is indicated by the dotted line.
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Figure 9.10 The relationship between derived [Cr ii/Fe] and Teff for the stars in our
sample. The solar ratio is indicated by the dotted line.

Figure 9.11 The relationship between derived [Ni i/Fe] and Teff for the stars in our
sample. The solar ratio is indicated by the dotted line.
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Figure 9.12 The relationship between derived [Zn i/Fe] and Teff for the stars in our
sample. Detections are marked as filled squares, and upper limits are marked as
open downward-facing triangles. The solar ratio is indicated by the dotted line.

Table 9.2. Dispersion in [X/Fe] Ratios

All Stars Omitting G004-036 and CS 22964–183
Straight Mean Line-by-Line Mean Straight Mean Line-by-Line Mean

Species 〈[X/Fe]〉 σ 〈[X/Fe]〉 σ 〈[X/Fe]〉 σ 〈[X/Fe]〉 σ

O i +1.04 0.18 +1.06 0.18 +1.04 0.18 +1.06 0.19
Mg i +0.37 0.13 +0.38 0.14 +0.38 0.10 +0.40 0.10
Ca i +0.42 0.12 +0.43 0.11 +0.43 0.08 +0.44 0.08
Ti i +0.37 0.14 +0.33 0.16 +0.37 0.14 +0.33 0.16
Ti ii +0.34 0.12 +0.36 0.13 +0.34 0.12 +0.36 0.13
Cr i −0.11 0.08 −0.18 0.10 −0.12 0.06 −0.19 0.08
Ni i +0.05 0.12 +0.04 0.12 +0.04 0.08 +0.04 0.09
Zn i +0.22 0.20 +0.21 0.20 +0.22 0.20 +0.21 0.20
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either. Within its large uncertainties and scatter (some of which can be attributed

to the correlation with temperature), the [Si i/Fe] ratio appears unchanged over the

range of metallicity. No line-by-line differential abundances are shown for [Si i/Fe]

since the abundance is usually derived from a single line. [Ca i/Fe] and [Ti ii/Fe], like

[Mg i/Fe], also show no evolution with metallicity and a small star-to-star disper-

sion. The [Ti i/Fe] ratios show a slight downward evolution with increasing [Fe/H],

but this can be attributed to the dependence of [Ti i/Fe] on Teff : most of the lowest

metallicity stars the warmest subgiants, which have been discovered in the HK Sur-

vey. Although our absolute (and relative [α/Fe]) abundances differ from previous

studies (of mostly giants), we note that our mean [Ca i/Mg i] and [Ti ii/Mg i] ra-

tios (+0.05 ± 0.10 and +0.03 ± 0.12, respectively) are in superb agreement with

those derived by Cayrel et al. (2004) for their sample of giants (+0.06 ± 0.09 and

−0.01 ± 0.09, respectively; their Table 10). Several stars have peculiar [α/Fe] ratios

that stand out as 2 or 3σ outliers, and we defer discussion of these stars to the next

section.

With the exception of one star with non-standard [α/Fe] ratios, the [Cr i/Fe],

[Cr ii/Fe], and [Ni i/Fe] ratios all show no evolution with [Fe/H] and have only a

minimal dispersion consistent with the observational uncertainties. [Cr i/Cr ii]

is persistently low by ∼ 0.4–0.5 dex, a result that has been noted previously (e.g.,

Sobeck et al. 2007; Lai et al. 2008; Bonifacio et al. 2009; Ishigaki et al. 2010; Roederer

et al. 2010a). The [Zn i/Fe] ratios generally trace Fe for [Fe/H] > −2.4, but they

show an upward trend and perhaps scatter that each increase with decreasing [Fe/H].

As has been noted previously, this may represent true cosmic scatter as some fraction

of the Zn abundance could be produced in charged-particle reactions (like the heavier

elements Sr, Y, and Zr) that are decoupled from production of the Fe-group (e.g.,

Blake et al. 2001; Depagne et al. 2002; Cayrel et al. 2004; Nissen et al. 2007; Lai et

al. 2008; Bonifacio et al. 2009; Roederer et al. 2010c).
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Figure 9.13 Plots of the [O i/Fe] ratio as a function of [Fe/H] metallicity. Top
panel: our derived abundances and upper limits, compared with those from various

other metal-poor abundance survey results, including Cayrel et al. (2004) (small
gray squares), Lai et al. (2008) (small gray circles), as well as the thick disc sample

of Reddy et al. (2006) (small gray crosses). Middle panel: our derived line-by-line
differential abundances, compared with abundances from the same surveys shown in
the top panel. Bottom panel: our derived abundances for stars classified as probable

inner halo members (large red circles), probable outer halo members (large blue
triangles), probable thick disc members (large green open squares), and those stars

that do not fall into any of these categories. The solar ratio is indicated by the
dotted line.
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Figure 9.14 Plots of the [Mg i/Fe] ratio as a function of [Fe/H] metallicity. Top panel:
our derived abundances, compared with those from various other metal-poor abun-

dance survey results, including Cayrel et al. (2004) (small gray squares), Barklem
et al. (2005) (small gray triangles), Cohen et al. (2008) (small gray diamonds), and

Lai et al. (2008) (small gray circles), as well as the thick disc sample of Reddy
et al. (2006) (small gray crosses). The small red diamonds indicate the metal-poor

dwarfs examined by Bonifacio et al. (2009), excluding the stars that overlap with our
sample. Middle panel: our derived line-by-line differential abundances, compared
with abundances from the same surveys shown in the top panel. Bottom panel:

our derived abundances for stars classified as probable inner halo members (large
red circles), probable outer halo members (large blue triangles), probable thick disc

members (large green open squares), and those stars that do not fall into any of
these categories. The solar ratio is indicated by the dotted line.
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Figure 9.15 Plots of the [Si i/Fe] ratio as a function of [Fe/H] metallicity. Top panel:

our derived abundances, compared with those from various other metal-poor abun-
dance survey results, including Cayrel et al. (2004) (small gray squares), Cohen et

al. (2008) (small gray diamonds), and Lai et al. (2008) (small gray circles), as well as
the thick disc sample of Reddy et al. (2006) (small gray crosses). The small red dia-

monds indicate the metal-poor dwarfs examined by Bonifacio et al. (2009), excluding
the stars that overlap with our sample. Bottom panel: our derived abundances for

stars classified as probable inner halo members (large red circles), probable outer
halo members (large blue triangles), probable thick disc members (large green open

squares), and those stars that do not fall into any of these categories. The solar
ratio is indicated by the dotted line.
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Figure 9.16 Plots of the [Ca i/Fe] ratio as a function of [Fe/H] metallicity. Top panel:
our derived abundances, compared with those from various other metal-poor abun-

dance survey results, including Cayrel et al. (2004) (small gray squares), Barklem
et al. (2005) (small gray triangles), Cohen et al. (2008) (small gray diamonds), and

Lai et al. (2008) (small gray circles), as well as the thick disc sample of Reddy
et al. (2006) (small gray crosses). The small red diamonds indicate the metal-poor

dwarfs examined by Bonifacio et al. (2009), excluding the stars that overlap with our
sample. Middle panel: our derived line-by-line differential abundances, compared
with abundances from the same surveys shown in the top panel. Bottom panel:

our derived abundances for stars classified as probable inner halo members (large
red circles), probable outer halo members (large blue triangles), probable thick disc

members (large green open squares), and those stars that do not fall into any of
these categories. The solar ratio is indicated by the dotted line.
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Figure 9.17 Plots of the [Ti i/Fe] ratio as a function of [Fe/H] metallicity. Top panel:

our derived abundances, compared with those from various other metal-poor abun-
dance survey results, including Cayrel et al. (2004) (small gray squares), Barklem

et al. (2005) (small gray triangles), Cohen et al. (2008) (small gray diamonds), and
Lai et al. (2008) (small gray circles), as well as the thick disc sample of Reddy et

al. (2006) (small gray crosses). Middle panel: our derived line-by-line differential
abundances, compared with abundances from the same surveys shown in the top
panel. Bottom panel: our derived abundances for stars classified as probable inner

halo members (large red circles), probable outer halo members (large blue triangles),
probable thick disc members (large green open squares), and those stars that do not

fall into any of these categories. The solar ratio is indicated by the dotted line.
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Figure 9.18 Plots of the [Ti ii/Fe] ratio as a function of [Fe/H] metallicity. Top panel:
our derived abundances, compared with those from various other metal-poor abun-

dance survey results, including Cayrel et al. (2004) (small gray squares), Barklem
et al. (2005) (small gray triangles), Cohen et al. (2008) (small gray diamonds), and

Lai et al. (2008) (small gray circles), as well as the thick disc sample of Reddy
et al. (2006) (small gray crosses). The small red diamonds indicate the metal-poor

dwarfs examined by Bonifacio et al. (2009), excluding the stars that overlap with our
sample. Middle panel: our derived line-by-line differential abundances, compared
with abundances from the same surveys shown in the top panel. Bottom panel:

our derived abundances for stars classified as probable inner halo members (large
red circles), probable outer halo members (large blue triangles), probable thick disc

members (large green open squares), and those stars that do not fall into any of
these categories. The solar ratio is indicated by the dotted line.
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Figure 9.19 Plots of the [Cr i/Fe] ratio as a function of [Fe/H] metallicity. Top panel:
our derived abundances, compared with those from various other metal-poor abun-

dance survey results, including Cayrel et al. (2004) (small gray squares), Barklem
et al. (2005) (small gray triangles), Cohen et al. (2008) (small gray diamonds), and

Lai et al. (2008) (small gray circles), as well as the thick disc sample of Reddy
et al. (2006) (small gray crosses). The small red diamonds indicate the metal-poor

dwarfs examined by Bonifacio et al. (2009), excluding the stars that overlap with our
sample. Middle panel: our derived line-by-line differential abundances, compared
with abundances from the same surveys shown in the top panel. Bottom panel:

our derived abundances for stars classified as probable inner halo members (large
red circles), probable outer halo members (large blue triangles), probable thick disc

members (large green open squares), and those stars that do not fall into any of
these categories. The solar ratio is indicated by the dotted line.
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Figure 9.20 Plots of the [Cr ii/Fe] ratio as a function of [Fe/H] metallicity. Top panel:

our derived abundances. Bottom panel: our derived abundances for stars classified
as probable inner halo members (large red circles), probable outer halo members
(large blue triangles), probable thick disc members (large green open squares), and

those stars that do not fall into any of these categories. The solar ratio is indicated
by the dotted line. No line-by-line differential abundances for [Cr ii/Fe] are shown

because of the small number of lines in common between the reference star and the
rest of the sample.
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Figure 9.21 Plots of the [Ni i/Fe] ratio as a function of [Fe/H] metallicity. Top panel:
our derived abundances, compared with those from various other metal-poor abun-

dance survey results, including Cayrel et al. (2004) (small gray squares), Barklem
et al. (2005) (small gray triangles), Cohen et al. (2008) (small gray diamonds), and

Lai et al. (2008) (small gray circles), as well as the thick disc sample of Reddy
et al. (2006) (small gray crosses). The small red diamonds indicate the metal-poor

dwarfs examined by Bonifacio et al. (2009), excluding the stars that overlap with our
sample. Middle panel: our derived line-by-line differential abundances, compared
with abundances from the same surveys shown in the top panel. Bottom panel:

our derived abundances for stars classified as probable inner halo members (large
red circles), probable outer halo members (large blue triangles), probable thick disc

members (large green open squares), and those stars that do not fall into any of
these categories. The solar ratio is indicated by the dotted line.
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Figure 9.22 Plots of the [Zn i/Fe] ratio as a function of [Fe/H] metallicity. Top
panel: our derived abundances and upper limits, compared with those from various

other metal-poor abundance survey results, including Cayrel et al. (2004) (small
gray squares), Barklem et al. (2005) (small gray triangles), and Lai et al. (2008)

(small gray circles), as well as the thick disc sample of Reddy et al. (2006) (small
gray crosses). The small red diamonds indicate the metal-poor dwarfs examined by

Bonifacio et al. (2009), excluding the stars that overlap with our sample. Middle
panel: our derived line-by-line differential abundances, compared with abundances
from the same surveys shown in the top panel. Bottom panel: our derived abun-

dances for stars classified as probable inner halo members (large red circles), prob-
able outer halo members (large blue triangles), probable thick disc members (large

green open squares), and those stars that do not fall into any of these categories.
The solar ratio is indicated by the dotted line.
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Table 9.3. Abundances in Stars with Non-Standard [α/Fe] Ratios

Ratio G004-036 CS 22943–132 CS 22964–183

[Fe i/H] −2.26 ± 0.07 −2.80 ± 0.08 −2.90 ± 0.06
[O i/Fe] +0.83 +1.29 · · ·
[Mg i/Fe] −0.06 ± 0.11 +0.68 ± 0.11 −0.05 ± 0.17a

[Si i/Fe] · · · +0.69 +0.17

[Ca i/Fe] −0.19 ± 0.06 +0.52 ± 0.08 +0.35 ± 0.05
[Ti i/Fe] +0.46 ± 0.05 +0.33 ± 0.10 +0.38 ± 0.10

[Ti ii/Fe] +0.53 ± 0.04 +0.23 ± 0.03 +0.19 ± 0.03
[Cr i/Fe] +0.28 ± 0.06 −0.20 ± 0.07 −0.08 ± 0.03
[Cr ii/Fe] +0.67 ± 0.08 −0.10 · · ·
[Ni i/Fe] +0.58 ± 0.03 −0.05 ± 0.19 −0.23 ± 0.18
[Zn i/Fe] +1.16 +0.05 ± 0.19 · · ·

Note. — The uncertainty listed is only the standard de-
viation. No standard deviation is given if the abundance was
determined from only one line.

aThe [Mg i/Fe] ratio is −0.12 ± 0.08 when performing the
line-by-line differential analysis.

9.4.1 An Aside: Two New Metal-Poor Stars with Non-Standard α

Abundances

Three stars in our sample have [α/Fe] abundances that differ significantly from

those in the majority of metal-poor stars at comparable metallicities. Our de-

rived abundances for these three stars are listed in Table 9.3. One star, G004-036

([Fe/H] = −2.3), was found by previous investigations (James 1998; Ivans et al.

2003) and deliberately included in our study as a comparison. This star has low

[O/Fe], [Mg/Fe], [Si/Fe], and [Ca/Fe] ratios, normal [Ti/Fe] ratios, and high [Cr/Fe],

[Ni/Fe], and [Zn/Fe] ratios for its metallicity. We recover abundances similar to those

derived by Ivans et al. (2003) for this star, and it will not be discussed further.

Another star, CS 22964–183 ([Fe/H] = −2.9), has sub-solar [Mg/Fe] and low

(but still super-solar) [Si/Fe] and normal abundances for all other elements stud-
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Figure 9.23 Comparison of the spectral region encompassing the Mg i b lines in

CS 22964–183 and CS 22873–072. These stars have nearly identical temperatures
and metallicities, but their [Mg/Fe] ratios are clearly different, as illustrated by their
different line strengths. Both spectra were obtained with Magellan/MIKE.

ied. Its [Ca/Mg] ratio is high (+0.4), similar to that found for the metal-poor

([Fe/H] = −1.9) star CS22966–043, [Ca/Mg] = +0.4 (Ivans et al. 2003), although

this star has sub-solar [Ca/Fe] as well (−0.2). Neither of these ratios are nearly as ex-

treme as found for the metal-poor ([Fe/H] = −3.2) star SDSS J234723.64+010833.4,

[Ca/Mg] = +1.2 (Lai et al. 2009). Figure 9.23 compares the spectral region around

the Mg i b triplet with that of a normal metal-poor star at the same temperature

and metallicity, clearly indicating the low Mg abundance in this star.

The star CS 22943–132 appears to have systematically high [α/Fe] ratios for

its metallicity ([Fe/H] = −2.8): [O/Fe] = +1.29, [Mg/Fe] = +0.68, [Si/Fe] = +0.69,

and [Ca/Fe] = +0.52. If any one of these ratios were high and the others normal

this star might not be considered an outlier; however, the fact that all four of the

[α/Fe] ratios are high (by 1–2σ) may be significant. Norris et al. (2010) examined
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the abundances in the star Boo–1137 ([Fe/H] = −3.7) in the Boötes I ultra-faint

dwarf galaxy and found that [Mg/Fe], [Si/Fe], [Ca/Fe], and [Ti/Fe] were all higher

by ∼ 0.2 dex relative to stars in the halo at this metallicity. Norris et al. (2010)

conducted a series of Monte Carlo simulations and concluded that this result was

statistically significant. They postulated that it may indicate an IMF biased towards

higher masses or just incomplete mixing or poor sampling of an invariant IMF. Such

a scenario may be reasonable in a low luminosity dwarf galaxy, but what about a

star in the halo field? Closer scrutiny of the full abundance patterns of each of these

stars is clearly warranted.

9.4.2 Revisiting the Chemistry of the Inner and Outer Halo Pop-

ulations

We adopt similar kinematic definitions of the inner and outer halo populations as

were made in the previous chapter. Inner halo stars are confined to venture no more

than 15 kpc from the Galactic center and 5 kpc above the Galactic plane. Outer

halo stars are those that venture at least 20 kpc from the Galactic center or at

least 10 kpc above the Galactic plane. One difference from the criteria adopted in

our previous investigation is that we place no restriction on the orbital rotational

velocity Vφ. While the inner halo itself has no net rotation (〈Vφ〉 = 7 ± 4 km s−1)

and the outer halo has a net retrograde rotation (〈Vφ〉 = −80 ± 13 km s−1) the

velocity dispersions of these two components are large: σVφ
= 95 ± 2 km s−1 and

σVφ
= 165 ± 9 km s−1, respectively (Carollo et al. 2010). Therefore individual

members of these two populations may have a wide range of orbital rotation veloc-

ities. Members of these two populations must also have a high probability of being

members of the generic “halo” population (as opposed to the thick disc population)

by computing their relative probabilities based on the UVW velocity distributions

found by Chiba & Beers (2000); i.e., Phalo/Pthickdisc > 3. A few stars are found to

be probable members of the thick disc population. Of these 57 stars, 3 are classified

as probable thick disc members, 25 are classified as probable outer halo members,

and only 15 are classified as probable inner halo members.

In Figure 9.24 we show a plot of the distribution of angular momentum

components for the 57 stars in our sample. Disc stars in the solar neighborhood

(not shown explicitly in Figure 9.24) occupy a region of the diagram marked by the
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Figure 9.24 The range of angular momenta of the stars in our sample. Inner halo
stars are marked by the red circles, outer halo stars are marked by the blue trian-

gles, thick disc stars are marked by the open green squares, and stars that did not
meet any of these classifications are marked as the small black dots. The angular

momentum components for the sun and other thin disc stars near the solar circle
are marked by the large �.

� symbol. Stars on increasingly slower orbits have lower values of Jz , and stars

whose orbits carry them far above or below the plane of the Galaxy have larger

values of J⊥ (≡ (J2
x + J2

y )1/2). The outer halo does, by definition, extend to higher

values of J⊥ than the inner halo. Stars classified as probable outer halo members in

our sample are primarily found on prograde orbits, while stars classified as probable

inner halo members in our sample are primarily found on retrograde orbits. While

this situation is not explicitly prohibited by the large velocity ellipsoids found by

Carollo et al. (2010) for the inner and outer halo populations, it is exactly opposite

than the halo populations described in their study. This is somewhat concerning,

and the underlying cause of this difference is not known at present.

The [X/Fe] abundance ratios for the probable inner and outer halo members—

using the derived abundance ratios and not the line-by-line differentials—are shown
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in the bottom panels of Figures 9.13–9.22. In contrast to our earlier study of (in-

homogeneous) literature abundances, using our homogeneous set of abundances we

find only two significant differences in the abundance ratios between the inner and

outer halo populations for any of the 10 species considered. Over a very narrow

metallicity range (−3.0 < [Fe/H] < −2.5) the [Si i/Fe] ratios of the outer halo are

higher by ∼ 0.1–0.2 dex and have a larger star-to-star dispersion than those of the

inner halo, and the [Cr ii/Fe] ratios of the outer halo are lower by ∼ 0.1 dex and

have a larger dispersion than those of the inner halo. The α-poor star G004-036 and

the α-rich (relative to other metal-poor stars) star CS 22943–132 are classified as

members of the outer halo population, and the Mg-poor star CS 22964–183 is classi-

fied as a member of the inner halo population. Once these outliers are excluded, the

star-to-star dispersions of the two populations show no real differences. (Including

these stars seems to give no clear consensus, either.)

Despite our efforts to deliberately include stars in our sample from each

population at a range of metallicities, our study has failed to realize this goal—

yet. Part of this shortcoming can be attributed to the rather narrow color range

adopted in this preliminary analysis. In compiling our original sample, we used a

wider color range to include stars on the lower half of the giant branch simply to

include enough stars in the sample. These stars have been omitted from the present

analysis because (1) their relative abundances may be systematically different than

the stars on the subgiant branch and (2) the PI has not yet had sufficient time

to analyze them. The latter explanation is purely artificial and will be attended to

shortly. The former explanation will not be remedied by combining the two samples,

as systematic abundance differences may result. The two groups of stars (stars on

the subgiant branch and stars on the lower red giant branch) can be analyzed and

the abundances of the two populations can be compared independently. In this way

they may serve as a check on each other.

There are, however, two additional difficulties that will not disappear with

the present sample—namely, the sample size and selection criteria themselves. The

original HK Survey, where the identification of metal-poor candidates was made by

visual inspection of the photographic plates from the objective prism survey, has an

inherent temperature bias toward identifying warmer metal-poor stars more easily

than cooler ones. Thus, the majority of the stars in our warm, subgiant sample

are comprised of HK stars. Our sample was first populated with stars from the

381



Las Campanas Metal-Poor Star Survey (after completion of ∼ 2/3 of the survey),

which had been targeted toward stars with [Fe/H] < −2.5. To populate our sample

with higher metallicity stars (and some low metallicity overlap, of course), cooler

stars on the lower giant branch were included. These stars often were identified in

proper motion surveys for metal-poor stars, and thus they are biased toward stars

with large space velocities that are more likely to be members of the outer halo

population. This inherent mismatch between metallicity, temperature, and proper

motion is evident in the relative lack of inner halo stars with [Fe/H] > −2.5 in

Figures 9.13–9.22.

Not all is lost, however. Figures 9.25 and 9.26 show the abundance ratios as

a function of the stellar orbital rotation velocity. Figures 9.27 and 9.28 show the

abundance ratios as a function of the perigalactic orbital radius. Figures 9.29 and

9.30 show the abundance ratios as a function of the apogalactic orbital radius. Fig-

ures 9.31 and 9.32 show the abundance ratios as a function of the maximum orbital

distance above or below the plane of the Galaxy. The [Si i/Fe] ratios (and perhaps,

more weakly, the [O i/Fe] and [Mg i/Fe] ratios) seem to increase with increasing Vφ,

Rapo, and |Zmax|, which explains why higher [Si i/Fe] ratios are found in the outer

halo population. The scatter in the [Zn i/Fe] ratios is also found to increase signifi-

cantly as Vφ, Rapo, and |Zmax| increase. Various forms of this conclusion have also

been found independently by Fulbright (2002), Stephens & Boesgaard (2002), Grat-

ton et al. (2003b),1 and Ishigaki et al. (2010), who additionally recognized lower

[α/Fe] ratios in stars with eccentric, distant orbits in their samples of outer halo

stars.

Thus, while the specific findings of this preliminary analysis differ from those

of our analysis of the literature abundances, one conclusion remains tantalizingly

similar. Stars on more eccentric orbits that carry them farther from the Galactic

center (both in radius and distance above the plane) are more likely to possess

chemical compositions that deviate from stars on less eccentric orbits. These stars

are more likely to have formed in low mass systems and may have been stripped from

their host galaxies as they passed too near the center of the Milky Way potential.

While speculative, this scenario is plausible given the wide diversity in chemical

1We note that Gratton et al. (2003b) found a closer correlation between α/Fe and perigalactic
distance rather than apogalactic distance. Given that their sample of stars is primarily dwarf and
turnoff stars in the solar neighborhood, these stars are on highly eccentric orbits and are indicative
of the same alleged accretion scenarios that we suspect produced these correlations.
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abundances (presumably resulting from, inter alia, a diversity in the star formation

histories and the more stochastic nature of enrichment in a smaller system) that

have been observed in the surviving population of dwarfs.
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Figure 9.25 [O i/Fe], [Mg i/Fe], [Si i/Fe], and [Ca i/Fe] ratios for probable mem-
bers of the inner halo (red circles) and outer halo (blue triangles) populations as a

function of Vφ. Stars that did not fall into either classification are marked as small
black squares. The solar ratios are indicated by the dotted lines.
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Figure 9.26 [Ti ii/Fe], [Cr i/Fe], [Ni i/Fe], and [Zn i/Fe] ratios for probable mem-
bers of the inner halo (red circles) and outer halo (blue triangles) populations as a

function of Vφ. Stars that did not fall into either classification are marked as small
black squares. The solar ratios are indicated by the dotted lines.
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Figure 9.27 [O i/Fe], [Mg i/Fe], [Si i/Fe], and [Ca i/Fe] ratios for probable members

of the inner halo (red circles) and outer halo (blue triangles) populations as a func-
tion of the perigalactic radius. Stars that did not fall into either classification are
marked as small black squares. The solar ratios are indicated by the dotted lines.
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Figure 9.28 [Ti ii/Fe], [Cr i/Fe], [Ni i/Fe], and [Zn i/Fe] ratios for probable members

of the inner halo (red circles) and outer halo (blue triangles) populations as a func-
tion of the perigalactic radius. Stars that did not fall into either classification are
marked as small black squares. The solar ratios are indicated by the dotted lines.
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Figure 9.29 [O i/Fe], [Mg i/Fe], [Si i/Fe], and [Ca i/Fe] ratios for probable members

of the inner halo (red circles) and outer halo (blue triangles) populations as a func-
tion of the apogalactic radius. Stars that did not fall into either classification are
marked as small black squares. The solar ratios are indicated by the dotted lines.
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Figure 9.30 [Ti ii/Fe], [Cr i/Fe], [Ni i/Fe], and [Zn i/Fe] ratios for probable members

of the inner halo (red circles) and outer halo (blue triangles) populations as a func-
tion of the apogalactic radius. Stars that did not fall into either classification are
marked as small black squares. The solar ratios are indicated by the dotted lines.
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Figure 9.31 [O i/Fe], [Mg i/Fe], [Si i/Fe], and [Ca i/Fe] ratios for probable members
of the inner halo (red circles) and outer halo (blue triangles) populations as a func-

tion of the maximum orbital distance above or below the Galactic plane. Stars that
did not fall into either classification are marked as small black squares. The solar

ratios are indicated by the dotted lines.
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Figure 9.32 [Ti ii/Fe], [Cr i/Fe], [Ni i/Fe], and [Zn i/Fe] ratios for probable mem-
bers of the inner halo (red circles) and outer halo (blue triangles) populations as a

function of the maximum orbital distance above or below the Galactic plane. Stars
that did not fall into either classification are marked as small black squares. The

solar ratios are indicated by the dotted lines.
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Chapter 10

Summary, Impact, and Epilogue

In this work we have sought to incrementally advance our understanding of two

disparate scales of matter: (1) observational studies of the products of stellar nucle-

osynthesis, especially the heavy elements produced by n-capture reactions, and (2)

observational studies to identify correlations between stellar kinematics and chemi-

cal enrichment. We have also sought to link these two disparate scales, using matter

on nuclear scales to explain the assembly of matter on Galactic scales. The most

comprehensive approach to the problem suggests that, in the absence of a service-

able time machine, we gather abundance information for every isotope in every star

and every cloud of gas in the local group of galaxies. Given the absurdity of such

a research plan, however, we must be more clever about how we target stars for

analysis and how we interpret the limited elemental (rarely isotopic) information we

can glean from them.

Building on more than two decades’ worth of intensive research into the de-

tailed abundance patterns produced by n-capture nucleosynthesis, we have shown

that variations between the light and heavy n-capture elements produced in the

r-process abundance pattern can be characterized and related to realistic nuclear

astrophysics. We have shown that this model can also reproduce the derived abun-

dances of the radioactive actinide isotopes and their daughter decay products.

Some very puzzling matters still remain (e.g., how does the r-process produce large

amounts of the actinides relative to the rare earths while under-producing the Pb

isotopes?), but we have at least attempted to characterize which abundance features

are invariant so that greater attention may be focused on those that are variable.

As we have written (Roederer 2009), “[a]t low metallicities, n-capture enrich-
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ment is probably a very localized phenomenon that results in a wide distribution of

n-capture abundances, and thus it will be extremely difficult to identify any asso-

ciated large-scale kinematic behaviors of the proto-stellar clouds from which these

stars formed.” The observational component of this statement still holds true to

the best of our understanding: there is a wide distribution of n-capture abundances

(in context, the r-process) observed in metal-poor stars. Yet less than 2 years after

writing this statement we have serious concerns about the remainder of it. The oc-

currence of an r-process seems to be a frequent if not ubiquitous feature of (almost

certainly, but not exclusively) core collapse SNe. Of course not every metal-poor star

has been enriched by a strong r-process like that from which the star CS 22892–052

was enriched. If only the most basic features of the HEW r-process model presented

in Chapters 3 and 5 (whose development was led by K.-L. Kratz and K. Farouqi)

are correct—that a charged-particle process occurs alongside the r-process in the

neutrino wind of a core collapse SN and the heavy element production varies de-

pending on the physical conditions present at the time of nucleosynthesis—then the

products of the r-process are inextricably linked to SN physics! If so, why should

the r-process products be any less a tracer of kinematic behavior than, say, the α

elements (except perhaps because the heavy elements are generally less abundant

and more difficult to detect)?

Unlike the lighter elements, which may be produced (and destroyed) by a

myriad of processes, there are precious few ways to produce the isotopes of Ba

(A ∼ 130–140) and heavier. Again building on volumes of previous work, we have

shown that the products of the s-process can be identified with modest effort. As

far as we know, the s-process is the only other mechanism for producing significant

amounts of heavy nuclei. If the heavy elements were not produced in an s-process,

they must be produced in an r-process. Should multiple sites prove capable of

producing an r-process (or be required to explain some aspect of the observations),

this could complicate the interpretation, but ultimately it should lead to greater

understanding of those additional sites, as well.

If the basic relationship between r-process nucleosynthesis and its site(s) can

be established, observations of the heavy elements in various stellar populations

can play an even greater role in understanding their star formation and chemical

enrichment histories. Globular clusters, while not the simple stellar populations they

were once hoped to be, may play a key role in understanding the relationship between
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the strength of the r-process and the range of r-process enrichment levels in stars

of a given cluster. The former property may indicate some physical characteristic

of the SN event, while the latter may indicate the sphere of influence a particular

SN has when enriching the gas from which the next generation of stars form.

Concepts like these may (or may not) be important steps to interpreting

the enrichment patterns observed in larger stellar populations, such as the dSph

systems and the jumbled collection of orbits of Milky Way field stars. How—if at

all—are these systems related to one another? There is almost surely a fundamental

importance of the correlation between dwarf galaxy luminosity and mean metallicity

(Kirby et al. 2008). What fraction of the Galactic halo formed from the accretion of

systems like these but had the misfortune of falling into the Milky Way on plunging

orbits? Might the inner halo be formed from the disruption of a single massive

progenitor shortly after the Milky Way formed, or is it of a dissipationless nature?

Simulations can provide only some of the answers, and even they must be tuned to

reproduce the observed present-day chemistry.

Somehow we must bridge the gap between individual halo field stars and

the in situ outer halo of the Galaxy where a lot of the action is occurring. One

straightforward approach is to probe stars in the in situ outer halo itself. The star

noted in Chapter 9 and examined by Lai et al. (2009), SDSS J234723.64+010833.4,

at a distance of 40 kpc, has a unique [Mg/Ca] ratio and serves as a perfect example

of why we must move beyond the solar neighborhood. We have made use of two

tangential approaches, (1) comparing the compositions of large groups of field stars

with contrasting orbital motions and (2) examining the abundances of a metal-poor

stellar stream.

The inner and outer halo delineations are almost certainly a gross oversim-

plification of a very complex system. A homogeneous dataset and analysis are

prerequisites for detecting the subtle chemical differences between the two. Several

analyses by independent investigators have revealed a surprising degree of overlap in

their conclusions, namely that (1) the [α/Fe] ratios of the outer halo stars are lower

than their inner halo counterparts at a given metallicity, (2) a greater dispersion in

the [α/Fe] ratios exist in stars on orbits that carry them farther from the Galactic

center or above the Galactic plane, and (3) no significant variations exist among the

Fe-group elements in the two populations.1 More realistic models of the Milky Way

1Ishigaki et al. (2010) did not find a greater dispersion in the [Ni/Fe] ratios in the outer halo
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potential that incorporate a dynamic potential are being investigated (in collabora-

tion with R. Sanderson at MIT) as an avenue to identify halo substructure present

in our stellar sample.

Streams are the present-day manifestation of some of the confirmed building

blocks of the Milky Way (“confirmed” in the sense that they are in the halo but

not yet of the halo), and the one we have analyzed here is chemically no different

than the rest of the halo. In other words, its progenitor was not a system like

the dSphs that currently reside in the local group. These streams represent an

intermediate evolutionary state between progenitor system and complete disruption,

phase-mixing of orbits, and assimilation into the Galactic halo. Once a number of

streams have been identified and studied, attempts to use their chemical histories

to infer other properties of the disrupted systems may prove profitable.

The day is coming, if it is not already here, when we will have to know the

kinematic properties of a given field star in order to place its chemical enrichment

pattern in the proper context for interpretation. We will feel a sense of satisfaction

if we can address some of these matters before the GAIA satellite revolutionizes the

field. Currently slated for launch by ESA in 2012, GAIA will perform an astrometric,

photometric, and low-resolution spectroscopic survey of ∼ 109 stars in the Galaxy

over its planned 5 yr mission.2 This will provide an unprecedented understanding

of the dynamics of the Milky Way and solve a number of outstanding problems. We

find ourselves more eagerly awaiting the “problems” that GAIA will discover that

cannot be anticipated. Given the current suite of high-resolution echelle spectro-

graphs operating on 6.5–10 m class telescopes and with continued optimism for a

high-resolution echelle spectrograph to be included among the first-light instrument

package for the Giant Magellan Telescope, we will find no shortage of ways to link

these new Galaxy-scale problems with nuclear astrophysics.

Rather than asking the question of how we got here, we began by posing

the question of how nature arranged the isotopes in such a way as to make it more

difficult to annihilate ourselves en masse. To some extent Occam’s razor dictates

that we accept that we are here because we live in a universe that prohibited us

from annihilating ourselves while in a more primitive state of evolution. At present,

compared to the inner halo. This claim, made by Roederer (2009) on the basis of our dataset com-
piled from literature abundances, is likely an artifact of the inhomogeneous nature of the literature
sample.

2http://sci.esa.int/science-e/www/area/index.cfm?fareaid=26
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thankfully, there is no manufacturing process that can produce uranium (or other

fissile isotopes) from stable, naturally-occurring isotopes that are more commonly

found in the Earth’s crust. All isotopes heavier than 209Bi will ultimately decay

into (relatively) harmless Pb or Bi. Unfortunately, the timescales for the α and β

decay chains that will convert warheads into radiation shields are longer than the

age of the Universe, leaving the threat of mutually-assured self destruction as our

best deterrent to such a fate.
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Ivezić, Ž., et al. 2008, ApJ, 684, 287

James, C. R. 1998, BAAS, 30, 1321

Johnson, J. A., & Bolte, M. 2001, ApJ, 554, 888

Johnson, J. A. 2002, ApJS, 139, 219

Johnson, J. A., & Bolte, M. 2002a, ApJ, 579, L87

Johnson, J. A., & Bolte, M. 2002b, ApJ, 579, 616

Johnson, J. A., & Bolte, M. 2004, ApJ, 605, 462

Johnson, J. A., Ivans, I. I., & Stetson, P. B. 2006, ApJ, 640, 801

411



Johnson, J. A., Herwig, F., Beers, T. C., & Christlieb, N. 2007, ApJ, 658, 1203

Johnson, C. I., Pilachowski, C. A., Michael Rich, R., & Fulbright, J. P. 2009, ApJ,

698, 2048

Johnston, K. V., Hernquist, L., & Bolte, M. 1996, ApJ, 465, 278

Johnston, K. V. 1998, ApJ, 495, 297

Jonsell, K., Edvardsson, B., Gustafsson, B., Magain, P., Nissen, P. E., & Asplund,

M. 2005, A&A, 440, 321

Jonsell, K., Barklem, P. S., Gustafsson, B., Christlieb, N., Hill, V., Beers, T. C., &

Holmberg, J. 2006, A&A, 451, 651
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422, 527

Searle, L., & Zinn, R. 1978, ApJ, 225, 357

Seeger, P. A., Fowler, W. A., & Clayton, D. D. 1965, ApJS, 11, 121
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