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Astrophysical flows have an enormous dynamic range of relevant length

scales. The physics occurring on the smallest scales often influences the physics

of the largest scales, and vice versa. I present a detailed study of the multi-

scale and multidimensional behavior of three high-energy astrophysical flows:

jet-driven supernovae, massive black hole accretion, and current-driven insta-

bilities in gamma-ray burst external shocks. Both theory and observations of

core-collapse supernovae indicate these events are not spherically-symmetric;

however, the observations are often modeled assuming a spherically-symmetric

explosion. I present an in-depth exploration of the effects of aspherical explo-

sions on the observational characteristics of supernovae. This is accomplished

in large part by high-resolution, multidimensional numerical simulations of jet-

driven supernovae. The existence of supermassive black holes in the centers

of most large galaxies is a well-established fact in observational astronomy.
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How such black holes came to be so massive, however, is not well established.

In this work, I discuss the implications of radiative feedback and multidi-

mensional behavior on black hole accretion. I show that the accretion rate

is drastically reduced relative to the Eddington rate, making it unlikely that

stellar mass black holes could grow to supermassive black holes in less than a

Hubble time. Finally, I discuss a mechanism by which magnetic field strength

could be enhanced behind a gamma-ray burst external shock. This mecha-

nism relies on a current-driven instability that would cause reorganization of

the pre-shock plasma into clumps. Once shocked, these clumps generate vor-

ticity in the post-shock plasma and ultimately enhance the magnetic energy

via a relativistic dynamo process.
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Chapter 1

Introduction

1.1 Aspherical Core-Collapse Supernovae

Toward the ends of their lives, stars more mass than about 10 M� form

iron cores via fusion of lighter nuclei. Iron is the end state nucleus for fusion

as any further synthesis of heavier elements from iron is endothermic. Hy-

drostatic burning of silicon to iron continues in a shell around the iron core

until the iron core reaches about Chandrasekhar mass. At this mass, electron

degeneracy pressure can no longer support the iron core and gravitational col-

lapse begins. As the density and temperature in the core increase, the rate

of electron capture on iron-peak nuclei increases, further robbing the core of

electron-pressure support leading to an unstable runaway collapse. Pressure

support is also reduced by β-decays and photodisintegration of iron-peak nu-

clei, but these processes are generally less important than electron capture for

softening the equation of state of the iron core, creating the runaway collapse.

Collapse proceeds homologously until the core reaches nuclear densities,

ρ0 ≈ 1014 g cm−3. At these densities, the core compressibility is reduced by

nuclear pressure support and the collapse is decelerated, launching a shock

wave into the stellar matter still falling onto the core. If this “bounce” shock
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is strong enough to halt further collapse and to unbind the stellar envelope from

the collapsed core, a supernova via the “prompt”-mechanism results (Bethe

1990). In realistic calculations, the “bounce”-shock is not energetic enough

to power a supernova (Janka et al. 2007). The shock loses a large amount of

energy to dissociation of heavy nuclei. This in turn increases the energy loss

rate behind the shock due to electron-capture as electrons combine far more

readily with free protons than with protons in neutron-rich nuclei. These

energy-robbing processes cause the bounce-shock to stall at a radius of about

100-200 km. Stellar matter continues to fall onto the core through what is

now an accretion shock.

It is possible that the stalled shock is reinvigorated by neutrino heat-

ing, driving a supernova by the ‘delayed neutrino-heating mechanism’. Post-

bounce, a proto-neutron star (PNS) has formed at the center of collapsing star.

An enormous number of neutrinos are created by the formation of the PNS,

and they take only a fraction of a second to diffuse out of the PNS (Burrows

1990). These neutrinos deposit energy via captures on free nucleons (Janka

et al. 2007) in the region behind the shock called the ‘gain’-region, where

neutrino-heating is greater than neutrino-cooling. Neutrino-heating can cause

the shock to begin moving outward again and drive the supernova.

While the vast majority of the gravitational energy liberated by the

collapse of the core is carried away by neutrinos, it seems that enough of this

energy cannot be deposited behind the shock to power supernovae in all pro-

genitor stars. Sophisticated one-dimensional (1D) simulations of core-collapse
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including neutrino-transport and detailed neutrino reactions chronically fail

to result in successful explosions for progenitors more massive than about 10

M� (Rampp & Janka 2000, Thompson et al. 2003, Sumiyoshi et al. 2005). In

contrast, for progenitors in the mass range of 8-10 M� that form cores of oxy-

gen, neon, and magnesium (ONeMg) instead of iron, delayed neutrino-heating

has been found to drive successful explosions in 1D (Mayle & Wilson 1988,

Kitaura et al. 2006).

Neutrino-heating can be aided by multi-dimensional effects. Neutrino-

driven convection behind the stalled accretion shock can increase the amount

of energy extracted from the neutrinos by bringing proton-rich material into

regions of higher neutrino luminosity (Herant et al. 1992, Burrows et al. 1995,

Janka & Mueller 1996). In two-dimensions, explosions were obtained in cases

that failed in 1D (Burrows et al. 1995, Fryer 1999). These early 2D simu-

lations relied on single-energy, ‘grey’ neutrino emission. More sophisticated

simulations including energy-dependent neutrino emission (Buras et al. 2003,

Burrows et al. 2006) did not find successful explosions in 2D in the range of

progenitors treated by earlier 2D simulations. In 2D, successful explosions

via the delayed neutrino-heating mechanism were only found for progenitors

with masses of 11.2 M� (Buras et al. 2006). In these cases, the explosions were

aided by another multi-dimensional phenomenon, the standing accretion shock

instability (SASI, Blondin et al. 2003). It is possible that three-dimensional

effects will be found to further aid the success of delayed neutrino-heating

explosions. The first such three-dimensional simulations with sophisticated
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neutrino-transport and realistic equations of state are now being attempted

(Hammer et al. 2009, Burrows & Nordhaus 2009).

Despite the vast amount of energy carried by the neutrinos, it is possible

that even in 3D a sufficient fraction of this energy is not deposited in the ejecta

to drive all core-collapse supernovae. In this case, alternative mechanisms to

the delayed neutrino-heating paradigm, such as advective-acoustic oscillations

(Burrows et al. 2006, 2007b) and magnetorational jets (Wheeler et al. 2000,

2002, Obergaulinger et al. 2006b) must be considered. During core-collapse,

energy contained in the differential rotation of the progenitor can be converted

to magnetic energy via flux compression, field winding (Wheeler et al. 2000)

and the action of the magnetorotational instability (MRI, Akiyama et al. 2003).

For fast rotating progenitor cores, a strong magnetic field would result and

could drive bipolar outflows from the protoneutron star. For sufficiently fast

rotating cores, the resulting magnetic outflow could be strong enough to drive

the supernova (Wheeler et al. 2000, 2002, Akiyama et al. 2003, Burrows et al.

2007a). Supernovae driven, or at least aided, by magnetorotational forces are

expected to be elongated along the axis of rotation and markedly aspherical.

Numerous lines of observational evidence indicate that core-collapse su-

pernovae are, in general, aspherical (e.g., Fassia et al. 1998, Elmhamdi et al.

2003, Wang et al. 2003, Leonard et al. 2006, Maund et al. 2007a,b,c, Wang &

Wheeler 2008, Modjaz et al. 2008, Maund et al. 2009). Spherically-symmetric

supernova models cannot account for the observed evidence for mixing of heavy

elements outward in the ejecta, the appearance of large clumps of ejecta ma-
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terial, and non-zero polarization signals. In many supernovae, the appear-

ance of spectral lines at early epochs requires that radioactive nickel be mixed

out from the center of the explosion in order to excite the lines (e.g., Fassia

et al. 1998). In a spherically-symmetric CCSNe, the elements are arranged

in order of atomic mass, with the heaviest in the center, and there is no

mechanism to “dredge-up” heavy elements. In two- or three-dimensions, hy-

drodynamic instabilities during the explosion can lead to tendrils of heavy

elements stretching into ejecta layers made predominately of lighter elements.

Such instability-driven “dredge-up” of heavy elements can explain the ap-

pearance of radioactively-excited spectral lines at early epochs (Fassia et al.

1998). Substructure in certain spectral lines, particularly O II, is observed in

a number of supernovae (Modjaz et al. 2008, 2009). Simple uniform mixing

of radioactive material outward cannot explain such features. Instead, large

coherent “clumps” of radioactive material are indicated (Utrobin et al. 1995,

Chugai et al. 2005, Chugai 2006). Bipolar outflows of heavy elements, such as

would be expected in magnetorotational jet-driven supernovae, may be able

to account for this.

Polarimetry, and its spectrally resolved cousin, spectropolarimetry, have

opened a new window on studying the shapes of supernova explosions (Wang

& Wheeler 2008). Polarized emission from supernovae is caused by scattering

of photons by electrons into the observer’s line-of-site. Such scattered photons

will be intrinsically polarized. For unresolved supernova photospheres, a net

polarization only results if the photosphere is aspherical. For spherical pho-
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tospheres, the polarization vectors around the photosphere cancel out giving

a net zero polarization. Net polarization, indicating asphericity, has been ob-

served in a large number of core-collapse supernovae (Cropper et al. 1988, Jef-

fery 1991, Leonard et al. 2001, Wang et al. 2003, Leonard et al. 2006, Maund

et al. 2007b,a,c, Wang & Wheeler 2008, Maund et al. 2009). Additionally,

spectropolarimetric observations imply that aspherical core-collapse super-

novae often have an elongated photosphere with significant non-axisymmetric,

composition-dependent structure around the primary axis.

The jet-driven model of core-collapse SNe (e.g., Khokhlov et al. 1999,

Höflich et al. 2001, Maeda & Nomoto 2003) has features that may repro-

duce asphericity similar to that observed in many CCSNe, and has often been

used to explain such supernova asymmetries (see, e.g., Maund et al. 2007b,a,c,

2009). In this model, the explosion is driven by nonrelativistic bipolar jets

that send strong bow shocks into the progenitor envelope. These bows shocks

intersect near the equatorial plane of the star and establish an equatorial out-

flow that complements the polar outflows and completes the explosion. The

material that comprises the jets is elongated along the jet axis and is expected

to be nickel-rich owing to the jets’ origin in the inner core of the explosion.

Fluid instabilities at the interface between the helium core and hydrogen enve-

lope may produce clumps of helium in the hydrogen envelope, as also seen in

non-jet-driven supernova calculations (e.g., Kifonidis et al. 2003, 2006). The

character of such an unstable flow, however, has not been investigated for the

case of jet-driven SNe.
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In Chapter 2 (based in part on Wheeler et al. 2008), we discuss the

morphology of jet-driven supernovae in the specific context of supernova rem-

nant Cassiopeia A. There is a wealth of observational data for this remnant

indicating asphericity. In Chapter 3 (based in part on Couch et al. 2009) we

present a numerical study of the structure of jet-driven SNe in red supergiant

stars with adequate resolution to explore the nature of any unstable flows and

time evolution sufficient to make a direct comparison with observations. For

this class of progenitors, polarimetric observations have shown time-dependent

behavior indicating that the photospheres are spherical early on, but become

dramatically aspherical as the core of the explosion is revealed. We describe

how the jet-driven paradigm may explain this behavior. In Chapter 4, we

describe the characteristics of aspherical supernova shock breakout from com-

pact, Wolf-Rayet star progenitors. Such stars are thought to be the progen-

itors of stripped-envelope Type Ib/c supernovae. Aspherical shock breakout

can dramatically alter the nature of the breakout emission. We compare our

results to the specific case of an observed shock breakout, XRO 080109/SN

2008D.

1.2 Massive Black Hole Accretion

Massive black holes are ubiquitous throughout the universe, found in

quasars, active galactic nuclei, and quiescent nuclei in nearby galaxies. High-

redshift (z > 6) quasars have been observed with black hole masses estimated

to be as high as 1010 M�. How such massive black holes came to be is not
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fully understood. It is possible that massive black holes have started out as

stellar-mass (MBH < 100 M�) “seed” black holes (e.g., Madau & Rees 2001,

Menou et al. 2001, Islam et al. 2003). This would require the “seed” black

holes to accrete gas very efficiently during the cosmic time available to them

(e.g., Haiman & Loeb 2001, Volonteri et al. 2003, Tanaka & Haiman 2009, see

also Haiman & Quataert 2004, Djorgovski et al. 2008, and references therein).

The rate at which a seed massive black hole can accrete is limited by the local

density and the thermal structure of the protogalactic medium and by the

effects of the radiation emitted near the event horizon on the accretion flow.

Cosmological hydrodynamic simulations suggest that gravitational collapse

produces dense central gas concentrations in protogalaxies (e.g., Springel et al.

2005, Li et al. 2007, Pelupessy et al. 2007, Wise & Abel 2007a,b, Wise et al.

2008, Di Matteo et al. 2008, Greif et al. 2008). On spatial scales that are

resolved in the simulations, gas is sufficiently concentrated to enable rapid

accretion onto a seed black hole.

Radiative feedback from near the event horizon of the black hole could

inhibit rapid accretion onto seed black holes even in the presence of an ample

gas supply. Current cosmological simulations of the growth of black holes

do not resolve the spatial scales at which some radiative processes may alter

accretion. Semianalytic models are often employed to model the accretion

rate of seed black holes in such simulations. Theses models generally neglect

radiative feedback effects and assume that the black hole is capable of accreting

at the Bondi rate subject to the Eddington limit (e.g., Volonteri & Rees 2005,
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Alvarez et al. 2006, Johnson & Bromm 2007, Pelupessy et al. 2007, Di Matteo

et al. 2008, Greif et al. 2008). It is critical that the validity of this assumption

be re-evaluated including local radiative feedback effects that would be present

for a black hole accreting in a radiatively efficient manner.

The accretion rate into a black hole is sensitive to the thermal state

of the irradiated accretion flow. Photoheating and photoionization pressure

may prohibit steady radiatively efficient accretion (e.g., Shvartsman 1971, Buff

& McCray 1974, Hatchett et al. 1976, Ostriker et al. 1976). The possibility

exists, however, that accretion can still proceed at rates disallowed by the

steady state solutions if cycles of rapid gas inflow, during pauses in accre-

tion near the event horizon, alternate with photoheating or photoionization

pressure-driven outflows (Buff & McCray 1974, Ostriker et al. 1976, Cowie

et al. 1978, Stellingwerf & Buff 1982, Begelman 1985). Such quasiperiodic cy-

cling is seen in one-dimensional simulations of Compton-heated accretion onto

MBH & 108M� black holes in galaxy clusters, where the black hole accretes

from a hot, ionized, and pressure supported atmosphere (Ciotti & Ostriker

1997, 2001, 2007, Sazonov et al. 2005). Recently, Ricotti et al. (2008) revisited

the problem of irradiated quasiradial accretion in the context of primordial

black hole growth following the cosmic recombination (see, e.g., Ricotti 2007,

and references therein), and suggested that the accretion duty cycle is de-

termined by the periodic formation of an H II region surrounding the black

hole.

In Chapter 5 (based in part on Milosavljević et al. 2009a), we evaluate
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the behavior of the accretion onto an efficiently-radiating black hole, account-

ing for the feedback that such radiation would have on the accretion. We

restrict our analysis to the early growth of quasar-progenitor “seed” black

holes (102M� . MBH . 105M�) accreting from a metal and dust poor en-

vironment. In Chapter 6 (based in part on Milosavljević et al. 2009b), we

present results from our program to investigate radiatively-efficient accretion

onto black holes embedded in a realistic galactic gaseous medium with the help

of high-resolution hydrodynamic simulations. We do not attempt to simulate

fluid flow and radiation emission mechanisms near the event horizon of the

black hole; instead, we simply fix the shape of the spectral energy distribution

of the radiation produced near the event horizon and simulate the irradiated

fluid flow on radial scales spanning the sonic radius, where the photoheated

fluid falls supersonically toward the black hole, and a much larger radius in

the gas cloud that is entirely unaffected by the black hole’s radiative output,

where boundary conditions for the accretion flow are set.

1.3 Cosmic Rays in GRBs

The standard model for gamma-ray burst (GRB) afterglow emission re-

quires nonthermal acceleration of electrons to ultrarelativistic energies. This

can take place in the “external” relativistic shock wave driven into the cir-

cumburst medium by the burst ejecta (e.g., Piran 2005b, Meszaros 2006, and

references therein). Candidate mechanisms for shock acceleration, such as

the first order Fermi mechanism—also known as diffusive shock acceleration
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(DSA; e.g., Bell 1978, Blandford & Ostriker 1978, Blandford & Eichler 1987)—

can accelerate all charged particles, including the positively charged ions, for

whose acceleration in GRB afterglows we still do not have direct observa-

tional evidence. While theoretical models for particle acceleration in shocks

have largely been based on analytic or semianalytic prescriptions for particle

injection into the acceleration cycle and its scattering in the random mag-

netic field of the shock (e.g., Achterberg et al. 2001, Ellison & Double 2002,

Niemiec & Ostrowski 2006, and references therein), recent two-dimensional

first-principles particle-in-cell simulations of unmagnetized pair shocks have

delivered the first encouraging direct evidence for the formation of the signa-

ture nonthermal power-law tail (Keshet et al. 2008, Spitkovsky 2008b). The

power law tail seems to arise in tandem with a self-sustained electromagnetic

structure in the shock precursor, where the nonthermal particles that move

ahead of the shock excite plasma instabilities. In their nonlinear develop-

ment, the instabilities generate a magnetic field that scatters the nonthermal

particles back toward the shock and thus closes the acceleration cycle.

Inverse Compton cooling of the nonthermal electrons imposes an up-

per limit on the energy of electrons that are accelerated by DSA (e.g., Li &

Waxman 2006). Since higher energy ions reach farther from the shock into

the shock upstream, there may exist a region in the shock upstream devoid

of nonthermal electrons that still contains nonthermal ions. In the reference

frame in which the shock upstream is at rest, the nonthermal ions are beamed

forward within the narrow angle ∼ Γ−1, where Γ � 1 is the shock Lorentz
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factor. The upstream plasma responds to the forward-beamed nonthermal

ions by developing a return current (see, e.g., Thode & Sudan 1975, Spicer &

Sudan 1984, and references therein) which flows toward the shock. The return

current cancels the charge separation between the nonthermal ions that reach

farther from the shock and the nonthermal electrons that are confined closer

to the shock by the inverse Compton losses. If the upstream plasma is weakly

magnetized, the flow of return current across a weak magnetic field accelerates

the upstream plasma transversally, i.e., perpendicular to the direction of shock

propagation, which creates inhomogeneities in the plasma (Reville et al. 2006,

Pelletier et al. 2008); this is a relativistic version of the mechanism discussed

by Bell (2004, 2005).

In Chapter 7 (based in part on Couch et al. 2008), we explore the con-

sequences of the formation of a power-law tail of accelerated particles for shock

hydrodynamics when a weak, large scale magnetic field is present in the shock

upstream. We restrict our analysis to the region in the shock upstream devoid

of nonthermal electrons that still contains nonthermal ions. We show that even

when the upstream magnetic field is weak, these density inhomogeneities may

be sufficient to generate a stronger magnetic field in the shock downstream via

vorticity production at the shock transition (Goodman & MacFadyen 2007,

Sironi & Goodman 2007).
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Chapter 2

The Shape of Cas A1

2.1 Introduction

The star we now recognize as the supernova remnant Cassiopeia A

probably exploded in 1680 (Thorstensen et al. 2001, Fesen et al. 2007). It has

been an astrophysical mystery ever since its re-discovery by radio astronomers

(Ryle & Smith 1948) and has been the target of increasingly sophisticated

studies over a range of wavelengths in the radio (Anderson et al. 1991, Keo-

hane et al. 1996, Liszt & Lucas 1999), optical (Fesen & Gunderson 1996, Fesen

2001, Fesen et al. 2001, 2006a,b, Morse et al. 2004), IR (Krause et al. 2005,

Ennis et al. 2006), and X-ray (Markert et al. 1983, Hughes et al. 2000, Will-

ingale et al. 2002, 2003, Hwang et al. 2000, 2001, 2004, DeLaney et al. 2004,

Laming et al. 2006). The projected image of Cas A shows a prominent jet-

like structure in the NE and a “counter-jet” diametrically opposed in the SW.

Other protrusions and interruptions in the images are notable in images at

the various wavelengths. The first image taken with the Chandra Observa-

tory dramatically revealed the long-sought compact object. This dim object

has yet to be given a firm physical identification as a neutron star or black

1Significant portions of this chapter have been published previously as Wheeler, Maund,
& Couch (2008)
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hole. The compact object is displaced from the kinematic center of the rem-

nant (Fesen et al. 2006a) to the South, nearly perpendicular to the locus of

the “jet/counter-jet” structure. X-ray studies of the remnant have led to the

discovery that iron-rich regions lie beyond silicon-rich regions (Hughes et al.

2000), suggesting some sort of inversion of the expected “onion-skin” structure

of the progenitor star. Fine-scale turbulence might mix the originally strati-

fied composition and lead to Fe at larger radii than Si, but it is not clear that

such a process can lead to a large scale segregation of the compositions, as the

observations suggest.

Laming et al. (2006) consider the possibility that the NE/SW “jets”

represent a spherical explosion into an inhomogeneous CSM with “cavities”

so that expansion is faster into those cavities, as suggested by Blondin et al.

(1996). They find that such a model cannot give a sufficiently high density of

plasma at high enough temperature. The ejecta expand so rapidly that the

density is too low either for appreciable electron-ion equilibration to raise the

electron temperature or to sufficiently ionize the plasma as observed for the

NE jet. Laming et al. consider a jet-induced model based on the calculations

of Khokhlov et al. (1999) and find that such a model can provide the required

conditions of ionization age and electron temperature for the collisional ioniza-

tion equilibrium knots at the jet tip and the non-ionization equilibrium further

back in the jet stream. Laming et al. argue that there should be a substantial

amount of cold plasma at the “jet” head that has been cooled by radiative and

adiabatic losses. This material could be composed of Fe, but is not necessarily
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so. Laming et al. note that the blast wave is not seen in the direction of the

NE “jet.” The NE jet is thus not overdense compared to the stellar envelope,

as it was for the jet-induced supernova models of Khokhlov et al. (1999) (see

also Höflich et al. 2001, Khokhlov & Höflich 2001). Laming et al. find that

the kinetic energy in the NE “jet” is a relatively modest 1050 ergs, perhaps

insufficient to represent the major power source that caused the supernova

explosion. This leaves open the basic physical mechanism of the explosion.

Hwang & Laming (2003) argue for an ejecta mass of about 2 M� and

a total mass of the star at the time of the explosion of about 3 M�. Chevalier

& Oishi (2003) have made the case for a clumpy wind that may account for

the quasi-stationary flocculi and that the explosion might have corresponded

to a Type IIn or Type IIb supernova, in current typology. Young et al. (2006)

argue that the progenitor was a star of 15 - 20 M� on the main sequence that

lost its hydrogen envelope to a binary companion and exploded with a mass

of 4 - 6 M�.

Among the elements that must be explained to fully account for the

shape of Cas A are:

• A basic filametary morphology (Fig. 1a)

• Quasi-stationary flocculi (Fesen 2001)

• Fast-moving knots of oxygen and their concentration at certain angles

(Fesen et al. 2006b)
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• The appearance of “rings” at various parts of the perimeter (Fig. 1b)

• The asymmetric distribution of mass (Willingale et al. 2003)

• The distribution of silicon and other intermediate mass elements (Hwang

et al. 2004)

• The concentration of iron to the SE and NW, especially its appearance

at larger projected radii toward the SE than silicon and its apparent

absence in the NE “jet” (Hughes et al. 2000, Hwang et al. 2004)

• A prominent blue-shifted region to the SE (Markert et al. 1983, Hwang

et al. 2001, Willingale et al. 2002)

• The prominent “jet” and “counter-jet” structure in the NE/SW (Fesen

2001, Hwang et al. 2004)

• The location and direction of motion of the compact object (Fesen et al.

2006a)

• The lack of a prominent pulsar wind nebula around the compact object

(Fesen et al. 2006c)

• The expansion velocities and energetics as a function of distance, angle,

and composition (Willingale et al. 2002, Hwang et al. 2004, Fesen et al.

2006a, Laming et al. 2006)

• The presence or absence of a companion star (Fesen et al. 2006c)
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As a step toward accounting for these properties we consider the physics

and morphology implied by a “jet-induced” supernova model. The motiva-

tion for such a model has arisen in the context of recent developments in the

study of the spectropolarimetry of core-collapse supernovae (Wang et al. 2003,

Maund et al. 2007c,b,a, Wang & Wheeler 2008) that show that core core col-

lapse supernovae are routinely aspherical and frequently display a prominent

axisymmetry. One obvious way to induce such an asymmetry is to explode the

supernova with bi-polar jets (Khokhlov et al. 1999). Wheeler et al. (2007) point

out that while bi-polar “jet-like” flow is common in core collapse supernovae,

evidence for non-axisymmetric structure is also prominent. The presence of

non-axisymmetric morphology is manifested as “loops” in the plane of the

Stokes parameters Q and U. This non-axisymmetric structure was prominent

in SN 1987A (Cropper et al. 1988) and is now recognized to be composition-

dependent, with different species ejected in different directions. Deeper study

of Cas A may help to inform our interpretation of the spectropolarimetric data

and vice versa. A basic picture of a bi-polar explosion with significant non-

axisymmetric flow may apply in general to core-collapse explosions. Here we

explore whether such a picture can help to illuminate the morphology of Cas

A.

2.2 Proposed Geometry

As an organizing principle, we will adopt here the ansatz that the ex-

plosion of Cas A was jet-induced without going into detail as to the physical
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origin of the jet(s). A basic jet-induced model has certain generic features:

1) principal high-velocity flow along an axis, presumably the rotational axis

of the progenitor star and of the new-born compact remnant; 2) bow shocks

generated by the jets, and a convergence of those bow shocks and associated

flow onto the equator with 3) the subsequent expulsion of the bulk of the stel-

lar core and mantle in a toroidal configuration (Khokhlov et al. 1999, Höflich

et al. 2001, Khokhlov & Höflich 2001). For simple models in which the “up”

and “down” jets are identical, the resulting fundamental geometry comprises

a jet and torus structure. Here we will explore what orientation of this model,

and what departures from its basic depiction, may account for the observed

structure, kinematics, and composition distribution of Cas A. A key compo-

nent of the jet-induced models is the distribution of the original “onion-skin”

layers of the massive star progenitor (Höflich et al. 2001, Khokhlov & Höflich

2001, Maeda & Nomoto 2003). One expects that the jet will be predominantly

composed of iron-peak matter arising from deep within the progenitor. The

bulk of the star, composed of the outer layers of Si, Ca, O, He, and perhaps

some H, that surrounded the iron core will be compressed and expelled in the

expanding equatorial torus.

If a jet/torus geometry pertains to Cas A, a principal question to ask is

the direction of the main jet flow. Laming et al. (2006) have established that

the the NE “jet” does represent a jet-like flow, but its rather feeble energy

suggests that this may not be the principal axis of the explosion. We note

that in the jet-induced model, the energy originally injected in a relatively
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narrow solid angle in the jets is redistributed throughout the stellar envelope.

The amount of energy remaining in the original jet direction is model depen-

dendent. Thus how measurements of energy and velocities in a given direction

constrain models is not obvious. Markert et al. (1983) presented Einstein data

that showed a substantial blue shift in the SE direction as projected on the sky,

not along the classic NE “jet.” Hwang et al. (2001) and Willingale et al. (2002)

presented the same feature in Chandra and XMM Newton X-ray Doppler shift

maps. Willingale et al. (2003) identify a torus with an axis oriented approxi-

mately in this direction. Dewey et al. (2007) present another version of a Cas

A X-ray Doppler map coupled with transverse proper motions from DeLaney

et al. (2004) to yield a 3D map of a selection of X-ray emitting knots. This

map (comprising only 17 points, but promising the richness to come) shows

again that, as viewed from the top, normal to the line of sight, the major blue-

shifted component is oriented at about 45to the East (clockwise) from the line

of sight to the observer, with a red shifted component at about 225 From the

observer’s point of view, the knots with highest blue shift form a rough “ring”

with a rather large opening angle of ∼ 30 This again suggests a major flow

pattern at a projected position angle (counterclockwise from North on the

plane of the sky) of about 125as illustrated in Fig. 1a. This direction is also

marked by a concentration of Fe that extends beyond the Si-rich material in

that direction (Hughes et al. 2000, Hwang et al. 2004). Here we assume that

the direction indicated by these observations represents the projected main

axis of the jet in the jet/torus geometry. We suggest that the main jet axis is
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then oriented to the SE at a position angle of about 125 roughly 40 - 50to the

East and 20 - 30to the South with respect to the line of sight.

This geometry suggests an alternative explanation for the observation

of iron-peak matter beyond the silicon-rich material (Hughes et al. 2000).

Rather than a literal mixing of the matter through Rayleigh-Taylor or other

processes, the apparent distribution of matter of different composition could

be affected by projection effects. In particular, in the proposed geometry, the

main jet would be iron rich. The equatorial flow would tend to be Si rich (also

O and Ca rich). In this configuration, the iron in the jet in the SE direction

approaching the observer would tend to be faster, but it would also appear

to be “outside” the Si in the SE portion of the slower moving torus because

of projection effects. This might give a natural explanation for the apparent

“overturn” of the Fe compared to the Si, without requiring “overturn,” per se.

Because of entrainment effects there could be some high-velocity Si in

the axial jet flow and some Fe in the equatorial flow. Note also that the initial

energy in the jet will be dissipated throughout the mantle and envelope and

that rapid flow in the direction of the jet could lead to adiabatic expansion

and cooling so that a significant portion of the jet flow would be difficult to

detect in current X-ray observations, as found for the NE “jet” by Laming

et al. (2006).

2.3 The Compact Object

Fesen et al. (2006a) have shown that the position of the compact ob-
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ject in Cas A is located to the South at a position angle of 169± 8.4from the

kinematic center of the explosion determined by tracing the proper motion

of expanding optical emission knots (see Fig. 1a). This has posed a special

puzzle for a picture in which the classic NE jet and SW counter-jet repre-

sented the principal axis of the explosion. One would then expect, on general

grounds under the jet-induced ansatz, the motion of the compact object to be

roughly along that axis. Instead the motion inferred by the displacement of

the compact object from the kinematic center is nearly normal to the NE/SW

axis. In the geometry proposed here, the PA of the compact object requires

some, but only modest, misalignment from the main axis of the jet in the SE

direction.

Consider the geometry of Cas A in spherical polar coordinates, with

the observed position angles projected onto the plane of the sky. In spherical

polar coordinates, let θ be the latitudinal angle, measured from East (counter-

clockwise) of North and φ be the longitudinal angle measured in the plane of

the observer, such that cos(φ) = 1 is toward the observer and cos(φ) = −1 is in

the opposite direction with φ increasing to the East (clockwise as viewed from

the North). With î, ĵ, k̂ unit vectors corresponding to the observer direction

(φ = 0, East (φ = 90, and North, respectively, the position vectors of the jet

(subscript J) and compact object (subscript C) are then:

r̂J = sin θJ cosφJ î + sin θJ sinφJ ĵ + cos θJ k̂, (2.1)

r̂C = sin θC cosφC î + sin θC sinφC ĵ + cos θCk̂. (2.2)
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The angle, χ, between the jet and compact object is given by:

r̂J · r̂C = |r̂J ||r̂C | cosχ, (2.3)

such that

cosχ = sin θJ cosφJ sin θC cosφC + sin θJ sinφJ sin θC sinφC + cos θJ cos θC .

(2.4)

The observed position angle on the sky, θp,C , measured East of North (coun-

terclockwise), is related to the latitudinal angle, θC , of the 3D model of Cas

A by:

tan θp,C = tan θC sinφC . (2.5)

Equation 2.5 can be solved to give sinφC and cosφC in terms of sin θC and

cos θC . When substituted into Eqn. 2.4, this gives cosχ as a function of cos θC :

cosχ = sin θJ cosφJ
[
1− (1 + tan2 θp,C

)
cos2 θC

]1/2
+(sin θJ sinφJ tan θp,C + cos θJ) cos θC .

(2.6)

Figure 2.2 gives χ as a function of the unknown angle, θC , for a range of

plausible values of θJ and φJ for the nominal value of the position angle of

the compact object, θp,C . Note that θC is bounded on one side by motion

essentially on the line of sight corresponding to θC = 90 for which φC = 0

and cosχ = sin θJ cosφJ . On the other extreme the motion at the observed

position angle could be in the plane of the sky corresponding to φC = 90and

θC = θp,C , for which cosχ = sin θJ sinφJ sin θp,C + cos θJ cos θp,C . While there

are ranges of parameter space with large values of χ, there are clearly ranges
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that give a modest value, χ ≤ 30 Fig. 2.2 shows that for a given choice of the

jet angles, χ has a minimum at a specific value of cos θC . Figure 2.3 gives a

plot of χmin versus θC for θJ = 120and a range of values of φJ and θp,C .

Figures 2.2 and 2.3 show that while there are valid portions of parame-

ter space for which the separation angle would be large, there is an ample and

reasonable range of parameter space for which the direction of motion would

be near to that of the proposed main jet. In particular, if the main axis of the

jet is about 40 - 50East and 20 - 30South of the line of sight (θJ = 110− 120,

then the motion of the compact object would only have to be of order 30off

the main axis of the jet to point at a projected position angle θp,C ∼ 169 In

this proposed geometry, the PA of the compact object would be nearly, if not

exactly, aligned with the axis of the main SE jet and nearly orthogonal to the

NE/SW “jet” axis. While this departure of the motion of the compact object

from the principal axis requires further explanation, it is completely in keep-

ing with the tilt of the rings in SN 1987A from the apparent axis of symmetry

(Wang et al. 2002) and with the dispersion of proper motions of young pulsars

from the axes of symmetry of their remnants Ng & Romani (2006), and per-

haps with growing evidence from spectropolarimetry for “tilted-jet” models of

core collapse wherein the jets defining bi-polar axes are not exactly aligned

with the dominant geometry of the progenitor (Maund et al. 2007c,b,a).
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2.4 Jets and Holes

What, then, are we to make of the classic NE “jet” and SW “counter-

jet” structure? Beside these features, Cas A shows other evidence for “rings”

and “holes” in optical imaging as spectacularly displayed in new HST ACS

images as displayed in the Hubble Heritage collection (Fig. 1b; Fesen, pri-

vate communication 2007; http://heritage.stsci.edu/2006/30/index.html) In

particular, there is a prominent ring in the North (on the far side from the

observer) and a smaller ring within that, suggesting the rims of “holes.” There

are other smaller, but distinct, ring-like features in the SE and SW. Clearly,

Cas A does not correspond to a simple axially-symmetric, jet-induced flow.

The outward flow and shocks involved in a supernova explosion are, in

many circumstances, subject to Rayleigh-Taylor (RT) and Richtmyer-Meshkov

(RM) instabilities. In addition, any hydrodynamic flow that is not strictly

spherically symmetric will involve shear and the possibility of Kelvin-Helmholz

(KH) instabilities. All such instabilities could contribute to the breakdown of

strict axial symmetry. In the jet-induced models of Khokhlov et al. (1999) the

jet was, in fact, subject to the KH instability, but the growth time was long

compared to the propagation time out of the core, so the structure, although

computed in full 3D, maintained the axisymmetric structure of the initial

conditions despite the presence of the instability. Another way of breaking

symmetry is to have axial jets of different strength. Khokhlov et al. (1999)

computed two axial jets of identical nature, but discussed the possibility that

the “up” and “down” jets could have different energy and momenta, with
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the difference in the momenta being delivered to the compact object in the

form of a “kick.” This imbalance in jet properties could both break the mirror

symmetry that was imposed in the calculations of Khokhlov et al. (1999) and

cause a deviation of the directions of the jets and the recoil of the compact

object, with possible implications for Cas A and other core collapse supernovae.

We thus also hypothesize that while the main jet and counter-jet that

actually triggered the explosion of Cas A are to the SE/NW, the classical

NE/SW “jet/counter-jet” structure and the northern “hole” are secondary

effects resulting from instabilities in the equatorial plane of relatively modest

energy ∼ 1050 ergs. In particular, we postulate that these features represent

faster “spoke” or “finger” “jet-like” flow in the plane of the expanding torus

due to various instabilities encountered by the expanding toroidal flow.

In the jet-induced model, the equatorial, toroidal component will in-

evitably be subject to KH instabilities as it propagates out into the mantle

and envelope. The growth time is shorter for smaller wavelengths, but the

shortest wavelengths will be suppressed by any restoring force as might be

rendered by embedded magnetic fields. It is thus difficult to determine the

characteristic scale of these streaming instabilities in the absence of an appro-

priate 3D numerical calculation. Hungerford et al. (2003) performed relevant

3D calculations with both jet-like and disk-like flow, but it is not clear that

their SPH calculation had the resolution to see the KH instability and others

to be discussed below. The KH instability will also accompany RT and RM

instabilities. There may also be a coupling between the shear flow along the
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top and bottom faces of the expanding torus and the RT and RM instabilities

that will be triggered along the outer rim of the torus. It may be that the KH

instability is mostly responsible for entrainment, not the growth of spokes.

The equatorial, toroidal flow will also be subject to RT instabilities as

the denser torus is decelerated by the less dense mantle and envelope of the

star. The core is roughly an n = 3 polytrope. The torus expands with density

decreasing roughly as r−2 if there is little increase in the vertical height. If the

density profile in the core is steeper than r−2, the torus will always tend to be

denser than the mantle into which it expands. While the details will depend on

the nature (density, energy, opening angle) of the axial jets, the calculation of

Khokhlov et al. (1999) shows that the toroidal structure remains denser than

the surrounding He core by about a factor of 3 as the torus comes to the edge

of the helium core. The torus will be denser than any surrounding hydrogen

envelope of essentially constant density. The torus will thus constantly be

subject to RT instabilities as it propagates outward, depending on its heat

content and capacity to do PdV work, just as for the spherical expansion that

has traditionally been studied in this context (Chevalier 1976, Kifonidis et al.

2003, 2006).

While in the linear limit, small scales will grow faster by RT instability.

In the non-linear limit the velocity of the growth of RT instabilities is given

approximately by:

vRT ∼ (aL)1/2, (2.7)

where a is the effective acceleration and L is the characteristic scale length
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(Youngs 1986). At this stage, larger scales will grow faster. Laser-induced

production of 3D RT instabilities has shown that RT fingers tend to form and

grow at nearly the effective “free-fall” rate, the velocity of the interface before

deceleration, in this case vt, the velocity of the expanding torus (Drake et al.

2004).

The characteristic length scale for the RT instability is often taken to

be the pressure scale height in the star (Chevalier 1976). Alternatively, the

characteristic length scale for the RT structures may be the effective vertical

height of the expanding torus. If so, the torus might tend to break up into

∼ r/h fingers, where r is the radius of the torus and h its (full) thickness. The

jet-induced models of Khokhlov et al. (1999) give an opening angle of ∼ 30as

the torus impinges on the outer helium core. This would give r/h ∼ 5 − 6,

implying 5 or 6 “fingers” per hemisphere or 10 - 12 around the full perimeter

of the torus. This is somewhat larger than, but perhaps in the ball park of,

the number of “fingers” seen in Cas A. The most prominent fingers might be

fewer than the total.

Equation 2.7 depends on the amplitude of the deceleration, which is it-

self a function of the density of the torus and the ambient medium into which it

propagates. Invoking momentum conservation (neglecting the pressure within

the torus as if it were already cold and expanding homologously) and ex-

pressing the effective acceleration as the ram pressure exerted by the mantle,

∼ ρmanv
2
t divided by the mass per unit area of the torus that is decelerated in
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a given time, one can write:

a ∼ ρmanv
2
t

ρtvtτ
∼ ρmanvt

ρtτ
, (2.8)

where ρman is the density of the mantle, ρt is the density of the torus, vt is the

velocity of the torus, and τ is the timescale of the growth of the RT structure.

From Eqns. 2.7 and 2.8, we can write

τ ∼ ρmanvt
ρta

∼
(
L

a

)1/2

, (2.9)

and hence

a ∼
(
ρman
ρt

)2
v2
t

L
, (2.10)

giving

vRT ∼ ρman
ρt

vt, (2.11)

where L ∼ rt/5 and rt is the radius of the torus.

For the particular simulation of the core of a 15 M� star of Khokhlov

et al. (1999), the torus hits the edge of the helium core of radius 2× 1010 cm

in 35 seconds and hence has a mean velocity of ∼ 6000 km s−1. The torus has

a density about 3 times that of the mantle so the acceleration that drives the

RT instability at that point will be a ∼ 107 cm s−2 and the growth rate of the

fingers will be vRT ∼ 1
3
vt. The latter result suggests that the RT fingers might

not have reached the saturation limit at this epoch. Note that if the fingers

grow at the rate of motion of the interface, vt (Drake et al. 2004), then they

could develop ∼ 3 times faster.
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The RM instability occurs when shocks propagate down density gra-

dients and especially when shocks encounter density discontinuities, such as

found at composition boundaries in massive stellar cores. For the cores of

stars that were the likely progenitor of Cas A, these are the Fe/Si boundary,

the Si/O boundary, the C-O/He boundary, and the He/H boundary, if any

(Kifonidis et al. 2003, 2006). For perturbations of initially small amplitude,

δr, of characteristic length, L, the growth rate for RM instabilities is:

vRM = 2πvt

(
δr

L

)
A, (2.12)

where A is the Atwood number, A = ρt−ρman

ρt+ρman
(Youngs 1986). At the boundary

of the helium core, where A ∼ 1/2 then vRM ∼ 3vt ∼ 9vRT for δr ∼ L.

To illustrate the capacity of a jet-induced model to produce this variety

of instabilities (if not literally the structure of Cas A), we show in Figure 2.4 the

result of a two-dimensional simulation of equal and opposite jets propagating

from the center of a helium star. The progenitor model was the 3.5 M� core

remaining from the evolution of a star of 10 M� (Woosley et al. 1995). The jets

were introduced as an inflow boundary condition at the inner radial coordinate

of 3.82×108 cm with an opening angle of about 25 The jet density, pressure

and injection velocity rise linearly to maximum values of 6.5×105 g cm−3,

1023 ergs cm−3 and 3.22×109 cm s−1, respectively, over the course of 0.05

seconds. After about 0.5 seconds, the jet injection velocity is linearly reduced

to zero in about 1.5 seconds. These parameters were chosen so as to deliver

a total energy of 1051 ergs to the star (one-half that energy in each jet). The
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mass interior to the lower boundary, 1.593M�, was included as a point mass

source of gravitation. The self-gravity of the remaining portion of the star was

neglected. These conditions were intended to approximately reproduce those

of Khokhlov et al. (1999).

The resulting dynamics were computed using the FLASH code (Fryxell

et al. 2000). We used a grid in spherical coordinates with eight levels of re-

finement in both radius and angle. The maximum effective number of angular

zones is 1024 and the maximum number of radial zones is 8192. This gives a

minimum resolution in radius of ∼ 1.5 × 107 cm and in angle of 0.175corre-

sponding to 3×106 cm at R = 1×109 cm). This compares to the simulation of

Khokhlov et al. (1999) that had a minimum resolution of ∼ 3.7× 107 cm near

the inner boundary that degraded in the Cartesian grid of that simulation to

∼ 2.3×109 cm at the outer boundary (∼ 1.5×1011). Our maximum resolution

remains constant in radius and our angular resolution is higher throughout the

simulation compared to that of Khokhlov et al. (1999). The instabilities that

set in at larger radius are thus better resolved.

Figure 2.4 shows the results after 47 seconds with the jets in the vertical

directions. The leading shock induced by the jets has propagated out of the

star (initial radius 1.07× 1011 cm) and off the grid (1.2× 1011 cm). The effect

of the jets in the inner core have “healed” due to transverse pressure gradients.

The remnants of the passage of the jets can still be seen in the outer triangular

regions at a radius of 4−7×109 cm. The effects of instabilities are plainly seen.

The RM instabilities and associated KH instabilities induced as the jet shock
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propagated across the Si/O boundary are seen in the “cap” at about 9× 1010

cm. The horizontal structure is in the equatorial plane and results from the

convergence of the jet-induced blast waves on the equator. KH rippling is seen

at about 5× 1010 cm and an RM/KH “mushroom” is seen on the leading edge

of the toroidal structure at about 8 × 1010 cm. All this structure would be

different for 3D (the small extensions right on the computational axis at 9×1010

cm are surely artificial) and with a true, rather than numerically generated,

Reynold’s number in the flow, but the basic presence of the instabilities is well

illustrated. We note that while a plausible, but arbitrary, perturbation must

be added to induce RM and RT growth in a spherical model (Kifonidis et al.

2006), a jet-induced model, by assumption, represents a large asymmetric

“perturbation,” leading to “natural” and significant instabilities. Details of

this simulation will be presented elsewhere.

The RT and RM (and KH for that matter) instabilities tend to lead to

mixing in the non-linear limit. If we want to explain “fingers” in Cas A, then it

may be necessary for the fingers to break out of the star before that turbulent,

non-linear limit is reached, although finer scale structure might be related to

the fast-moving knots. The analysis given above (Eqns 8 - 11) suggests that

might be the case for the RT instability; that the RT fingers have not reached

saturation before the explosion leaves the helium core. The RM instabilities

may grow faster locally at the composition discontinuities, but it is not clear

in the absence of an appropriate simulation how this will interact with the

RT structure. Limitation of the non-linear turbulence might be aided by the
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fact that the progenitor star had lost most or all of its hydrogen envelope and

hence was something similar to a bare helium core. Figure 2.4, which is not

yet in homologous expansion, hints that some of this structure may survive.

We note that in the proposed picture the toroidal flow and “fingers”

should be composed of elements such as Si, Ca, O, and should be relatively

devoid of iron-peak matter. This might agree with the high-velocity oxygen-

rich knot structure of Fesen et al. (2006b) and the relative paucity of Fe in

the direction of the NE “jet” observed in the X-ray. Once again, we note

that especially fast moving matter in the “fingers” may undergo adiabatic

expansion and cooling so that the bulk of it may be hard to detect.

If there are equatorial “fingers” of faster flow, this flow may also drive

lateral pressure waves piling up matter on the “walls.” These walls might

thus be denser and that higher density might inhibit the flow adjacent to the

primary flow in the finger. This might account for the marked gaps in the flow

pattern reported by Fesen et al. (2006b).

Another way to induce RT instabilties is to accelerate denser material

by lighter material. This might occur if there is a later injection of energy

from the new-born neutron star into the previously exploded and expanding

material. There are a variety of mechanisms that might provide a somewhat

delayed input of energy into increasingly less dense matter surrounding a new-

born neutron star.

Wheeler & Akiyama (2007) have pointed out that non-axisymmetric
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instabilities in rapidly rotating neutron stars are likely to generate a strong

magnetoacoustic flux. This flux would push on the inside of the expanding

torus produced by a previous phase of MHD jets that propagated up the rota-

tion axis. The resulting interaction might produce RT instabilities. Wheeler

& Akiyama (2007) note that this process is likely to be amplified by the delep-

tonization, contraction and spin-up of the proto-neutron star on the timescale

on which the radius contracts, of order 0.1 - 1 s. It is not clear how any such

magnetoacoustic flux would be propagated: some might go up the rotation

axis, but a substantial portion might go out the equatorial plane, directly

accelerating the postulated expanding torus from within.

At somewhat later phases, after the neutron star has shrunk to its final

radius, ∼ 10 km, it will continue to cool by neutrino emission for another 10 -

100s, the (other) Kelvin-Helmholtz timescale. During this phase the neutron

star may emit a neutrino-driven wind (Qian & Woosley 1996). Toward the end

of this phase, as the density declines in the vicinity of the neutron star, the

flow may become magnetically-dominated, thus resulting in a relativistic wind

flow (Bucciantini et al. 2006, 2007) (see also Thompson et al. 2004, Metzger

et al. 2007). Bucciantini et al. (2007) note that this sort of flow seems to

naturally occur in the equatorial plane. This work does not account for the

fact that the supernova ejecta will not have dispersed on the relevant timescales

and thus will present a different outer boundary condition - a working surface

- than that assumed in the numerical models as discussed by Komissarov &

Barkov (2007). Nevertheless, there is a suggestion for a natural tendency for an
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original MHD jet flow up the axis to evolve to an equatorial flow at later times

driven by a pulsar wind. The characteristic timescale, 10 - 100 s is roughly the

time it takes for the original shock, 10 s, and the torus, somewhat slower, to

propagate to the edge of a helium core. Thus, at about the time this jet/torus

structure breaks out of the core, there might be a strong, relativistic, equatorial

pulsar wind that begins to accelerate the jet-induced torus from within. The

low densities associated with this late-time fast wind will naturally lead to RT

instabilities as the slower, denser torus is accelerated from within by the pulsar

wind. We argue that such a wind should be expelled into structure roughly

similar to Figure 2.4.

In effectively free-streaming calculations, Bucciantini et al. (2007) find

that their numerical models give essentially the same asymptotic solutions as

analytic solutions with the energy scaling like sin2 θ. This would mean that

half the energy is directed within a half-angle of ∼ 50 This energy distribu-

tion is wider than the torii computed here and by Khokhlov et al. (1999),

but an appropriate calculation must consider the interior of the supernova as

the appropriate “outer” boundary condition. This might lead to a more con-

fined equatorial flow. Bucciantini et al. (2007) also note a tendency to form

“plasmoids” with characteristic angles of 5 - 10 Such structures might see RT

instabilities and give somewhere of order 20 - 40 “fingers.” The calculations of

Bucciantini et al. (2007) were done for a magnetar-like case and the results for

the density and Lorentz factor of the pulsar wind will depend on the specific

magnetization and inner boundary condition, but the principles should apply
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to both pulsars and magnetars. We note that arguments have been made that

the compact object in Cas A is a magnetar, but also that there is no current

obvious evidence for a pulsar wind (Fesen et al. 2006c, Krause et al. 2005).

2.5 Discussion and Conclusions

Despite attempts to deconvolve the three-dimensional structure, the

interpretation of the kinematics, dynamics, and morphology of Cas A remains

difficult. We adopt a jet-induced structure as an organizing principle to frame

the analysis of observations and to provide a model to test. We suggest that

Cas A exploded from a jet-like mechanism, but that, unlike many interpreta-

tions, the main jet is not the well-known NE “jet.” We argue that a structure

to the SE with a position angle of ∼ 125represents the main jet. This feature

is less immediately discernable because of projection effects, but is suggested

in Doppler maps. It is also iron rich. In the jet-induced model, the bulk of

the ejecta, the intermediate-mass elements, should be ejected in an equatorial

torus (for jets of equal and opposite momentum) that results from the con-

vergence of blast waves on the equator. We interpret the NE “jet” and other

structure as flows that are roughly normal to the main SE jet that result from

non-axisymmetric structure in the equatorial plane of the jet. This structure

may resolve one of the current mysteries of Cas A, that the proper motion

of the compact object seems to be nearly normal to the principle axis of the

dynamics. In our proposed morphology, the compact object has been “kicked”

at an angle ∼ 30to that of the main jet. The proposed picture also opens the
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way for a new interpretation of chemical structure, especially the fact that

iron is seen beyond silicon: this observation may be significantly affected by

projection effects, rather than resulting from true “mixing” of the ejecta.

There have been hints of the geometry we propose here in previous

discussions of Cas A. Markert et al. (1983) proposed an inclined ring model

(their Figure 5), but their solution was a ring with its axis virtually along

the line of sight. To account for the SE feature, they invoked non-uniform

emissivity around the perimeter of the ring. The ring may have non-uniform

emissivity, but their particular solution does not account for why this SE

feature is iron-rich, and does not seem to be quantitatively consistent with

subsequent work. Willingale et al. (2002) used XMM Newton composition and

Doppler data to do a 3D deconvolution, presenting a proposed side view from

the East (their Figure 11). They remark that the data is well characterized

by the doughnut shape suggested by Markert et al. (1983), but their side view

seems to show the axis of the torus tilted at about 45to the line of sight, rather

than the 87advocated by Markert et al. (1983). With the spatial resolution

available, the projection of Willingale et al. (2002) shows no particular evidence

of the NE jet. Willingale et al. (2003) propose a clumpy toroidal geometry

in which the axis of the toroid is oriented 40East of the line of sight and

125(counterclockwise) to the South of North, essentially the same as we have

chosen here. Along this torus they identify concentrations of mass and energy

on opposing sides to the “North” and “South” that are near to, but not quite

the same as North and South on the plane of the sky (see their Figure 4 for
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the coordinate system they define). They refer to these concentrations of mass

and energy as “jets” but do not relate them to the Doppler feature in the SE

discussed by Willingale et al. (2002), and they are distinctly not the directions

of the classic NE and SW jets. It is also not quite clear how this torus relates

to the deconvolution given by Willingale et al. (2002). Willingale et al. (2003)

suggest that the torus they identify may be the shell of matter ejected by a

progenitor Wolf-Rayet star. Here we raise the possibility that the torus is that

produced by a jet-induced explosion. The mass map presented by Willingale

et al. (2003) does not show any special evidence for the iron-rich mass in the

SE that we identify as the main direction of the jet axis. This may be related

to the fact that the hot iron moving along the jet axis has relatively little

mass. Like Willingale et al. (2003), we have no immediate explanation for

the asymmetric distribution of mass around the perimeter of this torus, but

propose that this is related to the instabilities and non-axisymmetric flows

normal to the jet axis that we have discussed here, rather than “jets” per

se. Willingale et al. (2003) point out that the apparent asymmetry of the

explosion might suggest shear and hence turbulence and clumpiness intrinsic

to the ejecta without needing a collision with an external medium. We have

illustrated just this sort of effect in Figure 2.4.

Krause et al. (2005) have provided another interesting and mysterious

aspect concerning the nature of Cas A. They have identified an apparent bi-

polar flow and associated infrared echoes. Their preferred orientation is a

position angle of about 26at an angle of about 82to the line of sight, nearly
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in the plane of the sky. This angle differs from every other geometric feature

discussed in this paper. Krause et al. (2005) suggest that Cas A contains a

magnetar that had a soft gamma-ray repeater outburst circa 1952. There is no

sign of a Crab-like synchrotron nebula, which is also an issue for our suggestion

that a pulsar wind might play a role in shaping the ejecta. The energy injected

by a soft gamma-ray repeater burst is rather small compared to a supernova

kinetic energy, but such a burst of energy might affect portions of the ejecta,

enhancing previous irregularities. It would be interesting to look for other

possible indications of such a magnetar burst. We note that the ionization

ages identified by Willingale et al. (2003) are on the scale of a century or less.

Burrows et al. (2005) proposed that the main axis of the explosion

of Cas A is that associated with the “iron-rich, mass-rich, energy-rich” SE

direction and that this direction be a rotation axis. They speculate that the

rotation axis precessed from the generation of the main jet to the generation of

the later, secondary flow associated with the NE jet, or that the latter could be

a magnetic dipole axis (although a magnetic axis would be expected to rotate

in direction at the pulsar period if tilted with respect to the rotation axis).

Burrows et al. (2005) argue that the inferred direction of motion of the central

object is along the proposed axis of explosion with an inferred blue-shift. We

have made the specific proposal of a displacment of the line of motion of the

compact object by ∼30from the axis of the main jet. Burrows et al. (2005)

suggest that the motion of the compact object could be due to a slightly top-

bottom asymmetric bi-polar flow. Janka et al. (2005) also suggest that the
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NE jet is induced after the main explosion, perhaps due to accretion onto the

neutron star. Here we propose that there is an explicit jet/torus structure of

to Cas A, and agree with the general suggestions of Burrows et al. (2005) and

Janka et al. (2005) that the NE jet is some form of secondary flow, caused by

the complex interaction of the jets or by the late-time effect of a pulsar wind,

or perhaps repeated soft gamma-ray repeater outbursts.

To produce a robust explosion, the main explosion engine should involve

∼ 1051 ergs. Even if this energy begins in jets, it is spread through a large solid

angle by subsequent dynamical interaction with the surrounding progenitor

star. Thus it is not clear how much energy should be directed along the main

axis once free expansion is attained. This can be quantified by suitable models.

It remains to be seen whether an analyis of the SE structure similar to that

done by Laming et al. (2006) will reveal a sufficiently large kinetic energy

in the SE to be consistent with a jet in that direction being the primary

origin of the explosion. The evidence that only ∼ 1050 ergs is involved in

the NE jet is consistent with that being only a secondary effect. It is also

important to determine the extent to which projection of an iron-rich SE jet

on a silicon-rich equatorial flow can quantitatively account for the observed

apparent composition inversion.

An important aspect of this model is that the non-axisymmetric struc-

ture arises from instabilities in or near the equatorial plane. We have sketched

possible instabilities, including the effects of a pulsar wind. Three-dimensional

hydrodynamics calculations or even pehaps MHD calculations (Stone & Gar-
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diner 2007) are required to determine whether or not the structure of Cas A

can arise in a natural and physically self-consistent way from a jet-induced

model. Such a model would have to yield a plausible explanation of transverse

velocities up to 14,000 km s−1 in the direction of the NE jet (Fesen et al. 2006b)

in contrast to transverse velocities of ∼ 8,000 km s−1 along the SE structure

(the radial velocities in both of these directions are more modest; Willingale

et al. (2002)). We note that this high velocity in the NE direction may be

an indication that this is a secondary flow, perhaps driven by a pulsar wind,

invoking once again the notion that the original jet energy must be dissipated

throughout the ejecta to cause the explosion. A separate injection of energy

may be necessary to blow holes in the original ejecta, accelerate some regions

to high velocity and produce fast moving knots. Fesen et al. (2006b) note that

the NE jet is like a “spray” of ejecta knots rather than a narrow jet. That

might be an important clue to the underlying process.

There is no model today that accounts for the nature of Cas A. The

positive aspects of the model we present here are that it roughly accounts

for the iron-rich SE structure, the extension of iron beyond silicon in that

direction, and the motion of the compact object in nearly that direction. On

the negative side, there is much structure in Cas A that remains unexplained.

Our model gives no natural explanation for why the NE jet and SE counter-

jet seem so nicely and oppositely aligned, a problem for any model in which

these are secondary flows. It may also be the case that the structure seen

in Cas A might be generated in the absence of a jet-induced origin. This has
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certainly not been demonstrated. It may also be true that the NE jet defines a

symmetry axis and the compact object has been kicked at some oblique angle

due to equatorial instabilities, but such a theory would also require elaboration.

An important aspect going forward is to compare models with obser-

vations. For our model we predict: a) there is enough mass and kinetic energy

in the SE and NW directions to account for the explosion (some of this mat-

ter may be fast, cool and difficult to directly observe; much of the originally

directed energy has spread throughout the ejecta); b) there is high-velocity

iron extending to large distances in the SE (in front) and NW (in back); c)

the 3D structure and kinematics should show an expanding toroidal struc-

ture, roughly normal to the SE direction we have defined here, consistent with

the energy deposited in the progenitor star by the jet-induced blast waves;

d) the intermediate mass elements are concentrated in this torus; e) the ap-

parent “overturn” that places iron beyond silicon in the plane of the observer

is largely due to differentiated, composition-dependent, bulk flow, not mixing

due to turbulence; f) the compact object is moving toward us; g) the “holes”

in the remnant caused by secondary flow, including the NE and SW jets, are

the locus of faster moving material; h) the walls defining the holes are in trans-

verse motion; the holes should be getting larger. We urge those analyzing the

data on Cas A to put these predictions to the test in order to more deeply

understand this remarkable explosion. The structure to the SE (and NW) and

the torus defined by Willingale et al. (2003), in particular, warrant much more

detailed study. We need to better understand the kinematic and dynamical re-
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lation between the SE feature, the NE/SW “jets,” and this torus and to know

whether the torus is more consistent with a pre-existing shell or a structure

created by the supernova.
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Figure 2.1 (a - left) X-ray image of Cas A and illustration of the coordinate
system for this work. The solid lines represent the observed position angle of
the compact object, θp,C , and that of the proposed main jet, θp,J , with dashed
lines indicating a plausible range of angles for the jet. Heavy dashed lines
illustrate the approximate location of the NE and SW “jet” and “counter-jet”
structure that we interpret here as a secondary flow resulting from instabili-
ties. Adapted from Hwang et al. (2004). (b - right) Optical image of Cas A
illustrating some of the “holes” that characterize the morphology of Cas A.
Adapted from http://heritage.stsci.edu/2006/30/index.html.
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Figure 2.2 The angle, χ, between the axis of the proposed main jet and that
of the motion of the compact object is given as a function of the direction
of recoil of the compact object, θC , for plausible choices of the orientation
of the jet axis, θJ and φJ . Angles θ are measured East (counterclockwise)
from North and angles φ are measured East from the observer line of sight
(clockwise as viewed from the North). Horizontal lines mark given values of
the separation angle, χ = 10, 20, 30 and 40◦. The range of cos θC is restricted
to fall between 0 and -1, since the compact object is known to be recoiling
toward the SE and that is also the assumed direction of the main jet in this
work. The angle θC is bounded on one side by θC = 90◦ for which φC = 0 and
cosχ = sin θJ cosφJ and on the other extreme by φC = 90◦ for which θC = θp,C
and cosχ = sin θJ sinφJ sin θp,C + cos θJ cos θp,C .
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Figure 2.3 The minimum value of the separation angle, χmin, between the axis
of the proposed main jet and that of the motion of the compact object as
shown in Fig. 2.2 is given for the orientation of the jet axis θJ = 120◦ and
a range of plausible values of φJ , and for the nominal observed value of the
position angle of the compact object, θp,C = 169◦, and 1, 2, and 3 σ limits on
that angle where σ = 8.4◦. Angles θ are measured from the North and angles
φ are measured from the observer line of sight. Horizontal lines mark given
values of the separation angle, χ = 10, 20, 30 and 40◦.
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Figure 2.4 (a - left) The result of launching symmetric vertical jets with 1051

ergs into a helium star of 3.5 M�. This 2D simulation was performed with the
FLASH code with a central point source of gravity, but neglecting the self-
gravity of the remaining matter. The computation was done on a 180◦grid and
a mirror image used to create this figure. The light strip down the middle is an
artifact of this reflection process. This image corresponds to 47 seconds after
the initiation of the explosion after the leading shock has left the star. The
asymmetry of energy injection naturally leads to a variety of hydrodynamic
instabilities associated with the direct propagation of the jets and the sec-
ondary, equatorial toroidal flow resulting from the collision of the jet-induced
blast waves on the equator. (b - right) Expanded view of the equatorial torus
showing the KH “cap” and associated wrinkling on the top and bottom surface
of the flow. See the electronic edition of the Journal for a color version of this
figure.

46



Chapter 3

Aspherical Core-Collapse Supernovae in Red

Supergiants Powered by Nonrelativistic Jets1

3.1 Introduction

The observations of core-collapse supernovae are replete with evidence

of asphericity. Hints of aspherical structure have been found in many super-

novae (SNe) of various types, including both Type Ib/c (Maund et al. 2007b,a,

Modjaz et al. 2008, Wang & Wheeler 2008) and Type II events (Fassia et al.

1998, Leonard et al. 2001, Elmhamdi et al. 2003, Chugai et al. 2005, Leonard

et al. 2006). Challenges to the classic spherical model of supernovae (SNe)

have been building since the observation of Type II SN 1987A, wherein as-

phericity was inferred from net polarization measurements (Jeffery 1991) and

from substructure in spectral lines (i.e., the ‘Bochum’ event, Hanuschik et al.

1988, Lucy 1988, Phillips & Heathcote 1989). Mixing one or two nickel clumps

outward in the ejecta has been shown to reproduce the substructure of the Hα

line in SN 1987A (Spyromilio et al. 1990, Utrobin et al. 1995). With the

Hubble Space Telescope (HST), we have gained late-time, resolved images of

the structure of the nascent SN remnant that dramatically reveal aspherical,

1Significant portions of this chapter have been published previously as Couch, Wheeler,
& Milosavljević (2009)
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elongated ejecta (Wang et al. 2002).

Supernova 1987A, while especially observable, was a single event, and

with an atypical blue supergiant progenitor; however, typical Type II-P su-

pernovae (SNeII-P), thought to arise from a red supergiant progenitor, show

similar signs of asphericity and asymmetry. Fassia et al. (1998) present in-

frared spectra of Type II-P SN 1995V and discuss implications of nonspherical

elemental mixing. They find that in order to fit the He I 10830-Å emission,

significant amounts of 56Ni must be “dredged-up” to high velocities in order

to excite the He I line through radioactive decay. Fassia et al. also conclude

that about 10% of the He mass must be contained in pure He clumps that are

not microscopically mixed with hydrogen. When mixed with hydrogen, colli-

sional ionization of hydrogen (Penning ionization, Bell 1970, Chugai 1991) is

the dominant de-excitation mechanism for He in the hydrogen envelope. This

analysis suggests the need for a mechanism that produces significant outward

propagation of nickel and the presence of fluid instabilities that lead to helium

clumping.

The detailed shape of spectral lines provides indirect evidence of asym-

metry and asphericity of supernova ejecta. We can gain a direct measure of

the shape of the supernova photosphere and line-forming regions from con-

tinuum and line polarization (see Wang & Wheeler 2008). While the sample

size of Type II-P SNe for which polarization measurements have been made is

modest, the data to-date suggest asphericity which depends on the depth of

the photosphere. Leonard et al. (2001) made spectropolarimetric observations
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of SN 1999em and find a net continuum polarization of about 0.2% on day 7

after maximum light, increasing to 0.5% at day 165. Citing the calculations

of polarization from electron scattering spheroids by Höflich (1991), Leonard

et al. (2001) estimate the asphericity of SN 1999em to be ∼7% on day 7 and

∼10% on day 165. As they discuss, the late time polarization may be reduced

due to the decreased optical depth to electron scattering in the SN atmo-

sphere, implying the intrinsic asphericity of SN 1999em may be greater than

their estimates based on the electron scattering calculations of Höflich (1991).

Further hints at the asphericity of the ejecta in SN 1999em are discussed by

Elmhamdi et al. (2003). They report substructure in the Hα and He I lines

that is reminiscent of the ‘Bochum’ event in SN 1987A. The spectral modeling

of Elmhamdi et al. (2003) shows that an asymmetric 56Ni distribution may

account for the structure of these lines.

A striking, and provocative, example of time-dependent SNeII-P polar-

ization is found in SN 2004dj. In this event, the continuum polarization was

practically zero, within the errors, during the plateau phase (Leonard et al.

2006), but during the transition from photospheric to nebular phases, as the

photosphere receded to reveal the core of the SN, the polarization increased

dramatically to 0.56% on day 91, implying an asphericity of ∼30%, and then

slowly decreased until no polarization was detected on day 271. Leonard et al.

(2006) show that the decay of the polarization signal is roughly consistent

with the expected decrease in electron scattering opacity of the receding pho-

tosphere. This seems to imply that the core of the explosion was significantly
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aspherical but was masked by a roughly spherical envelope. As discussed by

Leonard et al. (2006), and first argued by Wang et al. (2001), when combined

with data from core-collapse SNe of other types (i.e., Ib/c), this may indicate

that the core-collapse SN mechanism is similar across all spectral types and is

intrinsically aspherical. Similar to SN 1999em, the spectral lines of SN 2004dj

imply an asymmetric structure in the ejecta, inferred from the secondary peaks

to the red and blue of the central peak. Spectral modeling including the energy

deposition from radioactive decay of 56Ni show that a bipolar nickel distribu-

tion in a spherical hydrogen envelope can reproduce the substructure of the

Hα, [O I], and [Ca II] lines due to asymmetric line excitation from the decay

of 56Ni (Chugai et al. 2005). Furthermore, Chugai (2006) shows that a bipolar

nickel distribution in a spherical envelope can also approximately account for

the time evolution of the decreasing continuum polarization during the nebular

phase.

Based on the preceding discussion, explosion models for SNeII-P must

account for “dredge-up” of nickel to higher expansion velocities than expected

from spherically symmetric explosions, clumps of pristine helium in the hydro-

gen envelope, an asymmetric and possibly bipolar distribution of nickel, and

roughly spherical electron-scattering photospheres during the plateau phase

that become remarkably aspherical as the photosphere recedes below the hy-

drogen envelope. The jet-driven model of core-collapse SNe (e.g., Khokhlov

et al. 1999, Höflich et al. 2001, Maeda & Nomoto 2003) has features that may

produce some of the necessary observed characteristics. In this model, the
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explosion is driven by nonrelativistic bipolar jets that send strong bow shocks

into the progenitor envelope. These bows shocks intersect near the equatorial

plane of the star and establish an equatorial outflow that complements the

polar outflows and completes the explosion. The material that comprises the

jets is elongated along the jet axis and is expected to be nickel-rich owing to

the jets’ origin in the inner core of the explosion. Fluid instabilities at the in-

terface between the helium core and hydrogen envelope may produce clumps

of helium in the hydrogen envelope, as seen in non-jet-driven supernova cal-

culations (e.g., Kifonidis et al. 2003, 2006). The character of such an unstable

flow, however, has not been investigated for the case of jet-driven SNe. It is

also unclear that a jet-driven explosion in a red supergiant progenitor can pro-

duce a photosphere that is nearly spherical early-on and becomes aspherical

later (see Höflich et al. 2001).

In this work, we present a numerical study of the structure of jet-driven

SNe with adequate resolution to explore the nature of any unstable flows and

time evolution sufficient to make a direct comparison with observations. We

assume that bipolar jets are formed as a result of the core-collapse process and

do not self-consistantly simulate the jet production process. Collapsing stellar

cores could produce bipolar jets in the presence of rotation and magnetic field

amplification (Wheeler et al. 2000, 2002, Akiyama et al. 2003). The process

of magnetic jet formation in collapsing stars has been studied in previous sim-

ulations (LeBlanc & Wilson 1970, Shibata et al. 2006, Obergaulinger et al.

2006a,b, Burrows et al. 2007a, Komissarov & Barkov 2007), however, the ro-
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tation rate and initial magnetic field structure of the progenitor stars, two very

critical properties, are not well understood from first principles. Therefore, we

vary the parameters of the jets in four, physically-plausible jet models in order

to explore the importance of the nature of the jets on the final structure of

the SN. The progenitor model in all cases is a red supergiant star of 15 M�,

roughly analogous to Betelgeuse, and the models are evolved to nearly six days

after the initiation of the jets, several days after shock breakout.

Many previous studies have focused on highly energetic jets in connec-

tion with Gamma-Ray Bursts (GRBs) (e.g., MacFadyen et al. 2001, Zhang

et al. 2003) and explosions of Pop III stars (e.g., Maeda & Nomoto 2003,

Tominaga 2007). We focus explicitly on explosions of typical supernova ener-

gies (1051 erg) driven by nonrelativistic jets. We use a progenitor star of solar

metallicity that is not extremely massive. The goal of this work is to explore

the observational features of jet-driven supernovae in common Type II events.

This work is organized as follows. In §3.2 we describe our numerical

approach and discuss the details of our jet models. In §3.3 we provide a

narrative of the general evolution of the explosions, from shock propagation

in the core to eruption from the progenitor’s surface. The transport of nickel

to radii and velocities greater than those of lighter elements is a feature of a

jet-driven explosion model in which the jets contain a significant amount of

nickel. In §3.4 we discuss the significance of this source of overturn, as well as

the development of fluid instabilities that lead to the mixing of elements, such

as nickel and helium. In §3.5 we discuss the resultant shapes of the explosions
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and discuss the evolution of the surfaces of constant electron scattering optical

depth. In §4.3 we calculate the bolometric shock breakout light curves of

our models and compare them to GALEX observations of supernova shock

breakout from red supergiant stars. We discuss the implications of our study

and list our conclusions in §7.3.

3.2 The Simulations

We use the adaptive-mesh refinement (AMR) hydrodynamics code,

FLASH (Fryxell et al. 2000) in 2D spherical-polar coordinates. FLASH is

an Eulerian, higher-order Gudonov-type code that solves the hydrodynamic

equations using a modified, piecewise-parabolic method (PPM) based on that

of Colella & Woodward (1984). We simulate a fluid with 8 atomic species: H,

He, C, O, Ca, Mg, Si, and Ni. Since in the present work we do not seek to

precisely calculate resulting metal abundances, we do not simulate the trans-

mutation of species via nuclear burning. We use FLASH’s Helmholtz equation

of state (EoS) that includes contributions to the internal energy from ions (via

the ideal gas law), electrons, positrons and radiation in thermal equilibrium.

We calculate the gravitational potential from an evolving, spherically-averaged

density profile. The refinement criterion was calculated based upon the second

spatial derivatives of the density and pressure (see §2 of Fryxell et al. 2000).

We have run four different models with varied parameters for the bipo-

lar jets. All models use a 15 M� red supergiant progenitor (model “s15s7b2”

of Woosley et al. 1995) for initial conditions. We map this model into 2D
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spherical geometry (r, θ) and place the initial inner boundary just outside the

iron core (∼ 3.8 × 108 cm, or ∼ 1.6 M� in mass); we do not simulate the

collapse of the iron core. For all of our models, the angular extent of our 2D

grid is a full 180◦, corresponding to 4π steradians in 3D. We use seven levels

of refinement. The base-level number of angular zones is 16 throughout the

simulation, whereas the base-level number of radial zones is changed as the

simulation proceeds to optimize the resolution (see re-gridding discussion be-

low). The maximum angular resolution is 0.17◦throughout the entirety of the

simulations. All spatial derivatives of physical variables vanish at the inner and

outer radial boundaries. Material is allowed to flow out of the computational

domain through the inner and outer boundaries, but no material, other than

that of the jets, is allowed to enter the domain through the inner boundary

(the so-called “diode” boundary condition of Zingale et al. 2002). Mass that

flows out of the domain through the inner boundary is added to the central

point mass contribution to the gravitational potential. The initial model is

spherically symmetric and all velocities are initially set to zero. In the region

beyond the surface of the progenitor (∼ 3× 1013 cm), we place a simple 1/r2

density profile with a constant outflow velocity of 10 km s−1 that corresponds

to a red supergiant wind with a mass-loss rate of 10−4 M� yr−1 (see, e.g.,

Dwarkadas 2005). Each model requires approximately 10,000 CPU hours to

complete.

In all cases, the north and south jets are identical in injection method

and initial parameters. We keep the total injected energy (1051 erg) and total

54



time-integrated power (5×1050 erg s−1) constant in all four models. We set the

jets to be composed entirely of nickel. In reality, the composition of the jets

may be time-dependent and not necessarily dominated by nickel. Simulating

the jet formation mechanism self-consistently would be required to determine

the exact composition of the jets. The jets are injected into the progenitor

model along both poles with an opening half-angle of about 15◦ for a total of

two seconds, roughly the free-fall time of the inner core. During the first half-

second, the injection velocity is kept fixed. After that, the velocity is linearly

reduced to zero after two seconds. The time-dependent power of all jet models

may then be described by

P (t) =


P0, t ≤ 0.5 s,
2
3
(2− t)P0, 0.5 s < t ≤ 2 s,

0, t > 2 s,

(3.1)

where P0 is the initial jet power. The total energy (both kinetic and internal)

deposited by the jets in all models is 1051 erg, split equally between the two

jets in each model. By setting the energy and power equal in all models, the

jets are described by just two parameters: maximum injection velocity and

total injected mass. This is the origin of our naming scheming for the models:

vAmB, where A is the velocity in units of 109 cm s−1 and B is the mass injected

in units of hundredths of solar masses.

Our method of jet injection is similar to that of Khokhlov et al. (1999)

and Höflich et al. (2001) except that by fixing the power of the jets as well as

the total energy, the physical parameters are further constrained. We do not

connect the accretion rate into the inner boundary to the jet power (as in, e.g.,
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MacFadyen et al. 2001, Maeda & Nomoto 2003), the nature of this accretion

and the material that is accreted is lost in our calculations other than for its

contribution to the gravitational potential. Notably, most of the silicon that

lies just inside our computational domain falls through the inner boundary

and so the final ejecta in our calculations have very little silicon. Since we are

not conducting a careful study of nucleosynthesis and abundance yields this

loss is acceptable.

The parameters of the jets are given in Table 3.1 along with ambient

values from the progenitor for comparison. Model v3m12 is very similar to the

jets employed by Khokhlov et al. (1999), however, in that work the progenitor

was a helium star. The speed and density of v5m06 correspond approximately

to those of the magnetically formed jets of Burrows et al. (2007a). Models

v1m12 and v6m04 are similar in injection velocity to models simulated in

Höflich et al. (2001). While models v3m12, v5m06, and v6m04 differ signifi-

cantly in velocity and mass, the total energy in all three models is dominated

by kinetic energy; hence, we shall refer to these models as the ‘kinetic energy’

models. This sets model v1m12 apart as the only model in which the thermal

energy in the jet is greater than the kinetic energy. The thermal to kinetic

energy fractions for the four models, found by integrating equation (3.1), are

8 (v1m12), 0.05 (v3m12), 0.06 (v5m06), and 0.1 (v6m04).

As the jets and shock waves expand to larger radii, we use a data

regridding method to expand the grid and optimize the resolution, allowing us

to achieve high-resolution, long time-scale simulations in reasonable amounts
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of computer time. While expanding the grid we also increase the radius of the

inner radial boundary, excluding the small zones in the center of the grid where

the Courant condition is very limiting and, thus, increasing the minimum

time step. At each re-gridding we decrease the radial resolution but keep

the angular resolution fixed throughout the entire simulation. We change the

grid resolution parameters a total of ten times throughout the course of the

simulations. The details of our changes in grid parameters are given in Table

3.2. All four models are evolved for a total 5.79 days, covering a spatial range

from ∼ 4× 108 cm to ∼ 1015 cm.

3.3 Dynamics and Evolution of Jet-Driven Explosions

In this section we provide a general analysis and discussion of the dy-

namics of our explosion models. The dynamics of the various jet models are

primarily determined by the nature of the jets themselves, however, the struc-

ture of the progenitor star also affects the behavior of the blast waves. We

show the radial chemical and density structures of the progenitor in Figure

3.1. While the models we present here are multidimensional in nature and not

well described by one-dimensional models, we can elucidate the dynamics by

considering the evolution in the polar and equatorial regions separately. In

Figure 3.2 we show the shock velocities in the polar and equatorial directions

as functions of radius in the progenitor star for models v1m12 and v3m12.

The evolution of the shock velocities in the polar and equatorial di-

rections is described qualitatively by the similarity solution for spherical adi-
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abatic blast waves (Taylor 1946, Sedov 1959, Chevalier 1976) in power-law

atmospheres described by ρ(r) ∝ r−ω. Such solutions give the shock radius

in time as Rsh(t) = K1/(5−ω)t2/(5−ω), where K is a constant, accleration-like

term dependent on the central density of the atmosphere and the energy of

the explosion. We can then write the shock velocity as a function of radius as

vsh(Rsh) = vsh,0

(
Rsh

Rsh,0

)ω/2−3/2

, (3.2)

where vsh,0 is the shock velocity at some initial radius Rsh,0. Equation (3.2)

shows that for ω < 3 (ω > 3) the shock decelerates (accelerates), and for

ω = 3 the shock velocity is constant. In Figure 3.1 we also plot the power-law

slope of the progenitor density profile, ω = −d ln ρ/d lnR. Comparison with

Figure 3.2 shows that, as expected, when ω > 3 the shocks accelerate and

when ω < 3, they decelerate. The polar shocks in all models depart from

this behavior in the hydrogen envelope due to the growth of instabilities in

the post-shock flow. We discuss how instabilities affect the shock evolution in

more detail in §3.4.

The remainder of this section is a basic description of the dynamics of

our explosion simulations. It is included for completeness, however, the evo-

lution is non-trivial and we attempt to describe only what is most pertinent

to the ensuing analysis.2 In §3.3.1 we describe the evolution of the kinetic

energy-dominated jets in the progenitor core (§3.3.1.1), progenitor envelope

2The interested reader may view movies available at http://www.as.utexas.edu/$\
sim$smc/SNmovies.html.

58



(§3.3.1.2), and circumstellar wind (§3.3.1.3). In §3.3.2 we give an analogous

discussion for the thermal energy-dominated jets. In §3.3.3 we discuss the con-

ditions that lead to instability growth that reaches the forward shock. Readers

not interested in the detailed kinematics may skip to §3.4 where we describe

the development of material clumps in the jet models. For reference, the tran-

sition from the C/O core to the He core is at a radius of about 2× 109 cm and

the transition from the He core to the H envelope is located at about 6× 1010

cm (see Fig. 3.1).

3.3.1 Kinetic Energy Jets

The jet models experience three major phases of evolution: expansion

through the core, expansion through the hydrogen envelope, and shock break-

out and expansion into the circumstellar medium. We illustrate these phases of

evolution in Figures 3.3 – 3.5 for model v3m12. The two higher-speed kinetic

energy models evolve in a manner very similar to model v3m12, and we will,

therefore, restrict our detailed discussion in the following sections to v3m12

alone. We give a comparison of the final density structures of these three

models in Figure 3.6. The only significant difference in evolution as compared

to model v3m12 comes early while the jets are still in the progenitor core. In

models v5m06 and v6m04, Kelvin-Helmholtz (KH) roll-ups grow much faster

along the jet edges than in model v3m12. This is attributed to greater shear

with the progenitor structure in these models and, hence, a faster KH growth

rate (Chandrasekhar 1961). Jet model v3m12 has parameters taken directly
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from those of Khokhlov et al. (1999), except that our progenitor model has an

intact hydrogen envelope. We can compare our results with those of Khokhlov

et al. (1999) up to the point when the jets exit the helium core at around

6 × 1010 cm, which occurs at around 40 seconds, or the end of the first stage

defined above.

3.3.1.1 Evolution in the Core

The injection of the jets into the core of the progenitor drives bow

shocks that travel ahead of and laterally to the jets (see Fig. 3.3). Reverse

shocks move away from the forward shocks. Contact discontinuities exist be-

tween the jet material and the core material swept up by the forward shocks.

Vortices develop on the outer edges of the jet fluid (Figure 3.3, left panel). The

edges of the jets themselves are also subject to small wavelength KH instabil-

ities, but for the case of model v3m12, these instabilities grow slowly and do

not become disruptive to the overall structure of the jets; this is in agreement

with the findings of Khokhlov et al. (1999). For the other kinetic energy mod-

els, v5m06 and v6m04, the KH instabilities grow more quickly. After the jet

injection stops at 2 s, the low-density region cleared out by the fast moving jet

fluid closes, or heals, from the inner boundary out to the reverse shocks. This

healing can be understood as the result of the low-pressure “vacuum” created

by the cessation of the jet inflow; the high pressure in the core of the star then

acts to close this vacuum. Around this same time, about 10 – 15 seconds, the

contact discontinuities show growth of Rayleigh-Taylor (RT) fingers (Figure
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3.3, middle and right panels). Growth of these RT fingers is curtailed by shear

with the surrounding post-shock flow.

Along the equatorial plane, the two bow shocks cross one another, cre-

ating a dense, high-pressure “pancake” of material with net positive radial

velocity that develops into an outward-moving torus of twice-shocked material

(see Figure 3.3). This torus moves supersonically with respect to the sur-

rounding progenitor and drives a shock wave out in the equatorial plane (see

Fig. 3.3, right panel). Crossing the entire helium core takes approximately 40

seconds for the polar shocks and about 90 s for the equatorial shocks.

3.3.1.2 Evolution in the Envelope

The jets-torus structure that develops in the helium core is substan-

tially altered by passage through the hydrogen envelope. Initially, the shocks

accelerate down the steep density gradient between the helium and hydrogen

(see Figs. 3.1 & 3.2), but once in the ω < 3 hydrogen envelope, a reverse

shock develops as the forward shock is decelerated. The reverse shock sweeps

up the jet material and helium into a thin, dense shell. At the jet-star contact

discontinuities, Richtmyer-Meshkov (RM) fingers develop, seeded by the pre-

existing RT fingers of jet material (see middle pane of Figure 3.4). The RM

fingers grow at roughly the free-fall speed and are able to reach the forward

shock and perturb it (see §3.4 and Miles 2009). Before being reverse shocked,

the edges of the equatorial torus develop KH rollers (Figure 3.4, middle and

right panels). The strong reverse shock, however, wipes out much of this de-
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tail as it sweeps up a thin shell. This shell is itself unstable and develops RT

and RM fingers that become prominent as the explosion proceeds through the

envelope.

3.3.1.3 Evolution Following Shock Breakout

Figure 3.5 shows the evolution of model v3m12 as the shocks exit the

star and enter the circumstellar environment. Around 3×104 seconds after

the start of the simulation, the polar shocks break out of the surface of the

progenitor model (left panel of Figure 3.5). Due to slight differences between

the evolution of the north and south jets, the northern shock breaks out slightly

before the southern. The source of this north-south asymmetry is artificial.

The build up of small numerical error after many time steps leads to non-

uniform refinement in the the north and south. This, in turn, causes the north-

south solutions to diverge in the subsequent evolution. The shocks accelerate

down the steep density gradient in the outer envelope and enter the lower-

pressure circumstellar region (see Fig. 3.1). The shocks travel laterally and

nearly encompass the entire perimeter of the star before the equatorial shock

breaks out, roughly 105 seconds after the polar shocks break out (middle and

right panels of Figure 3.5). The reverse shocks sweep up another thin shell of

material that is RT unstable. The simulation ends at 5 × 105 seconds (5.79

days), at which time the explosion is in approximate free expansion. The final

kinetic energy of the ejecta is ∼ 5 × 1050 erg for model v3m12, whereas for

models v5m06 and v6m04 the final ejecta kinetic energies are both ∼ 7× 1050
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erg.

3.3.2 Thermal Energy Jets

Model v1m12 is the only model in which the initial energy budget of

the jets is dominated by internal energy, as opposed to kinetic energy. Since

we have fixed the energy and power to be the same in all four models, the

slower speed of v1m12 requires higher temperature to attain equivalent total

power. Because not all of the internal energy in the jets is converted to kinetic

energy, v1m12 produces a slightly under-energetic explosion; the ejecta posses

total kinetic energy of ∼ 3× 1050 erg.

3.3.2.1 Evolution in the Core

Following the relatively low-speed jet inflow, the thermal energy-dominated

jet fluid quickly expands in all directions as the initial internal energy is con-

verted to kinetic energy. The jet fluid attains a maximum radial velocity of

about 3× 109 cm s−1 (see Figure 3.7 for the early velocity field in this model).

The jets widen much more quickly compared to the other jet models due to

a higher degree of lateral adiabatic expansion (see left panel of Figure 3.8).

After the jet inflow shuts off, around two seconds, the reverse shock moves

quickly down the axis to the center of the star. The reverse shock closes the

evacuated region opened by the jet at approximately four seconds. This is in

contrast with the kinetic energy models wherein the jet cavity closes mostly

from the bottom up. The less-directed nature of the energy deposition in this
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model leads to the spread of a significant fraction of the kinetic energy to large

angles from the jets (see §3.5). As a result, the equatorial outflow is larger

and more energetic at early times than in the kinetic energy models. Around

50 s, the polar shocks exit the helium core, followed by the lateral shocks at

∼80 s (middle and right panels of Figure 3.8).

3.3.2.2 Evolution in the Envelope and Shock Breakout

In the hydrogen envelope, the shock structure of model v1m12 becomes

effectively spherical (see Figure 3.9). A thin, dense shell develops behind the

reverse shock that is, as in the kinetic energy models, RT unstable (Figure 3.9,

middle panel). As the reverse shock hits the jet-star contact discontinuities,

RM fingers develop but do not have enough time to catch the shock. As shown

in Figures 3.9 (right panel) and 3.10, RT fingers form in the thin shell and

grow to large sizes before the shock breaks out of the progenitor at ∼ 105 s.

The shock departs the star roughly spherically and an unstable shell forms at

the wind-induced reverse shock, analogous to the the kinetic energy models

(Figure 3.9, right panel). At the simulation’s end, the model is approximately

freely expanding.

3.3.3 High-velocity Instabilities

In the kinetic energy models, the shock is overtaken by downstream

instabilities (see middle and right panels of Fig. 3.4). This can occur for RT

fingers in the fast-growth phase or RM fingers with Atwood number near unity
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(see Miles 2009). In model v3m12 and the other kinetic energy models, RM

fingers from the jet fluid contact discontinuity are indeed able to reach the

forward shock in the hydrogen envelope. As the forward polar shock enters

the H envelope, a reverse shock forms and travels downstream slowing the

fast-moving post-shock material to a new post-forward-shock velocity. The

contact discontinuity between the jet fluid and the helium has initial pertur-

bations arising from earlier RT instability. Once reverse-shocked, the contact

discontinuity becomes RM unstable and the initial RT perturbations grow into

RM fingers. In the frame of the contact discontinuity, the impulsive instability

velocity is (Youngs 1986)

vRM =
2πa0

λ
∆U

ρ1 − ρ2

ρ1 + ρ2

, (3.3)

where ∆U is the change in velocity caused by the reverse shock, λ is the wave-

length of the initial perturbation, and a0 is the amplitude of the initial per-

turbation. Prior to encountering the reverse shock, the contact discontinuity

has perturbations characterized approximately by a0/λ ∼ 0.5. In the frame

of the contact discontinuity, for model v3m12 we estimate that the reverse

shock causes an impulse |∆U | ∼ 4 × 107 cm s−1. The contact discontinuity

has a post-reverse-shock Atwood number (ρ1 − ρ2)/(ρ1 + ρ2) ∼ 3/4, and so

vRM ∼ 1 × 108 cm s−1. Transforming back into the lab frame, this implies

that being reverse-shocked speeds up the initial perturbations in the contact

discontinuity relative to its pre-reverse-shocked velocity by about 1 × 108 cm

s−1, meaning that the dense RM fingers are now moving at v0 + vRM ∼
1.2 × 109 cm + 1 × 108 cm ∼ 1.3 × 109 cm s−1 in the lab frame. This is
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approximately the speed of the forward shock at the time the reverse shock

impacts the contact discontinuity.

If drag on the RM fingers is negligible, they will move ballistically with

the speed given by equation (3.3). As the shock encounters the shallow density

profile of the hydrogen envelope (see Fig. 3.1), it will slow below the speed

of the RM fingers and they will overtake the shock. This is consistent with

what is seen in our simulations. In Figure 3.2 the shock velocity departs from

the similarity solution given by equation (3.2) at a radius of about 6 × 1011

cm, where the RM fingers catch up. The new shock velocity is then set by

the speed of the fingers which initially agrees with the estimate given above.

The RM fingers and, hence, the forward shock do not continue at the constant

free-fall velocity, but undergo deceleration due to drag and shock dynamics.

Fast-moving RM fingers also develop at the jet-star contact discontinu-

ity in model v1m12, however the separation between the contact discontinuity

and the forward shock is much greater in this model (Fig. 3.9, left panel) and

the fingers catch the shock at a much larger radius (∼ 7 × 1012 cm). Also,

only one finger catches the shock in this model and it grows immediately along

the axis. Growth of this finger may be artificially enhanced by the numerical

coordinate singularity along the pole.
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3.4 Clumps in Jet-Driven Supernovae

3.4.1 Nickel Clumps

Jet-driven supernovae have a robust mechanism that transports heavier

elements beyond lighter: the jets themselves. It is plausible that the jets

contain a large fraction of nickel, or even, as we have assumed, are entirely

nickel. This, then, permits the effective transport of nickel to velocities and

radii where it can contribute to hydrogen and helium excitation observed at

early times in SNe. In Figure 3.11 we show the final radial distribution of

the masses of H, He, and Ni for the four models. As can be seen for model

v1m12, a large mass of nickel has been carried out into the hydrogen envelope

where it can excite the Hα and He I 10830Å lines through radioactive decay.

The presence of a bipolar arrangement of nickel clumps has been inferred from

spectral modeling of SNeII-P (Elmhamdi et al. 2003, Chugai et al. 2005, Chugai

2006), and our jet-driven models produce such a configuration (by Ansatz). We

plot the Ni, H, and He mass distributions as functions of z-direction velocity

(vz = vr cos θ) in Figure 3.12. As can be seen, the nickel distribution of v1m12

consists of two oppositely directed clumps moving at a typical velocity of 1500

km s−1. Each clump is composed of about 0.05 M�, though this is certainly

an upper limit because of our assumption that the jets are composed entirely

of nickel. Figure 3.13 shows a plot of the 56Ni mass fraction for model v1m12

at the end of the simulation, illustrating the nickel clumps.

The mass distributions for the kinetic energy models (v3m12, v5m06,

and v6m04) are quite different than that of model v1m12. The mass distri-
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butions for these models are given in Figures 3.11 – 3.12. The kinetic energy

models drive a large fraction of the nickel mass beyond the hydrogen and he-

lium. This may reduce the amount of nickel available to excite hydrogen and

helium spectral lines. Only about half of the Ni mass of each model overlaps

in radius with H and He, or about 0.05 M� for v1m12, 0.03 M� for v5m06,

and 0.02 M� for v6m04. The existence of bare nickel beyond any hydrogen

may also have implications for the gamma-ray signal from such explosions, as

a higher fraction of gamma-rays from the decay of nickel would escape. Figure

3.12 shows that the bipolar nickel clumps reach much higher relative velocities

(∼ 5000 km s−1) than for model v1m12. The final nickel distribution is shown

for v3m12 in Figure 3.14.

3.4.2 Helium Clumps

Fassia et al. (1998) show that He I 10830Å emission from SN 1995V

requires the transport of nickel to high velocities and the presence of pristine

helium in the hydrogen envelope. In our models, RT fingers that develop at

the He/H interface produce pure-He clumps in the H envelope (see Figures 3.4

and 3.9, middle and right panels). In Figure 3.15 we show the He clump mass

fraction χHe = MHe,clumped/MHe for our four models along with the H mass

distribution. We consider a cell to be a pristine helium clump if it is more

than 90% helium by mass. While the clumped fraction at certain velocities

can be quite high (χHe,max ∼ 0.1−0.2), the total fraction of He mass in clumps

within the H envelope is only 1-2% across all four models. This is roughly a
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factor of ten less than what Fassia et al. (1998) find gives a good fit to the

He I emission. We note, however, that our clumped fractions are lower limits

due to numerical resolution. Any He clumps that fall below the minimum cell

size become numerically mixed with other material. Despite the low clumped

fractions, the strong He I emission may still be recovered from our models.

We find a nickel mass at large radii that is a factor of two larger than that

assumed by Fassia et al. (1998), and if this amount of nickel is included in

the spectral modeling, the exposure of the He to a larger amount of Ni might

enhance the He I emission to levels in accord with the observations.

3.5 Aspherical Explosions and Implications for Super-
nova Polarization

The current observational data show that SNeII-P have time-dependent

polarization signals, indicating that the shapes of SN photospheres change as

the explosions expand. In this section we discuss the shapes of our simulated

explosions and their implications for SNeII-P observations. The final shapes

of our models are controlled by the effectiveness of the jets to transport kinetic

energy from the jet direction to more equatorial angles. In Figure 3.16, we show

the angular distribution of kinetic energy at various times for the jet models.

The kinetic energy distribution of model v1m12 at the end of the simulation

is nearly flat, indicating a roughly spherically-symmetric energy distribution.

The other three models leave significant amounts of kinetic energy in angles

associated with the jets. This implies that the kinetic energy-dominated jets
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are “ballistic” and plow their way through the progenitor without losing much

kinetic energy to more equatorial angles through fragmentation and expansion.

Carrying our simulations to quasi-homologous expansion allows us to

explore the overall geometry of the explosions at times when supernovae are ac-

tually observed. As dramatically demonstrated by Leonard et al. (2006), there

is compounding evidence that SNeII-P exhibit very low polarization through

the plateau phase but, as the photosphere recedes below the hydrogen enve-

lope, the polarization increases greatly. Since the continuum polarization is

primarily the result of electron scattering, we may compare the shapes of sur-

faces of constant electron scattering optical depth, τes, in our models with SN

geometries inferred from polarization measurements. To compute τes, we first

expand our simulation results to the desired time using the relation for homol-

ogous expansion, r = vt. We calculate the new temperature of our models by

assuming that the expansion is adiabatic. Considering only radiation and gas

pressure, the internal energy is then

ε =
aradT

4

ρ
+

3

2

kBT

µmH

= const. (3.4)

Assuming adiabatic expansion neglects radiative losses, however, this will be

adequate for qualitatively estimating the photosphere shapes. The new gas

temperature is found by solving equation (3.4), which is then used to cal-

culate the electron fraction arising from thermal ionization of hydrogen, xT ,

using Saha’s equation. We include contributions to the electron fraction due

to gamma-ray ionizations from the radioactive decay of 56Ni in a manner sim-
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ilar to that of Utrobin et al. (1995). We first calculate the local gamma-ray

luminosity on a cell-by-cell basis as

LNi = (6.45e−t/8.8 day + 1.45e−t/111.3 day)× 1043(mNi/M�), (3.5)

where mNi is the mass of nickel in a given cell. Assuming that the gamma-ray

luminosity contributes only to hydrogen ionization, and entirely locally within

a cell, we find the electron fraction due to nickel decay by iteratively solving

α32x
2
γn

2
HdV = (1− x0.28

γ )
γiLNi

E13

(3.6)

for xγ, the electron fraction arising from the gamma-rays, where α32 = 3.37×
10−13 cm3 s−1 is the de-excitation rate at 5000 K, nH is the hydrogen concentra-

tion, dV is the cell volume, γi = 0.39 is a hydrogen ionization branching ratio,

and E13 = 12.1 eV is the transition energy from the second excited state to the

ground. Assuming that all gamma-ray energy is locally deposited within a cell

is valid because, in our case, the typical gamma-ray mean free path, l = 1/κγρ,

is small compared to the simulation cell size for a gray gamma-ray opacity of

κγ ∼ 0.03 cm2 g−1 due to electron scattering and absorption (Sutherland &

Wheeler 1984). The total electron fraction is taken to be x = max[1, xT +xγ].

The electron scattering optical depth is then (see Jeffery & Branch 1990)

τes = 0.4

∫ R

∞
xρHdr, (3.7)

where ρH is the hydrogen mass density and r is along the observer’s line of

sight.
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In Figure 3.17, we show the evolution of the electron scattering surfaces

as a function of time for model v1m12, calculated using the method described

above. Early-on, about 5 days after shock breakout, the photosphere (τes ≈ 1)

is slightly oblate. This is a result of the slightly aspherical breakout. The polar

shocks erupt from the star about a third of a day before the equatorial shocks

and have that much time to expand laterally, and thus the kinetic energy of

the polar shocks is diluted and the shock slows. On day 50, the photosphere

is roughly spherical, in agreement with the early, plateau-phase polarization

measurements of SN 2004dj (Leonard et al. 2006). As the photosphere re-

cedes, its shape elongates along the jet axis. By day 100, the photosphere is a

prolate spheroid of axis ratio ∼ 1.25. This is about the epoch associated with

the end of the plateau phase in SNeII-P and about the time Leonard et al.

(2006) saw a dramatic rise in the polarization signal from SN 2004dj. Leonard

et al. (2006) estimate an axis ratio of about 1.4 for SN 2004dj based upon the

electron scattering spheroid polarization calculations of Höflich (1991). Given

the many uncertainties in the interpretations of both the observations and our

calculations, there is striking agreement between the photospheric evolution

of model v1m12 and that of SN 2004dj.

The kinetic energy models are far more asymmetric at all times, as is

demonstrated for model v3m12 in Figure 3.18. Axis ratios for this model range

from 2 to 3 from the earliest epochs until the explosion begins the transition

to the nebular phase. The shape of the photosphere on day 300 is actually

more spherical compared with earlier times. The dramatic asphericity of model
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v3m12 is inconsistent with spectropolarimetry of SNeII-P (Leonard et al. 2001,

2006, Wang & Wheeler 2008). The shapes of the photospheres are similar for

models v5m06 and v6m04. This seems to indicate that if SNeII-P are driven by

bipolar jets, such jets must be “stalled” by passage through a thick hydrogen

envelope, meaning that they must efficiently lose kinetic energy to the envelope

driving a more nearly spherical explosion. A similar conclusion was reached

by Höflich et al. (2001). Our thermal energy-dominated jet model satisfies this

criterion.

3.6 Shock Breakout

Recently, the GALEX satellite has observed two SNeII-P at, or near,

the moment of shock breakout (Schawinski et al. 2008, Gezari et al. 2008).

Gezari et al. (2008) model the light curve as a spherical breakout, but as

we show here, the breakout light curve will vary according to the asphericity

of the shock breakout. To illustrate this, we have computed breakout light

curves of our models by first finding the photosphere (τes = 1; via the method

outlined in §3.5) and then calculating the bolometric blackbody emission at the

photospheric temperature in a piecewise fashion across the photosphere and

summing these blackbody contributions over the photosphere. The resultant

light curves, along with the angled-averaged photospheric temperature, are

shown in Figure 3.19. The significantly aspherical breakout of model v3m12 is

apparent in the “double-peaked” light curve. The breakout of the jets around

0.5 days, measured in time from the beginning of the simulation, is followed
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by a period of near-constant luminosity associated with the expansion of the

jet cocoons. The equatorial shock breakout leads to the second peak at 1.5

days. The light curve of model v1m12 is not significantly different from that

of a spherical shock breakout model (see Figs. 1 and 2 of Gezari et al. 2008).

The slightly aspherical breakout of model v1m12 is evident in the light curve,

but the first peak in this case is much smaller and is much closer in time to

the large peak than in model v3m12. Considering the GALEX observations,

the early peak and plateau in the light curve of model v3m12 would have

been detected for SNLS 04D2dc if the breakout were strongly aspherical. The

absence of this early peak and plateau in the breakout light curve indicates the

breakout was indeed nearly spherical. We do note, however, that the temporal

resolution of the GALEX data is roughly one hour, such that the early peak

in the light curve of v3m12 would have been only marginally detected. The

light curve of model v1m12 is in much better agreement with the GALEX

data. While our method of computing the light curves is crude and neglects

many important aspects of shock breakout (such as the radiative precursor),

our theoretical light curves do illustrate the significant differences that can

arise from a strongly aspherical breakout and indicate that the characteristics

of such a breakout could have been detected by GALEX, if they were present.

3.7 Discussion and Conclusions

We have performed 2D axisymmetric, high-resolution simulations of

stellar explosions driven by bipolar jets. We have followed the evolution of
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four different jet models to near free expansion. The energy budgets of three

of our jet models (v3m12, v5m06, and v6m04) are dominated by kinetic en-

ergy whereas that of one jet model (v1m12) contains a large fraction of thermal

energy, and all jet models inject a total of 1051 erg. This distinction in the

four models drastically affects the resulting structures of the models. The

kinetic energy models remain highly elongated as they expand into the wind

surrounding our progenitor model, whereas model v1m12 produces an effec-

tively spherical outer envelope with large departures from symmetry in the

core. These shapes correspond to how efficiently the jet kinetic energies are

isotropized. Only model v1m12 results in an effectively spherically-symmetric

kinetic energy distribution (see Fig. 3.16). An anisotropic distribution of ki-

netic energy may have implications for the measurement of supernova energies

from observations. While radiative transport calculations of our results would

be required to reproduce typical spectral lines used in estimating supernova en-

ergies, it is likely that the kinetic energy models, with their asymmetric energy

distributions, would yield viewing angle-dependent kinetic energy estimates.

If a spherical explosion model were assumed when analyzing the observations

of an aspherical supernova, errors in the estimate of the kinetic energy could

arise.

We resolve the growth of fluid instabilities in the explosions. We show

that the jet fluid is unstable and develops several RT fingers that, when reverse-

shocked in the H envelope, serve as initial perturbations for rapid RM growth.

The RM fingers travel at nearly the free-fall velocity and are able to overtake
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the shock in the kinetic energy models. The edges of the jets are also KH

unstable, but the growth rate depends sensitively on the speed and density of

the jet fluid. Model v3m12 does not show significant KH growth, but all three

other models do. The equatorial outflow in all four models is also subject to

KH growth along the top and bottom surfaces, as predicted by Wheeler et al.

(2008).

In comparison with Khokhlov et al. (1999), model v3m12 shows a sim-

ilar large-scale structure up to the time the shocks depart the helium core

(see their Figure 2). The extension in the jet direction is similar and the de-

velopment of the equatorial outflow is comparable. In contrast, the higher

resolution employed in our model (∆rmin ∼ 3× 106 cm versus ∆rmin ∼ 4× 107

cm in Khokhlov et al.) allows us to see the development and growth of fluid

instabilities, particularly in the jet fluid (see the right panel of Figure 3.3).

We have compared the late-time geometries of our models with ob-

servations by calculating the electron scattering optical depths under the as-

sumption of adiabatic expansion (see Figs. 3.17 and 3.18). We show that the

kinetic energy-dominated models (v3m12, v5m06 and v6m04) are too aspher-

ical at early times to match polarimetry of SNeII-P. Model v1m12 produces

a photosphere that is nearly spherical for the first 50 days of expansion and

increases in prolate elongation to axis ratios that are in close agreement with

those derived for SN 2004dj (Leonard et al. 2006). Our simplified calculation

of optical depths neglect several important radiative effects, however a full

radiative transfer calculation is beyond the scope of this work and is unlikely
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to qualitatively change our results.

The development of instabilities may be important to the overall under-

standing of core-collapse supernovae in a number of ways. Substantial obser-

vational evidence shows that the transport of heavier material to radii ahead

of lighter material is a ubiquitous phenomenon in core-collapse supernovae, es-

pecially SNeII-P. This “overturn” of the original “onion-skin” configuration of

the progenitor has been explained in neutrino-driven explosions by the growth

of fluid instabilities (see Kifonidis et al. 2003, 2006). The substructure of cer-

tain strong lines (such as Hα) indicates large, fast-moving clumps of nickel

in the ejecta. Similar to the calculations of Kifonidis et al. (2003), many of

the instabilities that develop in our models are of very small scale and it is

unlikely that such small instabilities can explain the substructure of spectral

lines, however, the jets are effectively a large, single-mode asymmetry capable

of producing high-velocity bipolar clumps. The jet fluid, which we assume

to be nickel, is transported ahead of lighter materials, providing significant

“overturn.” In our models, a large amount of nickel mass is transported to

radii where it can excite the Hα and He I lines, as is required by spectral

modeling of SNeII-P (Fassia et al. 1998, Elmhamdi et al. 2003, Chugai et al.

2005, Chugai 2006). Kifonidis et al. (2006) show that the mode of the insta-

bilities that grow in neutrino-driven explosions is sensitive to the nature of the

neutrino emission. In jet-driven models, the jets create a robust, large-scale

asymmetry that is not very sensitive to the detailed nature of the jets.

We show that He clumps form due to RT instabilities in the transition
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layer between the H and He in the explosion ejecta in all four jet models. These

clumps may contribute the pristine helium required by Fassia et al. (1998) to

fit the strength of the He I 10830 Å line, though the amount of clumping we

find is below that required by Fassia et al. As we have noted, the extra nickel

at high velocities in the jet models (about a factor of two greater than that

assumed by Fassia et al.) may compensate for the low helium clump fraction

by providing excess gamma-ray excitation.

Evolving our calculations beyond shock breakout allows us to study the

breakout characteristics of the explosion models. In Figure 3.19 we present

the bolometric shock breakout light curves for models v1m12 and v3m12. The

nearly-spherical breakout of model v1m12 produces a light curve that is very

similar to spherically-symmetric model light curves. The dramatically aspher-

ical breakouts of the kinetic models show a first peak in the light curve asso-

ciated with the breakout of the jets followed by a roughly constant luminosity

period created by the expanding and cooling jet “cocoons” and then a large

peak as the equatorial shocks break out. The early peak and plateau in the

light curves of the kinetic models would have been evident in GALEX obser-

vations of SNLS 04D2dc, if they were present. Their absence argues against

the likelihood of a significantly aspherical break out for this SNeII-P, as does

the comparison to polarimetry. The light curve of model v1m12 agrees with

the observations for shock breakout for the two SNeII-P caught by GALEX

(Schawinski et al. 2008, Gezari et al. 2008).

In Table 3.3, we summarize the observational characteristics of SNeII-P
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and the four jet models. We also include the characteristics a neutrino-driven

SN model based loosely on that of Kifonidis et al. (2003, 2006) for comparison.

A multi-dimensional neutrino-driven model that includes fluid instabilities can

be expected to account for transport of heavy elements to high ejecta velocities

as well as the formation of pristine helium clumps in the hydrogen envelope;

however, it is not clear that neutrino-driven models can consistently produce

fast-moving, bipolar nickel clumps in the ejecta. Likewise, it is unlikely that

these models can account for the time dependence of SNeII-P polarization.

Significantly aspherical neutrino-driven explosions may result from the stand-

ing accretion shock instability (SASI; Blondin et al. 2003, Marek & Janka

2007) or the acoustic mechanism (Burrows et al. 2006, 2007b), however the

large-scale structure of supernovae resulting from these mechanisms has not

been explored. As we have discussed, the kinetic energy-dominated jet models

produce explosions that are too aspherical at early times and are, thus, in-

compatible with polarization and shock breakout observations of SNeII-P. In

contrast, our thermal energy-dominated model (v1m12) shows good agreement

with all of the observations we have discussed here.

The comparison of observational evidence with our simulations consis-

tently indicates that jets capable of retaining a large fraction of their initial

kinetic energy while crossing the hydrogen envelope of a red supergiant star

are unlikely to be present in SNeII-P explosions. This is evidence that if jets

are present, or are the driving mechanism in core-collapse supernovae, they

must be jets that are capable of transferring their kinetic energy to the hy-
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drogen envelope of a RSG. This may not require thermal energy-dominated

jets, as we have presented here, but it does seem to rule out fast, dense jets

that remain ballistically detached from the surrounding ejecta and punch out

of the progenitor with a large fraction of their initial kinetic energy intact.

Höflich et al. (2001) and Khokhlov & Höflich (2001) have noted that if jets

efficiently penetrate the core of a stripped envelope supernova, but are mostly

trapped in the envelope of extended hydrogen-rich supernovae, then average

stripped-envelope supernovae should have lower kinetic energies than average

SNeII-P. Since this is not the case, Höflich deduced that any jet energy must

already be fairly efficiently deposited in the cores of supernova progenitors by

dint of any jets being rather wide and slow. The conclusions of our current

study, that thermal jets are favored over kinetic energy jets, is roughly in ac-

cord with Hoeflich’s supposition. We note, however, that even our thermal jets

that ultimately deposit their energy rather uniformly in the hydrogen envelope

are less efficient in depositing energy in the helium core. The energy depo-

sition cannot be completely isotropized in the helium core without violating

the observations from spectropolarimetry that the inner core is substantially

aspherical. How these two constraints of energetics versus asymmetry play off

against one another needs to be studied in more detail.
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Table 3.1. Parameters of jet models

Jet Model ρ (g cm−3) Tmax (K) P (erg cm−3) vmax (cm/s) Mtot (M�)

v3m12 6.5× 105 2× 109 1023 3.2× 109 0.12
v5m06 2.2× 105 2× 109 1023 5× 109 0.06
v1m12 2× 106 4.4× 109 1024 109 0.12
v6m04 105 2× 109 3× 1022 6× 109 0.04
ambienta 8× 105 2× 109 1.4× 1023 · · · · · ·

aThe ambient values given are those of the progenitor model and the inner radius
of our simulations: 3.8× 108 cm.

Table 3.2. Simulation stages and grid parameters

Stage ti (s) tf (s) rin (cm) rout (cm) Nr,0
a ∆rmin (cm) b

0: 0 5 3.82× 108 3.2× 1010 192 2.6× 106

1: 5 25 3.82× 108 7.5× 1010 192 6.1× 106

2: 25 100 1.0× 109 2.5× 1011 192 2.0× 107

3: 100 300 2.0× 109 9.0× 1011 192 7.3× 107

4: 300 1× 103 4.0× 109 3.0× 1012 320 1.5× 108

5: 1× 103 3× 103 1.0× 1010 6.0× 1012 320 2.9× 108

6: 3× 103 1× 104 2.0× 1010 2.0× 1013 352 8.9× 108

7: 1× 104 3× 104 5.0× 1010 6.0× 1013 352 2.7× 109

8: 3× 104 1× 105 1.0× 1011 2.0× 1014 384 8.1× 109

9: 1× 105 2× 105 2.0× 1011 4.0× 1014 384 1.6× 1010

10: 2× 105 5× 105 5.0× 1011 1.0× 1015 384 4.1× 1010

aThe number of radial zones at the lowest level of refinement.

bThe radial resolution at the highest level of refinement.
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Table 3.3. Observational features of supernova models

Observation v1m2 v3m12 v5m06 v6m04 neutrino-drivena

small early
polarization yes no no no yes
large late
polarization yes yes yes yes no
spectral
substructure
due to Ni clumps yes yes yes yes nob

pristine He
clumps in H yes yes yes yes yes
GALEX breakout
light curve yes no no no yes

aBased loosely on the results of Kifonidis et al. (2003, 2006).

bKifonidis et al. (2006) do find large-scale nickel clumps that may account
for spectral substructure, however this result seems to depend sensitively
on the nature of the neutrino emission. A better understanding of neutrino
physics is needed in order to know if this result can be obtained consistently
in all SNeII.
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Figure 3.1 Radial abundance (left) and density (right) profiles of the red su-
pergiant progenitor model used as initial conditions for our simulations. In the
left panel, Xi is the mass fraction of the atomic species listed in the legend.
Along with the density profile (solid line) on the right, we plot the logarithmic
slope of the density, ω = −d ln ρ/d lnR (dashed line). The spikes in ω cor-
respond to layer transitions in the progenitor: C/O–He (2 × 109 cm), He–H
(6× 1010 cm), and H–wind (3× 1013 cm).
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Figure 3.2 Shock velocity as a function of radius for models v1m12 (thermal
energy-dominated, left) and v3m12 (kinetic energy-dominated, right). The
solid line is the shock velocity along the pole (θ = 0◦) and the dashed lined is
the shock velocity along the equator (θ = 90◦). For model v1m12, the shock
structure becomes roughly spherical in the H envelope; the solid and dashed
lines overlap until an instability finger grows up the axis and overtakes the
polar shock around 5× 1012 cm. The shock structure never becomes spherical
in the case of model v3m12 and instability fingers overtake the shock much
earlier, around 7 × 1011 cm. The equatorial shocks are well-defined only at
radii greater than about 2× 109 cm.
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Figure 3.3 Snapshots of the density evolution in kinetic energy-dominated
model v3m12 before leaving the helium core of the star, which has a radius
of ∼ 5 × 1010 cm. The axis lengths are given in centimeters and the density
is plotted in g cm−3. The simulation times are, from left to right, 2 s, 10.6 s,
and 40 s. Note the stripping of jet material caused by shear with the stellar
material and the subsequent development of small-scale, complex structure in
the right panel. The three panels also show the development and evolution of
the equatorial structure resulting from the collision of the jet-induced shocks
at the midplane. The middle and right panels also show the beginning growth
of RT fingers at the interface between the jet material and the shocked star
material.
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Figure 3.4 Snapshots of the density evolution in kinetic energy-dominated
model v3m12 while transiting the stellar envelope. The axis lengths are given
in centimeters and the density is plotted in g cm−3. The simulation times are,
from left to right, 700 s, 2200 s, and 26,000 s. In the equator, the “pancake”-
like outflow has developed KH roll-ups as it has sheared through the envelope
of the progenitor. The leading KH roll-up detaches from the bulk of this flow
and impinges on the equatorial shock, as shown in the middle panel. The RT
fingers of jet fluid are swept up by the reverse shock into a thin, dense shell.
The fingers serve as an effective initial perturbation to instability growth in
this shell that, as seen in the middle and right panels, is able to reach up to
and ahead of the forward shock, thus perturbing the forward shock structure.
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Figure 3.5 Snapshots of the density evolution in kinetic energy-dominated
model v3m12 after shock breakout from the star. The axis lengths are given
in centimeters and the density is plotted in g cm−3. The simulation times
are, from left to right, 52,000 s, 130,000 s, and 500,000 s. This figure shows
the significant lag between the breakout of the polar shocks and that of the
equatorial shock. A thin, unstable shell of wind material is swept up by the for-
ward shocks, analogous to that shown in Figure 3.4. The final structure (right
panel) is significantly prolate, inconsistent with early polarization measure-
ments of SNeII-P. Note that the slight north-south asymmetries are artifacts
of numerical inaccuracies and are amplified by shock breakout.
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Figure 3.6 The density structures of the three kinetic energy-dominated models
v3m12, v5m06, and v6m04 (left to right), at the end of the simulations, 5.79
days. The final structures are remarkably similar given the differences in jet
injection speeds and jet masses.
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Figure 3.7 The radial velocity field of thermal energy-dominated model v1m12
at 1 s. The maximum velocity attained of ∼ 3 × 109 cm s−1 is much greater
than the input velocity of 109 cm s−1 due to the conversion of thermal energy
to kinetic energy in the jet fluid.
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Figure 3.8 Snapshots of the density field for thermal energy-dominated model
v1m12 before leaving the helium core. The axis lengths are given in centimeters
and the density is plotted in g cm−3. The times of the snapshots are, from left
to right, 2 s, 20 s, and 60 s. The left panel shows the rapid lateral expansion
of the jet structure in this model. Shown also are large vortices that develop
into turbulent structures, seen in the middle and right panels. The right panel
shows the beginning growth of RT fingers in the interface between the jet and
the shocked star material. The equatorial structure is apparent in the middle
panel and is significantly broader than in the kinetic energy models. The edges
of the equatorial structure are less sharp than in the other models, but still
subject to short-wavelength KH instability (see Fig. 3.9).
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Figure 3.9 Snapshots of the density field for thermal energy-dominated model
v1m12 in the progenitor envelope. The axis lengths are given in centimeters
and the density is plotted in g cm−3. The times of the snapshots are, from left
to right, 500 s, 6500 s, and 85,000 s. The left panel shows that the equatorial
outflow is much broader than in the kinetic energy models and is still subject
to the KH instability along its surfaces. As also seen in the kinetic energy
models, the reverse shock sweeps up a thin, RT unstable shell that wipes away
much of the complex structure that has developed up to this point. The right
panel shows the RM finger of jet fluid that grows up the axis and catches the
shock.
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Figure 3.10 Snapshots of the density field for thermal energy-dominated model
v1m12 as the shock exits the star. The axis lengths are given in centimeters
and the density is plotted in g cm−3. The times of the snapshots are, from
left to right, 130,000 s, 155,000 s, and 500,000 s. This figure shows that the
lag between polar and equatorial shock breakouts is much smaller than in the
kinetic energy models. The resulting structure is nearly spherical. As in the
case of model v3m12, the reverse shock arising from shock breakout into the
wind sweeps up a dense shell that is RT unstable.
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Figure 3.11 Mass distributions versus radius for the four explosion models at
the end of the calculations (5.79 days). The three kinetic energy models drive
nickel ahead of the hydrogen and helium while the thermal model, v1m12
(upper left), ends with a nickel distribution very similar to that of hydrogen.
Driving nickel beyond the hydrogen and helium may reduce the nickel available
to excite spectral lines via radioactive decay.
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Figure 3.12 Mass distributions versus z-velocity (vz = vr cos θ) for the four
models. The oppositely-directed, bipolar clumps of nickel are evident. The
kinetic energy models yield nickel clumps with typical velocities of 5000 km
s−1 whereas the clump velocities in model v1m12 are ∼ 1500 km s−1.
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Figure 3.13 The 56Ni mass fraction at 5.79 days for thermal energy-dominated
model v1m12. The nickel clumps, remnants of the jets, are clearly shown. The
nickel at 2× 1014 cm is moving at approximately 2000 km s−1.
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Figure 3.14 The 56Ni mass fraction at 5.79 days for kinetic energy-dominated
model v3m12. The nickel clumps, remnants of the jets, are clearly shown. The
nickel at 6× 1014 cm is moving at about 9000 km s−1.
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Figure 3.15 Distribution of the clumped He mass fraction (χHe =
MHe,clumped/MHe) and H mass distribution in the four models. In all mod-
els, a small fraction of the He mass in the outer hydrogen envelope is clumped.
Fassia et al. (1998) find that a much higher clumped fraction is needed to
reproduce the He I 10830Å line in SN 1995V; however, their modeling did not
account for significant nickel clumps at high velocities (see figs. 3.11 - 3.12).
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Figure 3.16 Angular distribution of kinetic energy for the four models at var-
ious times. Note that the thermal energy-dominated model (v1m12, upper
left) has distributed its energy nearly uniformly in angle by the end of the
simulation whereas the three kinetic energy-dominated models (other panels)
retain significant kinetic energy near the jet axis.
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Figure 3.17 Surfaces of constant electron scattering optical depth τes using a
constant opacity for thermal energy-dominated model v1m12 at several epochs:
6 (end of simulation), 50, 100, and 200 days. The optical depths were cal-
culated for a line-of-sight in the equatorial plane and the levels shown are
τes = 1, 10, 30. On day 6, the photospheric shape is slightly oblate with axis
ratio of ∼ 0.95, but by day 50 the photosphere is essentially spherical. On day
100, around the time of the observed jump in polarization in SN 2004dj, the
axis ratio of v1m12 is ∼ 1.25 and the photosphere is prolate. On day 200, the
elongation of the inner core is apparent and the contour for τes = 30 is absent
as the model is making the transition to the nebular phase.
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Figure 3.18 Same as Fig. 3.17 except for kinetic energy-dominated model
v3m12. The shape of the photosphere is remarkably asymmetric at all times,
in disagreement with polarimetry of SNeII-P.
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Figure 3.19 Bolometric shock breakout light curves for models v1m12 and
v3m12. The light curve of thermal model v1m12 is similar to that for a
spherically-symmetric breakout and is consistent with GALEX observations of
shock breakout from SNLS 04D2dc. The kinetic model, v3m12, has a double-
peaked breakout light curve that would have been evident in the GALEX
observations, but was absent. We also plot the angle-averaged photospheric
temperature.
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Chapter 4

Aspherical Supernova Shock Breakout and the

Observations of Supernova 2008D

4.1 Introduction

The serendipitous discovery of SN 2008D on 9 January 2008 (Berger &

Soderberg 2008, Kong & Maccarone 2008, Soderberg et al. 2008) has allowed

us to view a stripped-envelope core-collapse supernova (SN) at its earliest

stages: at or near the moment of shock eruption from the surface of the pro-

genitor. The remarkable observations of SN 2008D are incredibly revealing;

however they leave open a number of important questions: What is the emis-

sion source of the X-Ray outburst? What is the radius of the shock breakout

or of the progenitor star? What sets the timescale of the breakout light curve?

Answering these questions requires an understanding of how the observations,

and the modeling of the observations, relate to the characteristics of the shock

breakout.

The discovery of X-ray outburst (XRO) 080109 associated with SN

2008D is detailed by Soderberg et al. (2008). The burst lasted about 500

seconds and reached a peak count rate of about 9 counts s−1. Soderberg et al.

argue that the origin of the XRO is shock breakout in an optically thick wind
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surrounding the progenitor star at a radius of about 7 × 1011 cm. While this

radius is larger than that of the typical Wolf-Rayet star, indicating the need for

an optically-thick wind, it is plausible that a supernova progenitor Wolf-Rayet

star could have a radius this large, depending on mass loss history (Chevalier

& Fransson 2008, Woosley et al. 1995). Furthermore, radio observations of SN

2008D indicate a wind mass-loss rate too low for the wind to be optically thick

at a radius of 7× 1011 cm (Soderberg et al. 2008, Chevalier & Fransson 2008).

The X-ray spectrum of XRO 080109 can be fit reasonably well with a

power law, a black body, or a combination of the two (Modjaz et al. 2009). It

is thus reasonable to consider both thermal and non-thermal sources of emis-

sion in attempting to explain the outburst. Chevalier & Fransson (2008) posit

that a thermal, black-body source is plausible within the uncertainties of the

observations. Wang et al. (2008) argue, however, that bulk-Comptonization

will scatter thermal photons to higher energies creating a power-law spectrum.

Both thermal and non-thermal emission sources may be able to explain the

shape of the spectrum, however neither can account for the timescale of the

light curve. The characteristic time for both emission types, characterizing

the full-width at half-maximum (FWHM) of the observed light curve, assum-

ing a spherically-symmetric shock breakout, is the light-crossing time of the

progenitor star, R/c. The FWHM of the XRO, about 100 s (Soderberg et al.

2008, Modjaz et al. 2009), indicates a breakout radius of 3× 1012 cm, greater

than any plausible progenitor radius and well above where the progenitor wind

would be optically-thick.
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In this work, we describe the characteristics of aspherical supernova

shock breakout. Compounding observational evidence indicates that core-

collapse supernovae, especially those involving envelope-stripped progenitors

(Type Ib/c), are not spherical (see, e.g., Wang & Wheeler 2008). Theoreti-

cally, any plausible model for the explosion mechanism of core-collapse SNe

produces an inherently aspherical shock wave (Wheeler et al. 2000, 2002, Bur-

rows et al. 2006, 2007a). We focus on core-collapse SNe driven by bipolar jets

(see Khokhlov et al. 1999, Couch et al. 2009), as may arise from a magneto-

rotational mechanism (Wheeler et al. 2000, 2002, Burrows et al. 2007a). The

broad features of aspherical shock breakout that we discuss apply to arbi-

trarily aspherical shocks, not just those produced by bipolar jets. The ab-

sence of spherical symmetry dramatically modifies the observational charac-

teristics of shock breakout and subsequent stages of emission. We assume

dilute black-body emission in our models and demonstrate that the spectral

shape of aspherical shock breakouts is considerably different from that of a

single-temperature, spherically-symmetric black-body. Further, we show that

the timescale of the light curve is not set by the light crossing time of the pro-

genitor star but by the shock-crossing time. This can account for the length

of the XRO associated with SN 2008D with a Wolf-Rayet star progenitor of

reasonable parameters.

This paper is organized as follows. In section 4.2 we describe the hy-

drodynamic simulations. In section 4.3 we describe our method of modeling

the shock breakout emission from our simulations and present the resulting
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spectra and light curves. We discuss the implications of our results in section

7.3 and conclude in section 7.4.

4.2 Hydrodynamic Simulations

We have carried out high-resolution hydrodynamic simulations of jet-

driven core-collapse supernovae using the FLASH code, version 2.5 (Fryxell

et al. 2000). We use two progenitor model stars in our calculations. The

first is model s1c5a from Woosley et al. (1995). This model has a radius of

1.35× 1011 cm (1.93 R�)and a mass of about 2.5 M�. The second model used

is a stretched version of model s1c5a. For this model, we stretch the radial

coordinates at each model grid point of s1c5a according to rnew = rorig +

6.17 × 10−8r1.7
orig. The physical variables, such as density and temperature,

at each grid point are left unchanged. This function then leaves the core

mass and radius approximately unchanged while extending the envelope of

the progenitor. The mass and radius of this model is 6.5 × 1011 cm (9.3 R�)

and 6.8 M�, respectively. Both progenitors are surrounded by a wind with

a mass loss rate of 1.5 × 10−5 M� yr−1 and wind velocity of 1000 km s−1.

The wind is assumed to be spherically symmetric, which may not be the case

for a rotating progenitor. Figure 4.1 shows the density profiles of the two

progenitors used.

We use a modified version of the Helmholtz equation of state (EoS)

included in FLASH that accounts for contributions to the internal energy

from radiation and gas only. In the wind, the gas and radiation are not in

104



thermal equilibrium and so radiation would not contribute to the pressure or

internal energy of the gas. In order to account for this with an EoS that

includes both components, we set the temperature in the wind to a small

value. This is justified because for a strong shock the upstream temperature

is unimportant to the downstream thermodynamics. We use a multi-fluid

with seven species: 4He, 12C, 16O, 20Ne, 24Mg, 28Si, and 56Ni. We employ the

consistent multifluid advection scheme (Plewa & Müller 1999) implemented

in FLASH. We do not include nuclear burning. Gravity is calculated self-

consistently using the multipole Poisson solver.

All simulations are carried out in 2D cylindrical geometry. In order

to cover the enormous dynamic range from the inner regions of the progeni-

tor star (∼ 108 cm) to the shock radius several minutes after shock breakout

(∼ 1015 cm), we have implemented an effectively logarithmically-spaced cylin-

drical mesh. This is achieved through a radially-dependent maximum level

of refinement limiter. This limiter requires that the grid spacing at radius

r, ∆x, not fall below some fraction of the radius r. The limiter then takes

the form ∆x > ηN−1
x r, where Nx is the number of zones per block in one

dimension and η is a small number that sets the resolution scale. In effect,

ηN−1
x is analogous to the minimum angular resolution in spherical geometry.

Additionally, we have set the maximum level of refinement anywhere on the

grid to be time-dependent; successively higher levels of refinement are dropped

from the grid as the simulation proceeds. This has the effect of dramatically

increasing the Courant-limited time step at late times, allowing the calcula-
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tions to be completed in a relatively small amount of computer time. Each

simulation described in this paper required approximately 3000 CPU hours to

cover 105 seconds of simulation time. This also negated the need to re-map

the simulation onto a new grid to continue the simulations to late times (e.g.,

Couch et al. 2009, Kifonidis et al. 2003, 2006).

The jets that drive the explosions are introduced as time-dependent

boundary conditions at the inner boundary of the grid where we inject two

identical, oppositely-directed energetic flows. In order to facilitate this, an

inner hole is excised from the 2D cylindrical grid. Within this hole, the hy-

drodynamic solution is not calculated. For the sake of computing the solution

at the edge of the hole, the variables within the hole are set using a diode

boundary condition (see, e.g., Zingale et al. 2002). This boundary condition is

equivalent to an outflow boundary condition when the flux into the hole is pos-

itive, however the flux out of the hole is always zero. The mass that flows into

the hole is tracked and added to the gravitational potential as an additional

point mass term to the self-gravity of the gas on the grid. The radius of the

hole expands during the simulation, cutting out the smallest zones where the

Courant condition is most limiting and ensuring that the hole radius is always

resolved by a large number of zones as the maximum allowed refinement level

is reduced. The jet injection velocity, vjet, varies in time according to

vjet(t) =


vmax, t ≤ 0.25 tjet,

vmax
4
3
(1− t/tjet), 0.25 tjet < t ≤ tjet,

0, t > tjet,

(4.1)
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where vmax is the maximum jet injection velocity and tjet is the total jet injec-

tion time.

We ran a total of six simulations. Two of these simulations are spher-

ical, non-jet-driven, explosions for comparison to the jet-driven cases. The

spherical explosions are initiated in an identical manner to the jet-driven cases:

injection of energetic material, except that the “jet” opening half-angle is π/2.

For the four jet simulations, the opening half-angle of the jets is about π/12.

The parameters of the jets are listed in table 4.1. For all simulations, the

maximum extent of the grid is 1015 cm and the initial radius of the inner hole

is 2×108 cm, roughly the radius of the iron core of the progenitor models used.

The ambient density and temperature at this inner radius for both progenitors

is about 5.2 × 106 g cm−3 and 3.3 × 109 K. The jets are assumed to be com-

prised entirely of 56Ni. The parameters of the simulations were chosen so that

in every case, the injected 56Ni mass is about 0.1 M�, a value similar to that

estimated from observations of SN 2008D (Soderberg et al. 2008, Mazzali et al.

2008, Modjaz et al. 2009). Also, for each model, except m2r1hot and m2r1sph,

the ratio of explosion energy to ejecta mass is about 0.8 (1051 erg/M�), similar

to the ratio estimated from measurements of the photospheric velocity of SN

2008D at maximum light (Soderberg et al. 2008, Mazzali et al. 2008). The

jet parameters for models m2r1cold and m2r1hot approximately correspond

to the jet parameters used in Couch et al. (2009) for their models v3m12 and

v1m12. There are 25 levels of refinement at the start of each simulation and

the effective angular resolution, ηN−1
x , is π/1024. The simulations are run
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until 105 seconds, long after shock breakout in all cases.

Figures 4.2 - 4.5 show show density plots of the four jet-driven explosion

simulations at three epochs: when jet injection stops, initial shock breakout,

and the end of the simulation. In each jet explosion simulation, the jets drive

bipolar shocks that expand out from the jet injection sites along the cylin-

drical axis. The shocks cross in the equatorial plane and establish a dense,

hot pancake of unbound material. The shocks in all cases erupt from the

surface of the progenitor stars first at the poles. The shocks accelerate into

the low-density wind region and sweep around the surface of the progenitor

and cross again on the equatorial plane. This happens just before the original

equatorial shock structure erupts from the progenitor surface. The prolate

shock structure evolves toward sphericity in the wind region as the reverse

shock, established by the outgoing shock colliding with the wind, sweeps up

an unstable shell of ejecta.

The explosions in the smaller progenitor, models m2r1hot and m2r1cold,

reach the surface of the progenitor approximately 50 seconds after the start

of the simulations. For explosion m2r1cold, the shocks take about 30 seconds

to cross the surface of the progenitor and collide along the equatorial plane.

The time is only 20 seconds in model m2r1hot because the shock structure

is more spherical than in m2r1cold. The shocks reach peak speeds of about

1.4× 1010 cm s−1. At the end of the simulations, around one day after shock

eruption, the pole to equator axis ratio for m2r1cold is 1.2 and for m2r1hot is

1.0.
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The explosions in the larger progenitor take significantly different amounts

of time to reach the surface. Model m7r6cold takes about 225 seconds to erupt

from the progenitor poles, while model m7r6hot takes about 390 seconds to do

the same. The time it takes the shocks to sweep across the progenitor surface

is also different, taking 225 seconds in model m7r6cold and only 125 seconds

in model m7r6hot. As is the case for the smaller progenitor simulations, this

is because the hot model is less prolate than the cold. In the larger progenitor,

the shocks reach peak speeds after breakout of about 1× 1010 cm s−1.

4.3 Aspherical Shock Breakout Emission Characteris-
tics

In order to understand the observational effects that aspherical shock

breakout would produce, we model the X-ray emission from our simulations

using a custom ray-tracing code. This code calculates the X-ray spectra at

each output time from our simulations and produces X-ray light curves and

integrated spectra. The code also computes the estimated X-ray counts as

would be detected by the Swift XRT, accounting for the XRT detector response

function and photon absorption along the line of sight. In section 4.3.1 we

discuss the details of this code. In section 4.3.2 we present the simulated

spectra and light curves for the explosion simulations and discuss the general

observable characteristics of aspherical shock breakout.
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4.3.1 Description of Ray-Tracing Code

We calculate the spectra of our simulation results in the Swift XRT

bandpass (0.1 to 10 keV) as a post-processing step using a custom ray-tracing

code. The AMR data are first merged onto a uniformly-spaced grid using

volumed-weighted averaging. The electron scattering and absorption optical

depths, τes and τabs, are then calculated via integration along rays directed from

the assumed location of the observer. Several viewing angles are calculated

by rotating the uniform data prior to integration. We assume a black-body

spectrum is formed with a color temperature equal to the matter temperature

at the thermalization depth, defined to be where the effective optical depth

τ∗ =
√

3τabsτtot = 2/3, and τtot = τes + τabs. The emission directed toward

the observer is then the black body flux times the area projected toward the

observer.

The thermalization depth, and hence the emissivity, is strongly depen-

dent on the scattering and absorptive opacities. We use multi-group opacities

obtained from the TOPS database maintained by Los Alamos National Lab.

These opacities are temperature- and density-dependent and use 32 photon

energy groups spaced logarithmically in the XRT bandpass. We assume a

chemical mixture comprised mostly of helium, as would be relevant to SN

2008D, with a solar mix of metals at half of the solar metal abundance (i.e.,

X = 0, Y = 0.992, and Z = 0.008). The inclusion of metals is critically im-

portant to obtaining accurate values for the absorptive opacities, as we discuss

below. The TOPS database gives values for the number of free electrons per
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nucleon, Ne, the Rosseland mean opacity, and the Planck mean opacity at

each temperature, density, and photon energy. We assume the total absorp-

tive opacity, κabs, to be the Planck opacity. The electron scattering opacity is

κes = 0.1Ne cm2 g−1, for a predominately helium gas. The optical depths are

then

τ[es,abs](R, z) =

∫ R

∞
κ[es,abs](R

′, z)ρ(R′, z) dR′, (4.2)

where the integrations are carried out in cylindrical geometry and R and z are

the cylindrical radius and height.

The photospheres of our simulation results are typically sampled by

about 1000 rays along which the optical depths are calculated. Each cylindrical

slab is assumed to radiate with a black body spectrum at the temperature of

the gas at the thermalization depth. Since the absorptive opacity is photon

energy dependent, the thermalization depth is different for each photon energy

group. The total spectrum is then the sum of the projected emission from

each slab. The total spectrum is thus not a single temperature black body but

the superposition of many black bodies at different temperatures and with

different emission areas. The code calculates corrections due light-travel time

effects. The total X-ray luminosity is then the integration of the spectrum

over photon energy at each calculated time. In order to make a more direct

comparison with the XRT observations, we convolve our model X-ray spectra

with the XRT detector response function and account for X-ray absorption

due to neutral hydrogen along the line of sight. We assume a distance to SN

2008D of 31 Mpc.
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4.3.2 Model Spectra and Light Curves

We have calculated shock breakout X-ray spectra and light curves at

various observer viewing angles for the four jet-driven explosion models. The

light curves are presented in figures 4.7 - 4.10 and the time-averaged spectra

in figures 4.11 - 4.12. All emission models are calculated assuming a neu-

tral hydrogen column depth along the line of sight, NH, of 1.7 × 1020 cm−2,

corresponding to the Galactic value in the direction of SN 2008D (Dickey &

Lockman 1990). All models are calculated using opacities appropriate for a

helium gas with a solar mix of metals with an abundance of half solar (i.e.,

Z = 0.5Z� = 0.008). The influence of varying both NH and Z are discussed in

section 4.3.2.1. The general light curve characteristics are given in table 4.2.

Figures 4.7 - 4.10 show both the total X-ray luminosity and the pre-

dicted X-ray count rate, corrected for detector response, X-ray absorption,

and distance. The X-ray luminosities are determined by first calculating the

luminosity projected toward the observer and then applying an emitting area

correction term under the false assumption that the explosion is spherical.

In other terms, these light curves are constructed assuming the total X-ray

luminosity is 4 times greater than the projected luminosity. As can be seen,

the shapes of the count rate curve and the luminosity curve are not the same.

This is because the underlying spectrum is varying in time. At times when

the spectra are softer, more photons are produced at lower energies where the

effects of X-ray absorption and detector response are stronger. Thus it is not

appropriate to use a constant count rate-to-luminosity conversion factor at all
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times. In each explosion model, the spectrum varies significantly throughout

the burst. This is true even in the spherical explosions (see figure 4.6), though

to a lesser extent because the reduction in temperature at the thermalization

depth (and thus, emissivity) is somewhat balanced by the expansion of the

photospheric radius. The thermalization layer in each explosion lies in the

region between the forward and reverse shocks. At later parts of the X-ray

bursts, the thermalization layer coincides roughly with the contact disconti-

nuity between the swept-up wind and the reverse-shocked ejecta, where the

density increases dramatically.

The light curves for the aspherical explosions may generally be de-

scribed as having two peaks. The first is associated with the initial shock

breakout at the poles. The dip in the light curves following this first peak

is due to the decreasing temperature of the thermalization layer as the shock

moves out further into the wind. The second peak is attributed to emission

from the equator as the bipolar shocks cross there and create a pancake of

very hot, twice-shocked gas. As the explosions evolve more toward sphericity

at later times, the light curves decay exponentially. The time scales of the

light curves are related to the shock crossing times of the progenitors.

Light curves of explosion models m2r1cold and m2r1hot (the smaller

progenitor) are shown in figures 4.7 and 4.8 for three viewing angles: along the

equator (0 degrees), 45 degrees, and along the axis of symmetry (90 degrees).

The widths of the light curves are roughly 100 seconds at all angles for both

models and the total X-ray burst time is around 500 to 600 seconds. These
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values are very close to what was observed for SN 2008D. Examining the shape

of the model light curves shows that for 0 degree viewing angles the light curves

rise very quickly. This is due to two effects. The first is simply because the

emission from both poles is visible. The second is due to the nature of an

aspherical breakout and the effects of light travel corrections. As the bipolar

shocks continue to erupt from the progenitor surface, the brightest emission is

coming from where the shocks are reaching the surface (essentially two rings

moving across the stellar surface from the poles to the equator). Thus, the

brightest emitting regions are moving rapidly toward the observer causing a

pile up of emission once light travel time corrections are made. This effect is

reduced, or eliminated, at higher viewing angles because the brightly emitting

rings are no longer moving so much toward the observer. Table 4.2 lists the

resulting light curve characteristics for our models m2r1cold and m2r1hot, as

well as m2r1sph for comparison. As expected, the spherical explosion has a

higher peak luminosity, but a much shorter FWHM and overall burst time,

∆t. The width of the light curve for m2r1sph is set by the light crossing time

of the progenitor.

The X-ray spectra for models m2r1cold and m2r1hot are shown in figure

4.11. These spectra are corrected for the detector response function and for

X-ray absorpotion (assuming NH = 1.7 × 1020). They are also averaged over

the burst time, ∆t, as was done for the observations of XRO 080109/SN 2008D

(Soderberg et al. 2008, Modjaz et al. 2009). The shapes of the spectra at the

different viewing angles are very similar. Indeed there is not much difference
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between the two different models. The time-averaging washes away the major

differences that are apparent in the light curves. Interestingly, the shape of the

spherical explosion spectra are also very similar. They are generally brighter,

but this is due to a shorter averaging time. None of the spectra, including the

spherical cases, are well-described by a single temperature and radius black

body emitter. This indicates that such a dynamic event as shock breakout

cannot be described by a stationary, single temperature model, even in the

limit of a spherical explosion.

The light curves for the simulations in the larger progenitor are char-

acterized by much longer time scales and overall less bright emission. The

FWHM for models m7r6cold and m7r6hot range from around 100 to 200 sec-

onds at various angles while the total burst times are from 300 to 1000 seconds

(see table 4.2). The peak luminosities and total radiated energies are less than

in the analogous explosions in the smaller progenitor. While the ratio of ex-

plosion energies to ejecta masses are roughly equivalent across all simulations,

the reduced luminosities in the larger progenitor can be explained by a slightly

lower shock velocity during the burst and a lower wind density at the radius of

shock breakout (i.e., the radius of the progenitor star). As we discuss in more

detail in section 4.3.2.2, the density of the wind plays an important role in

the strength of the X-ray emission because the thermalization depths during

the bursts lie in the shocked wind. The light curve for m2r1cold is similar in

shape to m2r1cold and m2r1hot but with longer timescales. Model m2r1hot,

however, exhibits a dramatically double-peaked light curve.
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4.3.2.1 Dependence on Metallicity and X-ray Absorption

The absorptive opacities depend strongly on the metallicity of the ab-

sorbing gas. To illustrate this we have calculated simulated spectra and light

curves of our explosion models using metallicity values of 0.1Z� and 0.0Z� (i.e.,

metal-free). Figures 4.13 and 4.14 show the light curves for model m2r1cold

for metallicities of Z = 0.1Z� and Z = 0. The spectra for these cases are

shown in figure 4.15. The lower metallicity drives the thermalization depth

deeper into the explosion where the temperatures are higher, resulting in sig-

nificantly increased emission. For the case of metal-free gas, this increase is

dramatic. Due to the significantly reduced absorptive opacities, the thermal-

ization depths are pushed down below the reverse shock and into the deep,

very hot regions of the ejecta. The calculated emission for this metallicity is

orders of magnitude greater than the other models and the observations of

SN 2008D. The difference in the emission characteristics between our fiducial

models with Z = 0.5Z� and the models with Z = 0.1Z� is less drastic. This

is because for Z = 0.1Z�, the thermalization depths are still above the reverse

shock and the temperature in between the forward and reverse shocks does

not vary greatly.

We plot XRT count rates and spectra for model m2r1cold using differ-

ent values of NH in figures 4.16 and 4.17. Increased hydrogen column depth

increases the absorption of lower-energy X-ray photons. Since our simulated

spectra for the non-zero metallicity cases are dominated by emission from be-

low about 1 keV, increased NH dramatically reduces the resultant count rates.
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Due to a significantly greater amount of hard emission in the Z = 0 model,

the light curve and spectrum are effected very little by an increase in NH. It is

possible to increase the neutral hydrogen column depth so that the peak count

rates for the metal-free model are similar to those observed for XRO 080109

(∼ 10 cnts s−1). This requires, however, an unrealistically high value of NH,

greater than 1023 cm−2 and results in a very narrow light curve as the softer

emission after the first 20 seconds is almost entirely absorbed.

4.3.2.2 Color Temperature Enhancement

In our simulations, the thermalization depths where the X-ray spectrum

is formed, lie in the region of shocked wind, behind the forward shock and

ahead of the reverse shock. Since we assume local emission with a black-body

spectrum, the resultant luminosity is a strong function of the temperature used

in calculating the spectrum. In the region in between the forward and reverse

shock, this temperature is dependent on the forward shock velocity and the

wind density. To see this, assume that energy flux is conserved at the shock

front such that, in the frame of the shock,

ρ1v1(1
2
v2

1 + ε1 + P1/ρ1) = ρ2v2(1
2
v2

2 + ε2 + P2/ρ2), (4.3)

where ρ is gas density, v is gas velocity, ε is the specific internal energy of

the gas, P is the gas pressure, and subscript 1 denotes pre-shock values and

subscript 2, post-shock values. We can assume that the post-shock internal

energy is dominated by contributions from radiation, ε2 = 3P2/ρ2 = aradT
4
2 /ρ2,

and the density jump at the shock is ρ2 = 7ρ1, for a strong shock. So long as
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the shock is strong, the upstream internal energy is negligible, ε1 ≈ P1 ≈ 0.

Conservation of mass flux at the shock also gives v2 = v1ρ1/ρ2 = v1/7, in the

shock frame. In the lab frame, v1 is the shock speed, vsh, as long as the shock

is moving fast relative to the pre-shock gas. Substituting these relations into

equation (4.3) and solving for the post-shock temperature yields

T2 ≈ 7.6× 105

(
ρ1v

2
sh

109 erg cm−3

)1/4

K. (4.4)

This simple approximation is derived assuming a plane parallel shock, which

is no longer valid once the shock radius has approximately doubled, but serves

to demonstrate that the post-shock temperature does depend on the pre-shock

density. The post-shock temperature may be increased by enhancing the wind

density or the energy of the explosion (which, in turn, increases vsh).

In order to demonstrate the influence an increased post-shock temper-

ature has on our simulated spectra and light curves, we present the spectrum

and light curve for model m2r1cold calculated by using a temperature that

had been enhanced by a factor of 1.8 above the temperature found in our hy-

drodynamic simulations. Such an increase in temperature would result from

a factor of ten increase in ρ1v
2
sh. Tanaka et al. (2009) find that one dimen-

sional explosion models with kinetic energy to ejecta mass ratios of 1.4 - 1.7

(1051 erg/M�) fit the late time spectrum and light curve of SN 2008D best.

This ratio is about a factor of 2 greater than what we have used in our simu-

lations. If it holds that v2
sh ∝ EK/Mej, then the wind density would need to be

enhanced by a factor of 5 to account for a ten-fold increase in ρ1v
2
sh. This may
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be accomplished by either an increased mass loss rate or a reduced wind speed

or both. It should be noted that such a wind would become optically thick to

electron scattering around a radius of 7.5×1011 cm from the center of the pro-

genitor, greater than the radius of either progenitor used in our calculations.

We ignore the possible effects of this for the sake of simplicity.

The results of this enhanced temperature calculation for model m2r1cold

are shown in figure 4.18. The simulated light curves and spectra are all for a

metallicity of 0.5Z� and a viewing angle of 0 degrees. Figure 4.18 show the

behavior of the simulated emission with increased NH. The enhanced tempera-

ture calculation yields a peak X-ray luminosity of 4.9×1043 erg s−1 and radiates

a total of 2.0 × 1046 ergs. For the case of NH = 1.7 × 1020 cm−2, the X-ray

count rate peaks at 65 s−1, much higher than was observed for XRO 080109.

Increasing the column depth brings down the peak count rate, narrows the

width of the light curve, and hardens the spectrum. For NH = 2× 1021 cm−2,

the peak count rate is 10 s−1, approximately matching the observed value.

The light curve at this column depth is, however, somewhat narrower and

rises more quickly than that of XRO 080109. The spectrum is also still too

soft and devoid of significant count rates above 2 keV. In figure 4.19 we show

the angular dependence of the simulated light curve and spectra for the en-

hanced temperature version of m2r1cold calculated with a metallicity of 0.5Z�

and NH = 1.7× 1020 cm−2.

The color temperature of the emission may also be enhanced by non-

LTE effects. It is likely the case that the radiation escaping from the shock
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during breakout from a Wolf-Rayet star is not in thermal equilibrium with the

gas at τ∗ = 2/3 (Katz et al. 2009, Nakar & Sari 2010). In fact, during the

early parts of the shock breakout the radiation temperature may be orders

of magnitude greater than the gas temperature at τ∗ = 2/3 (Nakar & Sari

2010). Over the course of the first tens of seconds of the X-ray burst, the

radiation temperature will quickly drop down closer to the gas temperature.

This time-dependent enhancement of the radiation temperature, if accounted

in our calculations, could produce the hard X-rays that are missing in our

spectra while not dramatically increasing the luminosity at later times in the

light curve.

4.4 Discussion and Conclusions

We have modeled the emission arising from the breakout of an aspheri-

cal supernova shock using the simple assumption that the emission is thermal

in nature. Our hydrodynamic simulations do not account for radiative effects

such as disparate ion and radiation temperatures, radiative pre-acceleration

of gas ahead of the shock, escape of photons from the shock at optical depths

greater than 1, etc. Despite the limitations of our simulations, we have demon-

strated that in the more general case of a non-spherical explosion, the break-

out emission is dramatically different than that expected from a spherically-

symmetric shock breakout. One of the most important results of this work is

that the timescales of the light curves for aspherical shock breakout are not set

by the light travel time across the progenitor star, but are instead related to
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the much longer shock crossing time of the progenitor. We also show that for

aspherical shock breakouts, the observer’s viewing angle can play an important

role in the determining the shape of the observed light curve. These general

results apply to any, arbitrarily aspherical supernova, not just a jet-driven,

bipolar supernova.

The fiducial emission models are generally under-luminous and have

soft spectra compared to the actual observations. As we show in section 4.3.2.2,

an increase in explosion energy and/or wind density can increase the luminosity

and harden the spectrum of the burst. Tanaka et al. (2009) advocate explosions

with higher energies than what we have simulated and Soderberg et al. (2008)

posit that the wind around the progenitor of SN 2008D was optically-thick,

thus very dense. Even if the wind and explosion energies were increased to give

luminosities commensurate with those inferred for XRO 080109, the spectrum

would still remain lacking in sufficient luminosity above 2 keV to match the

observed spectrum (see figure 4.18). This seems to indicate the need for a

scattering of the thermal X-ray photons to higher energies, as prescribed by

Soderberg et al. (2008) and Wang et al. (2008). This could serve to harden

our simulated spectra and also lengthen the burst time since, in our models,

the later parts of the light curve are made up of a larger fraction of soft,

highly-absorbed photons.

The simulated spectra may also be hardened by relaxing the assump-

tion of thermal equilibrium between the matter and radiation. During shock

breakout from a massive, compact Wolf-Rayet progenitor the matter and ra-
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diation are not likely to be in LTE (Katz et al. 2009, Nakar & Sari 2010). Our

method cannot account for non-LTE effects. As discussed by Nakar & Sari

(2010), if the matter and radiation are not in LTE, the observed color tempera-

ture could be much greater than the matter temperature at τ∗ ≈ 2/3. Because

the internal energy would not be similarly enhanced above the LTE case, the

bolometric luminosities for non-LTE breakouts will not depend strongly on

the coupling between matter and radiation, as the color temperature does. If

non-LTE effects, such as described by Nakar & Sari (2010), were included in

our simulations, the spectra would be significantly hardened and the X-ray lu-

minosities modestly enhanced. This could account for the missing hard X-ray

emission in our simulated spectra and increase the XRT count rates without

the need to invoke a very dense wind or a greatly enhanced explosion energy.

The presence of a doubly-peak oxygen line in the spectra of SN 2008D

at about 109 days may be evidence for asphericity in the explosion (Modjaz

et al. 2009). Modjaz et al. (2009) suggest that this may be evidence for a ring-

like distribution of oxygen, similar to the conclusions reached by Modjaz et al.

(2008) for several other Type Ib/c supernovae with double-peak oxygen lines.

A double-peaked oxygen line may also result from an asymmetric distribution

of radioactive cobalt powering the excitation of oxygen (Modjaz et al. 2008,

Gerardy et al. 2000). However, if the cobalt distribution were aspherical, other

radioactively-excited lines would be expected to show a similar double-peaked

behavior, which is not the case for SN 2008D or the Type Ib/c SNe discussed

in Modjaz et al. (2008). Tanaka et al. (2009) find that a fraction of nickel
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must be mixed outward to adequately model the spectra of SN 2008D, further

indicating asphericity of the explosion. In our simulations, both the nickel

and oxygen distributions are aspherical. This may be able to account for

the double-peaked oxygen line in the spectra of SN 2008D, however detailed

spectral synthesis calculations are needed to be sure.

Maund et al. (2009) present early spectropolarimetric observations of

SN 2008D. They find that the continuum polarization is relatively small, indi-

cating that the supernova photosphere may be only slightly aspherical. They

also find that there is significant polarization in certain spectral lines, indicat-

ing that the line-forming regions of various elements are markedly aspherical.

This is in qualitative agreement with the results of our simulations. The

photospheres at late times are nearly round, while the detailed composition

structure is dramatically asymmetric.

In conclusion, we find that aspherical shock breakout can account for

the light curve time scales observed for XRO 080109/SN 2008D. Our models

in the smaller progenitor, m2r1cold and m2r1hot, have light FWHMs of about

100 seconds, roughly matching XRO 080109. We find that our models are

generally under-luminous and have spectra too soft to match XRO 080109,

however this is likely due to our assumption of LTE. The shock breakout from

a WR progenitor is unlikely to be in LTE and the radiation temperature in the

non-LTE case could be significantly enhanced above the matter temperature

(Nakar & Sari 2010). Accounting for non-LTE effects, then, could brighten our

simulated light curves and harden the simulated spectra. Inclusion of non-LTE
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Table 4.1. Simulation parameters

Model vmax
a ρjet

b Tjet
c tjet

d Mtot
e Etot

f

m2r1cold 3.3 25.0 3.0 2.00 0.10 0.8
m2r1hot 1.0 70.0 8.0 2.00 0.12 1.4
m2r1sph 1.0 70.0 8.0 0.08 0.09 1.4
m7r6cold 7.0 3.0 3.0 8.00 0.10 3.8
m7r6hot 2.1 7.0 6.2 8.00 0.07 3.7
m7r6sph 2.1 7.0 6.2 0.32 0.07 3.7

aMaximum injection velocity of jets in units of 109

cm s−1.
bDensity of the injected material in units of 105 g

cm−3.
cTemperature of the injected material in units of

109 K.
dTotal injection time in seconds.

eTotal mass injected in solar masses.

fTotal injected energy in units of 1051 erg.

effects will be presented in future work.
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Table 4.2. Light Curve Characteristics

Model Angle a LX,max
b FWHM c ∆t d Energy e

m2r1sph · · · 12.7 7.5 137.3 0.52
m2r1cold 0 3.6 103.6 581.4 0.90
m2r1cold π/4 3.7 123.2 584.8 0.91
m2r1cold π/2 3.2 117.8 658.4 0.85
m2r1hot 0 7.4 5.9 518.4 1.32
m2r1hot π/4 7.5 111.6 476.8 1.37
m2r1hot π/2 4.9 96.8 559.2 1.41
m7r6sph · · · 9.4 27.9 245.1 0.64
m7r6cold 0 1.6 223.5 825.4 0.60
m7r6cold π/4 1.3 280.7 924.0 0.53
m7r6cold π/2 0.65 16.9 1104.3 0.34
m7r6hot 0 3.8 154.9 235.6 0.56
m7r6hot π/4 1.9 199.8 623.2 0.49
m7r6hot π/2 3.0 7.5 383.8 0.29

aViewing angles of 0 represents a line of sight along the equa-
tor and viewing angles of π/2 represents a line of sight along
the axis of symmetry.

bMaximum X-ray luminosity in units of 1042 ergs s−1.

cFull width at half maximum X-ray count rate of the light
curve in seconds.

dTotal time over which the X-ray count rate was greater than
90% of maximum.

eTotal radiated energy integrated over ∆t in units of 1045

ergs.
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Figure 4.1 Progenitor model density profiles. Model m2r1 is shown as the solid
line and model m7r6 is represented by the dashed line. Model m7r6 is simply
a stretch version of m2r1; m7r6 is created by increasing the radius of model
m2r1 according to rnew = rorig + 6.17 × 10−8r1.7

orig. This establishes a model
with a more extended envelope but leaves the core mass and radius practically
unchanged. Model m2r1 has a mass of 2.5M� and a radius of 1.35× 1011 cm.
Model m7r6 has a mass of 6.8 M�and a radius of 6.5× 1011 cm.
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Figure 4.2 Density plots for model m2r1cold at 2, 46, and 105 seconds, from
left to right. The left panel shows m2r1cold at the time jet injection ceases.
The bipolar shocks are beginning to cross in the equator, establishing a hot,
dense, outward-moving pancake of ejecta. The edges of the jets present Kelvin-
Helmholtz ripples while the contact discontinuity at the jet head is beginning
to show growth of Rayleigh-Taylor fingers. The middle panel shows the sim-
ulation at the moment the polar shocks are erupting from the progenitor’s
surface. As the shocks erupt from the surface, they accelerate to speeds ap-
proaching 0.5c and quickly sweep across the circumference of the star crossing
again in the equatorial plane. The right panel shows m2r1cold at the end of
the simulation. A thin, unstable shell has formed at the contact between the
wind and ejecta and has broken up into several Rayleigh-Taylor fingers. The
shock structure is slightly prolate with an axis ratio of about 1.2.
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Figure 4.3 Density plots for model m2r1hot at 2, 50, and 105 seconds, from
left to right. The left and middle panels clearly show the greater amount
of lateral expansion of the jets as compared with m2r1cold. The left panel
also shows the dense pancake of ejecta formed in the equator by the crossing
bipolar shocks, as well as the very unstable nature of the contacts between the
jet flow and the star. The middle panel shows m2r1hot at the first instance
the shocks erupt from the progenitor surface. The shocks sweep across the
progenitor circumference at speeds nearing 0.5c and cross again in equator.
The right panel shows m2r1hot at the end of the simulation. The contact
surface between the wind and the ejecta shows significant growth of RT fingers.
The shock structure at the end of the simulation is close to spherical ‘.
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Figure 4.4 Density plots for model m7r6cold at 8, 228, and 105 seconds. The
left panel shows m7r6cold at the time jet injection has ceased. The bipolar
jets have crossed in the equator creating a dense pancake of ejecta. The lower-
density jet material has already been largely shredded by instabilities. The
middle panel shows m7r6cold at the time of initial shock eruption. Instabilities
in the jet material have created high-velocity fingers that have impinged upon
and distorted the shock structure. Upon shock eruption, the shocks sweep
out into the wind at speeds around 0.3c and cross again in the equatorial
plane. The right panel shows m7r6cold at the end of the simulation. As in the
simulations in the smaller progenitor, a dense, unstable shell has formed at
the contact between the wind and ejecta. The overall shock structure is very
slightly prolate.
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Figure 4.5 Density plots for model m7r6hot at 8 seconds, 390 s, and 105 s, from
left to right. The left panel shows model m7r6hot at the moment jet injection
is shut off. Highly unstable and turbulent flow is already evident. The bipolar
shocks have crossed in the equator creating a dense toroidal outflow there.
The middle panel shows this model at the moment of polar shock breakout.
This model is significantly less prolate than its counterpart, m7r6cold, leading
to an equatorial shock breakout that is relatively close in time to the polar
shock breakout. The right panel shows the density field at the end of the
simulation. The final structure is slightly oblate. A thin, unstable shell is
evident at the contact discontinuity between the supernova ejecta and swept-
up wind material.
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Figure 4.6 XRT band (0.1 - 10 keV) light curves for the spherical explosion
models, m2r1sph (solid blue line) and m7r6sph (dashed red line). The time
coordinates have been adjusted so that the peak of both light curves lies at
t = 0. The left panel shows the X-ray luminosity and the right panel shows
the XRT count rates corrected for detector response and absorption along the
line of sight. The width of the light curves is set by the light crossing time
of the progenitors. The light curve of m2r1sph is comprised of significantly
harder photons than that of m7r6sph which is the reason the count rate light
curves show more disparity than the luminosity curves.
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Figure 4.7 XRT band (0.1 - 10 keV) light curves for model m2r1cold at viewing
angles of 0, 45, and 90 degrees. The left panel shows the X-ray luminosity light
curves and the right panel shows the XRT count rate light curves corrected
for detector response and absorption along the line of sight. The light curves
are double-peaked in shape, with the first peak corresponding to emission
from the spot where the shock is erupting from the progenitor surface and
the second peak corresponding to enhanced emission from the equator as the
shocks cross. The second peak, which has a much larger luminosity than the
first, is characterized by softer emission relative to the first and so results in
a similar X-ray count rate, once corrections for absorption are made. The
light curve for a viewing angle of 90 degrees (along the axis of symmetry) is
generally less luminous than the other viewing angles, even early on. This is
because once the shocks erupt from the poles, the expand quickly and obscure
the very bright ring on the surface of the progenitor where the shock continues
to erupt.
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Figure 4.8 XRT band (0.1 - 10 keV) light curves for m2r1hot at viewing angles
of 0, 45, and 90 degrees. The left panel shows the X-ray luminosity as a
function of time and the right panel shows the predicted XRT count rate
accounting for detector response and absorption due to neutral hydrogen.
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Figure 4.9 XRT band (0.1 - 10 keV) light curves for m7r6cold at viewing
angles of 0, 45, and 90 degrees. The left panel shows the X-ray luminosity as
a function of time and the right panel shows the predicted XRT count rate
accounting for detector response and absorption due to neutral hydrogen.
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Figure 4.10 XRT band (0.1 - 10 keV) light curves for m7r6hot at viewing
angles of 0, 45, and 90 degrees. The left panel shows the X-ray luminosity as
a function of time and the right panel shows the predicted XRT count rate
accounting for detector response and absorption due to neutral hydrogen.
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Figure 4.11 Time-integrated X-ray spectra for the smaller progenitor explosion
models, m2r1cold (left) and m2r1hot (right) at different viewing angles. The
spectra are corrected for detector response and absorption along the line of
sight, assuming a neutral hydrogen column depth of NH = 1.7×1020 cm−2. For
comparison, we also plot the spectrum for the spherical explosion, m2r1sph.
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Figure 4.12 Time-integrated X-ray spectra for the larger progenitor explosion
models, m7r6cold (left) and m7r6hot (right) at different viewing angles. The
spectra are corrected for detector response and absorption along the line of
sight, assuming a neutral hydrogen column depth of NH = 1.7×1020 cm−2. For
comparison, we also plot the spectrum for the spherical explosion, m7r6sph.
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Figure 4.13 XRT band (0.1 - 10 keV) light curves for m2r1cold at viewing
angles of 0, 45, and 90 degrees calculated assuming a metallicity of Z = 0.1Z�.
The left panel shows the X-ray luminosity as a function of time and the right
panel shows the predicted XRT count rate accounting for detector response
and absorption due to neutral hydrogen.
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Figure 4.14 XRT band (0.1 - 10 keV) light curves for m2r1cold at viewing
angles of 0, 45, and 90 degrees calculated assuming a metallicity of Z = 0Z�,
metal-free gas. The left panel shows the X-ray luminosity as a function of
time and the right panel shows the predicted XRT count rate accounting for
detector response and absorption due to neutral hydrogen.
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Figure 4.15 Time-integrated X-ray spectrum for model m2r1cold using Z =
0.1Z� (left) and Z = 0 (right) along with the spectrum for the spherical
explosion at the respective metallicities.
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Figure 4.16 XRT count rate light curve (left) and Time-integrated XRT spec-
trum (right) for m2r1cold calculated using metallicities of 0.1Z� and 0.5Z�
and neutral hydrogen column depth of 2× 1021 cm−2 and 5× 1021 cm−2.
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Figure 4.17 XRT count rate light curve (left) and time-integrated XRT spec-
trum (right) for m2r1cold calculated for metal-free gas and neutral hydrogen
column depth of 2× 1021 cm−2 and 5× 1021 cm−2.
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Figure 4.18 XRT count rate light curves (left) and time-integrated XRT spectra
(right) for m2r1cold calculated using a temperature enhancement factor of 1.8
at various values of NH.
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Figure 4.19 XRT count rate light curve (left) and time-integrated XRT spectra
(right) for the enhanced temperature version of m2r1cold at various viewing
angles assuming a neutral hydrogen column depth of 2× 1021 cm−2.

139



Chapter 5

Accretion onto “Seed” Black Holes in the

First Galaxies1

5.1 Introduction

The origin and the early growth of massive black holes remains poorly

understood. The massive black holes in quasars (MBH ∼ 108−1010M�), active

galactic nuclei (AGN; MBH > 105M�), and the quiescent nuclei of nearby

galaxies may have started out as stellar-mass (MBH < 100 M�) “seed” black

holes (e.g., Madau & Rees 2001, Menou et al. 2001, Islam et al. 2003). Is this

plausible, that is, could the seed black holes have grown rapidly enough in

the cosmic time available to them (e.g., Haiman & Loeb 2001, Volonteri et al.

2003, Tanaka & Haiman 2009, see also Haiman & Quataert 2004, Djorgovski

et al. 2008, and references therein)? The rate at which a seed massive black

hole can accrete is limited by the local density and the thermal structure of

the protogalactic medium and by the effects of the radiation emitted near the

event horizon on the accretion flow. Cosmological hydrodynamic simulations

suggest that gravitational collapse produces dense central gas concentrations in

protogalaxies (e.g., Springel et al. 2005, Li et al. 2007, Pelupessy et al. 2007,

1Significant portions of this chapter have been published previously as Milosavljević,
Bromm, Couch, & Oh (2009a)
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Wise & Abel 2007a,b, Wise et al. 2008, Di Matteo et al. 2008, Greif et al.

2008). Atomic densities have been found to reach n ∼ 104 cm−3 (e.g., Greif

et al. 2008), and as much as n ∼ 106 cm−3 averaged over the central parsec

around the potential minimum (Bromm & Loeb 2003, Wise & Abel 2007b,

Wise et al. 2008). On spatial scales that are resolved in the simulations, gas is

sufficiently concentrated to enable rapid accretion onto a seed black hole. An

exception are the first hundred million years after the seed was formed, during

which the surrounding gas density is lowered by the radiative feedback from

the black hole’s progenitor star (see, e.g., Johnson & Bromm 2007, Alvarez

et al. 2006, 2009).

Given an ample gas supply, will rapid accretion be inhibited by radia-

tive effects? A reassessment of an accreting black hole’s ability to control its

own gas supply is needed to improve the realism of the treatment of black

hole accretion in cosmological simulations. Existing cosmological simulations

modeling the growth of seed black holes do not resolve the spatial scales on

which some of the radiative processes may alter the accretion. The simula-

tions also do not resolve the fine structure of the dense, turbulent, and possi-

bly multiphase protogalactic medium in which the black holes are embedded.

Semianalytic prescriptions are normally adopted for the accretion rate, but

these prescriptions normally do not take into account the radiative feedback;

it is normally assumed that a black hole, residing in a pressure-supported

primordial gas cloud, can accrete steadily at the Bondi rate subject to the

Eddington limit (e.g., Volonteri & Rees 2005, Alvarez et al. 2006, Johnson &
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Bromm 2007, Pelupessy et al. 2007, Di Matteo et al. 2008, Greif et al. 2008).

Here, we will evaluate the applicability of this assumption in view of the local

radiative feedback that is present if the black hole accretes in a radiatively effi-

cient fashion. We restrict our analysis to the early growth of quasar-progenitor

“seed” black holes, which are occasionally referred to as “miniquasars,” where

a stellar mass or an intermediate-mass black hole (102M� . MBH . 105M�)

accretes from a metal and dust poor environment.

The black hole’s growth rate is particularly sensitive to the detailed

thermal state of the irradiated accretion flow. This can be seen by noticing

that the accretion rate, for quasiradial accretion, is influenced by the conditions

at the sonic radius

rs ∼ 3× 1014 M2

Ts,5

cm, (5.1)

where Ts = 105Ts,5 K is the temperature of the photoionized and photoheated

flow at the sonic radius and MBH = 100 M2M� is the black hole mass. The

sonic radius is normally unresolved in cosmological simulations of accretion

onto black holes in the intermediate range of masses.2 It was recognized early

that photoheating and photoionization pressure may prohibit steady radia-

tively efficient accretion (e.g., Shvartsman 1971, Buff & McCray 1974, Hatch-

ett et al. 1976, Ostriker et al. 1976). It was suggested that accretion can still

proceed at rates disallowed by the steady state solutions if cycles of rapid gas

2The recent, highly-resolved simulation of primordial protostar formation by Yoshida
et al. (2008), which has the requisite spatial resolution to resolve a sonic radius if it exists,
only proceeds to the point where the initial hydrostatic core is formed, and does not treat
the subsequent accretion flow onto the growing core.
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inflow, during pauses in accretion near the event horizon, alternate with pho-

toheating or photoionization pressure-driven outflows (Buff & McCray 1974,

Ostriker et al. 1976, Cowie et al. 1978, Stellingwerf & Buff 1982, Begelman

1985). Such quasiperiodic cycling is seen in one-dimensional simulations of

Compton-heated accretion onto MBH & 108M� black holes in galaxy clusters,

where the black hole accretes from a hot, ionized, and pressure supported at-

mosphere (Ciotti & Ostriker 1997, 2001, 2007, Sazonov et al. 2005). Recently,

Ricotti et al. (2008) revisited the problem of irradiated quasiradial accretion

in the context of primordial black hole growth following the cosmic recombi-

nation (see, e.g., Ricotti 2007, and references therein), and suggested that the

accretion duty cycle is determined by the periodic formation of an H II region

surrounding the black hole.

It was further recognized that the formal existence of steady-state,

spherically symmetric accretion solutions is sensitive to the treatment of bound-

ary conditions far from the sonic radius (e.g., Bisnovatyi-Kogan & Blinnikov

1980), and that these accretion flows can be locally thermally unstable (e.g.,

Stellingwerf 1982, Krolik & London 1983) and should break down into time-

dependent two-phase structure, containing a warm ionized phase and a hot,

coronal phase (e.g., Krolik et al. 1981). Wang et al. (2006) claimed that

Compton heating in the vicinity of a seed massive black hole reduces the ra-

dial accretion rate to a small fraction of the Eddington-limited rate; we here

suggest, however, that thermal runaway may engender the Compton-heated

coronal phase only in metal-rich flows, where photoionization heating of the

143



incompletely stripped oxygen drives gas heating beyond ∼ 105 K (see, e.g.,

Kallman & McCray 1982, and § 5.2.1 below).

The impact of the radiation field produced near the event horizon on

the accretion flow and on the state of the interstellar medium of the proto-

galaxy and that of the intergalactic medium (e.g., Dijkstra et al. 2004, Kuhlen

& Madau 2005, Zaroubi et al. 2007, Thomas & Zaroubi 2008, Ripamonti et al.

2008, Spaans & Meijerink 2008) is sensitive to the shape of the spectral energy

distribution (SED) of the central source. The SEDs of rapidly accreting low-

mass massive black holes (MBH ∼ 105 − 106M�) exhibit significantly larger

X-ray (2 keV) to optical spectral ratios than the AGN containing more mas-

sive rapidly accreting black holes (Greene & Ho 2007), as is expected if a

fraction of the radiation is produced in a geometrically thin disk. On the low

mass end, if the microquasar SEDs (e.g., Remillard & McClintock 2006, and

references therein) are an adequate prototype, the seed black hole SEDs may

contain energetically significant components extending into the hard X-rays.

The luminosity-weighted average spectrum of AGN containing intermediate

mass black holes could differ substantially (see, e.g., Venkatesan et al. 2001,

Madau et al. 2004) from the scaled average quasar spectrum of Sazonov et al.

(2004). The ability of X-rays to escape the protogalaxy affects their contri-

bution to the soft X-ray background (e.g., Venkatesan et al. 2001, Dijkstra

et al. 2004, Salvaterra et al. 2005) and the infrared background (Cooray &

Yoshida 2004). Another difference between the first AGN and the starburst or

post-starburst AGN is related to the differences in metallicity of the accretion
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flows. The thermal phase structure of the interstellar medium exposed to UV

and X-ray radiation is sensitive to metal abundances, especially for T < 104 K

(e.g., Donahue & Shull 1991) and for T & few × 104 K (e.g., Kallman &

McCray 1982, and § 5.2.1).

The role of radiative feedback in the formation of the first massive black

holes resembles the radiative regulation in the formation of the first massive

protostars (Omukai & Palla 2001, 2003, Omukai & Inutsuka 2002, Omukai

& Yoshii 2003, Tan & McKee 2004, McKee & Tan 2008), though, of course,

the central sources have very different spectra. In protostars, an H II region

forms around the protostar and the protostellar disk that feeds its growth;

persistent accretion onto the protostar may be quenched by radiation pressure.

The protostellar accretion is characterized by a lower radiative efficiency and

a higher accretion rate than the black hole accretion for the same accretor

mass. The growing protostar is embedded in a supersonically collapsing and

very dense envelope from inception, whereas here we assume that the seed

black hole is born in the collapse of a massive star without such an envelope.

The presence of an infalling envelope implies that the H II region is initially

trapped near the protostar, inside the radius where the envelope infall velocity

turns from subsonic to supersonic. For accretion from a diffuse medium onto

a seed black hole, the H II region is inevitably extended and the flow crossing

the ionization front is highly subsonic; this marks a crucial difference with the

protostellar accretion scenarios.

Ignoring radiative effects, accretion onto the black hole is quasiradial
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on certain length scales (e.g., rs . r . 10 pc) if turbulence in the gas is weak

(Krumholz et al. 2006) and if the gas is not rotationally supported on these

scales. If the accretion flow is shock-free (an unlikely condition) and possesses

small net rotation, the buildup of vorticity near r ∼ rs may reduce the ac-

cretion rate by ∼ 60% (Krumholz et al. 2005). Quasiradial accretion may

be expected even when the baryons in a protogalaxy initially form a rotating

disk, because self-gravity in the gas on scales of the protogalactic disk desta-

bilizes rotational equilibria to convert disk-like configurations into quasiradial,

stratified, pressure supported, and possibly turbulent configurations. The gas

distribution could still be rotationally supported on larger scales, where, e.g.,

dark matter dominates gravity, and on much smaller scales, where the black

hole dominates gravity. This description may apply to high-redshift proto-

galaxies (see, e.g., Oh & Haiman 2002, Volonteri & Rees 2005, Wang et al.

2006), and so here, we focus on angular momentum-free accretion and defer

examining the role of angular momentum to a subsequent paper.

The quasiradial gas flow can either be steady and radial, or unsteady

and characterized by alternating inflow, outflow, and nonradial motions. In

view of these possibilities, this work is organized as follows. In § 5.2 we at-

tempt, and fail, to construct a steady, radial solution for accretion at high

accretion rates and high radiative efficiencies. In § 5.3 we provide a qualita-

tive analysis of time-dependent, episodic accretion, and attempt to estimate

the average accretion rate. In § 5.4 we discuss the consequences of the presence

of cold, inhomogeneous, and turbulent gas in the vicinity of the black hole. In
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Table 5.1. Index of Notation

Quantity Symbol Note

Acceleration due to gravity agrav −GMBH/r
2

Acceleration due to radiation pressure arad see text (§ 5.2.5)
Spectral index of the SED α Fν , fν ∝ ν−α

Case B recombination rate for hydrogen αB ≈ 2.6× 10−13T−1
4 cm3 s−1

Collisional ionization rate for hydrogen αion · · ·
Abundance of species i relative to
hydrogen χi ≡ ni/nH

Logarithmic slope of Ts as a function of ε δ Ts ∝ εδ

Radiative efficiency ε = L/Ṁc2

Critical efficiency for radiation pressure
suppression at low efficiencies εcrit φrion/rs = 1
Ionization potential of species i Ei · · ·
Duty cycle for episodic accretion fduty ≡ 〈L2〉/〈L〉2
Density enhancement in the ionized
gas in episodic accretion fepi ≥ 1
Fraction of photon energy going to
photoionizations in the ionized gas fion ∼ 1/3

§ 7.4 summarize our main conclusions. In Table 5.1 we present an overview of

our notation.
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Table 5.1 (cont’d)

Quantity Symbol Note

Fraction of photon energy reprocessed
to Lyα fLyα ∼ 2/3
Fraction of L that reaches the edge
of the H II region fres see text (§ 5.2.5)
Pressure enhancement due to
turbulence in the neutral gas fturb ∼ 1 + M2

Adiabatic index γ = 5/3
Luminosity in units of the
Eddington luminosity ` L/LEdd

Luminosity of isothermal
accretion ignoring radiative heating `Bondi see text (§ 5.2.3)
Lyα-pressure-limited accretion rate `crit,Lyα see text (§ 5.2.7)
Peak luminosity in episodic accretion `max · · ·
Luminosity of steady-state
photoheated accretion `s.s. see text (§ 5.2.3)
Luminosity emitted at r . rdisk L · · ·
Eddington luminosity for Thomson scattering LEdd = 4πGMBHmpc/σT
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Table 5.1 (cont’d)

Quantity Symbol Note

Mean molecular mass of the ionized gas µ ∼ 0.6
Turbulent Mach number of the neutral gas M · · ·
Mass of the black hole MBH · · ·
Central accretion rate Ṁ · · ·
Central accretion rate ignoring radiation ṀBondi see text (§ 5.2.3)
Density at the H II region’s edge in a
protogalactic density cusp ncusp see text (§ 5.2.4)
Density of the neutral gas and ambient density nHI, n · · ·
Particle density within the H II region nHII fturbnHITHI/THII

Maximum density for high ionization
at the sonic radius nmax,ion see text (§ 5.2.3)

H−-dissociating photon production rate Ṅγ,H− see text (§ 5.4.2)

Lyman-Werner photon production rate ṄLW see text (§ 5.4.2)

Total ionization rate in the H II region Ṅion see text (§ 5.2.2)

Total recombination rate in the H II region Ṅrec see text (§ 5.2.2)
Number of Lyα reflections on H II
region’s walls to escape Nreflect see text (§ 5.2.7)
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Table 5.1 (cont’d)

Quantity Symbol Note

Dimensionless photoionization pressure
acceleration in the H II region φ see text (§ 5.2.5)
Dimensionless radiation pressure
acceleration at the H II region’s edge ψ see text (§ 5.2.5)
Pressure of the neutral gas Pgas = nHImpkTHI

Pressure of the Lyα radiation PLyα see text (§ 5.2.7)
Radius of the H II region in a
protogalactic density cusp rion,cusp see text (§ 5.2.4)
Bondi radius ignoring radiative
heating and acceleration rB see text (§ 5.3.2)
Sonic radius rs v(rs) = cs(rs)
Disk radius rdisk � rs

Radius where thermal time
equals inflow time requi max{theat, tcool} = r/v
Radius of the H II region rion see text (§ 5.2.2)
Width of the H2 photodissociation shell ∆rdiss see text (§ 5.4.2)
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Table 5.1 (cont’d)

Quantity Symbol Note

Width of the neutral shell surrounding
the H II region ∆rshell see text (§ 5.2.7)

Line-center Lyα scattering cross section σ0 ≈ 5.9× 10−14T
−1/2
4

Flux-averaged photoionization
cross section of species i σ̄i see text (§ 5.2.5)
Photon number-averaged
photoionization cross section σ̃i see text (§ 5.2.5)
H2 formation suppression factor
due to H− photodissociation S see text (§ 5.4.2)
Lyα line-center optical depth of the
neutral shell τ0 see text (§ 5.2.7)
Bremsstrahlung cooling time tBrems see text (§ 5.2.3)
Compton heating time tC see text (§ 5.2.3)
Cooling time tcool · · ·
Heating time theat · · ·
Photoionization heating time tphoto see text (§ 5.3.1)
Inflow time at the sonic radius ts ∼ rs/cs(rs)
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Table 5.1 (cont’d)

Quantity Symbol Note

Salpeter mass-exponentiation time scale tSalp = εMBHc
2/LEdd

Temperature of the ambient neutral gas THI · · ·
Temperature within the H II region THII · · ·
Temperature at the sonic radius Ts see text (§ 7.1)
Density enhancement over isothermal
accretion with THII = Ts Υ & 1
Radial inflow velocity v · · ·
Dimensionless inflow velocity w ≡ v/cs(rs)
Ionization parameter ξ ≡ L/r2n
Dimensionless ionization parameter Ξ ≡ ξ/4πkTHIIc
Dimensionless radius y ∼ r/rs

Metallicity Z · · ·

5.2 The Prospect of Time-Independent Accretion

In this section we set out to test the model, ubiquitous in semi-analytic

and semi-numerical studies of massive black hole evolution, in which the accre-

tion onto a black hole from the protogalactic medium is steady and quasiradial.

In § 5.2.1 we review the standard theory of photoionized radial accretion, and

pay particular attention to the dependence of the structure of the flow on the

metallicity of the accreting gas. We find that at low metallicities, the flow

evades thermal runaway and heating to the Compton temperature at least un-

til it passes the sonic radius. In § 5.2.2 we estimate the size of the H II region

surrounding the black hole and derive conditions under which the self-gravity

within the ionized sphere can be ignored. In § 5.2.3, we take a closer look at
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the state of the gas as it passes the sonic radius and check whether it is in

local thermal and statistical equilibrium. In § 5.2.4 we justify our reference

choice for the ambient density in the neutral medium surrounding the H II re-

gion. This justification is necessary because the central gravitational collapse

in a protogalaxy will yield a wide range of densities, yet most of our estimates

depend on a specific choice of density. In § 5.2.5 we study the effects of the

photoionization radiation pressure within the H II region on the structure of

the steady-state accretion flow. We find that, depending on the parameters,

photoionization radiation pressure in the outer parts of the H II region may

prevent accretion at near the Eddington-limited rate. In § 5.2.6, we briefly

address the case of radiatively-inefficient accretion. In § 5.2.7 we estimate

the pressure of Lyα line radiation produced in and near the H II region and

confined by resonance line scattering in its vicinity. We find that Lyα radia-

tion pressure can exceed the thermal gas pressure in the H II region, and this

presents an additional challenge to strictly stationary quasiradial solutions.

5.2.1 Photoionized Quasiradial Accretion

We ignore the angular momentum of the gas, which is assumed to

be free of metals and dust, on radial length scales & rs and assume that the

accretion flow becomes rotationally supported and collapses into a hypothetical

geometrically thin disk only at radii . rdisk � rs. Furthermore, we assume

that the disk accretes onto the black hole with a high radiative efficiency ε, as is

expected for thin-disk accretion, such that the bolometric outward radiation
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flux passing through radius rs is F (rs) = εṀ(rs)c
2/4πr2

s . We assume that,

absent feedback effects, the density scale-height is much larger than any other

length scale under consideration, so that the ambient medium has effectively

constant density. We restrict our attention to the accretion flow at radii r > rs,

where we assume that the flow is quasiradial and exposed to the radiation

emitted by the disk at r ∼ 0. Without angular momentum, the radial support

against the black hole’s gravity must arise from gas pressure gradients and

the radiation pressure force. Conservation laws yield the relation (see, e.g.,

Ostriker et al. 1976, Lamers & Cassinelli 1999)

dv

dr

(
v2 − γ k T

µ mp

)
= v

(
2 γk T

r µ mp

+ atot

)
+ (γ − 1)(H − C), (5.2)

where v is the radial inflow velocity, which is positive when the flow is directed

inward, γ the adiabatic index that defines the relation of internal energy den-

sity to pressure, k the Boltzmann constant, µ the mean molecular mass, mp

the proton mass, T the gas temperature, atot = arad + agrav the sum of the

accelerations due to gravity and radiation pressure, H the photoheating rate,

and C the cooling rate (both per unit mass).

As we show in § 5.2.2, there exists a radius requi outside of which the

heating time theat ∼ kT/(γ−1)µmpH and cooling time tcool ∼ kT/(γ−1)µmpC

are much shorter than the inflow time ∼ r/v. Since photochemical time scales

in dense, ionized gas are generally short, outside this radius the gas reaches an

approximate local thermal and statistical equilibrium, and so the last term in

equation (5.2) that is proportional to H−C can be dropped. An estimate that
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we provide at the end of § 5.2.2 below suggests that for metal-poor accretion,

the radius requi is usually at most slightly larger than the radius rs at which the

flow becomes supersonic. We ignore this complication and assume requi . rs.

The flow is not adiabatic, but we let cs ≡ (γkT/µmp)
1/2 denote the

usual adiabatic sound speed. Continuity at the sonic radius rs where v = cs

requires that 2[cs(rs)]
2r−1

s +agrav(rs)+arad(rs) = 0, and because the self gravity

of the gas is negligible, agrav(rs) = −GMBH/r
2
s . Since the gas is almost fully

ionized at r ∼ rs, the radiation pressure at the sonic radius is mainly due to

electron scattering. Then arad(rs) = −`(rs)agrav(rs), where `(r) ≡ L(r)/LEdd is

the ratio of the total luminosity to the Eddington luminosity for all opacities.

Since under a wide range of conditions (see, e.g., Blondin 1986), the flow at

the sonic radius is optically thin to electron scattering, provided that the small

accretion disk inside the sonic radius does not shadow and reprocess to low

frequencies a substantial fraction of the central luminosity, we can assume that

L(rs) = L(0). Then, in a steady state, the luminosity can be related to the

total mass flux into the central source, L(0) = εṀc2 = 4πεr2
s cs(rs)µn(rs)mpc

2,

where n(r) is the gas number density.

Let Ξ ≡ L/4πr2nkTc denote the dimensionless ionization parameter in-

troduced in Krolik et al. (1981), which is the ratio of the radiative momentum

flux to the gas pressure. Then at the sonic radius Ξs = εγc/cs(rs) (see straight

lines in Fig. 5.1). In a chemical equilibrium determined purely by two-body col-

lisional processes and photoionization, the equilibrium abundances χi ≡ ni/n

of all species are functions of the temperature and Fν/n only, where Fν is
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the radiation flux at frequency ν such that
∫
Fνdν = F = L/4πr2. On the

other hand, the temperature Teq arising from the equilibrium of photoheating

and two-body collisional cooling is a function of χi and Fν/n only. Therefore,

for a particular SED fν = Fν/F , the equilibrium temperature is determined

only by L/4πr2n, i.e., Teq lies in one-to-one relation with Ξ and we can write

Teq = Teq(Ξ; fν). For particularly hard spectra, instead of being one-to-one,

the function Teq(Ξ; fν) can be multivalued in a certain range of Ξ. Then, the

temperature of a fluid element depends on its thermal history. Since thermo-

dynamic perturbations at constant Ξ are isobaric, the possibly multivalued

function Teq(Ξ) at fixed fν determines the thermal phase structure.

For a fixed SED, Teq(Ξ) is sensitive to the metallicity for 105 K . T .

106 K because helium line cooling and Bremsstrahlung cooling dominate the

cooling rate at any metallicity (with a comparable contribution from iron at

high temperatures in the metal-enriched case), while oxygen and iron pho-

toionization heating are by far the most important heating processes in the

metal rich case (e.g., Kallman & McCray 1982). Figure 5.1 shows that for

the fν ∝ ν−1.5 spectrum for 0.1 Ryd < hν < 103 Ryd, at near-solar metal-

licities, the Compton-heated hot coronal phase appears at Ξ ∼ 10 (as is well

known, see, e.g., Krolik et al. 1981), whereas in a gas with subsolar metallicity

Z . 0.1 Z�, the coronal phase does not appear until the ionization parameter

reaches Ξ ∼ 103. The optically thin Teq(Ξ) becomes independent of metallicity

at Z ∼ 0.01 Z�.

In Figure 5.1, we also show the relations Ξ = εc(γµmp/kT )1/2 that
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Figure 5.1 Metallicity dependence of the local thermal and statistical equilib-
rium temperature of a photoionized gas under optically thin conditions as a
function of the ionization parameter Ξ (see text). The functions Teq(Ξ) for
four gas metallicities, expressed in units of the solar metallicity, were calcu-
lated with the photoionization code XSTAR (Kallman & Bautista 2001) for an
fν ∝ ν−1.5 spectrum between 0.1 Ryd and 1, 000 Ryd. The curves Teq(Ξ) are
single valued and thus all equilibria are stable for the particular choice of spec-
trum, but they need not all be stable for harder spectra. The plot shows that
Teq(Ξ) is nearly independent of metallicity for Z . 0.01 Z�, and that a hot
coronal phase appears at Ξ ∼ 103 in a gas with Z . 0.1 Z� and at Ξ ∼ 10 in a
more metal rich gas. The straight lines are the relations Ξ = εc(γµmp/kT )1/2

that must hold at the sonic radius for values of the radiative efficiency, from
left to right, of ε = 0.025, ε = 0.1, and ε = 0.4. The temperature at the sonic
radius is found at the intersection with the Teq(Ξ) curve.
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must hold at the sonic radius for three values of the radiative efficiency:

ε = 0.025, ε = 0.1, and ε = 0.4, which, speculatively, might be expected

for a rapidly rotating black hole with a geometrically thin retrograde disk,

a nonrotating black hole with a thin disk, and a rapidly rotating black hole

with a geometrically thin prograde disk, respectively (see, e.g., Novikov &

Thorne 1973, Zhang et al. 1997, Beckwith et al. 2006, 2008, Noble et al.

2009, and references therein). The temperature at the sonic radius is found at

the intersection with the Teq(Ξ) curve, that is, we have the implicit relation

Ts = Teq[Ξs; fν(rs)] = Teq[εc(γµmp/kTs)
1/2; fν ], which can be solved for the

temperature at the sonic radius Ts as a function of ε and fν (e.g., Ostriker

et al. 1976). Evidently, in metal poor gas, the equilibrium temperature at the

sonic radius is a strong function of the radiative efficiency; highly radiatively

efficient accretion is susceptible to thermal runaway, where the ionization state

converges to full ionization as the Compton heating overtakes thermal evolu-

tion and the gas becomes fully ionized (see, e.g., Krolik 1999, and references

therein). Note, however, that the gas may not attain the Compton temper-

ature if the inflow time becomes shorter than the heating time for combined

Compton and photoionization heating (see § 5.2.2). Given Ts and the sonic

radius determined from the relation involving cs(rs) and the forces acting on

the gas, we have that rs = (1 − `)µmpGMBH/2γkTs. For example, for power

law SEDs Fν ∝ ν−1.5 and radiative efficiencies ε ∼ 0.1, typical temperatures at

the sonic radius are Ts ∼ 105 K, and so the sonic radii are rs ∼ 3×1014M2 cm.

We can write the usual ionization parameter ξ ≡ L/r2n = 4πkTcΞ
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of Tarter et al. (1969)3 as ξ = 4πvµmpL/Ṁ , which in the optically thin limit

becomes ξ = 4πvµmpεc
2. In this limit, the temperature Teq, which is in one-to-

one relation with ξ, is also in one-to-one relation with the velocity, Teq(v; fν , ε),

and so one can write equation (5.2) as a differential equation with a single

unknown function v(r). When the flow is isothermal, we have the well-known

asymptotic solution far from the black hole

v ∼ e3/2

(
r

rs

)−2

cs(rs) (r � rs, isothermal). (5.3)

If the temperature of the photoionized flow can decrease with radius and thus

the infalling gas can acquire momentum before it heats to ∼ Ts, the asymptotic

velocity v(r) far from the black hole can exceed the isothermal value given in

equation (5.3) by a factor of several. We thus write

v ∼ 4.5 Υ

(
r

rs

)−2

cs(rs) (r � rs), (5.4)

where Υ & 1.

Ideally, we would like to match this solution to the conditions far

from the black hole, where the density and the total pressure are n∞ and

P∞. One could attempt to set the boundary conditions n(r1) = n∞ and

n(r1)kTeq(r1) = P∞ ≡ n∞kT∞ at some radius r1, where the last relation defines

T∞. This may indeed be possible at very low densities or very low radiative

efficiencies. At high densities and efficiencies, however, the photoionization

3Tarter et al. (1969) define ξ in terms of the hydrogen density nH and we do so in
terms of the total particle density n; in what follows, we do not always rigorously track the
dependence on the molecular weight µ.
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equilibrium at some well defined radius rion � rs abruptly transitions into a

neutral state, i.e., on its way toward the black hole the gas passes a quasista-

tionary ionization front. Gas density, velocity, temperature, and pressure may

be discontinuous at the ionization front; furthermore, the warm or cold neutral

gas in the immediate vicinity of the ionized region may be supersonically tur-

bulent, in which case the gas density is inhomogeneous and the ram pressure of

turbulent flows cannot be neglected. We proceed to an attempt to determine

under which conditions is a steady, strictly time-independent accretion across

the stationary ionization front possible.

5.2.2 Size of the H II Region around the Black Hole

We will assume that the ionized region is surrounded by warm, partially-

ionized gas, though in reality, the accreting black hole and its ionization sphere

may be embedded in a cold, molecular, and supersonically turbulent medium.

However, since the UV radiation from the black hole and the He II recom-

bination radiation from the photoionization annulus (see § 5.4.2 below) will

dissociate molecules in the vicinity of the H II region, a layer of warm, atomic

gas should surround the ionization sphere even if the molecular phase exists

at somewhat larger optical depths. We further assume that far from the sonic

radius, where the black hole’s gravity can be ignored, the ionized gas is in gas

pressure equilibrium with the surroundings, i.e.,

THII nHII = fturb THI nHI (r � rs), (5.5)
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where nHII is the total density of ions and electrons in the H II region, nHI is the

atomic density in the neutral gas, THII and THI are the respective temperatures,

and fturb ≥ 1 is a factor quantifying the degree of pressure enhancement due

to turbulence in the neutral gas. Pressure equilibrium will be violated in non-

steady-state, episodic accretion (§ 5.3).

Depending on the SED of the central source, the photoionization rate

will be dominated by primary photoionizations or by secondary photoioniza-

tions carried out by photoelectrons (e.g., Shull & van Steenberg 1985, Xu &

McCray 1991, Dalgarno et al. 1999). Taking into account only the ionization of

hydrogen from the ground state, the total rate of photoionization in the annu-

lus can be written Ṅion = fionL/EH, where EH = 13.6 eV, L = 1040L40 erg s−1

is the luminosity shortward of EH, and fion ∼ 〈EH/hν〉 is the average fraction

of the energy of an absorbed photon that goes into photoionization. For an

almost fully ionized gas and a power law spectrum fν ∝ ν−α, this fraction

equals fion = (α− 1)/α for α > 1; in what follows, it should be borne in mind

that fion depends on the shape of the SED.

In a photoionization equilibrium Ṅion equals the total hydrogen recom-

bination rate in the ionized gas Ṅrec ∼ 4
3
πr3

ionαB(THII)nH+ne, where αB(T ) ∼
2.6 × 10−13 T−1

4 cm3 s−1 is the approximate hydrogen recombination coeffi-

cient in the on-the-spot approximation at temperatures 104 K . T < 105 K

(Ferland et al. 1992, quoted in Jappsen et al. 2009), and nH+ ∼ ne ∼ 1
2
nHII

are the ion and electron densities, respectively. Though not entirely justified

in Strömgren spheres, the on-the-spot approximation is reasonable unless the
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density profile within the ionized region is sharply peaked toward the center

(Ritzerveld 2005), as is assumed not to be the case here.

Equating the ionization rate to the recombination rate we obtain

rion ∼ 4.4× 1018 f
1/3
ion L

1/3
40 THII,4.7

f
2/3
turb n

2/3
5 T

2/3
HI,3.7

cm, (5.6)

where THII = 5×104 THII,4.7 K, THI = 5×103 THI,3.7 K, and nHI = 105 n5 cm−3

(we justify our choice of the reference density in § 5.2.4 below). If we express

the luminosity in terms of the dimensionless ratio ` ≡ L/(4πGMBHmpc/σT) of

the luminosity to the Eddington luminosity (here and henceforth, for Thomson

scattering), the radius of the H II region becomes

rion ∼ 4.7× 1018 `
1/3 f

1/3
ion M

1/3
2 THII,4.7

f
2/3
turb n

2/3
5 T

2/3
HI,3.7

cm. (5.7)

The ionization radius is normally much larger than the sonic radius,

rion

rs

∼ 2× 104 `1/3 f
1/3
ion THII,4.7 Ts,5

f
2/3
turb n

2/3
5 T

2/3
HI,3.7 M

2/3
2

. (5.8)

In Figure 5.2 we provide a schematic illustration of the structure of the H II

region surrounding an accreting seed black hole.

Self-gravity of the gas inside the H II region is negligible compared to

that of the black hole, 4
3
πr3nH+mp �MBH, when `� 0.054 f−1

ionfturbn5THI,3.7T
−2
HII,4.7(r/rion)−3

which is satisfied for r � rion, but need not always be true at the very edge of

the H II region. There, however, the combined gravity of the black hole and

the gas contained within rion are negligible compared to gas pressure gradients;

the ratio of the Jeans length inside the H II region to its radius is normally

162



rion Δrdiss 

requi 

rs 
rdisk 

ionized 
atomic 

molecules? 
turbulence? 

Figure 5.2 Schematic representation (not to scale) of the structure of the H II
region surrounding an accreting seed black hole. For normal protogalactic
densities, the radius of the H II region rion (eq. [5.7]) is a few orders of mag-
nitude larger than the sonic radius rs (eq. [5.1]). Gas is in local thermal and
statistical equilibrium outside the radius requi (§ 5.2.3), which may be slightly
larger or smaller than rs. The ionized gas contains a small, nonzero neutral
fraction (eq. [5.20]), which gives rise to photoionization radiation pressure.
The ionized region is surrounded by a shell of atomic gas of thickness ∆rdiss

where molecule photodissociation is efficient (§ 5.4.2). The outer, molecular
shell may be supersonically turbulent.
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much larger than unity, λJ/rion ∼ 28 f
−1/3
ion f

1/6
turb`

−1/3n
1/6
5 T

1/6
HI,3.7M

−1/3
2 , and thus

self-gravity of the ionized gas can be ignored.

5.2.3 Conditions at the Sonic Radius

We will assume throughout that the gas is almost fully ionized at the

sonic radius, i.e., that rs � rion. This condition places an upper limit on the

density of the neutral gas just outside the H II region, n� nmax,ion, where

nmax,ion = 2.7× 1011
f

1/2
ion `1/2 T

3/2
HII,4.7 T

3/2
s,5

fturb THI,3.7 M2

cm−3, (5.9)

and we have assumed that THII,4.7 also represents the temperature of the ion-

ized gas at the sonic radius. This shows that for an isotropic central radiation

source, the gas at the sonic radius is guaranteed to be ionized unless the accret-

ing gas has densities far in excess of those expected for the diffuse protogalactic

medium and instead characteristic of self-gravitating, star-forming cores.

The central luminosity can be related to the mass accretion rate by

substituting equation (5.4) into ` ≡ εr2vµncσT/GMBH to obtain the dimen-

sionless luminosity for steady state accretion through the H II region

`s.s. ∼ 0.001
ε−1 fturb Υ M2 n5 THI,3.7

THII,4.7 T
3/2
s,5

, (5.10)

where ε = 0.1ε−1 is the radiative efficiency. Evidently, the mass accretion can

be strongly suppressed by the heating of the ionized gas near the sonic radius.

The accretion rate is much smaller than the Bondi accretion rate ṀBondi =

e3/2πG2M2
BHmpnHI/c

3
s,HI that would be calculated ignoring photoionization and
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photoheating altogether, i.e., for radiatively-inefficient accretion

`Bondi ∼ 5.2
ε−1 M2 n5

f
3/2
turb T

3/2
HI,3.7

(no photoheating/ionization), (5.11)

where have assumed an isothermal equation of state.

To justify our assumption in § 5.2.1 that the photoionized gas is in local

thermal and statistical equilibrium, we calculate the ratio of the Bremsstrahlung

cooling time tBrems ∼ 2.5×1011T 1/2n−1
H s at the sonic radius to the inflow time

at the sonic radius

ts ∼ rs

cs(rs)
∼ 1.45

M2

T
3/2
s,5

yr, (5.12)

to obtain

tBrems

ts
∼ 77

T 2
s,5 THII,4.7

fturb Υ THI,3.7 n5 M2

. (5.13)

Cooling due to the recombination of H II and He III is comparable to and only

slightly stronger than that due to Bremsstrahlung at Ts . 2× 105 K.

We also estimate the ratio of the Compton heating time at the sonic

radius tC ∼ 0.0675 GMµ2mempc/`k
2TsTC, where TC ∼ 107TC,7 K is the Comp-

ton temperature, to the inflow time (see also Fig. 2 in Sazonov et al. 2005),

tC
ts
∼ 0.01

T
1/2
s,5

` TC,7

. (5.14)

At the relatively high gas densities considered here, which are required for

a rapid growth of seed massive black holes in protogalaxies, the Compton

cooling of the photoionized gas by the cosmic microwave background photons

(see, e.g., Ricotti et al. 2008) can be ignored.
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Substituting equation (5.10) in equation (5.14) we obtain for ratio of

the Compton heating time to the infall time

tC
ts
∼ 11

T 2
s,5 THII,4.7

ε−1 fturb Υ n5 M2 TC,7 THII,3.7

. (5.15)

Equations (5.13) and (5.15) suggest that heating and cooling times at the sonic

radius can be longer than the inflow time and that the ionized gas may not be

in local thermal and statistical equilibrium at all radii r � rs, especially if the

accretion occurs below the Eddington-limited rate. However, the ionized gas

should be in equilibrium at only a somewhat larger radius because the infall

time increases rapidly with radius, r/v ∝ r3.

So far we have ignored the dependence of the temperature at the sonic

radius on the radiative efficiency, which as Figure 5.1 shows, can be strong.

The precise form of the function Ts(ε), defined by the intersection of the Teq(Ξ)

curve and the Ts(Ξ) line, depends sensitively on the metallicity of the gas

and on the SED of the central source and we do not attempt to model it in

general. If the dependence can be approximated with a power low in a range

of efficiencies, Ts ∝ εδ, from equations (5.13), (5.10), and (5.15) we obtain

tBrems

ts
∝ ε2δ, ` ∝ ε1−3δ/2,

tC
ts
∝ ε2δ−1. (5.16)

If, e.g., δ ∼ 1 for ε & 0.1, we find that with an increasing efficiency it becomes

more difficult for the gas to achieve local thermal equilibrium at the sonic

radius, but if the equilibrium is achieved, the central luminosity, and especially

the accretion rate that is proportional to Ṁ ∝ `/ε ∝ ε−3δ/2, decrease with

increasing efficiency.
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Ciotti & Ostriker (1997, 2001, 2007) and Sazonov et al. (2005) have

studied spherically-symmetric accretion of hot interstellar medium onto an X-

ray quasar in an elliptical galaxy and have identified a limit cycle driven by

Compton heating. The quasar heats the interstellar medium to temperatures

exceeding the virial temperature, which leads to an outflow and quenching of

central accretion. This model differs from ours in that a metal-enriched envi-

ronment is assumed, so that photoionization equilibrium temperature reaches

the Compton temperature already at Ξ ∼ 50, whereas in our metal-poor model

the transition to the Compton temperature occurs at higher values of the pho-

toionization parameter, Ξ ∼ 103. Therefore, in the model of Sazonov et al.

(2005), the ionized gas can reach the Compton temperature well outside the

sonic radius. Another crucial difference is the assumed ionized gas density

profile far from the sonic radius: the hot gas surrounding a quasar was as-

sumed to be hydrostatically confined by the gravity of the host galactic stellar

spheroid such that its density declines steeply with radius, nHII ∝ r−2, which

implies that Ξ is roughly independent of radius and so the Compton-heated

equilibrium can exist at arbitrarily large radii. In our model, since the H II

region surrounding a seed black hole is confined by external pressure at radii

r � rs and is roughly isothermal (consistent with the very weak dependence of

Teq on the dimensionless ionization parameter for 10 . Ξ . 103; see Fig. 5.1),

the density inside it is approximately independent of radius. Then Ξ ∝ r−2,

and the gas is progressively farther from being able to heat the Compton

temperature at radii much larger than the sonic radius.
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5.2.4 Protogalactic Density at the Edge of the H II Region

We will now pause our investigation of radiative feedback effects to

clarify our choice of the density of the ambient neutral gas surrounding the

H II region. Rapidly growing protogalaxies contain gas with a wide range of

densities, and thus care must be taken to appropriately specify the gas density

on scales relevant for regulation of accretion onto a seed black hole by radiative

feedback effects. In the simplest picture, central gravitational collapse of the

gas at the center of a protogalaxy produces a distribution in which gas density

is spherically symmetric and a function of radius only, n(r). If the gas is

approximately isothermal and quasi-hydrostatic in the presence of turbulence,

n(r) ∝ r−2. If we ignore the gravity of any seed black hole and let fturb denote

a radius-independent turbulent pressure enhancement, the density scales as

n(r) ∼ fturb c
2
s

2π G mp r2

∼ 6× 104 fturb THI,3.7

(
r

1 pc

)−2

cm−3. (5.17)

Equation (5.17) is a good approximation to the density “cusp” profile resulting

from central gravitational collapse in a Mhalo ∼ 108M� cosmological halo in

the simulations of Bromm & Loeb (2003) and in the simulations of Wise et al.

(2008), who found turbulent Mach numbers M ∼ 3 in the cusp, which would

imply fturb ∼ 10.

If a seed black hole is located near the center of the density cusp,

radiative effects may prevent the gravitational collapse from proceeding to the

arbitrarily large densities. We will here assume that radiative effects prevent
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collapse at radii smaller than the radius of the H II region, i.e., that the density

profile of the neutral gas has a “core” on scales ∼ rion such that density within

the H II is roughly uniform far from the sonic radius. For self-consistency, we

substitute n = n(rion) from equation (5.17) in equation (5.7) and solve for rion,

and in turn for n(rion), to obtain

rion,cusp ∼ 3.8× 1017
f 4

turb T
4
HI,3.7

fion ` T 3
HII,4.7 M2

cm,

ncusp ∼ 4.5× 106
f 2

ion `
2 T 6

HII,4.7 M
2
2

f 7
turb T

7
HI,3.7

cm−3. (5.18)

These estimates are but crude self-consistency conditions and suffer from a

strong sensitivity to the turbulent Mach number and other parameters. The

estimate of gas density at the edge of the H II region given in equation (5.18)

can only be used as a rough guide for the range of densities that should be ad-

dressed in the ensuing analysis. Our choice of the reference density, 105 cm−3,

is compatible with the self-consistency conditions in a protogalaxy in a cos-

mological halo of Mhalo ∼ 108M� for fion ∼ 1
3
, ignoring any recent supernova

activity in the center of the halo, which can drastically reduce the central den-

sity (see, e.g., Wada & Venkatesan 2003, Kitayama & Yoshida 2005, Wise &

Abel 2008).

Equations (5.18) also suggest that “minihalos” with masses Mhalo ∼
106M� and Mach numbers M & 1 will be fully ionized out to r & 100 pc

if, somehow, `max ∼ 1 is realized at an early instant prior to the expansion

of the H II region, and the interior of the H II region has not had chance

to heat beyond 104 K. This is seen in the simulations of radiative feedback
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during accretion onto seed black holes in cosmological minihalos of Alvarez

et al. (2009).

5.2.5 Continuum Radiation Pressure

Here we estimate the effects of the continuum radiation pressure in the

interior of the H II region. The continuum radiation pressure acceleration

is arad = σ̄HLχHI/4πr
2mpc, where χHI is the abundance of neutral hydrogen

in the ionized gas, and σ̄H = F−1
∫
σH,νFνdν is the frequency-averaged mean

absorption cross section. In a highly ionized gas, most of the photoelectron

energy goes into heating, so in ionization balance

χHI =
αB(THII)

L σ̃H/(4π r2 ne EH) + αion(THII)
, (5.19)

where σ̃H = F−1EH

∫
(hν)−1σH,νFνdν and αion(T ) is the collisional ionization

rate. At temperatures � 105 K, photoionization typically dominates colli-

sional ionization. The neutral hydrogen abundance then becomes

χHI ∼ 7.6× 10−4 f
2/3
ion

`1/3 f
1/3
turb M

1/3
2 n

1/3
5 T

1/3
HI,3.7

(
r

rion

)2

, (5.20)

which implies that at radii not much smaller than rion, the neutral abundance

is & 10−6, and in this regime, since σ̄H ∼ 106σT, radiation pressure due to

photoionization exceeds that due to Thomson scattering. The acceleration

due to the former is then given by

arad =
σ̄H

σ̃H

αB(THII) ne EH

mp c
. (5.21)

Note that, unlike in the case of Thomson scattering, this is independent of

distance from the black hole because here the abundance of absorbers increases
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with the square of the radius, χHI ∝ r2. The cross section ratio is σ̄H/σ̃H ∼
(3 +α)/(2 +α) for power-law spectra Fν ∝ ν−α. We compare arad to the black

hole’s gravity agrav = −GMBH/r
2 to find,

arad

|agrav| ∼ 980
f

2/3
ion `2/3

f
1/3
turb T

1/3
HI,3.7 n

1/3
5 M

1/3
2

(
r

rion

)2

(5.22)

where we have assumed a fiducial α = 1.5 spectrum, implying fion ∼ 1
3

and

σ̄H/σ̃H ∼ 9
7
. The relative importance of photoionization radiation pressure

depends on distance, and dominates at larger radii. This shows that for a

wide range of parameters, for near-Eddington accretion, the radiation pressure

in the H II region at radii r . rion greatly exceeds the black hole’s gravity,

which implies that steady state accretion may occur at a reduced rate. Inward

accretion is still possible if a positive pressure gradient is set up to counteract

the radiation pressure force.

To estimate the reduction of the steady-state accretion rate as a result

of the photoionization radiation pressure in the H II region, we simplify the

mathematical problem by ignoring any heating of the gas near the sonic radius

and setting Ts = THII = const; this simplification, as we shall see, will turn out

to be unreasonably optimistic. Then, after a change of variables,

w ≡ v

cs,HII

, y ≡ r

(
GMBH

2c2
s,HII

)−1

≈ r

rs

, (5.23)

equation (5.2) describing momentum conservation in the accretion flow be-

comes

dw

dy
(w2 − 1) = w

(
2

y
− 2

y2
+ φ

)
, (5.24)
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where φ is a dimensionless parameter proportional to the photoionization ra-

diation pressure acceleration,

φ ≡ GMBH

2c4
s,HII

arad

∼ 2× 10−5 fturb n5 M2 THII,3.7

T 4
HII,4.7

. (5.25)

Equation (5.24), subject to the regularity condition imposed at the sonic ra-

dius, w(ys) = 1, where ys = φ−1[(1 + 2φ)1/2 − 1] ≈ 1, can be solved in closed

form in terms of the transcendental Lambert W (x) function, defined implicitly

via x = WeW , to obtain

w(y) =

√√√√−W {
−
(
y

ys

)−4

exp

[
−2(φy2 + 2)

y
+

2(φy2
s + 2)

ys

− 1

]}

≈ y−2 exp

(
−φy

2 − 3y/2 + 2

y

)
, (5.26)

where in the second line we applied the expansion W (x) = x+ O(x2).

For φ� 1, the ratio of density n ∝ (r2v)−1 ∝ (y2w)−1 at radius r � rs

to that at the sonic radius has asymptotic form

n(r)

n(rs)
∼ eφ r/rs

[
n(r)

n(rs)

]
φ=0

. (5.27)

This result is exact for isothermal accretion, but here, we adopt it as an op-

timistic estimate of the density reduction due to photoionization radiation

pressure in the case of realistic, nonisothermal accretion.

We expect significant reduction in the accretion rate when nHII(rs) �
nHII(rion) or, according to equation (5.27), when the quantity

φ
rion

rs

∼ 0.4
f

1/3
ion f

1/3
turb `

1/3 T
1/3
HI,3.7 Ts,5 n

1/3
5 M

1/3
2

T 3
HII,4.7

(5.28)
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is comparable to or greater than unity. The dimensionless accretion rate can

be eliminated by substituting equation (5.10) that relates the accretion rate

to the conditions at the sonic radius, to obtain

φ
rion

rs

∼ 0.04
f

1/3
ion f

1/3
turb Υ1/3 ε

1/3
−1 T

2/3
HI,3.7 T

1/2
s,5 n

2/3
5 M

2/3
2

T
10/3
HII,4.7

. (5.29)

Thus we find that accretion will proceed in one of the two distinct regimes.

When

φ
rion

rs

� 1, (5.30)

radiation pressure does not affect the accretion rate even if the combined

gravitational and radiative acceleration is outward in parts of the H II region.

However, when

φ
rion

rs

& 1, (5.31)

the ionized gas assumes a density gradient at radii r � rs such that the density

increases outward, toward the edge of the H II region. In this case, central

accretion is suppressed at least by the factor

` ∝ exp

(
−φrion

rs

)
, (5.32)

and probably more, because the central drop in density will lead to a pho-

toionization equilibrium at a higher temperature, thereby increasing gas tem-

perature near the sonic radius. Therefore, for φrion/rs & 1, radiation pressure

acting on the ionized gas imposes a more restrictive limit on the accretion rate

than the mere photoheating near the sonic radius. The two limits are com-

plementary: while the photoheating limit is more restrictive for small black
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hole masses, ambient densities, and turbulent Mach numbers, the radiation

pressure limit is more restrictive in the very opposite regime. A combination

of these two limits suggests that a steady state solution for near-Eddington

accretion does not seem to exist.4

A fraction fres < 1 of the luminosity emitted by the central source

passes unabsorbed through the H II region and reaches its edge, where most

of it is absorbed in the partially ionized gas. Momentum deposition by the

residual luminosity leads to a density drop by the factor of exp(−ψ) where

ψ ≡ fres L

4π rion γ nHII k THII c

∼
(

0.033
fres THII,4.7

fion Ts,5

)
φ
rion

rs

. (5.33)

Since Ts ≥ THII, radiation pressure in the partially-ionized edge of the H II

region is always less important than in its interior.

5.2.6 Accretion at Low Radiative Efficiencies

In this work we focus entirely on the regime in which central accretion is

radiatively efficient, e.g., ε� 0.01, as it should be the case when the radiation

is emitted by a geometrically thin disk. In this regime, heating of the gas at

the sonic radius to & 105 K, and perhaps even to the Compton temperature

at high metallicities, seems inevitable. We hope to generalize our analysis

to radiatively inefficient accretion, which should be accompanied by outflows

4Wang et al. (2006) concluded that radiation pressure was negligible because they erro-
neously assumed complete ionization (χHI = 0).
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and shadowing, in a subsequent investigation. Here, we will make only a brief

mention of this alternate regime.

If we ignore the mechanical and radiative effects of the outflows and

the shadowing, which is an implausible and inconsistent assumption, a change

in the thermodynamic behavior occurs at ε . 10−3, namely, at such low effi-

ciencies the gas at the sonic radius and throughout the H II region can remain

at temperatures well below 105 K (see, e.g., Buff & McCray 1974, Hatchett

et al. 1976, Krolik et al. 1981, Kallman & McCray 1982, Krolik & Kallman

1984, Lepp et al. 1985, Donahue & Shull 1991). If, e.g., Ts ∼ THII ∼ 104 K

and Υ ∼ 1, we find that, still, under a wide range of conditions characteristic

of protogalactic clouds, an extended (rion � rs) H II region exists around the

seed black hole. In this case, photoionization radiation pressure suppresses

central accretion when φrion/rs & 1, which can be expressed as a condition on

the radiative efficiency; the suppression takes place when ε & εcrit where

εcrit ∼ 0.005

fion f 2
turb T

2
HI,3.7 n

2
5 M

2
2

. (5.34)

For ε & εcrit, the ionized gas may not be able to heat above 104 K, but the

photoionization radiation pressure suppresses accretion well below the rate `s.s.

derived in equation (5.10). For ε� εcrit, accretion is limited by conditions at

the sonic radius (§ 5.2.3). The accretion rate may become close to the “Bondi”

rate calculated ignoring radiative effects altogether (eq. [5.11]) if the neutral

gas surrounding the H II region is weakly supersonically turbulent, but the

ionized gas inside it is not.
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We would like to reiterate that the analysis presented in this subsec-

tion is somewhat unrealistic, because radiatively-inefficient accretion flows are

probably accompanied by outflows that can radically alter the hydrodynamic,

thermodynamic, and chemical structure of the region surrounding a seed black

hole. Also, the radiation field produced by a radiatively-inefficient accretion

flow is potentially highly anisotropic.

5.2.7 Lyα Radiation Pressure

Another source of pressure is from the Lyα photons that are produced

throughout the H II region and can become trapped within the ionized region

and the surrounding neutral shell (see, e.g., McKee & Tan 2008, and references

therein). Let fLyα ∼ 2
3

(e.g., Osterbrock 1989) denote the fraction of the total

power emitted by the central source above EH that is reprocessed into Lyα

photons. Consider a shell of neutral gas at radii rion < r < rion + ∆rshell,

where ∆rshell denotes the thickness of the shell. For shells with ∆rshell . rion,

the line-center optical depth of the shell τ0 = σ0(T )nH∆rshell, where σ0(T ) =

5.9× 10−14T
−1/2
4 cm2, is large

τ0 ∼ 4× 1010 f
1/3
ion `1/3 M

1/3
2 n

1/3
5 THII,4.7

f
2/3
turb T

7/6
HI,3.7

(
∆rshell

rion

)
. (5.35)

Since the shell is very optically thick, a photon injected at the edge (r = rion)

near line center will scatter across the ionized region many times before escap-

ing the shell. The ionized gas within the H II region has some residual optical

depth due to the presence of a small neutral fraction. Under the conditions

considered here, the ionized gas is optically thick to the photons in the core
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of the Lyα line, and is marginally optically thin to the photons in the wings.

We ignore this complication and treat the ionized gas as optically thin.

To estimate the number of times a photon injected at the edge of the

neutral gas crosses the H II region, we assume that ∆rshell . rion, and carry

out a simple Monte Carlo calculation of a photon’s frequency diffusion before

it escapes the shell. For this, we employ the accurate expressions for the

transmission coefficient and the reflection frequency redistribution function at

the shell edge that Hansen & Oh (2006) obtained from Monte-Carlo resonant

line scattering calculations. In the dust-free limit, the number of times a

photon injected near the line core reflects against the walls of the ionized

region is accurately approximated with

Nreflect ≈ 0.609 (a τ0)0.659 e−0.00607 [ln(2120.0 a τ0)]2 , (5.36)

where a(T ) = νL/2νDop = 4.72 × 10−4T
−1/2
4 is the ratio of the natural to the

Doppler line width. This is close to the asymptotic formula due to Adams

(1972, 1975), Nreflect ∼ 15 (τ0/105.5)1/3, in the optically thick limit (quoted

from Dijkstra & Loeb 2008). At T = 104 K, for τ0 = (109, 1010, 1011), the

numbers of reflections take values Nreflect ∼ (250, 610, 1400). Rayleigh scat-

tering contributes to the opacity negligibly for τ0 . 1010. Destruction of Lyα

photons by stimulated two photon emission is negligible in the range of optical

depths that we consider. Destruction by H− ions in the partially ionized shell

surrounding the H II region is potentially important (see § 5.4.2), but because

of significant uncertainties, we ignore it and adopt Adams’ formula in what

follows.
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If the radiation pressure drives a coherent expansion (outflow) in the

neutral shell, this may promote photon escape and reduce PLyα/Pgas. If the

outflow contains a velocity gradient of magnitude ∆v, Bonilha et al. (1979,

see also Bithell 1990) estimate that Nscatter is reduced by a factor ∼ (1 +

0.04 |∆v/vDop|3/2)−1, where vDop ∼ cs ∼ 10 km s−1 is the thermal or turbulent

Doppler velocity. The same reduction factor should apply to Nreflect. Thus,

even for a highly supersonic outflow ∆v/vDop ∼ 8, the number of reflections

to escape and the Lyα radiation pressure to which it is proportional will drop

by only a half.

The energy density in Lyα photons can be approximated with (see,

e.g., Bithell 1990, Haehnelt 1995)

ULyα ∼ 3fLyα L Nreflect

4π(r + ∆rshell)2c
. (5.37)

From this, the radiation pressure PLyα = 1
3
ULyα scale height is ∼ 1

2
rion. At

depth equal to one scale height we have, with the fiducial choice fLyα = 2
3
,

PLyα

Pgas

∼ 3.8
`4/9 f

10/9
turb M

4/9
2 n

4/9
5

f
5/9
ion T

1/18
HI,3.7 T

5/3
HII,4.7

. (5.38)

For near-Eddington accretion the Lyα pressure can significantly exceed the

gas pressure and impart an outward impulse to the neutral gas surrounding

the H II region. This result appears to imply that even at relatively small `,

the pressure of the trapped resonance line radiation remains in excess of the

gas pressure.

If we speculatively require PLyα < Pgas for strictly stationary accretion,

we invert equation (5.38) to derive an upper limit on the accretion rate, ` <
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`crit,Lyα, where

`crit,Lyα = 0.05
f

5/4
ion T

1/8
HI,3.7 T

15/4
HII,4.7

f
5/2
turb M2 n5

. (5.39)

Because of the strong dependence on THII and our not having sought, within

the confines of the present work, a self-consistent dynamical solution for gas

flow in the presence of resonance line scattering radiation, we are not able

determine whether the continuum photoionization pressure or the resonance

line scattering is more constraining to the maximum accretion rate for strictly

stationary quasiradial accretion that can be achieved. Additional sources of

uncertainty affecting any attempt to estimate the impact of resonance line

radiation pressure are the topology of the density field beyond the spherically

symmetric approximation, as the radiation may “leak out” even through a

relatively small hole in the neutral shell (see, e.g., Hansen & Oh 2006, McKee

& Tan 2008) and the dynamical stability of shells accelerated by resonance

line radiation (Mathews 1992).

5.3 Episodic Accretion

5.3.1 Mechanics of Inflow and Outflow

Here we revoke the assumption of strictly stationary flow and attempt

to describe a sequence of periodically recurring stages in the seed black hole’s

accretion cycle. Let `max < 1 denote the peak luminosity in units of the

Eddington luminosity. The peak luminosity is reached due a sudden infall

of material; the thermodynamic state of the infalling gas is assumed to be

set by a central luminosity well below the peak luminosity. The infalling gas
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reacts to the sudden rise in central luminosity on a finite time scale. Facing a

sudden rise in the central luminosity, the accreting gas heats by photoionization

and gets accelerated outward by the radiation pressure. The photoionization

heating time tphoto = 4πr2(γ − 1)−1kTHII/
1
2
χHσ̄HL, where σ̄H is the average

photoionization cross section and χH is the neutral hydrogen abundance (see

§ 5.2.5), is given by

tphoto ∼ 2.9
T 3

HII,4.7

fturb fepi,1 n5 THI,3.7

yr, (5.40)

where we have included a potentially large density enhancement fepi = 10 fepi,1 ≥
1, due to, e.g., infall or a lack of pressure equilibrium, over the steady-state

density of the H II region. The photoionization heating time scale is thus

rather short and comparable to the inflow time at r ∼ rs.

Following the sudden increase in central luminosity, material in the

outer part of the H II region, r ∼ rion, is accelerated outward by the radiation

pressure if arad & Pgas,HII/rµmpnHII, which implies the condition (cf. eq. [5.28])

3.3
f

1/3
ion f

1/3
turb fepi,1 `

1/3
max T

1/3
HI,3.7 n

1/3
5 M

1/3
2

T 2
HII,4.7

& 1. (5.41)

Photoionization heating and radiation pressure will act to erase the infall-

induced central density enhancement and drive the central density and the

accretion rate down, toward the limits imposed by thermodynamics (§ 5.2.3)

and radiation pressure (§ 5.2.5). The accretion flow remains directed inward

close to the sonic radius, but far from the sonic radius, the inflow gives way

to an outflow.
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If the outflowing material reaches radii ∼ rion, it encounters a shell of

denser hot gas that has been photoevaporated from edge of the H II region.

The hot shell is overpressured by a factor ∼ THII/fturbTHI and is expanding

in both radial directions. As the central density and luminosity drop, radi-

ation pressure is not able anymore to accelerate the ionized gas against the

positive pressure gradient in the exterior of the H II region. Then the pres-

sure gradient resulting from the rapid decline of radiation pressure and from

the photoevaporative heating accelerates the gas near the edge of the H II

region inward, in an implosion back toward the black hole. The gravitational

acceleration is subdominant compared to the pressure gradient acceleration,

|apres| & arad,max � |agrav| (see eq. [5.22]) until the infalling gas approaches

to within a few sonic radii from the black hole, where, by definition, grav-

ity becomes competitive with pressure. The returning gas acquires a velocity

similar to the local sound speed of the photoevaporated gas, which is perhaps

somewhat larger than cs,HII(rion), and returns to the vicinity of the black hole

on a time scale

treturn ∼ rion

cs,HII

∼ 4× 104
`

1/3
max f

1/3
ion M

1/3
2 T

1/2
HII,4.7

f
2/3
turb n

2/3
5 T

2/3
HI,3.7

yr. (5.42)

The return completes the accretion cycle. The return time may be shorter by

the factor of a few than this estimate if the overpressuring during to photoe-

vaporation, which we ignored in equation (5.42), is taken into account.

The pressure of the Lyα scattering radiation trapped within, and in the
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neighborhood, of the H II region may further reduce the average accretion rate

by imparting an outward impulse to partially ionized gas and thus possibly

significantly extending the return time treturn. In view of the lingering concerns

regarding the transfer of Lyα radiation that we have raised in § 5.2.7, we ignore

it in the following estimate of the duty cycle.

5.3.2 Estimates of the Duty Cycle

If, ultimately, after the central density and luminosity have decreased

substantially, thermodynamics imposes the most stringent limit on the accre-

tion rate, we might expect that the luminosity drop toward the steady-state

rate ∼ `s.s. derived in equation (5.10). Because of the sensitivity to the various

parameters of our model, we are not able to generally determine whether the

luminosity reaches `s.s. in time treturn separating consecutive infall episodes. For

the simplicity of the remaining analysis of episodic accretion, we assume that

the minimum luminosity is indeed ∼ `s.s. and that the decline is exponential,

`(t) = `max

(
`s.s.

`max

)t/treturn

. (5.43)

Then, the time-average luminosity is given by

〈`〉 =
`max

ln(`max/`s.s.)
, (5.44)

and the duty cycle, which we define as fduty ≡ 〈`2〉/〈`〉2 (see, e.g., Ciotti &

Ostriker 2001), is in the limit `s.s. � `max given by

fduty ∼ 2

ln(`max/`s.s.)
∼ 2
〈`〉
`max

. (5.45)

182



The weak logarithmic dependence on the ratio of the maximum to the

minimum luminosity is deceptive; while we generally expect a duty cycle in the

range fduty ∼ 0.2−1, the average accretion rate depends on the peak rate. We

can attempt to generalize equation (5.10) to model the peak rate by replacing

Ts with THII (to mimic an initial absence of heating at the sonic radius) and

by including the density enhancement factor fepi to obtain

`max ∼ 0.03
ε−1 fturb fepi,1 Υ M2 n5 THI,3.7

T
5/2
HII,4.7

, (5.46)

which would imply a duty cycle of fduty ∼ 0.6 (for fepi ∼ 10) and an average

accretion rate that is a factor of ∼ 9 times higher than the steady state rate.

The duty cycle estimated here differs from the one derived by Ricotti

et al. (2008), fduty,ROM = (rB/rion)1/3, where for a stationary black hole rB ≡
GMBH/c

2
s,HI ∼ 2.4× 1016 M2 T

−1
HI,3.7 cm is the Bondi radius ignoring radiative

feedback (Bondi & Hoyle 1944). This estimate assumes that the accretion

is efficient only when rion ≤ rB. In our picture, rB does not have a unique

physical meaning because the accretion flow structure is strongly modified

by photoionization, radiative heating, and the radiation pressure; episodic

accretion through the H II region can proceed even when rion � rB.

The peak accretion rate `max and the average rate 〈`〉 during episodic

accretion can exceed the limits imposed by photoheating and radiation pres-

sure because of the presence of the finite inertia of dense infalling shells and

the lack of pressure equilibrium in the gas photoionized from the inner edge of

the H II region during luminosity maxima. We are not able to determine with
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certainty whether the accretion from a weakly turbulent quasiuniform density

medium will be episodic, in which case it will proceed at the rate given by

equations (5.44) and (5.46), or whether it will be steady at the rate given in

equation (5.10) subject to radiation pressure-suppression derived in § 5.2.5.

We proceed to discuss the implications of inhomogeneity and turbulence in

the environment of a seed black hole.

5.4 Molecular Cooling and Clumpy Accretion

5.4.1 Accretion of Self-Shielding Clumps

As a protogalaxy grows, the baryonic inflow velocity into its center in-

creases. Cosmological hydrodynamic simulations show that baryons accreting

along the filaments of the cosmic web can remain cold until they reach the

central region of the protogalaxy. Supersonic baryonic inflow, in protogalaxies

with virial velocities & 10 km s−1, drives turbulence in the galaxy. The result-

ing central turbulent Mach numbers measured in the simulations of ∼ 108 M�

cosmological halos are ∼ 3 (Wise et al. 2008, Greif et al. 2008). Supersonic

turbulence is expected in view of the short cooling time tshock,cool ∼ 10 n−1
5 yr

of the gas heated at the termination shocks of the cold inflows (for somewhat

higher velocity, 50 km s−1 shocks, e.g., Shapiro & Kang 1987, Kang & Shapiro

1992, see also Gnat & Sternberg 2009 for dependence on metallicity, which is

weak for Z . 0.1 Z�). If the shocked gas cools on a dynamical time to temper-

atures ∼ 104 K, molecules form and the gas quickly cools further. Therefore,

a fraction of the dense gas mass that is collecting at the center of the pro-
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togalaxy may reside at temperatures substantially below the THI ∼ 5, 000 K

that we have somewhat arbitrarily taken as the temperature floor thus far.

Near an accreting seed black hole, molecule formation could be en-

hanced even in the absence of dust. Hard X-rays emitted by the black hole

could maintain a high electron fraction in the neutral gas surrounding the H II

region, which would catalyze molecule formation. Molecules can also form if

traces of metals and dust are present. The cooling to temperatures character-

istic of the molecular phase leads to an increase of turbulent Mach numbers.

In supersonic turbulence, the local density exhibits intermittent strong fluc-

tuations around the mean. Simulations of isothermal turbulence have shown

that the density probability density function is a normal distribution in ln ρ

with mean 〈ln ρ〉 = −1
2
σ2 and dispersion σ2 = ln(1 + b2M2), where M is the

turbulent Mach number and b ≈ 0.26 for unmagnetized turbulence (e.g., Krit-

suk et al. 2007, and references therein). For example, for M = 10, ∼ 1% of the

volume contains densities in excess of the average density by a factor of 10 or

greater. Dense clumps can enter the ionized sphere and remain self-shielded

from photoionization and photodissociation. Since from equation (5.6) the

critical radius for photoionization is proportional to n−2/3, a clump with an

overdensity of 10 can withstand photoionization to radii ∼ 0.2 rion.

The presence of neutral clumps in the ionized sphere may fundamentally

alter the structure of the accretion flow if they are dense enough to survive

photoionization and photoevaporation, which requires densities violating the

condition in equation (5.9). Such dense clumps may form as a product of
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turbulent fragmentation and may be self-gravitating and on their way to turn

into star-forming cores, provided that they are not tidally disrupted by and

accreted onto the black hole (e.g., Bonnell & Rice 2008). During accretion

minima when ` � `max, dense clumps may withstand photoionization and

photoevaporation even at r . rs. In this case, they could accrete directly into

the small optically thick accretion disk around the black hole. If the clumps

occupy a substantial solid angle as seen from the black hole, the gas in their

shadows recombines, cools, and accelerates toward the black hole.

We thus speculate that with the increase of turbulent Mach numbers

and the progression of ever higher degree of clumping in the gas, the severity

of the radiative feedback discussed in § 5.2 and § 5.3 decreases. The feedback-

limited accretion may proceed at only a small fraction of the rate corresponding

to the Eddington limit until turbulent inhomogeneities reach the level at which

the densest clumps are self-shielded at ∼ rs even at `max ∼ 1. Then, unless the

gas supply is depleted by star formation and supernovae, the seed black hole

may be able to grow efficiently and double its mass on the Salpeter time scale

tSalp ∼ 5 × 107 ε−1 yr. Central stellar velocity dispersions found in massive

black hole-hosting stellar systems in the local universe are > 30 km s−1 (e.g.,

Barth et al. 2005, and references therein); if massive black holes are not found

in systems with smaller dispersions, this may be interpreted as a hint that

efficient accretion commences only when the baryonic gravitational potential

well depth around the black hole exceeds a critical minimum value.
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5.4.2 Photodissociation Sphere around the Black Hole

The existence of dense clumps in the neighborhood of the H II region

may be contingent on the presence of molecules. The radiation from the black

hole likely contains a photo-dissociating component below the Lyman edge.

However, for a central source with a hard spectrum, two photon emission from

the 21S→ 11S transition in the recombination of He II is a guaranteed source

of H2-dissociating photons. Photons in the Lyman-Werner (LW) bands of

hydrogen are produced at the rate ṄLW ∼ 1
3
fion,HeL/EHe (Johnson & Bromm

2007), where fion,He is the fraction of photon energy that goes into helium

ionization in mostly neutral gas, and EHe = 24.6 eV. Some LW radiation may

also be produced by the central source itself (Kuhlen & Madau 2005). If the

gas surrounding the black hole is dust-free and molecule synthesis is catalyzed

primarily by H−, one can estimate the dissociation depth ∆rdiss in the neutral

gas via

4π

3
(r3

diss − r3
ion) kH2 nH− nH = ṄLW, (5.47)

where rdiss ≡ rion + ∆rdiss, kH2 is the rate for the reaction H− + H → H2 +

e−, and nH− is the equilibrium abundance of the H− ions. Adopting the

temperature T = 1, 000 K we have kH2 ≈ 1.2 × 10−9 cm3 s−1 and nH− ∼
7× 10−7ne (see, e.g., Oh & Haiman 2002, and references therein). In writing

equation (5.47), we have ignored the potential enhancement of H2 formation

rate in a supersonically turbulent gas, where molecule formation is particularly

efficient in intermittent overdensities (see, e.g., Pavlovski et al. 2002, Glover

& Mac Low 2007).
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The maximum ionization fraction χe ≡ ne/nH allowed if H2 is to be

dissociated in a sphere of radius 2rion is obtained by substituting ∆rdiss = rion

in equation (5.47) and solving for χe, to obtain the condition

χe < 2.4× 10−4
f 2

turb T
2
HI,3.7

fion T 3
HII,4.7

, (5.48)

where we have set fion,He = 0.06. If the SED of the black hole extends into the

hard X-rays, an electron fraction violating the condition in equation (5.48)

may be maintained in the neutral shell surrounding the H II region. This

suggests that, even in an environment with primordial composition, the H II

region associated with a seed black hole may be surrounded by only a thin

(∆rdiss � rion) photodissociation region where gas cooling and clumping is

reduced (see also Johnson et al. 2007). Photodissociation may be even less

important if the protogalaxy has been enriched with trace quantities of metals

and dust (e.g., Omukai et al. 2008), as gas cooling can proceed even in the

absence of molecular hydrogen in that case. Also, if the accretion is episodic

(§ 5.3), molecular gas can form during the quiescent periods in which central

accretion is temporarily diminished or suspended by the radiative feedback.

We have ignored the photodissociation of H−, which reduces the H2

formation rate by a factor S−1, where S = 1 + Ṅγ,H−σH−/4πr
2kH2nH, Ṅγ,H−

is the total dissociating photon number luminosity, and σH− is the average

photodissociation cross section (see, e.g., Glover et al. 2006, Glover 2007,

Yoshida et al. 2007, Chuzhoy et al. 2007, and references therein). In our esti-

mate of Ṅγ,H− , we will ignore the multiplying effect of Lyα trapping (§ 5.2.7)
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on the H−-photodissociating photon number density; a more accurate ap-

proach, which would be too involved to include here, would be to solve for

Lyα resonance line and X-ray continuum transfer in the H− photodissocia-

tion region self-consistently. Chuzhoy et al. (2007) estimate that for repro-

cessed ionizing radiation, the average cross section per recombination pho-

ton times the average number of photons per recombination varies in the

range 〈σH−〉 ∼ (1.6 − 3.4) × 10−17 cm2. Setting Ṅγ,H− ∼ Ṅrec, where Ṅrec ∼
(4π/3)αB(THII)nH+ne is the hydrogen recombination rate inside the H II re-

gion, we find

S ∼ 1 + 0.43
`1/3 f

1/3
ion f

4/3
turb M

1/3
2 n

1/3
5 T

4/3
HI,3.7

T 2
HII,4.7

(
r

rion

)−2

, (5.49)

which shows that H2 formation suppression is marginally important in the

case of an accretion from a high density cloud. The suppression widens the

photodissociation region surrounding the H II region.

Having raised the possibility of a multiplying effect of Lyα trapping on

the photodissociation of H−, we remark that the destruction of Lyα photons

by H−, which is a processes that have ignored in § 5.2.7, may have to be

considered in a self-consistent study of Lyα transfer in a gas with primordial

composition. Because of significant uncertainties in the ionization fraction and

the H− abundance in the neutral shell, which both depend on the SED are

not calculated accurately in our simplified model, we attempt only a crude

estimate. According to equation (7) of Hansen & Oh (2006), Lyα photons
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scattering through a shell of column depth N are destroyed before escaping if

N > 6.7× 1019
T

1/4
HI,3.7

χ
3/4

H−

( σLyα,H−

10−21 cm2

)−3/4

cm−2, (5.50)

where σLyα,H− ∼ 4.4 × 10−18 cm−2 is the H− photodissociation cross section

by Lyα, and χH− is the H− abundance. Setting N ∼ nH∆r we find that

Lyα photons are destroyed before escaping the shell of width ∆r when the

ionization fraction in the shell is

χe > 0.0024
S f

8/9
turb T

11/9
HI,3.7

`4/9 f
4/9
ion n

4/9
5 M

4/9
2 T

4/3
HII,4.7

(
∆r

rion

)−4/3

. (5.51)

This crude estimate suggests that for accretion in a dense, dust-free medium

with a central X-ray source that maintains a high ionization fraction in the

neutral gas, Lyα photons may be destroyed by H− absorption before penetrat-

ing the shell. The issue warrants a self-consistent treatment of resonance line

scattering and continuum radiation transfer coupled to the chemistry of the

H II region and the surrounding neutral shell.

5.5 Conclusions

We model quasiradial accretion onto seed massive black holes in metal

and dust poor protogalaxies with the goal of evaluating the common assump-

tion that the MBH & 100 M� seed black holes accrete at the Bondi accretion

rate moderated by the Eddington limit. After considering radiative feedback

effects in the neighborhood of an accreting black hole, we are able to derive

the following conclusions:
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The local thermal and statistical equilibrium temperature of a pho-

toionized gas is a strong function of the metallicity of the gas at radii from the

black hole where gas becomes captured by the black hole. The photoionized

gas outside the sonic radius is normally in equilibrium, but, particularly for

metallicities Z . 0.1 Z�, the gas passing through the sonic radius may not

be in equilibrium. For radiative efficiencies ε . 0.1, the gas will not complete

thermal runaway that would heat it to the Compton temperature prior to

crossing the sonic radius

Due to the radiative heating of the gas, the sonic radius is much smaller

than the Bondi radius evaluated in terms of the temperature of the protogalac-

tic medium far from the black hole; the corresponding gasdynamical accretion

rate is thus reduced to a small fraction of the Bondi value. The gas tempera-

ture at the sonic radius is also a strong function of the radiative efficiency of

the accretion near the event horizon of the black hole.

The black hole is surrounded by an H II region, which is further sur-

rounded by a photodissociation region if the ambient protogalactic medium

contains molecules. The radius of the H II region in dense (n & 105 cm−3)

clouds, that must be present to support near-Eddington accretion, is small

(rion ∼ 1 pc) compared to the size of the protogalaxy. The sonic radius is

smaller by orders of magnitude than the radius of the H II region. This vast

separation of scales renders self-consistent simulations of accretion onto seed

black holes from a protogalactic environment particularly challenging, because

to appropriately capture the radiative effects, the simulations must at least re-
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solve the sonic radius.

Photoionization radiation pressure from the continuum radiation pro-

duced near the event horizon may further diminish the accretion rate. Com-

pared to the gravitational acceleration, the acceleration due to radiation pres-

sure is the strongest in the bulk of the H II region, i.e., not too close to the

black hole where the equilibrium neutral fraction is negligible. We have de-

rived a simple criterion for accretion rate suppression by the photoionization

radiation pressure.

A significant fraction of the luminosity of the black hole is converted

into Lyα resonance line radiation; resonance line scattering keeps this radiation

trapped in the neighborhood of the H II region. Radiation pressure from

the trapped radiation can exceed the external, confining gas pressure. We

do not self-consistently solve for a stationary accretion flow in the presence

of resonance line radiation pressure, but our estimates do suggests that the

resonance line pressure could be detrimental to stationary accretion at high

accretion rates.

As an alternative to strictly stationary accretion, we outline a model

for episodic accretion in which short episodes of sudden, rapid accretion alter-

nate with longer periods of accretion reduced by photoheating and radiation

pressure. In this model, the outflow and central rarefaction induced by pho-

toheating and radiation pressure acceleration in the bulk of the H II region

drives down the central accretion rate rapidly. The time-average accretion

rate is then set by the peak accretion rate, divided by the logarithm of the
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number of e-foldings in the outflow-induced accretion rate decay. Since the

peak accretion rate need not be limited by the thermodynamic and kinematic

constraints that apply to steady-state solutions, the episodic accretion rate

may exceed the steady-state rate by a large factor.

Our idealized treatment here already indicates how extremely com-

plex the self-consistent accretion problem is. To more fully explore the time-

dependent accretion flow onto a seed black hole, numerical simulations are

clearly needed. Of particular importance is to study the effect of angular mo-

mentum, the impact of turbulence, and the possible emergence of a multi-phase

medium in the infalling gas. We will report on the results from such simula-

tions and on a comparison with the analysis presented in this work elsewhere

(Milosavljevic et al. 2007, Couch et al., in preparation). If our result that the

initial accretion onto stellar seed black holes is greatly reduced in the pres-

ence of radiative feedback holds up even in fully three dimensional radiation-

hydrodynamical simulations, the need for massive black hole formation by

radiatively-inefficient accretion or by direct collapse of massive primordial gas

clouds might be significantly increased (e.g., Bromm & Loeb 2003, Begelman

et al. 2006, 2008, Djorgovski et al. 2008).
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Chapter 6

Accretion onto Intermediate-Mass Black Holes

in Dense Protogalactic Clouds1

6.1 Introduction

Known stellar-mass and intermediate-mass black hole candidates ac-

crete through mass transfer from a stellar companion without exception. Rapidly-

accreting massive black hole candidates, such as in Seyfert galaxies and quasars,

appear to be situated close to dusty, molecular, and highly inhomogeneous gas

reservoirs, where cold, dense clumps are in free fall or are embedded in a hot,

ionized, and tenuous confining medium. In neither case does the accretion flow

resemble the laminar flow of the Bondi-Hoyle-Littleton solution. There is a

distinct possibility, however, that massive black hole progenitor “seeds,” with

masses Mbh & 100 M� (Madau & Rees 2001), did pass through an early phase

of quasiradial accretion in protogalaxies, prior to significant dust enrichment

and the emergence of a pervasive cold phase in the interstellar medium (e.g.,

Volonteri & Rees 2005, Alvarez et al. 2006, 2009, Johnson & Bromm 2007,

Pelupessy et al. 2007, Di Matteo et al. 2008, Greif et al. 2008). This was the

period immediately following the onset of atomic cooling, the epoch when pro-

1Significant portions of this chapter have been published previously as Milosavljević,
Couch, & Bromm (2009b)
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togalaxies experienced rapid growth due to cosmic infall and yet had potential

wells too shallow to retain all of their newly synthesized metals.

Since the accretion rate in quasiradial, Bondi-like accretion is propor-

tional to gas density, Bondi-like accretion presents an appealing formation

process for massive black holes: given the presence of sufficiently dense gas in

a protogalactic nucleus, Eddington-limited accretion and mass exponentiation

on a Salpeter time scale would proceed; stellar-size seed black holes would

reach masses & 109M� inferred in high-redshift quasars in the cosmic time

available to them (e.g., Haiman & Loeb 2001, Volonteri et al. 2003, Tanaka &

Haiman 2009). A potential flaw in this reasoning was noticed early, namely,

that in the event of radiatively-efficient accretion, radiative heating and radia-

tion pressure may reduce the accretion rate (Shvartsman 1971, Buff & McCray

1974, Hatchett et al. 1976, Ostriker et al. 1976, Cowie et al. 1978, Stellingwerf

1982, Begelman 1985, Ricotti et al. 2008, Alvarez et al. 2009). The possibility

of a transition to radiative-feedback-driven temporal intermittency, which has

been evident in one-dimensional simulations of Compton-heated accretion onto

massive black holes in galaxy clusters (Ciotti & Ostriker 2001, 2007, Sazonov

et al. 2005), has further complicated the assessment of quasiradial accretion’s

viability as a massive black hole formation process. If the accretion is indeed

intermittent and episodic, how long is the duty cycle, how large is the average

accretion rate, and does it permit evolution of seed black holes into quasars?

Does episodic accretion proceed in bursts, where episodes of Eddington-limited

rapid accretion alternate with near-complete radiative quenching and outflow,
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as one-dimensional models appear to suggest, or does the multidimensional na-

ture of realistic irradiated accretion flows imply a damping of the fluctuations

and convergence to a quasi-steady state characterized by a reduced accretion

rate?

Here, we present the first results from our program to investigate radiatively-

efficient accretion onto black holes embedded in a realistic galactic gaseous

medium with the help of high-resolution hydrodynamic simulations. We do

not attempt to simulate fluid flow and radiation emission mechanisms near

the event horizon of the black hole; instead, we simply fix the shape of the

spectral energy distribution of the radiation produced near the event horizon

and simulate the irradiated fluid flow on radial scales spanning the sonic ra-

dius, where the photoheated fluid falls supersonically toward the black hole,

and a much larger radius in the gas cloud that is entirely unaffected by the

black hole’s radiative output, where boundary conditions for the accretion flow

are set. This work is organized as follows. In § 6.2 we concisely describe our

numerical algorithm. A more detailed description and a suite of tests will be

provided in a longer follow-up paper (Couch et al., in preparation). In § 6.3 we

describe our results with particular focus on the intermittency of the accretion

flow. In § 7.4 we compare our results to analytical models (Milosavljevic et al.

2007, and references therein) and discuss the outlook for massive black hole

formation through quasiradial accretion.
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6.2 Numerical Algorithm

Here we describe numerical methodologies that we have implemented

in the parallel adaptive-mesh-refinement (AMR) code FLASH (Fryxell et al.

2000), version 2.5, to facilitate our simulations of low-angular momentum ac-

cretion flow with a central ionizing source. The hydrodynamic solver used

was the piecewise parabolic method (PPM), which is a higher-order Godunov

method. Contact steepening that sharpens contact discontinuities in the PPM

module was disabled after we noticed that it led to spurious flow near station-

ary ionization fronts. By default, FLASH does not conserve angular momen-

tum in 2D cylindrical simulations. To simulate fluid motion in the azimuthal

direction, we introduce the specific angular momentum l ≡ rvφ as an additional

conserved “mass scalar” quantity that is advected with the fluid. Equivalence

with 3D cylindrically symmetric equations of fluid dynamics is achieved by

adding the centrifugal force to the total acceleration, a = agrav +arad +l2R̂/R3.

6.2.1 The Central Hole and the Central Ionizing Source

The simulations were carried out in cylindrical symmetry on a rectan-

gular (R, z) grid in two spatial dimensions, where R is the distance from the

axis of symmetry. In what follows, r will denote the distance from the origin,

r2 = R2 + z2. A small spherical region r < rhole was excluded from the hy-

drodynamical update; we refer to this region as the “hole.” A unidirectional

“outflow” boundary condition, allowing only outflow from the simulated spa-

tial domain and inflow into the central hole, was imposed at r = rhole. The
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gravitational acceleration was set to that of a Newtonian point mass located at

the origin of the grid agrav = −GMholer̂/r
2. The mass of the material flowing

into the hole was added to the point mass Mhole. Self gravity of the fluid was

ignored because, typically, the mass of the photoionized gas around the black

hole was less than 1% of the mass of the black hole.

An isotropic source of ionizing radiation was placed at the origin of the

grid. The total luminosity of the ionizing source between energies hνmin =

13.6 eV and hνmax = 100 keV was set to be proportional to the accretion rate

into the hole, ∫ νmax

νmin

Lνdν = εṀholec
2, (6.1)

where ε is a radiative efficiency which was uniformly set to 0.1. The radiative

spectral energy distribution was set to the power law Lν ∝ ν−3/2 and was

calculated in 40 logarithmically-spaced energy bins.

6.2.2 Composition, Chemistry, and Thermodynamics

We simulated a six-species primordial fluid containing hydrogen and

helium and their ions: H, H+, He, He+, He++, and e−. Abundances of the six

species were integrated in time with a chemical network that includes colli-

sional ionization of H, He, and He+, “case B” recombination of H+, He+, and

He++, bidirectional charge exchange between H (H+) and He+ (He), as well as

primary and secondary photoionization of H and He. Secondary photoioniza-

tion and heating by fast photoelectrons were implemented in accordance with

the results of Shull & van Steenberg (1985) and Dalgarno et al. (1999). Pho-
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toionization and photoheating rates were calculated in a photon-conserving

manner (see § 6.2.3) from the local, extincted radiative fluxes.

Photoionization heating and collisional cooling of the fluid were operator-

split from the hydrodynamic update. Cooling processes that were taken into

account include Bremsstrahlung, collisional ionization cooling of H, He, and

He+, recombination cooling of H+, He+, and He++, dielectronic recombina-

tion cooling of He+, collisional excitation cooling of H and He+, and Compton

cooling to the cosmic microwave background. At the high gas densities in the

simulations, the Compton cooling was negligible.

Number densities of all six species and the temperature of the gas

were advanced simultaneously during the chemical and thermodynamic update

with the Bulirsch-Stoer-type semi-implicit extrapolation mid-point method of

Bader & Deuflhard (1983). Our implementation of the method closely follows

that provided in the GNU Scientific Library (Galassi et al. 2006). This method

utilizes the Jacobian matrix of the partial derivatives of the right-hand side

of our seven coupled ordinary differential equations. We evaluate the partial

derivatives analytically. Special care was taken to accurately integrate the

abundance of the neutral and partially ionized fraction in a strongly photoion-

ized gas. We carried the Richardson extrapolation sequence to four points,

which was sufficient for numerical stability.

In the operator-split alternating hydrodynamical and chemothermody-

namic update, the hydrodynamic step was globally constrained to not ex-

ceed 10% of the minimum electron abundance change time scale, ∆thydro ≤
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0.1 ne/|ṅe|, in combination with the usual Courant limit. The chemother-

modynamic update is carried out in single or in multiple and possibly much

shorter Bader-Deuflhard steps. The latter are individually limited in every

cell by the time scale on which any of the six abundances and the temperature

evolves, ∆tBD ≤ min{0.1 ni/|ṅi|, 0.1 T/Ṫ ,∆thydro}, where i = H, ..., e− (cf.

e.g., Whalen & Norman 2006).

6.2.3 Line-of-Sight Radiative Transfer and Radiation Pressure

Here, we discuss our implementation of multifrequency photon-conserving

line-of-sight radiative transfer and the resulting radiation pressure force. We

calculate the line-of-sight optical depth τ
(k)
ν from the central source to the faces

of any rectangular zone along Nray = 4 separate rays, k = 1, ..., Nray; the rays

are equally spaced in angle as seen from the central source. We also calculate

the optical depth to absorption within the zone along each of the rays τ̂
(k)
ν .

The effective flux at the zone center is calculated via (see, e.g., Mellema et al.

2006, and references therein)

Fν =
Lν

4πr2

∑Nrays

k=1 exp(−τ (k)
ν )[1− exp(−τ̂ (k)

ν )]∑Nrays

k=1 τ̂
(k)
ν

. (6.2)

The total photon absorption rates per chemical species i within the zone are

then calculated via Γi,ν = σi,νniV Fν/hν, where V is the zone volume. In the

limit in which the zone is very optically thick, τ̂
(k)
ν � 1, we obtain

∑
i

Γi,ν ≈ (hν)−1Fν〈exp(−τ (k)
ν )〉Ω, (6.3)
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where Ω is the angular size of the zone as seen from the central source, and

the extinction external to the zone is averaged over rays. The approximation

in equation (6.3) becomes exact in the limit Nrays → ∞, as it has to be to

conserve photons.

We calculate radiation pressure associated with photoionization and

Thomson scattering. The radiation pressure force is added to the gravitational

force of the central point mass. We ignore line resonance radiation altogether

and also ignore any diffusion of ionizing radiation (see, e.g., Ritzerveld 2005).

6.2.4 Mesh Refinement and Initial Conditions

We simulate a cylindrical domain in the upper hemisphere 0 < (R, z) <

1 pc with 18 levels of mesh refinement. Since each AMR block contains 8× 8

zones, the maximum spatial resolution in the simulation is ∆x ∼ 3× 1012 cm.

We require that the central hole, with radius rhole = 1014 cm, is always re-

solved at the highest level of mesh refinement. We achieve pseudo-logarithmic

gridding by capping the resolution at radius r with ∆x > 1
8
ηr where we choose

η = 0.1; this prevents use of excessive resolution far from the central hole. The

simulation domain initially contained uniform-density partially ionized gas,

with initial electron abundance of χe = 0.5, at temperature 104 K and density

nH = 107 cm−3. The initial value for the central point mass was 100 M�.
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Figure 6.1 Central accretion rate and radiative luminosity as a function of time
for radiative efficiency ε = 0.1.

6.3 Results

The central accretion rate, shown in Figure 6.1, oscillates between val-

ues close to, and occasionally mildly exceeding the Eddington limit, Ṁmax ∼
ṀEdd ∼ 2× 10−6M� yr−1, and a rate lower by an order of magnitude, Ṁmin ∼
2× 10−7M� yr−1. The accretion is approximately periodic with a mild trend

toward an increasing period separating consecutive peak episodes; the period

varies between 250 yr and 350 yr. Accretion rate falloff following a maximum

is roughly exponential, as is expected since photoionization radiation pres-

sure in the ionized region surrounding the black hole evacuates the accreting

gas and drives down the accretion rate (see § 3 in Milosavljevic et al. 2007).

The average accretion rate and luminosity are 〈Ṁ〉 = 4.6 × 1019 g cm−3 and

〈L〉 = 4.2×1039 erg s−1, which says that on average, the black hole accretes at

32% of the Eddington limit. The average accretion rate is still only∼ 1% of the

adiabatic “Bondi” accretion rate ṀBondi = π(GMbh)2nmp/c
3
s (∞), calculated

202



ignoring radiative feedback, for an ambient sound speed of cs(∞) = 14 km s−1.

During a central accretion maximum, photoionization radiation pres-

sure drives an outflow in the ionized gas within the H II region that has neutral

fractions χH ∼ 10−4 − 10−5 (Fig. 6.2, lower panels). This leads to rarefaction

and exponential drop in central accretion. Meanwhile, as radiation pressure

subsides, gas near the edge of the H II region accelerates inward. This acceler-

ation is driven by a gas pressure imbalance near the edge; the imbalance was

inherited from the preceding accretion maximum when an outward radiation

pressure force balanced an inward gas pressure gradient force. The outflow

intersects with the inflow, and the inflowing gas ultimately arrives at the edge

of the central hole and gives rise to a new accretion maximum. The longest

timescale in the cycle is the inward acceleration time, which is here a factor of

∼ 3 times shorter than the radial sound crossing time of the H II region with

typical temperature THII ∼ 4× 104 K.

Figure 6.3a shows that the radius of the H II region surrounding the

black hole reaches an asymptotic value of rion ∼ 6 × 1016 cm. This only

somewhat smaller, by 40%, than the crude estimate obtained for hydrogen-

only cloud in equation (4) of Milosavljevic et al. (2007). The region r < rion

is not entirely free of neutral gas; during accretion minima, as seen in the two

left panels of Figure 6.2, dense clumps form in the gas that has been expelled

by radiation pressure and is now falling back toward the black hole, and the

regions in the dense clumps’ shadows recombine. The range of radii that is

shaded in Figure 6.3a contains a multiphase medium. The densest neutral

203



Z
 (

10
15

 c
m

)

R (1015 cm)

n
(cm

−
3)

χ
H

Figure 6.2 Gas number density n (upper panels) and neutral fraction χH (lower
panels) at two separate instances around t ∼ 4, 000 yr. The left panels show
the flow during a central accretion minimum; infalling gas is clearly visible at
r ∼ 1.5 × 1016 cm. The right panels show the flow during a central accretion
maximum. The structure near the central axis, in the conical region marked by
dashed lines, is an artifact of our having set the optical depth to zero along the
axis, for R/|z| < tan 5◦, to avoid numerical issues arising from the coordinate
singularity.
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Figure 6.3 Minimum radius at which neutral gas, with ionization fraction
χH+ < 1

2
is found (lower boundary of the shaded region in panel [a]) and

maximum radius at which ionized gas, with χH+ > 1
2
, is found (upper bound-

ary of the shaded region). Panel (b) shows the minimum radius at which the
radial inflow is subsonic. Because of transient shock heating in the flow, the
sonic radius, which normally resides at rs ∼ 2.2× 1014 cm, shrinks to the edge
of the hole at rhole = 1014 cm.

clumps that form near the edges of the H II region are six times denser than

the ambient gas, but this density is not sufficient to resist photoevaporation

during accretion maxima. Figure 6.3b shows that the flow into the central

hole is typically supersonic with sonic radius located at rs ∼ 2× 1014 cm, but

during accretion maxima, shock heating in the infalling gas drives subsonic

flow to the brink of the excised hole at rhole = 1014 cm.
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6.4 Conclusions and Discussion

We have simulated accretion from a uniform, high-density (107 cm−3)2

metal-free protogalactic cloud onto an intermediate-mass black hole. At radii

from the black hole smaller than the size of the excised region, 1014 cm, the

accretion was assumed to be radiatively efficient. We find that a compact

H II region forms around the black hole. The accretion is intermittent due to

alternating photoionization radiation pressure-driven expulsion and external

pressure-driven fallback. The average accretion rate is . 1% of the Bondi

accretion rate calculated ignoring the radiation’s influence, and ∼ 1
3

of the

Eddington-limited rate.

The numerical results are consistent with the predictions of our toy

model for episodic quasiradial accretion (Milosavljevic et al. 2007), where we

suggested that photoionization heating and photoionization radiation pressure

within the compact H II region are the dominant accretion-suppression mech-

anisms. We also suggested that Lyα line resonance radiation pressure, which

we do not account for in the simulations presented here, should further re-

duce the accretion rate. The intermittency is qualitatively similar to that seen

in one-dimensional simulations of the accretion of hot irradiated intergalactic

medium onto black holes in central cluster galaxies by Sazonov et al. (2005)

and Ciotti & Ostriker (2007), with the notable caveat that photoionization

radiation pressure was unimportant in that context.

2Atomic densities have been found to reach comparable high levels in simulations of
protogalactic collapse (e.g., Bromm & Loeb 2003, Wise & Abel 2007b, Wise et al. 2008).
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The simulation in which the accreting fluid was endowed with small

angular momentum corresponding to maximum circularization radius equal to

rhole exhibited similar intermittency and only a slightly reduced average ac-

cretion rate, consistent with Krumholz et al. (2005, and references therein).

In contrast with the nonrotating simulations that did not contain axial out-

flows, narrow polar outflows form that resemble some of those found by Proga

(2007) and Proga et al. (2008) in simulations of accretion flows irradiated by a

quasar. The accretion intermittency and inflow-outflow behavior that we ob-

serve is qualitatively similar to that seen in Proga et al., but additional tests

are needed to ascertain whether out axial outflows are physical.

The overall goal is to combine the highly-resolved simulations presented

here with large-scale cosmological simulations of how the first galaxies formed

at the end of the cosmic dark ages (e.g., Greif et al. 2008). Those simulations

can resolve the central gas flows to within ∼ 0.01 pc, where we can implement

sub-grid prescriptions based on the calculations done here. An important chal-

lenge will be to derive prescriptions for the feedback from black hole accretion

that are applicable to a wide range of protogalactic conditions. We will report

on these efforts elsewhere (Couch et al., in preparation).
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Chapter 7

Shock Vorticity Generation from Accelerated

Ion Streaming in the Precursor of

Ultrarelativistic Gamma-Ray Burst External

Shocks1

7.1 Introduction

The standard model for gamma-ray burst (GRB) afterglow emission re-

quires nonthermal acceleration of electrons to ultrarelativistic energies. This

can take place in the “external” relativistic shock wave driven into the cir-

cumburst medium by the burst ejecta (e.g., Piran 2005b, Meszaros 2006, and

references therein). Candidate mechanisms for shock acceleration, such as

the first order Fermi mechanism—also known as diffusive shock acceleration

(DSA; e.g., Bell 1978, Blandford & Ostriker 1978, Blandford & Eichler 1987)—

can accelerate all charged particles, including the positively charged ions, for

whose acceleration in GRB afterglows we still do not have direct observa-

tional evidence. While theoretical models for particle acceleration in shocks

have largely been based on analytic or semianalytic prescriptions for particle

injection into the acceleration cycle and its scattering in the random mag-

1Significant portions of this chapter have been published previously as Couch, Milosavl-
jević, & Nakar (2008)
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netic field of the shock (e.g., Achterberg et al. 2001, Ellison & Double 2002,

Niemiec & Ostrowski 2006, and references therein), recent two-dimensional

first-principles particle-in-cell simulations of unmagnetized pair shocks have

delivered the first encouraging direct evidence for the formation of the signa-

ture nonthermal power-law tail (Keshet et al. 2008, Spitkovsky 2008b). The

power law tail seems to arise in tandem with a self-sustained electromagnetic

structure in the shock precursor, where the nonthermal particles that move

ahead of the shock excite plasma instabilities. In their nonlinear development,

the instabilities generate a magnetic field that scatters the nonthermal parti-

cles back toward the shock and thus closes the acceleration cycle. Our aim

here is to explore the consequences of the formation of a power-law tail of ac-

celerated particles for shock hydrodynamics when a weak, large scale magnetic

field is present in the shock upstream.

Inverse Compton cooling of the nonthermal electrons imposes an up-

per limit on the energy of electrons that are accelerated by DSA (e.g., Li &

Waxman 2006). Since higher energy ions reach farther from the shock into

the shock upstream, there may exist a region in the shock upstream devoid

of nonthermal electrons that still contains nonthermal ions; we restrict our

analysis to this region. In the reference frame in which the shock upstream

is at rest, the nonthermal ions are beamed forward within the narrow angle

∼ Γ−1, where Γ � 1 is the shock Lorentz factor. The upstream plasma re-

sponds to the forward-beamed nonthermal ions by developing a return current

(see, e.g., Thode & Sudan 1975, Spicer & Sudan 1984, and references therein)
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which flows toward the shock. The return current cancels the charge sepa-

ration between the nonthermal ions that reach farther from the shock and

the nonthermal electrons that are confined closer to the shock by the inverse

Compton losses. If the upstream plasma is weakly magnetized, the flow of

return current across a weak magnetic field accelerates the upstream plasma

transversally, i.e., perpendicular to the direction of shock propagation, which

creates inhomogeneities in the plasma (Reville et al. 2006, Pelletier et al. 2008);

this is a relativistic version of the mechanism discussed by Bell (2004, 2005).

We show that even when the upstream magnetic field is weak, these

density inhomogeneities may be sufficient to generate a stronger magnetic

field in the shock downstream via vorticity production at the shock transi-

tion (Goodman & MacFadyen 2007, Sironi & Goodman 2007). This process

converts the bulk kinetic energy of the shock downstream into vortical and

magnetic energy. An advantage of this process is that it can take place even

when the circumburst medium is uniform and therefore it is relevant for, as

required by observations, both long and short GRBs (Nakar 2007). Alterna-

tive sources of vorticity that were previously discussed in the literature are

pre-existing density inhomogeneities in situations where an ultrarelativistic

blastwave propagates into a clumpy stellar wind (Sironi & Goodman 2007),

or an initially anisotropic blastwave (Milosavljevic et al. 2007). Nonthermal

particle streaming may generate or amplify a magnetic field in the shock up-

stream (Bell & Lucek 2001, Milosavljević & Nakar 2006; A. Spitkovsky, priv.

comm., but also see Pelletier et al. 2008). The relative efficiencies of the direct,
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nonthermal particle-driven field amplification in the shock upstream, and the

amplification in the shock transition via vorticity generation in the presence

of streaming-generated density inhomogeneity will depend on how the shock

energy is partitioned between the thermal fluid and the nonthermal acceler-

ated particles and on the efficiency with which magnetic field is generated by

cosmic ray-driven turbulence in the shock upstream.

Throughout this work we assume that in ultraretivistic collisionless

shocks, DSA accelerates ions to high nonthermal energies. While there is direct

observational evidence of electron acceleration in such shocks, the assumption

that protons are accelerated also may not necessarily be justified and deserves

further investigation. Specifically, on theoretical grounds, particle acceleration

should be inefficient when a compressed oblique large scale upstream magnetic

field dominates particle dynamics in the shock downstream. In this case shock

compression leads to a downstream magnetic field that is almost perpendic-

ular to the shock normal. Then, a particle with a gyroradius smaller than

the coherence length of the field cannot complete two full DSA cycles across

the shock before becoming irreversibly bound to and escaping into the shock

downstream (e.g., Lemoine et al. 2006). Therefore, a field that contains large-

amplitude magnetic field perturbations on small scales seems to be required

for acceleration (e.g., Ostrowski & Bednarz 2002, Niemiec & Ostrowski 2004,

2006, Niemiec et al. 2006). Even in the conditions in which a shock propagates

in a weakly magnetized medium and generates magnetic turbulence that serves

as a scattering agent for energetic particles, it cannot be taken for granted that
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the resulting particle spectrum will extend up to the high Lorentz factors that

are required for the mechanism that we present. These potential limitations

should be born in mind in what follows.

This work is organized as follows. In § 7.2.1 we analyze charge separa-

tion in the shock precursor and relate the nonthermal ion density ahead of the

shock to the maximum energy to which nonthermal ions are accelerated in the

shock. In § 7.2.2 we study the motion of the upstream medium in response

to the Lorentz force associated with the nonthermal ion streaming across a

weak magnetic field. In § 7.2.3 we determine the conditions under which non-

linear density inhomogeneities can result and estimate the energy density of

the magnetic field produced by vortical motions that are excited as the shock

transition sweeps past the inhomogeneities. In § 7.2.4 we examine the produc-

tion of a small scale reversing magnetic field structure that was assumed in

§ 7.2.2, in the weak large-scale magnetic field of the circumburst medium by

the nonresonant streaming instability introduced by Bell (2004, 2005). In § 7.3

we speculate about the global structure of the shock precursor, and delineate

several distinct physical regimes that are classified by an increasing distance

from the shock. In § 7.4, we summarize our main conclusions.
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7.2 Interaction of the Shock Precursor with the Up-
stream Plasma

7.2.1 Charge Separation

We consider a relativistic blast wave described by Lorentz factor Γ in

which electrons and positive ions are accelerated by DSA. Unless otherwise ex-

plicitly noted, all quantities are defined in the rest frame of the upstream. The

maximum energy to which the electrons are accelerated, γe,maxmec
2, is limited

by inverse Compton cooling as the electrons traverse the shock upstream dur-

ing a DSA cycle (e.g., Li & Waxman 2006). The ions experience much smaller

radiative losses and can be accelerated to higher energies, γi,maxmic
2, than the

electrons. Here, mi is the ion mass, and γe and γi denote the electron and ion

Lorentz factors, respectively. Hence, the accelerated ions can travel farther

ahead of the shock than the electrons. If γi,maxmi > γe,maxme, the shock pre-

cursor consisting of accelerated particles will not be charge neutral far from the

shock, at distances that the nonthermal electrons cannot reach. There, charge

neutrality is recovered by a small polarization of the upstream, unshocked

plasma. The polarization is established by the flow of a return current in the

upstream plasma (see, e.g., Thode & Sudan 1975, Spicer & Sudan 1984, and

references therein). This return current drives the growth of upstream plasma

inhomogeneity (Bell 2004, 2005) that is the subject of this work.

The maximum distance ∆(γ) that a nontermal particle with Lorentz

factor γ can reach from the shock is determined by the magnetic field struc-

ture in the shock upstream. The magnetic field can come from the weak
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pre-existing magnetization of the circumburst medium, or can be generated

by plasma self-organization resulting from an interaction with the streaming of

nonthermal particles. Depending on the structure of the magnetic field, non-

thermal particle orbits are either deflected in a circular fashion if the magnetic

field is coherent, or execute random walks if the field is tangled, i.e., reverses

on scales λ smaller than the gyroradius of the nonthermal particles divided

by the shock Lorentz factor, rg/Γ ∼ γmc2/eB̄Γ, where B̄ is the RMS field

strength. Since the magnetic field can have different strength and structure

on different scales B̄(λ), we employ the subscript “def” to denote the magnetic

field length scale that produces the largest (circular or random) deflection of

the nonthermal particle.

When a nonthermal particle is deflected by angle ≥ Γ−1 from the shock

normal, its velocity parallel to the direction of shock propagation becomes

smaller than that of the shock and the shock can catch up with the particle

(see, e.g., Achterberg et al. 2001, and references therein). A particle that has

been overtaken by the shock can be scattered back into the shock upstream,

as is necessary to close the DSA cycle. Therefore, working in the reference

frame in which the shock upstream is at rest, for the coherent field we have

∆(γ) ∼ rg/Γ
3, whereas for the tangled field we obtain ∆(γ) ∼ r2

g/λdefΓ
4,

where rg = γmc2/eB̄def . Since we do not estimate the magnetic field strength

and geometry from first principles, we parametrize the effect of the deflect-

ing, possibly small scale magnetic field by the maximum Lorentz factor of a

nonthermal ion γp,max, which we here take to be a proton, that can be accel-
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erated with the aid of the magnetic field. We separately treat the cases in

which the deflecting field is coherent and tangled. In the case of a tangled

field, we assume that the field is tangled on spatial scales λdef � rg/Γ that

are independent of the distance from the shock ∆. This assumption may not

be valid in general (see, e.g., Milosavljević & Nakar 2006, Katz et al. 2007),

in which case our analysis should be interpreted as applying to the highest

energy accelerated particles, and to the magnetic field component, with its

own characteristic correlation length λdef , that has the greatest influence on

the dynamics of these particles.

We also assume that the blastwave propagates into a quasi-homogeneous

medium with average density ρ̄ ∼ mpn. The highest energy protons can reach

the farthest from the shock to a distance ∆p(γp,max) ∼ R/8Γ2, where R is the

radius of the blastwave, and the factor of one eighth is peculiar to adiabatic

spherical ultrarelativistic blastwaves propagating into uniform density media

(Blandford & McKee 1976). Let Ush denote the energy density in radiation

at radius R in the shock frame which is a fraction εrad = (4π/3)R3Ush/Etot of

the total isotropic equivalent energy of the blastwave Etot. Equating the in-

verse Compton power 4
3
σTcγ

2
e,shUsh, where γe,sh ∼ γe/Γ is the electron Lorentz

factor in the shock frame, σT is the Thompson cross section, and we ne-

glected the Klein-Nishina effects (e.g., Li & Waxman 2006), to the energy

gain ∼ γe,shmec
2 per DSA cycle of duration ∼ ∆e,sh/c ∼ Γ∆e/c, we obtain the

maximum Lorentz factor to which electrons can be accelerated, in spite of the

cooling, as a function of the Lorentz factor to which the non-cooling protons
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can be accelerated

γe,max ∼ 4.4 c1/3m
1/2
p γ

1/2
p,maxΓ1/3

ε
1/2
rad ρ̄

1/3E
1/6
tot σ

1/2
T

(coherent field) ,

∼ 2.7 c2/9m
2/3
p γ

2/3
p,maxΓ2/9

ε
1/3
rad ρ̄

2/9E
1/9
tot m

1/3
e σ

1/3
T

(tangled field) , (7.1)

which, as usual, is expressed in the rest frame of the shock upstream. Here, we

have eliminated the blastwave radiusR via the relationR = (17Etot/8πΓ2ρ̄c2)1/3

applicable to an adiabatic spherical blastwaves propagating into uniform den-

sity media (Blandford & McKee 1976). The magnetic field length scale λdef

(in the case of a tangled field) and strength squared B2
def do not appear in

equation (7.1) because they have been expressed in terms of the maximum

proton Lorentz factor that can be accelerated by deflection in a field with

these properties via Bdef = [(γp,maxmpc
2/e)/Γ3]/(R/8Γ2) (coherent field) and

λdefB
2
def = [(γp,maxmpc

2/e)2/Γ4]/(R/8Γ2) (tangled field).

The nondimensional distance from the shock that the most energetic

electrons can reach, relative to the distance that the protons can reach, can

be expressed as

xcool ≡ ∆e(γe,max)

∆p(γp,max)

∼ 4.4 c1/3meΓ
1/3

γ
1/2
p,maxε

1/2
rad ρ̄

1/3E
1/6
tot m

1/2
p σ

1/2
T

(coherent field),

∼ 7 c4/9m
4/3
e Γ4/9

γ
2/3
p,maxε

2/3
rad ρ̄

4/9E
2/9
tot m

2/3
p σ

2/3
T

(tangled field) . (7.2)
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For typical values of εrad, Etot, Γ, and n, this becomes

xcool ∼
(γp,max

460

)−1/2 (εrad

0.1

)−1/2
(

Etot

1053 erg

)−1/6

×
(

Γ

100

)1/3 ( n

1 cm−3

)−1/3

(coherent field),

∼
(γp,max

440

)−2/3 (εrad

0.1

)−2/3
(

Etot

1053 erg

)−2/9

×
(

Γ

100

)4/9 ( n

1 cm−3

)−4/9

(tangled field), (7.3)

which shows that for γp,max � 103, regardless of the magnetic field geometry,

the electrons are unable to travel as far from the shock as the protons and

xcool � 1 in either case. Note that for a coherent confining field

γp,max ∼ 7× 105

(
B̄def

10−6

)(
Etot

1053 erg

)1/3

×
(

Γ

100

)1/3 ( n

1 cm−3

)1/3

(coherent field), (7.4)

implying that if the confinement is dominated by a pre-existing microgauss

upstream magnetic field we expect that γp,max ∼ 105 − 106, while a larger

value is expected if the shock precursor generates a magnetic field in which the

tangled component dominates particle deflection. Therefore we always expect

that xcool � 1. In what follows, we ignore the interior region ∆ < ∆e(γe,max)

populated by nonthermal particles of either sign and assume that the exterior

region ∆ > ∆e(γe,max) contains only nonthermal ions, which we have assumed

to be protons.

The nonthermal particle concentration at a given distance ahead of

the shock will be dominated by the lowest energy particles that reach that
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distance. Thus, we can relate the nonthermal proton density nntp in the shock

upstream to their energy distribution

nntp(γ) ∼ 1

4πR2∆(γ)

dN
(up)
ntp

d ln γ
, (7.5)

where N
(up)
ntp (γ) is the total number of nonthermal protons in the shock up-

stream with Lorentz factors less than γ.

We assume that the accelerated particle spectrum in the shock down-

stream resulting from DSA contains equal energy on all energy scales, dN
(down)
ntp /dγ ∝

γ−2 (Lemoine & Pelletier 2003, Ellison & Double 2002, 2004, cf. e.g.,); this

assumption is not critical as somewhat steeper spectra, expected when particle

scattering in the shock downstream is not isotropic (e.g., Keshet & Waxman

2005, Lemoine & Revenu 2006), lead to similar conclusions. Ignoring the en-

ergy in nonthermal protons located in the upstream, we may normalize the

spectrum by requiring that∫ γp,max

γp,min

γmpc
2dN

(down)
ntp

dγ
dγ = εntEtot, (7.6)

where εnt is the fraction of the total energy in the accelerated protons. The

minimum Lorentz factor of the nonthermal particles, resulting from a single

scattering across the shock is γp,min ∼ Γ2 (Gallant & Achterberg 1999), but

the dependence on γp,min is only logarithmic.

To relate N
(up)
ntp to N

(down)
ntp , let P ∼ 1

2
denote the probability that a

particle in the shock upstream, upon returning to the shock, is scattered again

into the shock upstream. The downstream then contains the particles that are
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not re-scattered into the upstream, but are entrapped within and are advecting

with the downstream. Conservation of nonthermal proton flux at the shock

transition then implies2

dN
(down)
ntp

d ln γ
∼ (1− P )

tdyn

tacc(γ)

dN
(up)
ntp

d ln γ
. (7.7)

Here tacc is the time between the emission of a nonthermal proton from the

shock and its reabsorption in the shock

tacc(γ) ∼ (1− β̄2
‖,sh)1/2

β̄‖,sh

Γ2∆(γ)

c
, (7.8)

where β̄‖,sh ∼ 1
2

is the average component parallel to the direction of shock

propagation of the velocity of nonthermal protons in the shock frame, and

tdyn ∼ R/c is the dynamical age of the blastwave. From this,

dN
(up)
ntp

d ln γ
∼ 1√

8

(
γ

γp,max

)s dN (down)
ntp

d ln γ
, (7.9)

where s ≡ d ln ∆/d ln γ, so that s = 1 for the coherent field, and s = 2 for

the tangled field. This shows that the integral spectrum of all the nonthermal

particles located in the shock upstream is substantially harder than that in

the downstream.

Substituting equation (7.9) in equation (7.5), we find that the total

density of the accelerated protons equals

nntp(∆) ∼ 0.04εntρ̄
2/3E

1/3
tot Γ4/3

∆mpc2/3γp,maxΛ
(coherent field) ,

∼ 0.1 εntρ̄
5/6E

1/6
tot Γ8/3

∆1/2mpc1/3γp,maxΛ
(tangled field) , (7.10)

2This corrects the inadequate assumption N
(up)
ntp (γ) ∼ N

(down)
ntp (γ) that we had made in

Milosavljević & Nakar (2006).
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where again ∆(γ) = (γ/γp,max)sR/8Γ2 and we have defined Λ ≡ ln(γp,max/γp,min) ∼
5− 20. Let x ≡ ∆/(R/8Γ2) denote the nondimensionalized distance from the

shock; in terms of this parameter,

nntp(x) ∼ 0.3

xq

(γp,max

106

)−1
(

Γ

100

)4 ( n̄

1 cm−3

)( εnt

0.1

)
, (7.11)

where q = s−1, so that q = 1 for the coherent field and q = 1
2

for the tangled

field, and we have set Λ = 10. Equation (7.11) gives the nonthermal proton

density in the rest frame of the shock upstream. For large Γ or small γp,max,

this density can formally exceed the upstream density; in reality, nntp may be

limited by kinetic plasma instabilities. In the rest frame of the nonthermal

proton shock precursor, the density ratio nntp/n̄ is reduced by factor Γ−2.

7.2.2 Dynamics

Here we study the response of the shock upstream to the streaming of

the nonthermal protons in the shock precursor. The streaming of nonthermal

protons with density nntp will give rise to a return current

Jret(∆) ∼ −ecnntp(∆)R̂, (7.12)

where R̂ is a unit vector in the direction of propagation of the shock. The

return current cancels the charge separation among the nonthermal particles

resulting from the inverse Compton cooling suppression of the acceleration

of nonthermal electrons. Consider a fluid element in the upstream medium

containing a magnetic field B that reverses direction on length scales λ. This

may not be the same magnetic field scale that is the most effective at deflecting
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the orbits of the nonthermal particles, see § 7.2.1. A magnetic field that

reverses on the relevant scales may exist in the upstream at the outset. If

not, as we show in § 7.2.4, it can be produced by the return current from an

initially coherent microgauss field. Let µ denote the sine of the angle between

the magnetic field and the direction of shock propagation.

As the return current flows across the field, the plasma experiences a

Lorentz force acting perpendicular to both the direction of shock propagation

and the field direction. Let τ denote the time measured since the arrival of

the photon shell; in this time coordinate, the shock transition sweeps a fluid

element at τ = R/8Γ2c. The equation of motion for the transverse Lagrangian

displacement of the fluid element in response to the Lorentz force, valid while

the motion is Newtonian, i.e., while |d~ξ/dτ | � c, reads

d2~ξ

dτ 2
=

Jret(τ)×B

ρc
. (7.13)

From this, assuming that B ∼ B sin(2πr · B̂/λ)B̂, where r is a spatial coordi-

nate and B is peak field, the amplitude of the transverse acceleration is

d2ξ

dτ 2
∼ 1.7 µecεntε

1/2
B ρ̄1/2Γ4

mpγp,maxΛ
x−q sinφ, (7.14)

where φ ≡ 2πr ·B̂/λ, and εB ≡ B2/8πρ̄c2 is the energy density in the magnetic

field on scales λ divided by the rest energy density of the shock upstream.

Note that εB depends on the length scale λ and is not directly related to the

confining magnetic field energy density measured on scales λdef .

We define x ≡ ∆/(R/8Γ2) so that the unperturbed motion of an up-

stream fluid element toward the shock follows the characteristic dx/dτ =
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−c/(R/8Γ2). Ignoring the amplification of the magnetic field during the lin-

ear phase of the nonthermal proton-driven streaming instability (§ 7.2.4) we

obtain

d2ξ

dx2
∼ 0.02 µeε

1/2
B E

2/3
tot εnt

Γ4/3n̄1/6m
7/6
p c7/3γp,maxΛ

x−q sinφ. (7.15)

Given that the upstream fluid starts from rest, ξ(1) = dξ/dx(1) = 0, equation

(7.15) can be integrated to find the transverse displacement

ξ(x) ∼ 0.02 µeε
1/2
B E

2/3
tot εnt

Γ4/3n̄1/6m
7/6
p c7/3γp,maxΛ

g(x) sinφ. (7.16)

where g(x) = x lnx − x + 1 for the coherent field and g(x) = 4
3
x3/2 − 2x + 2

3

for the tangled field. Setting µ = 1 and Λ = 10 we obtain

ξ ∼ R

8Γ

(
γp,max

1.6× 104

)−1 ( εB
10−9

)1/2
(

Etot

1053 erg

)1/3 ( εnt

0.1

)
×
(

Γ

100

)1/3 ( n̄

1 cm−3

)1/6

g(x) sinφ. (7.17)

Thus for γp,max � 104, the distance traveled by the upstream fluid is� R/8Γ,

which is the width of the blastwave in the frame of the shock downstream.

The value of ξ(x = 0) decreases with increasing γp,max because when protons

are accelerated to higher energies, the number of nonthermal protons between

which the available energy ∼ εntEtot is partitioned decreases, while the lower

energy nonthermal protons are confined closer to the shock, both of which de-

crease the density of nonthermal protons far from the shock where the Ampère

force-driven acceleration takes place.

Under what circumstances will the transverse displacement result in a

nonlinear density contrast on scales λ? This requires ξ(x) ∼ λ before the fluid
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element is overtaken by the shock at x = 0. However, before the fluid arrives

at the shock transition, some assumptions entering the derivation of equation

(7.16) may be compromised: its motion may become relativistic (dξ/dτ ∼ c),

it may enter the region in which the pressure transfered by the nonthermal

protons to the upstream fluid starts to accelerate the upstream fluid in the

original rest frame of the shock upstream, and it may also enter the region

containing accelerated nonthermal electrons where the return current vanishes.

The latter problem arises when x ∼ xcool where xcool ≡ ∆e(γe,max)/(R/8Γ2)

is given in equation (7.2). It is evident from equation (7.3) that the return

current vanishes only in the region populated by the lowest-energy nonthermal

protons (γp ≤ 103), which for γp,max � 103, as expected, will be confined very

close to the shock transition. We are not able determine the value of x at which

the upstream starts to be accelerated in its own frame but we do assume that

it is smaller than xcool.

To assess the distance at which the transverse motion of the fluid be-

comes relativistic, we focus on the special case of a tangled deflecting field; the

case of a coherent deflecting field is qualitatively similar. The time at which the

upstream motion becomes relativistic is obtained by setting dξ/dx = −R/8Γ2

(i.e., dξ/dτ = c) to find

xrel =

(
1− γp,max

γrel,crit

)2

(tangled field) , (7.18)
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for γp,max ≤ γrel,crit, where

γrel,crit ∼ 0.4 Γ4/3n̄1/6µeε
1/2
B E

1/3
tot εnt

c5/3m
5/6
p Λ

sinφ

∼ 3 × 106
( εB

10−9

)1/2
(

Etot

1053 erg

)1/3 ( εnt

0.1

)
×
(

Γ

100

)4/3 ( n

1 cm3

)1/6

(tangled field) . (7.19)

When γp,max > γrel,crit, the fluid does not attain relativistic transverse velocity

before it reaches the shock. Then, the numerical estimate in equation (7.17) at

x = 0 where g(x) ∼ 1, which was derived assuming Newtonian motion, shows

that the transverse displacement decreases with γp,max.

Conversely, for γp,max � γrel,crit, the fluid motion formally becomes

relativistic well before the fluid reaches the shock. The maximum transverse

displacement that can be attained in the Newtonian regime can be evaluated

by substituting x = xrel in equation (7.16) to obtain

ξ(xrel) ∼ 0.3
γp,maxm

1/2
p cΛ

µeεntε
1/2
B n1/2Γ4 sinφ

∼ 0.004
R

8Γ

(γp,max

106

)( εB
10−9

)−1/2

×
( εnt

0.1

)−1
(

Etot

1053 erg

)−1/3(
Γ

100

)−7/3

×
( n

1 cm3

)−1/6

(tangled field) , (7.20)

for γp,max � γrel,crit. Acceleration of the fluid may not stop in the Newtonian

regime; indeed, it will likely continue into the transrelativistic regime, where

the equation of motion is simply dξ/dτ ∼ c. Then, however, the motion will
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not be purely perpendicular to the direction of shock propagation and the

fluid will start accelerate, in the upstream frame, in the parallel direction.

Here we do not take into account this behavior and conservatively restrict our

attention to the maximum transverse displacement that the fluid reaches while

its motion remains Newtonian.

Since the transverse displacement increases with γp,max when the trans-

verse motion becomes transrelativistic and decreases with γp,max when it does

not, the largest Newtonian displacement is possible when the maximum pro-

ton Lorentz factor is about equal to γrel,crit in equation (7.19) and is simply

given by ξmax ∼ 1
3
R/8Γ2, which is much larger than the proton plasma skin

depth c/ωp ≡ c/(4πe2n/mp)
1/2 of the shock upstream. Of course, the maxi-

mum transverse displacement is achieved only if a magnetic field that reverses

on scales λ ∼ ξmax is present. We speculate about the origin of the reversing

field in § 7.2.4 below. Note that ξmax is close to the maximal value allowed by

causality, R/8Γ2.

7.2.3 Density Inhomogeneity, Vorticity, and Dynamo

Here, we study the evolution of an initially uniform density fluid in

response to the Lorentz force-driven transverse motion discussed in §7.2.2. If

the magnetic field reverses itself on scales ∼ λ, the average linear density

contrast arising from the transverse motion, for linear displacements, ξ � λ,

will be given by

δ ≡
〈
ρ− ρ̄
ρ̄

〉
∼ 〈~∇ · ~ξ〉 ∼ 〈ξ〉

λ
. (7.21)
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We expect nonlinear density contrast on scales λ provided that ξ(xmax) ≥ λ,

where xmax = max{xcool, xrel}. This condition places an upper limit on the

magnetic field reversal length scales λ on which a nonlinear density contrast

can build up before the fluid reaches the shock.

When fluid with nonlinear density contrast reaches the shock transition,

provided that the width of the density jump of the shock transition is smaller

than the length scale associated with the contrast, vorticity is generated at

the transition. Sironi & Goodman (2007) have calculated the fraction of shock

energy that is converted into vortical energy for an ultrarelativistic blastwave

propagating into a clumpy medium. They provide a fitting formula for vortical

energy fraction εvort as a function of clump size L, peak density contrast δmax,

and volume-filling factor nclumpL
3, which reads

εvort ≈
(

0.36 nclumpL
3

Γ

)
δ2

max

1 + 0.176 (δmax)1.054
. (7.22)

For L ∼ λ and nclump ∼ λ−3 and mildly nonlinear density contrast δmax ∼ 1,

this implies εvort ∼ (3Γ)−1. The collisions of and compression in accelerated

plasma shells (Bell 2004, 2005) may amplify the density contrast into the

strongly nonlinear regime δmax � 1, but we do not attempt to estimate the

magnitude of this effect.

If vorticity is generated on scales λ � R/Γ, the resulting eddies can

amplify the downstream magnetic field to levels εB,down ∼ εvort via a turbulent

dynamo mechanism (Meneguzzi et al. 1981, Schekochihin et al. 2004). Strong

amplification is expected when the number of vortical eddy turnovers in the
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shock downstream is larger than unity, but this is automatically expected when

the density contrast is nonlinear on scales � R/8Γ. Indeed, our analysis in

§ 7.2.2 suggests that nonlinear density contrast will be generated on scales

λ ≤ ξmax ∼ 1
3
R/8Γ2, for which the expected number of vortical eddy turnovers

is � 3Γ (see § 4.2 in Sironi & Goodman 2007). On the other hand, since

ξmax is much larger than the plasma skin depth c/ωp, the magnetic field that

the turbulent dynamo generates will not be susceptible to the fast collisionless

decay discussed by Chang et al. (2008) that affects the much smaller scale

field that kinetic instabilities can generate in the shock transition layer (e.g.,

Gruzinov 2001, Frederiksen et al. 2004, Medvedev et al. 2005, Keshet et al.

2008, Spitkovsky 2008b, and references therein).

7.2.4 Reversing Field from Bell’s Streaming Instability

In § 7.2.2 we assumed that the magnetic field reverses direction on scales

λ. Bell (2004, 2005) has shown that an instability driven by the nonthermal

ion streaming can convert an initially uniform field into a reversing, helical

magnetic field (see, also, Reville et al. 2006, Zirakashvili et al. 2008, Pelletier

et al. 2008). For ultrarelativisic streaming and helical perturbations of the

form ξx + iξy ∝ exp i(kR− ωt) (x and y are two coordinates perpendicular to

R̂), the instability has dispersion relation

ω2 − k2v2
A −

kJretBR

ρc

(
1− ω

kc

)
= 0, (7.23)
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where vA is the Alfvén velocity and BR ≡ B · R̂. The fastest growing mode

has wavelength and growth rate

λfast =
BR

enntp

, Υfast = enntp

(nmp

π

)−1/2

, (7.24)

respectively.3 For nonlinear density contrast production on scales λfast we

need ξ(xcool) > λfast and ξ(xrel) > λfast as well as Υfast > 8Γ2c/R. However,

the wavelength of the fastest growing mode is very small if B is the microgauss

field typical of the interstellar medium. All longer wavelengths λ > λfast also

grow on rates

Υ(λ) ∼ Υfast

(
λ

λfast

)−1/2

. (7.25)

This seems to suggest that a reversing field may be generated on a wide range

of scales.

The instability has enough time to reach nonlinear growth only when

the growth rate exceeds the inverse crossing time of the shock precursor

Υ(λ)�
(

R

8Γ2c

)−1

(7.26)

To evaluate the growth rate, we substitute equations (7.10; coherent field)

with ∆ = R/8Γ2 and (7.24) in equation (7.25) to obtain

Υ(λ) ∼ 2.4 e1/2c1/2n1/4ε
1/4
B0
ε

1/4
nt Γ2

γ
1/2
p,maxΛ1/2m

1/4
p λ1/2

. (7.27)

3It is a peculiar characteristic of ultrarelativistic blastwaves that the gyroresonant wave-
length is always longer than the particle’s flight path in the shock upstream.
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Where εB0 parametrizes the strength of the pre-existing coherent field, not to

be confused with the same symbol expressing strength of the length scale-

dependent tangled field in previous sections. The condition for nonlinear

growth in equation (7.26) is then fulfilled when

λ � R

8Γ2

(
γp,max

4.6× 106

)−1 ( εB0

10−9

)1/2 ( εnt

0.1

)( Γ

100

)4/3

×
( n

1 cm−3

)1/6
(

Etot

1053 erg

)1/3

, (7.28)

which suggests that nonlinear growth is very broadly expected on scales λ ≤
ξmax ∼ R/8Γ2 when γp,max ≤ γrel,crit. When γp,max � γrel,crit, nonlinear growth

is still expected on scales smaller than R/8Γ2 but still much larger than the

plasma skin depth.

7.3 Discussion

The complexity of the structure of ultrarelativistic collisionless shocks

stems from the multiscale nature of plasma self-organization. This and the

preceding analytical and numerical analysis have identified organization on

various spatial scales between the proton plasma skin c/ωp ∼ 2× 107 cm and

the width of the blastwave in the upstream frame R/8Γ2 ∼ 1012 − 1018 cm.

While the dynamical organization of the plasma on different scales is inter-

dependent, our understanding of the scale interdependence in the precursors

of ultrarelativistic collisionless shocks is still in its infancy. Motivated by the

present and other preliminary investigations (see, e.g., Milosavljević & Nakar

2006, Katz et al. 2007, Keshet et al. 2008, Spitkovsky 2008b), we propose
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several possible regions within the structure of an ultrarelativistic shock pre-

cursor in which the physical processes that drive plasma organization change

character as a function of distance from the shock. We, however, caution that

not all of these regions have to be present in all—or perhaps any—of the blast-

wave precursors. Similarly, we are not able to determine the relative ordering

of the regions, with respect to their distance from the shock transition, with

any degree of certainty. In a shock that produces a power-law spectrum of

accelerated nonthermal particles (see §7.1 for potential limitations of this key

assumption), we propose that the shock precursor may contain the following

concentric regions:

1. An outermost region extending to the maximum possible radial dis-

tance from the shock, measured in the reference frame of the shock upstream, of

∼ R/8Γ2, that is causally associated with the explosion. This region contains

a low density of nonthermal protons in the high-energy tail of the nonther-

mal proton spectrum. Because inverse Compton cooling losses prohibit the

existence of nonthermal electrons in this region, a return current neutraliz-

ing the charge separation created by the high-energy accelerated nonthermal

protons flows in the upstream plasma (§ 7.2.1). The effect of the return cur-

rent is twofold: (a) starting from an initial, weak, coherent, quasi-uniform

magnetic field, the return current nonresonantly excites circularly-polarized

Alfvén waves, thereby converting the field component parallel to the direc-

tion of shock propagation into a wound, perpendicular, helical component

(§ 7.2.4); (b) given a perpendicular magnetic field, which could be pre-existing

230



or generated by the return current, the Ampère force associated with the re-

turn current accelerates the upstream plasma in the perpendicular direction

(§ 7.2.2) and produces a density contrast in the plasma (§ 7.2.3). More spec-

ulatively, it has been hypothesized that besides generating nonlinear density

contrast, the return current interaction significantly amplifies the pre-existing

magnetic field; this possibility awaits verification in numerical simulations.

Because the density of nonthermal particles in this region is low, the region is

either stable to small-scale plasma instabilities, such as the transverse Weibel

(or filamentation) instability (e.g., Fried 1959) and its relatives, or more likely,

the small-scale instabilities are present but their growth times are longer than

the crossing time of the region ≤ R/8Γ2c.4 This region should exist unless the

compression layer, which is the region 4 below, extends all the way to the edge

of the maximum radial distance from the shock (∼ R/8Γ2), which renders the

shock transition layer as wide as the downstream.

2. A region still devoid of nonthermal electrons and endowed with the

return current, but where the density of nonthermal protons is high enough

to drive the small-scale plasma instabilities, with wave vectors k ∼ ωp/c. At

present, the dominant unstable kinetic mode in the regime in which a very

low density beam of particles with an ultrarelativistic forward momentum

and an ultrarelativistic transverse momentum spread streams through a cold

background plasma has not been identified. It is possible that the small-scale

4Small scale instabilities may also occur of the upstream medium is enriched by an e±-
pair cascade (Ramirez-Ruiz et al. 2007).
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instabilities can generate an electromagnetic field efficiently and that the field

enhances the perpendicular velocity diffusion of nonthermal particles, which

is a necessary element of the DSA cycle. The magnetic field in this region

is a combination of a small-scale field generated by the instabilities and a

larger scale field generated from the pre-existing field by the return current.

If the latter is strong enough, depending on its resulting orientation relative

to the shock normal, it may suppress some of the small-scale instabilities, or

it may drive small-scale turbulence in the flow, especially if the resulting field

is perpendicular to the shock normal (Hededal & Nishikawa 2005).

3. A region close enough to the shock transition that the inverse Comp-

ton cooling time of the nonthermal electrons is longer than the duration of the

DSA cycle. Since this region is populated by nonthermal electrons and protons,

the nonthermal particle precursor is neutral overall, and no return current is

present. However, small scale instabilities are still present and are more in-

tense than in the preceding regions. The small scale instabilities generate a

strong magnetic field in the upstream plasma, which, when advected to the

shock transition, facilitates upstream particle scattering and thermalization.

The small scale field may also play a critical role in the injection and accel-

eration of particles in the DSA mechanism (e.g., Lemoine et al. 2006). The

relative ordering of regions 2 and 3 may vary. Depending on the parameters

and initial conditions, it may happen that the region containing nonthermal

electrons extends farther from the shock than that in which small scale plasma

instabilities excited by nonthermal particles play an important role in setting
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the shock structure.

4. The shock transition region, where the upstream plasma is com-

pressed. At the leading edge of this transition layer, the compression may re-

sult from an efficient momentum transfer from the nonthermal particles (e.g.,

Blandford 1980, Drury & Voelk 1981), which could be coupled to the upstream

plasma by the small scale instabilities. In this region, the upstream plasma

starts to accelerate (in the rest frame of the far upstream) and decelerate (in

the rest frame of the shock). The final stage of compression, where the up-

stream becomes Newtonian in the rest frame of the shock, takes place when

the upstream interpenetrates the downstream isotropized plasma, and so the

hydrodynamic jump conditions are realized. If the nonthermal particles play

a role in initiating the compression, than the width of this layer is much larger

than the plasma skin depth. If, however, efficient compression commences

only where the upstream interpenetrates the downstream thermalized plasma,

the width of the compression layer may be as small as of the order of the

skin depth. While in the preceding regions we expect a decrease in the mean

magnetic field correlation length 〈λ〉 ≡ 〈λB̄2(λ)〉/〈B̄2(λ)〉 as the plasma ap-

proaches the shock, in the shock transition region we expect an opposite trend:

the small scale instabilities have reached saturation and the small field they

have generated decays via a kinetic damping mechanism as the shocked plasma

travels downstream (Gruzinov 2001, Medvedev et al. 2005, Chang et al. 2008,

Keshet et al. 2008, Spitkovsky 2008b). As the small scale field decays, the

residual field, which partakes in the synchrotron emission of the GRB after-
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glows (see, e.g., Panaitescu & Kumar 2002, Yost et al. 2003) and must be much

stronger than the shock compressed pre-existing mangetic field of the normal

interstellar medium (see, e.g., Gruzinov 2001, Piran 2005a), is the larger scale

field generated in regions 1-3 above. The shock transition region is also the

site of the onset of the establishment of electron-ion equipartition (Spitkovsky

2008a).

Finally we note that if the highest energy nonthermal particles tra-

verse regions 1-3 during a DSA cycle, that is, these particles are deflected by

the magnetic field of the non-accelerated upstream, then an upper limit on

γp,max can be set (Milosavljević & Nakar 2006). This limit is derived from

the constraint of causality on the self organization scale of the upstream

magnetic field (∼ R/8Γ2) and the maximal magnetic field energy density

in the non accelerated upstream (∼ nmpc
2). This upper limit is, roughly,

γp,max ≤ 1010 n1/2 (R/1018 cm) implying the GRB external shocks are not

promising sources of ultra-high energy cosmic rays (UHECR) with Lorentz

factors, under the assumption that they are protons, of γp ≥ 1011.

7.4 Conclusions

We have examined the influence of a pre-existing magnetic field on the

structure of ultrarelativistic shock waves, such as in the external GRB shocks

that may be behind the GRB afterglow phenomenon. From the hypothesis

that the shock wave accelerates charged particles to high Lorentz factors, we

were able to derive the following conclusions:
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In GRB external shocks that accelerate ions to Lorentz factors γi �
103, inverse Compton cooling in the shock upstream hinders nonthermal elec-

tron acceleration to high energies. Because of this, nonthermal electrons do

not penetrate as far into the shock upstream as the highest-energy nonthermal

ions do. Thus, a region exists in the shock upstream far from the shock transi-

tion at R ∼ ct[1− (8Γ2)−1], but still behind the photon shell at R = ct, where

return current flows to cancel the charge separation between the nonthermal

electrons and ions.

As the return current flows across the weak pre-existing magnetic field

of the shock upstream, the Ampère force accelerates the upstream plasma

perpendicular to the direction of shock propagation. If the upstream field

reverses on scales λ� R/8Γ2, the transverse acceleration produces a nonlinear

density contrast on the same scales. If the pre-existing field is quasi-uniform

(non-reversing), Bell’s streaming instability will efficiently convert the quasi-

uniform field into a reversing field during the light-crossing time of the shock

precursor.

As the shock transition sweeps the resulting density clumps, the bulk

kinetic energy of the blastwave is converted into vortical energy. The vorti-

cal eddies in the shock downstream turn over many times and amplify the

magnetic field via a dynamo mechanism. For clumps of peak density contrast

of about one, the vortical energy (Sironi & Goodman 2007) and with it the

magnetic energy density can be amplified to εB ∼ (3Γ)−1, where in GRB ex-

ternal shocks, Γ ≤ few ×100. This is consistent with the observed GRB light
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curves and spectra. The generated magnetic field will be coherent on scales

much larger than the plasma skin depth and will, as such, not be susceptible

to rapid collisionless decay. Taken together, these results indicate that the

microgauss magnetic field (εB ∼ 10−9) typical of the interstellar medium is

sufficient to drive Bell’s mechanism in ultrarelativistic GRB external shocks

and deliver nonlinear density inhomogeneities to the shock transition. There-

fore, magnetic field amplification through shock vorticity generation is expected

even when the circumburst medium is not initially clumpy, and we expect it to

operate in long and short GRBs.

We speculatively propose a structure for the shock precursor consist-

ing of four concentric zones characterized by different forms of plasma self-

organization. First, the outermost region of the precursor is the region pop-

ulated by streaming, nonthermal protons but devoid of nonthermal electrons.

There, the plasma develops non-linear density inhomogeneities. Second, a re-

gion that still contains a return current but where the nonthermal particle

precursor streaming through the shock upstream is susceptible to small-scale

kinetic plasma instabilities. Third, a region containing the relatively low-

energy nonthermal electrons that can be accelerated in the shock in spite of

the inverse Compton cooling losses; in this region, the return current is ab-

sent. Finally, the fourth region is the shock transition itself, where kinetic

instabilities and plasma waves facilitate plasma isotropization and establish

the hydrodynamic jump. The relative ordering of the second and the third

region may vary.

236



Bibliography

Achterberg, A., Gallant, Y. A., Kirk, J. G., & Guthmann, A. W. 2001, Monthly

Notices of the Royal Astronomical Society, 328, 393

Adams, T. F. 1972, ApJ, 174, 439

—. 1975, ApJ, 201, 350

Akiyama, S., Wheeler, J. C., Meier, D. L., & Lichtenstadt, I. 2003, ApJ, 584,

954

Alvarez, M. A., Bromm, V., & Shapiro, P. R. 2006, ApJ, 639, 621

Alvarez, M. A., Wise, J. H., & Abel, T. 2009, ApJ, 701, L133

Anderson, M., Rudnick, L., Leppik, P., Perley, R., & Braun, R. 1991, The

Astrophysical Journal, 373, 146

Bader, G. & Deuflhard, P. 1983, Numer. Math, 41

Barth, A. J., Greene, J. E., & Ho, L. C. 2005, ApJ, 619, L151

Beckwith, K., Hawley, J. F., & Krolik, J. H. 2006, ArXiv Astrophysics e-prints

—. 2008, MNRAS, 390, 21

Begelman, M. C. 1985, ApJ, 297, 492

237



Begelman, M. C., Rossi, E. M., & Armitage, P. J. 2008, MNRAS, 387, 1649

Begelman, M. C., Volonteri, M., & Rees, M. J. 2006, MNRAS, 370, 289

Bell, A. R. 1978, Monthly Notices of the Royal Astronomical Society, 182, 147

—. 2004, Monthly Notices of the Royal Astronomical Society, 353, 550

—. 2005, Monthly Notices of the Royal Astronomical Society, 358, 181

Bell, A. R. & Lucek, S. G. 2001, Monthly Notices of the Royal Astronomical

Society, 321, 433

Bell, K. L. 1970, Journal of Physics B Atomic Molecular Physics, 3, 1308

Berger, E. & Soderberg, A. M. 2008, GRB Coordinates Network, 7159, 1

Bethe, H. A. 1990, Reviews of Modern Physics, 62, 801

Bisnovatyi-Kogan, G. S. & Blinnikov, S. I. 1980, MNRAS, 191, 711

Bithell, M. 1990, MNRAS, 244, 738

Blandford, R. & Eichler, D. 1987, Physics Reports, 154, 1

Blandford, R. D. 1980, ApJ, 238, 410

Blandford, R. D. & McKee, C. F. 1976, Physics of Fluids, 19, 1130

Blandford, R. D. & Ostriker, J. P. 1978, ApJ, 221, L29

Blondin, J. M. 1986, ApJ, 308, 755

238



Blondin, J. M., Lundqvist, P., & Chevalier, R. A. 1996, ApJ, 472, 257

Blondin, J. M., Mezzacappa, A., & DeMarino, C. 2003, ApJ, 584, 971

Bondi, H. & Hoyle, F. 1944, MNRAS, 104, 273

Bonilha, J. R. M., Ferch, R., Salpeter, E. E., Slater, G., & Noerdlinger, P. D.

1979, ApJ, 233, 649

Bonnell, I. A. & Rice, W. K. M. 2008, Science, 321, 1060

Bromm, V. & Loeb, A. 2003, ApJ, 596, 34

Bucciantini, N., Thompson, T. A., Arons, J., Quataert, E., & Del Zanna, L.

2006, Monthly Notices of the Royal Astronomical Society, 368, 1717

—. 2007, Advances in Space Research, 40, 1441

Buff, J. & McCray, R. 1974, ApJ, 189, 147

Buras, R., Janka, H., Rampp, M., & Kifonidis, K. 2006, A&A, 457, 281

Buras, R., Rampp, M., Janka, H., & Kifonidis, K. 2003, Physical Review

Letters, 90, 241101

Burrows, A. 1990, Annual Review of Nuclear and Particle Science, 40, 181

Burrows, A., Dessart, L., Livne, E., Ott, C. D., & Murphy, J. 2007a, ApJ,

664, 416

Burrows, A., Hayes, J., & Fryxell, B. A. 1995, ApJ, 450, 830

239



Burrows, A., Livne, E., Dessart, L., Ott, C. D., & Murphy, J. 2006, ApJ, 640,

878

—. 2007b, ApJ, 655, 416

Burrows, A. & Nordhaus, J. 2009, in American Institute of Physics Confer-

ence Series, Vol. 1171, American Institute of Physics Conference Series, ed.

I. Hubeny, J. M. Stone, K. MacGregor, & K. Werner, 273–283

Burrows, A., Walder, R., Ott, C. D., & Livne, E. 2005, in Astronomical Society

of the Pacific Conference Series, Vol. 332, The Fate of the Most Massive

Stars, ed. R. Humphreys & K. Stanek, 350–+

Chandrasekhar, S. 1961, Hydrodynamic and hydromagnetic stability (Inter-

national Series of Monographs on Physics, Oxford: Clarendon, 1961)

Chang, P., Spitkovsky, A., & Arons, J. 2008, The Astrophysical Journal, 674,

378

Chevalier, R. A. 1976, ApJ, 207, 872

Chevalier, R. A. & Fransson, C. 2008, ApJ, 683, L135

Chevalier, R. A. & Oishi, J. 2003, ApJ, 593, L23

Chugai, N. N. 1991, in Supernovae, ed. S. E. Woosley, 286–+

Chugai, N. N. 2006, Astronomy Letters, 32, 739

240



Chugai, N. N., Fabrika, S. N., Sholukhova, O. N., Goranskij, V. P., Abolmasov,

P. K., & Vlasyuk, V. V. 2005, Astronomy Letters, 31, 792

Chuzhoy, L., Kuhlen, M., & Shapiro, P. R. 2007, ApJ, 665, L85

Ciotti, L. & Ostriker, J. P. 1997, ApJ, 487, L105+

—. 2001, ApJ, 551, 131

—. 2007, ApJ, 665, 1038

Colella, P. & Woodward, P. R. 1984, Journal of Computational Physics, 54,

174

Cooray, A. & Yoshida, N. 2004, MNRAS, 351, L71
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Wang, X., Li, Z., Waxman, E., & Mészáros, P. 2008, in American Institute of

Physics Conference Series, Vol. 1065, American Institute of Physics Confer-

ence Series, ed. Y.-F. Huang, Z.-G. Dai, & B. Zhang, 279–284

Whalen, D. & Norman, M. L. 2006, ApJS, 162, 281

Wheeler, J. C. & Akiyama, S. 2007, ApJ, 654, 429

Wheeler, J. C., Maund, J. R., & Akiyama, S. 2007, in American Institute of

Physics Conference Series, Vol. 937, Supernova 1987A: 20 Years After: Su-

pernovae and Gamma-Ray Bursters, ed. S. Immler, K. Weiler, & R. McCray,

349–356

Wheeler, J. C., Maund, J. R., & Couch, S. M. 2008, ApJ, 677, 1091

Wheeler, J. C., Meier, D. L., & Wilson, J. R. 2002, ApJ, 568, 807
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